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The origin of elements



Kilonova GW170817
Arcavi 18

Photometric light curve and Spectrum: 
• Consistent with r-process heating 
• Mass ~ 0.05Msun 
• v ~ 0.1-0.3 (photospheric) 
• Some evidence for heavy elements (lanthanide)

temperature by about 1500 K, compared to not having any
ultraviolet constraints.

A total of 21 additional epochs are fit. All fits converge onto
single-peaked radius and temperature distributions except in
five epochs where a small number of walkers converged on
disjointed local likelihood maxima, leading to a >15% relative
error in the radius, temperature, or deduced bolometric
luminosity. These epochs were removed. The resulting
bolometric light curve is presented and compared to other
published light curves in Figure 3.

After the first day, the bolometric light curve declines at an
initial rate of ∼t−1 followed by a steeper ∼t−1.3 decline at later
times, consistent with the expected radioactive heating rate.

It is possible that the true SED of the kilonova cannot be
described by a single blackbody in all epochs. However, the

good fits in most epochs suggest that the blackbody
approximation is reasonable. In addition, the bolometric values
derived here are almost identical to those derived by
performing trapezoidal integration of the multi-band photo-
metric data (without a blackbody assumption) in Waxman
et al. (2017).

3. Models

Five models are considered: the analytical multi-component
purely radioactive emission model used in Villar et al. (2017),
the analytical single-component purely radioactive emission
model of Waxman et al. (2017), the numerical shock cooling
plus boosted radioactive emission model used in Kasliwal et al.
(2017), the analytical purely shock cooling emission model of
Piro & Kollmeier (2017), and the Metzger et al. (2018) model

Figure 1. Combined ultraviolet–optical–infrared light curve of the GW170817 kilonova with the original data in semi-transparent circles and the binned data in
opaque circles (see the text for references). A rise in the optical bands is apparent on a ∼1 day timescale. 1σ error bars are plotted for the binned data and are
sometimes smaller than the markers used.
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Kilonova Nebula
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Nebular phase: 
• Most of the ejecta can be seen.  
• Inner parts are slower => Lines are narrower. 
• Photon luminosity ~ heating rate (imprints of α, β, fission).



Nebular emission of type Ia SNe

Type Ia supernova SN 2014J 13

Figure 17. Dereddened +154d nebular spectrum of SN 2014J,
plotted along with spectra of SNe 2011fe and 2003du at similar
epochs.

Figure 18. Dereddened nebular spectra of SN 2014J at +269d
and +351d, plotted along with nebular spectra of SN 2011fe at
similar epochs for comparison.

with Marion et al. (2015). According to the classification
scheme of Wang et al. (2009a), this places SN 2014J at the
border of the HV and NV group of SNe Ia.

Benetti et al. (2005) categorized SNe Ia on the basis of
the velocity gradient of the Si ii λ6355 feature (v̇Si) around
the epoch of B-band maximum. Those events showing high

Figure 19. Velocity evolution of Si ii 6355 Å feature for SN
2014J, along with a few other SNe Ia for comparison.

velocity gradients (v̇Si ! 70 km s−1 day−1) are termed as
HVG, whereas the ones showing slow velocity evolution are
termed as LVG. A third group of SNe Ia, which show low ve-
locities but a rapid temporal velocity evolution, are catego-
rized as FAINT. The FAINT subclass contains sub-luminous
events like SN 1991bg. The HVG comprises of normal events,
while the LVG subclass contains both normal and luminous
1991T-like events. Figure 20 shows where SN 2014J fits in
with other SNe Ia according to the Benetti et al. (2005)
scheme. The velocity gradient calculated for SN 2014J be-
tween +0 and +10d since B-band maximum, v̇Si ≈ 50 km
s−1 day−1. As pointed out by Marion et al. (2015), the mea-
sured velocity gradient places SN 2014J in the LVG group
of SNe Ia, but not far from the boundary of HVG and LVG
events. SNe 2003du and 2005cf also belong to the LVG sub-
class, whereas SN 2002bo lies in the HVG group, showing
high velocities and a rapid velocity evolution. The velocity of
SN 2007co matches well with SN 2014J in the pre-maximum
phase, but falls off faster post maximum. With a velocity
gradient v̇Si ≈ 90 km s−1, SN 2007co lies in the HVG sub-
class. The velocities of SN 2007co (Blondin et al. 2012) were
estimated from its spectra obtained from WISeREP.

Branch et al. (2006) provide an alternative method of
classifying SNe Ia based on their spectra. The ratio of the
pseudo-Equivalent Widths (pEW) of Si ii λ5972 and λ6355
features in spectra near the epoch of B-band maximum
forms four regions or clusters - namely core normal (CN),
shallow silicon (SS), broad line (BL) and cool (CL). For
the +0.3d spectrum of SN 2014J, we measure pEW(λ5972)
≈ 14.5 and pEW(λ6355) ≈ 108.9. According to the Branch
et al. (2006) scheme, SN 2014J lies on the border of the CN
and BL subclasses of SNe Ia (Figure 21). SN 2007co was
classified as a BL object (Blondin et al. 2012) and lies close
to SN 2014J in the Branch et al. (2006) scheme, as seen in
Figure 21.

c⃝ 0000 RAS, MNRAS 000, 000–000
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• Clear emission lines 

• Time evolution of the 
amount of 56Co and 56Fe 
has been measured.

Question: 
How kilonova nebulae look like?



GW170817: Hint for Nebular phase
Spitzer observation (Villar+18, Kaliwal+19)Spitzer GW170817 3

Figure 1. Panel 1: Combined Spitzer 3.6µm and 4.5µm image, depicting that the faint transient GW170817 is buried in the bright
host galaxy NGC4993. Panel 2: Subtracting the galaxy light by fitting a GALFIT model clearly shows the red transient in the first
epoch image, +43d after merger. Panel 3a: Proper image subtraction of Epoch 3 reference data from Epoch 1 using the ZOGY algorithm
boosts the S/N of our detection of GW170817. Panel 3b: ZOGY subtraction of Epoch 3 reference data from Epoch 2 yields a marginal
detection of GW170817. The orientation of all four panels is such that North is up and East is left. The dimensions of the panels are
2.750 ⇥ 2.750, 1.380 ⇥ 1.380, 0.690 ⇥ 1.380 and 0.690 ⇥ 1.380.

magnitude compared to that reported in Villar et al. 2018.
We undertake the following consistency checks.

• We get consistent magnitudes for aperture photometry
and PSF photometry. For a 2.5 pix aperture, the aperture
magnitudes are 21.99 ± 0.04 for Epoch 1 and 24.14 ± 0.30
AB mag for Epoch 2, consistent with the results from PSF-
fit photometry in Table 1.

• The sum of PSF-fit fluxes of the (Epoch 1 - Epoch 2)
and (Epoch 2 - Epoch 3) di↵erence images equal the the flux
in the (Epoch 1 - Epoch 3) di↵erence image. Specifically, the
sum of the measured flux in the first two di↵erence images is
(5.47 ± 0.14 µJy) + (1.04 ± 0.21 µJy), which is consistent
with the measured flux in the (Epoch 1 - Epoch 3) di↵erence
image of (6.39 ± 0.21 µJy).

• If we increase the Gaussian FWHM of the PSF-fit to
3.5 pix and apply the appropriate correction factor, we mea-
sure a magnitude of 21.93 ± 0.06, consistent with the 2.8 pix
FWHM measurement at Epoch 1.

• We get consistent fluxes for Epoch 1 using either the
shallow archival reference or the deeper Epoch 3 reference.
The PSF-magnitude of Epoch 1 in the archival di↵erence is
21.79 ± 0.09 AB mag, consistent with the late-time di↵er-
ence albeit with larger error bars.

• We get consistent fluxes for Epoch 1 if we directly ap-
ply ZOGY to subtract Epoch 3 without first applying the
GALFIT-model. We derive 21.94 ± 0.25mag. The subtrac-
tion is noisier by direct subtraction, hence, we prefer the
two-step method described above.

• We re-do aperture corrections with a di↵erent sky an-
nulus (5–7 pix) and scaling the ZOGY PSF to the standard
PRF after re-normalizing the sky. We also take into account
color corrections for this red source by multiplying the mea-
sured 4.5µm flux by 1.024 (and 3.6µm flux by 1.0614) . This
gives 21.92 ± 0.09mag at Epoch 1 and 23.94 ± 0.4mag at
Epoch 2, consistent with Table 1.

Converting to flux density, we get F⌫ = 6.43 ⇥ 10�29

erg s�1 cm�2 Hz�1 at Epoch 1 and F⌫ = 1.04⇥ 10�29 erg
s�1 cm�2 Hz�1 at Epoch 2. Now, �⌫-L⌫ would be a strict
lower limit on the total bolometric luminosity. If we assume
a power-law ⌫-L⌫ approximation to bolometric, the assumed
correction factor is the ratio between the central frequency

and bandwidth i.e. a multiplicative factor of 4.3 (since Chan-
nel 2 of Spitzer/IRAC spans 3.955µm to 5.015µm).

At this late phase, we expect optically thin, nebular con-
ditions and a blackbody approximation with a photosphere
is unlikely to be applicable. Nevertheless, we proceed with
blackbody calculations as another way to estimate the bolo-
metric correction. The observed Spitzer/IRAC color ([4.5] -
[3.6]) of 1.3mag suggests a blackbody temperature of 420K
at Epoch 1 (the Epoch 2 color is not constraining). This sug-
gests a multiplicative bolometric correction factor of ⇡16. In
the rest of the paper, we assume a ⌫-L⌫ approximation to
the bolometric luminosity of 7.8⇥1038 erg s�1 at Epoch 1
and 1.3⇥1038 erg s�1 at Epoch 2.

We check whether synchrotron emission could con-
tribute to the observed flux. Assuming the spectral index
presented in Mooley et al. (2018), and a flux density of 44µJy
at 3GHz measured at the same phase, we estimate that the
synchrotron contribution at 4.5µm would be 1.1⇥10�30 erg
s�1 cm�2 Hz�1 at Epoch 1. This is ⇡60 times smaller than
the observed flux density and hence, we conclude that the
synchrotron contribution is negligible.

3 IMPLICATIONS ON ABUNDANCES OF

R-PROCESS ELEMENTS

At the epochs of the Spitzer observations (t & 40 days)
the ejecta of kilonovae are expected to be optically thin to
optical/infrared photons. The bolometric luminosity should
then be independent of viewing angle and follow the instan-
taneous radioactive heating rate, L(t) ⇡ Mej✏̇(t)f(t) where
Mej is the ejecta mass, ✏̇(t) the radioactive power per gram,
and f(t) the e�ciency with which radioactive energy is ther-
malized. The late-time Spitzer data can thus be used to de-
rive constraints on the ejecta mass and composition that are
independent of the complex ejecta opacity and geometry.
The main limitation is the uncertain bolometric corrections.

The radioactive power of r-process matter is often de-
scribed by a power-law, ✏̇(t) / t�4/3, which is the behavior
of a statistical distribution of isotopes with beta-decay half-
lives roughly equally distributed in log time. The thermal-
ization e�ciency for such an isotopic distribution is approx-
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Table 1. Spitzer mid-IR data on GW170817

UTC (Phase) Instrument Filter Reference Mag (Vega) Mag (AB)

2017-09-29 (+43 d) Spitzer/IRAC 4.5µm 2018-05-08 18.62 21.88 ± 0.04 (± 0.05)
2017-10-30 (+74 d) Spitzer/IRAC 4.5µm 2018-05-08 20.60 23.86 ± 0.22 (± 0.05)
2017-09-29 (+43 d) Spitzer/IRAC 3.6µm 2018-05-08 >20.42 (3�) >23.21 (3�)
2017-10-30 (+74 d) Spitzer/IRAC 3.6µm 2018-05-08 >20.26 (3�) >23.05 (3�)
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Arcones A., Liebendörfer M., 2014, MNRAS, 443, 3134

Perley D. A., et al., 2016, ApJ, 817, 8

Pian E., et al., 2017, Nature, 551, 67

Rosswog S., Feindt U., Korobkin O., Wu M.-R., Sollerman J.,
Goobar A., Martinez-Pinedo G., 2017, Classical and Quantum
Gravity, 34, 104001

Rosswog S., Sollerman J., Feindt U., Goobar A., Korobkin O.,
Wollaeger R., Fremling C., Kasliwal M. M., 2018, A&A, 615,
A132

Sekiguchi Y., Kiuchi K., Kyutoku K., Shibata M., Taniguchi K.,
2016, Phys. Rev. D, 93, 124046

Siegel D. M., Metzger B. D., 2018, ApJ, 858, 52

Skrutskie M. F., et al., 2006, AJ, 131, 1163

Smartt S. J., et al., 2017, Nature, 551, 75

Soares-Santos M., et al., 2017, ApJ, 848, in press

Tanaka M., Hotokezaka K., 2013, ApJ, 775, 113

Villar V. A., et al., 2018, preprint, (arXiv:1805.08192)

Waxman E., Ofek E., Kushnir D., Gal-Yam A., 2017, preprint,
(arXiv:1711.09638)

Werner M. W., et al., 2004, ApJS, 154, 1

Wollaeger R. T., et al., 2018, MNRAS, 478, 3298

Wu M.-R., Barnes J., Martinez-Pinedo G., Metzger B. D., 2018,
preprint, (arXiv:1808.10459)

Zackay B., Ofek E. O., Gal-Yam A., 2016, ApJ, 830, 27

Zhu Y., et al., 2018, preprint, (arXiv:1806.09724)

APPENDIX A: ADDITIONAL FIGURE AND

TABLE

This paper has been typeset from a TEX/LATEX file prepared by
the author.

MNRAS 000, 1–6 (2018)

The Spitzer detections and upper limits point to the nebular spectrum has a structure.
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R-process nuclei in mergers

4 Lippuner and Roberts
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Figure 1. The final abundances of some selected nucleosynthesis calculations. Left: Ye = 0.01, 0.19, 0.25, 0.50, s = 10 kB baryon�1, and
⌧ = 7.1ms. The full r-process is made, with substantial amounts of lanthanides and actinides, for Ye = 0.01 and Ye = 0.19. The Ye = 0.25
trajectory is neutron-rich enough to make the second r-process peak, but not the third and not a significant amount of lanthanides. In
the symmetric case (Ye = 0.5), mostly 4He and iron-peak elements are produced. Right: Ye = 0.25, s = 1.0, 3.2, 10, 100 kB baryon�1, and
⌧ = 7.1ms. With s = 1 kB baryon�1 a jagged r-process is obtained because there are only few free neutrons per seed nucleus available and
nuclides with even neutron numbers are favored. Even though there are not many free neutrons available, there is still a significant amount
of lanthanides in the s = 1 kB baryon�1 case because the initial seed nuclei are very heavy. At higher entropies, the initial seeds become
lighter and the initial free neutron abundance increases. However, the increase in the initial free neutron abundance is not enough to o↵set
the decrease in the initial mass of the seeds and so we obtain a less complete r-process. The situation is reversed at s = 100 kB baryon�1,
where there is a very high neutron-to-seed ratio. In that case, a significant fraction of ↵ particles are also captured on the seed nuclei. This
leads to a full r-process in the s = 100 kB baryon�1 case.

Figure 2. A frame from the animation of the nucleosynthesis calculation for Ye = 0.01, s = 10 kB baryon�1, and ⌧ = 7.1ms. The frame
shows the full extent of the r-process just when free neutrons get exhausted. The plot in the upper left corner shows the temperature,
density, and heating rate as function of time. The colored bands in the chart of nuclides correspond to the mass bins in the histogram at
the bottom. The histogram shows the mass fractions on a linear scale while the blue curve shows the abundances as a function of mass on
a logarithmic scale. The full animations are available at http://stellarcollapse.org/lippunerroberts2015.
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• Almost all the mass is composed of radioactive r-process 
elements. 

• There are many beta-decay chains.



R-process heating
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R-process heating
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Figure 1. Mean electron energy (left) and mean �-ray energy (right) released in each �-decay as a function of mean life-time. Here
elements with an atomic mass number A � 85 are included. The color of each point shows the solar abundance of r-process elements. Data
are taken from Evaluated Nuclear Data File library (ENDF/B-VII.1, Chadwick et al. 2011).

R-process nuclei with 209 < A . 250 may be disintegrated via ↵-decay and end up as 206Pb, 207Pb, 208Pb or
209Bi. Each ↵-decay releases energy of ⇠ 5–10 MeV in the kinetic energy of an ↵-particle. Since the lifetimes of
↵-unstable nuclides with a larger atomic mass number are typically longer, the first ↵-decay of decay chains may act
as a bottleneck. Thus, the first ↵-decay is often followed immediately by several ↵ and �-decays. Wu et al. (2019)
show that the ↵-decay chains of 222Rn (3.8 day, 23.8 MeV), 223Ra (11.4 day, 30.0 MeV), 224Ra (3.6 day, 30.9 MeV), and
225Ra (14.9 day, 0.4 MeV) ! 225Ac (10.0 day, 30.2 MeV), where the half-life and the total energy release per decay
chain are shown in the parentheses, are particularly important for the macronova heating rate. The radioactive power
of each decay chain can be approximately estimated as

Q̇↵(t) ⇡ 4 · 108e�t/⌧

✓
Y↵

10�5

◆ ✓
⌧

10 day

◆�1 ✓
E↵,tot

30 MeV

◆
erg/s/g, (3)

where ⌧ is the mean life, E↵,tot is the total energy release per decay chain, Y↵ is the initial number of a parent nuclide
per nucleon. We take the mean-lives, Q-values, and branching ratios from ENDF/B-VII.1 to calculate the radioactive
power of decay chains.

2.3. Spontaneous fission

Finally, transuranium nuclei may be disintegrated via spontaneous fission, which releases large amounts of energy,
⇠ 200 MeV, per decay. Although the abundance of such elements produced in merger ejecta is highly uncertain due
to the lack of experimental data, spontaneous fission potentially contributes to the heating rate (Wanajo et al. 2014;
Hotokezaka et al. 2016; Barnes et al. 2016). The radioactive power of spontaneous fission is roughly estimated as

Q̇sf(t) ⇡ 3 · 108e�t/⌧

✓
Ysf

10�6

◆ ✓
⌧

10 day

◆�1 ✓
Esf

200 MeV

◆
erg/s/g, (4)

where Esf is the energy release per spontaneous fission, Ysf is the initial number of a parent nuclide per nucleon.
For instance, the spontaneous fission of 254Cf is suggested as a possible energy source of macronovae at later times
(Wanajo et al. 2014; Zhu et al. 2018; Wu et al. 2019). In addition, Wanajo et al. (2014) suggest that 259Fm and 262Fm
significantly contribute to the heating rate. In later sections, we consider spontaneous fission of 254Cf, neglecting the
minor contribution of �-decays of the daughter nuclei following fission.

3. THERMALIZATION

3.1. Charged Particles

Fast-moving charged particles produced by radioactive decay deposit their kinetic energy to the ejecta thermal
energy through collisional ionization and excitation, and Coulomb collision with thermal electrons. At early times
the density of the expanding ejecta is high enough that the collisional energy loss occurs on time scales shorter than
one dynamical time. In this regime, the heating rate is practically the same to the radioactive power at any given
time. At later times, however, collisional thermalization takes longer time than one dynamical time. As a result, the
heating rate deviates from the radioactive power at a given time (Barnes et al. 2016; Kasen & Barnes 2019; Waxman
et al. 2019). Our calculation is similar to the analytic methods presented by Kasen & Barnes (2019); Waxman et al.
(2019), but we specify the injection energies of decay products for each decay chain, which as we show below can have
a significant e↵ect on the thermalization e�ciency at late times. Note, that these energies are known rather well since
they at the relevant times (t & 103 s), all unstable nuclides are very close to the valley of stability where there is direct
experimental data.

⌧ / E�5
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Gamma-rays from β-decay
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Figure 1. Energy generation rate in each type of particles (left) and its fraction to the total one (right) for NSM-solar (90 ! A ! 238),
NSM-fission (90 ! A ! 280), and NSM-wind (90 ! A ! 140) from the top to the bottom. Each curve shows the total rate (black long-
dashed), those in the forms of γ-rays (red solid), neutrino (green dashed), electrons (blue dotted), fission fragments (violet dash-dotted),
and α particles (magenta dash-two dotted).

Brennecka et al. 2010) and 244Pu is found in the Earth’s
material at present (Wallner et al. 2015). Furthermore, nu-
cleosynthesis studies of merger ejecta show that very heavy
nuclei up to mass numbers of ∼ 280 exist at the r-process
freezeout (see, e.g., Goriely et al. 2013; Eichler et al. 2015).
The spontaneous fission of such very heavy nuclei is also
suggested to affect the heating rate (Metzger et al. 2010;
Wanajo et al. 2014). In this work, we study three cases:
r-process nuclear distributions of (i) NSM (Neutron Star
Merger)-solar: 90 ! A ! 238 (fiducial), (ii) NSM-fission:
90 ! A ! 280, and (iii) NSM-wind: 90 ! A ! 140. The last
case, NSM-wind corresponds to the conditions within a pos-

sible lanthanide-free composition (from the wind, see below).
For NSM-fission, we add transuranic nuclei by assuming a
constant YA of 3.6 · 10−4 for 206 ! A ! 280. This value is
taken so that the solar abundance of 209Bi is reproduced af-
ter nuclear decay. Note that the bulk of 206,207,208Pb, 209Bi,
232Th, and 235,238U are the (α and β) decayed products of
actinides with 209 < A < 254. The reaction network in-
cludes the channels for (β-delayed and spontaneous) fission
and α-decay in addition to β-decay for this mass region.

To study the heating efficiencies and resulting γ-ray line
fluxes, one needs to specify the ejecta properties, e.g., the
mass Mej and expansion velocity v. In this work, we con-
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Figure 2. Spectrum of γ-rays at 1, 3, 5 and 10 days after merger for NSM-solar. Black lines depict the γ-ray spectrum produced by
nuclei at rest. The red (blue) curve shows the spectrum with the Doppler broadening with an expansion velocity of 0.3c (0.05c). The
normalization is determined with the mass of ejected r-process elements of 0.01M⊙ and the observed distance of 3 Mpc. Here we do not
take any absorption and scattering processes into account.

we find

Ėe(t) ≈ 4 · 109 erg/s/g

(

t
1 day

)−1.3

, (2)

Ėγ(t) ≈ 8 · 109 erg/s/g

(

t
1 day

)−1.3

, (3)

Ėα(t) ≈ 7 · 108 erg/s/g

(

t
1 day

)−1 (
XA!210

3 · 10−2

)

, (4)

Ėf (t) ≈ 2 · 109 erg/s/g

(

t
1 day

)−1 (
XA!250

2 · 10−2

)

. (5)

where XA!210 (XA!250) is the total mass fraction of nuclei
with 210 ! A ! 280 (250 ! A ! 280). Note that the nu-
merical coefficients in Eqs. (2) and (3) are valid as long as
material has the solar-like r-process pattern containing the
second (A ∼ 130) and third (A ∼ 195) r-process peaks.

Although the form of ϵγ(t) should be computed with a
radiative transfer simulation, here we give rough estimates.
The optical depth of homologously expanding ejecta is given
by

τγ(t) =

(

ttr,γ
t

)2

, (6)

where ttr,γ ≈ (κγMej/4πv
2)1/2 ≈

0.4 day(κγ/0.05 cm2/g)1/2(Mej/0.01M⊙)1/2(v/0.3c)−1

is the time that the ejecta become transparent to γ-rays.

Here we assume that the dominant interaction process of
γ-rays with matter is Compton scattering.

At the diffuse-out timescale of thermal photons (optical
to infrared: IR) tdiff,o when the optical depth to thermal
photons satisfies τopt = c/v, a significant amount of the
deposited energy starts to escape as thermal photons. We
rewrite Eq. (6) in terms of tdiff,o:

τγ(t) ≈
κγ

κo

c
v

(

tdiff,o

t

)2

, (7)

≈ 0.02

(

tdiff,o

t

)2 (
κγ

0.05 cm2/g

)

×

(

κo

10 cm2/g

)−1
( v
0.3c

)−1

, (8)

where κo is the opacity of r-process elements to photons in
the optical bands. It is dominated by bound-bound tran-
sitions of lanthanides (Kasen et al. 2013; Tanaka & Ho-
tokezaka 2013). For the dynamical ejecta, on the timescale
of tdiff,o, the optical depth to γ-rays is much smaller than
unity, thereby only a small fraction of the γ-rays’ energy is
deposited in the ejecta on the peak timescale of macronovae.

For the slowly expanding wind ejecta, in particular lan-
thanide free cases, the γ-ray heating efficiency is significantly
different. The opacity to thermal photons and expansion ve-
locity of the wind ejecta are κo ∼ 1 cm2/g and v ∼ 0.05c (see
e.g., Tanaka & Hotokezaka 2013 for the opacity of the wind
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Figure 1. Mean electron energy (left) and mean �-ray energy (right) released in each �-decay as a function of mean life-time. Here
elements with an atomic mass number A � 85 are included. The color of each point shows the solar abundance of r-process elements. Data
are taken from Evaluated Nuclear Data File library (ENDF/B-VII.1, Chadwick et al. 2011).

R-process nuclei with 209 < A . 250 may be disintegrated via ↵-decay and end up as 206Pb, 207Pb, 208Pb or
209Bi. Each ↵-decay releases energy of ⇠ 5–10 MeV in the kinetic energy of an ↵-particle. Since the lifetimes of
↵-unstable nuclides with a larger atomic mass number are typically longer, the first ↵-decay of decay chains may act
as a bottleneck. Thus, the first ↵-decay is often followed immediately by several ↵ and �-decays. Wu et al. (2019)
show that the ↵-decay chains of 222Rn (3.8 day, 23.8 MeV), 223Ra (11.4 day, 30.0 MeV), 224Ra (3.6 day, 30.9 MeV), and
225Ra (14.9 day, 0.4 MeV) ! 225Ac (10.0 day, 30.2 MeV), where the half-life and the total energy release per decay
chain are shown in the parentheses, are particularly important for the macronova heating rate. The radioactive power
of each decay chain can be approximately estimated as

Q̇↵(t) ⇡ 4 · 108e�t/⌧

✓
Y↵

10�5

◆ ✓
⌧

10 day

◆�1 ✓
E↵,tot

30 MeV

◆
erg/s/g, (3)

where ⌧ is the mean life, E↵,tot is the total energy release per decay chain, Y↵ is the initial number of a parent nuclide
per nucleon. We take the mean-lives, Q-values, and branching ratios from ENDF/B-VII.1 to calculate the radioactive
power of decay chains.

2.3. Spontaneous fission

Finally, transuranium nuclei may be disintegrated via spontaneous fission, which releases large amounts of energy,
⇠ 200 MeV, per decay. Although the abundance of such elements produced in merger ejecta is highly uncertain due
to the lack of experimental data, spontaneous fission potentially contributes to the heating rate (Wanajo et al. 2014;
Hotokezaka et al. 2016; Barnes et al. 2016). The radioactive power of spontaneous fission is roughly estimated as

Q̇sf(t) ⇡ 3 · 108e�t/⌧

✓
Ysf

10�6

◆ ✓
⌧

10 day

◆�1 ✓
Esf

200 MeV

◆
erg/s/g, (4)

where Esf is the energy release per spontaneous fission, Ysf is the initial number of a parent nuclide per nucleon.
For instance, the spontaneous fission of 254Cf is suggested as a possible energy source of macronovae at later times
(Wanajo et al. 2014; Zhu et al. 2018; Wu et al. 2019). In addition, Wanajo et al. (2014) suggest that 259Fm and 262Fm
significantly contribute to the heating rate. In later sections, we consider spontaneous fission of 254Cf, neglecting the
minor contribution of �-decays of the daughter nuclei following fission.

3. THERMALIZATION

3.1. Charged Particles

Fast-moving charged particles produced by radioactive decay deposit their kinetic energy to the ejecta thermal
energy through collisional ionization and excitation, and Coulomb collision with thermal electrons. At early times
the density of the expanding ejecta is high enough that the collisional energy loss occurs on time scales shorter than
one dynamical time. In this regime, the heating rate is practically the same to the radioactive power at any given
time. At later times, however, collisional thermalization takes longer time than one dynamical time. As a result, the
heating rate deviates from the radioactive power at a given time (Barnes et al. 2016; Kasen & Barnes 2019; Waxman
et al. 2019). Our calculation is similar to the analytic methods presented by Kasen & Barnes (2019); Waxman et al.
(2019), but we specify the injection energies of decay products for each decay chain, which as we show below can have
a significant e↵ect on the thermalization e�ciency at late times. Note, that these energies are known rather well since
they at the relevant times (t & 103 s), all unstable nuclides are very close to the valley of stability where there is direct
experimental data.
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Figure 2. Stopping power for electrons and ↵-particles. Here the stopping medium is chosen to be xenon, which is in the second
r-process peak, as an example. The stopping power due to ionization and excitation is taken from ESTAR and ASTAR of NIST database
(http://physics.nist.gov/Star) for electrons and ↵-particles, respectively. The stopping power due to Bremsstrahlung is also shown for
electrons. For ↵-particles, the contribution of the Coulomb collision with thermal electrons is calculated by using the Bohr’s formula (Bohr
1913). Here we assume xenon is singly ionized.

using the mass weighted density:

⇢m(t) =

R
dm⇢

Mej
= C⇢Mejv

�3
0 t�3, (14)

which for the power-law profile we consider gives2

C⇢ ⇡ k

4⇡(2 + 3/k)(1 � wk)2
, (15)

where w = v0/vmax, e.g., C⇢ ⇡ 0.03 for n = 4 (k = 1) and w = 0.25.
The thermalization time, tth, is the characteristic time at which thermalization becomes ine�cient. An accurate

calculation of the thermalization at t & tth requires following the time evolution of the kinetic energy of monoenergetic
charged particles, which is solved by

dE

dt
= �Kst⇢mvc � 3(�ad � 1)

E

t
, (16)

where �ad is the adiabatic index of charged particles. The value of the adiabatic index, �ad, depends on the type of
decay products as well as energy. ↵-particles and fission fragments are always non-relativistic; therefore, �ad is 5/3.
For �-decay electrons, �ad varies in between 5/3 and 4/3 because the initial kinetic energy ranges from ⇡ 0.1 to a few
MeV. The adiabatic index of monoenergetic electrons is given by (e.g., Nakar et al. 2008)

�ad(p) = 1 +
p2

3
p

p2 + 1(
p

p2 + 1 � 1)
, (17)

where p is the electron’s momentum in units of me and c. In the calculation presented later, we use a constant value
of �ad at an initial momentum of �-electrons (see Appendix B for the approximated solution of equation 16).

For t & tth, charged particles do not lose their kinetic energy within one dynamical time. In this phase, one needs
to take into account not only particles injected at t but also those injected at earlier times, which may contribute to
or even dominate the heating rate. The heating rate at a given time t is obtained by integrating all the contribution
of non-thermal particles:

Q̇th(t)=
X

i

Z t

t0,i

dt0�Kst(Ei,0; t
0, t)⇢(t)

Ni(t0)

⌧i
, (18)

where �Kst(Ei,0; t0, t) is obtained by solving equation (16) for a given initial energy, Ei,0, and injected time t0, N(t) is
the number density of a radioactive element i. Here, the lower limit of the integral t0,i corresponds to the time when
the oldest non-thermal charged particles surviving at t are produced.

Figure 4 shows the heating rates of �-decay. Here, we assume the solar r-process abundance of 85  A  209 (left)
and 141  A  209 (right). The former choice includes the second r-process peak and the latter does not. Including

2 The thermalization time of electrons obtained by plugging equation (15) into equation (9) is similar to the one obtained by Waxman
et al. (2018), with one di↵erence. Waxman et al. (2018) does not consider the maximal velocity of the ejecta and therefore they are missing
the term (1 � wk)2 in the denominator of equation (15). This term may be important when the velocity distribution is flat, i.e., k < 1.

The energy evolution of β-electrons:
collision

Barnes+16, KH+16, Kasen & Barnes 19, Wu+18, Waxman+19, KH & Nakar 19
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Figure 2. Stopping power for electrons and ↵-particles. Here the stopping medium is chosen to be xenon, which is in the second
r-process peak, as an example. The stopping power due to ionization and excitation is taken from ESTAR and ASTAR of NIST database
(http://physics.nist.gov/Star) for electrons and ↵-particles, respectively. The stopping power due to Bremsstrahlung is also shown for
electrons. For ↵-particles, the contribution of the Coulomb collision with thermal electrons is calculated by using the Bohr’s formula (Bohr
1913). Here we assume xenon is singly ionized.

using the mass weighted density:

⇢m(t) =

R
dm⇢

Mej
= C⇢Mejv

�3
0 t�3, (14)

which for the power-law profile we consider gives2

C⇢ ⇡ k

4⇡(2 + 3/k)(1 � wk)2
, (15)

where w = v0/vmax, e.g., C⇢ ⇡ 0.03 for n = 4 (k = 1) and w = 0.25.
The thermalization time, tth, is the characteristic time at which thermalization becomes ine�cient. An accurate

calculation of the thermalization at t & tth requires following the time evolution of the kinetic energy of monoenergetic
charged particles, which is solved by

dE

dt
= �Kst⇢mvc � 3(�ad � 1)

E

t
, (16)

where �ad is the adiabatic index of charged particles. The value of the adiabatic index, �ad, depends on the type of
decay products as well as energy. ↵-particles and fission fragments are always non-relativistic; therefore, �ad is 5/3.
For �-decay electrons, �ad varies in between 5/3 and 4/3 because the initial kinetic energy ranges from ⇡ 0.1 to a few
MeV. The adiabatic index of monoenergetic electrons is given by (e.g., Nakar et al. 2008)

�ad(p) = 1 +
p2

3
p

p2 + 1(
p

p2 + 1 � 1)
, (17)

where p is the electron’s momentum in units of me and c. In the calculation presented later, we use a constant value
of �ad at an initial momentum of �-electrons (see Appendix B for the approximated solution of equation 16).

For t & tth, charged particles do not lose their kinetic energy within one dynamical time. In this phase, one needs
to take into account not only particles injected at t but also those injected at earlier times, which may contribute to
or even dominate the heating rate. The heating rate at a given time t is obtained by integrating all the contribution
of non-thermal particles:

Q̇th(t)=
X

i

Z t

t0,i

dt0�Kst(Ei,0; t
0, t)⇢(t)

Ni(t0)

⌧i
, (18)

where �Kst(Ei,0; t0, t) is obtained by solving equation (16) for a given initial energy, Ei,0, and injected time t0, N(t) is
the number density of a radioactive element i. Here, the lower limit of the integral t0,i corresponds to the time when
the oldest non-thermal charged particles surviving at t are produced.

Figure 4 shows the heating rates of �-decay. Here, we assume the solar r-process abundance of 85  A  209 (left)
and 141  A  209 (right). The former choice includes the second r-process peak and the latter does not. Including

2 The thermalization time of electrons obtained by plugging equation (15) into equation (9) is similar to the one obtained by Waxman
et al. (2018), with one di↵erence. Waxman et al. (2018) does not consider the maximal velocity of the ejecta and therefore they are missing
the term (1 � wk)2 in the denominator of equation (15). This term may be important when the velocity distribution is flat, i.e., k < 1.

The energy evolution of β-electrons:
collision adiabatic loss

Ejecta density ~ t-3

Barnes+16, KH+16, Kasen & Barnes 19, Wu+18, Waxman+19, KH & Nakar 19
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Figure 2. Stopping power for electrons and ↵-particles. Here the stopping medium is chosen to be xenon, which is in the second
r-process peak, as an example. The stopping power due to ionization and excitation is taken from ESTAR and ASTAR of NIST database
(http://physics.nist.gov/Star) for electrons and ↵-particles, respectively. The stopping power due to Bremsstrahlung is also shown for
electrons. For ↵-particles, the contribution of the Coulomb collision with thermal electrons is calculated by using the Bohr’s formula (Bohr
1913). Here we assume xenon is singly ionized.

using the mass weighted density:

⇢m(t) =

R
dm⇢

Mej
= C⇢Mejv

�3
0 t�3, (14)

which for the power-law profile we consider gives2

C⇢ ⇡ k

4⇡(2 + 3/k)(1 � wk)2
, (15)

where w = v0/vmax, e.g., C⇢ ⇡ 0.03 for n = 4 (k = 1) and w = 0.25.
The thermalization time, tth, is the characteristic time at which thermalization becomes ine�cient. An accurate

calculation of the thermalization at t & tth requires following the time evolution of the kinetic energy of monoenergetic
charged particles, which is solved by

dE

dt
= �Kst⇢mvc � 3(�ad � 1)

E

t
, (16)

where �ad is the adiabatic index of charged particles. The value of the adiabatic index, �ad, depends on the type of
decay products as well as energy. ↵-particles and fission fragments are always non-relativistic; therefore, �ad is 5/3.
For �-decay electrons, �ad varies in between 5/3 and 4/3 because the initial kinetic energy ranges from ⇡ 0.1 to a few
MeV. The adiabatic index of monoenergetic electrons is given by (e.g., Nakar et al. 2008)

�ad(p) = 1 +
p2

3
p

p2 + 1(
p

p2 + 1 � 1)
, (17)

where p is the electron’s momentum in units of me and c. In the calculation presented later, we use a constant value
of �ad at an initial momentum of �-electrons (see Appendix B for the approximated solution of equation 16).

For t & tth, charged particles do not lose their kinetic energy within one dynamical time. In this phase, one needs
to take into account not only particles injected at t but also those injected at earlier times, which may contribute to
or even dominate the heating rate. The heating rate at a given time t is obtained by integrating all the contribution
of non-thermal particles:

Q̇th(t)=
X

i

Z t

t0,i

dt0�Kst(Ei,0; t
0, t)⇢(t)

Ni(t0)

⌧i
, (18)

where �Kst(Ei,0; t0, t) is obtained by solving equation (16) for a given initial energy, Ei,0, and injected time t0, N(t) is
the number density of a radioactive element i. Here, the lower limit of the integral t0,i corresponds to the time when
the oldest non-thermal charged particles surviving at t are produced.

Figure 4 shows the heating rates of �-decay. Here, we assume the solar r-process abundance of 85  A  209 (left)
and 141  A  209 (right). The former choice includes the second r-process peak and the latter does not. Including

2 The thermalization time of electrons obtained by plugging equation (15) into equation (9) is similar to the one obtained by Waxman
et al. (2018), with one di↵erence. Waxman et al. (2018) does not consider the maximal velocity of the ejecta and therefore they are missing
the term (1 � wk)2 in the denominator of equation (15). This term may be important when the velocity distribution is flat, i.e., k < 1.

The energy evolution of β-electrons:
collision adiabatic loss

Ejecta density ~ t-3 5

Figure 2. Stopping power for electrons and ↵-particles. Here the stopping medium is chosen to be xenon, which is in the second
r-process peak, as an example. The stopping power due to ionization and excitation is taken from ESTAR and ASTAR of NIST database
(http://physics.nist.gov/Star) for electrons and ↵-particles, respectively. The stopping power due to Bremsstrahlung is also shown for
electrons. For ↵-particles, the contribution of the Coulomb collision with thermal electrons is calculated by using the Bohr’s formula (Bohr
1913). Here we assume xenon is singly ionized.

using the mass weighted density:

⇢m(t) =

R
dm⇢

Mej
= C⇢Mejv

�3
0 t�3, (14)

which for the power-law profile we consider gives2

C⇢ ⇡ k

4⇡(2 + 3/k)(1 � wk)2
, (15)

where w = v0/vmax, e.g., C⇢ ⇡ 0.03 for n = 4 (k = 1) and w = 0.25.
The thermalization time, tth, is the characteristic time at which thermalization becomes ine�cient. An accurate

calculation of the thermalization at t & tth requires following the time evolution of the kinetic energy of monoenergetic
charged particles, which is solved by

dE

dt
= �Kst⇢mvc � 3(�ad � 1)

E

t
, (16)

where �ad is the adiabatic index of charged particles. The value of the adiabatic index, �ad, depends on the type of
decay products as well as energy. ↵-particles and fission fragments are always non-relativistic; therefore, �ad is 5/3.
For �-decay electrons, �ad varies in between 5/3 and 4/3 because the initial kinetic energy ranges from ⇡ 0.1 to a few
MeV. The adiabatic index of monoenergetic electrons is given by (e.g., Nakar et al. 2008)

�ad(p) = 1 +
p2

3
p

p2 + 1(
p

p2 + 1 � 1)
, (17)

where p is the electron’s momentum in units of me and c. In the calculation presented later, we use a constant value
of �ad at an initial momentum of �-electrons (see Appendix B for the approximated solution of equation 16).

For t & tth, charged particles do not lose their kinetic energy within one dynamical time. In this phase, one needs
to take into account not only particles injected at t but also those injected at earlier times, which may contribute to
or even dominate the heating rate. The heating rate at a given time t is obtained by integrating all the contribution
of non-thermal particles:

Q̇th(t)=
X

i

Z t

t0,i

dt0�Kst(Ei,0; t
0, t)⇢(t)

Ni(t0)

⌧i
, (18)

where �Kst(Ei,0; t0, t) is obtained by solving equation (16) for a given initial energy, Ei,0, and injected time t0, N(t) is
the number density of a radioactive element i. Here, the lower limit of the integral t0,i corresponds to the time when
the oldest non-thermal charged particles surviving at t are produced.

Figure 4 shows the heating rates of �-decay. Here, we assume the solar r-process abundance of 85  A  209 (left)
and 141  A  209 (right). The former choice includes the second r-process peak and the latter does not. Including

2 The thermalization time of electrons obtained by plugging equation (15) into equation (9) is similar to the one obtained by Waxman
et al. (2018), with one di↵erence. Waxman et al. (2018) does not consider the maximal velocity of the ejecta and therefore they are missing
the term (1 � wk)2 in the denominator of equation (15). This term may be important when the velocity distribution is flat, i.e., k < 1.

~E-0.15

Barnes+16, KH+16, Kasen & Barnes 19, Wu+18, Waxman+19, KH & Nakar 19



Energy deposition of charged particles

~3 cm

For mergers, the stopping medium expands.

5

Figure 2. Stopping power for electrons and ↵-particles. Here the stopping medium is chosen to be xenon, which is in the second
r-process peak, as an example. The stopping power due to ionization and excitation is taken from ESTAR and ASTAR of NIST database
(http://physics.nist.gov/Star) for electrons and ↵-particles, respectively. The stopping power due to Bremsstrahlung is also shown for
electrons. For ↵-particles, the contribution of the Coulomb collision with thermal electrons is calculated by using the Bohr’s formula (Bohr
1913). Here we assume xenon is singly ionized.

using the mass weighted density:

⇢m(t) =

R
dm⇢

Mej
= C⇢Mejv

�3
0 t�3, (14)

which for the power-law profile we consider gives2

C⇢ ⇡ k

4⇡(2 + 3/k)(1 � wk)2
, (15)

where w = v0/vmax, e.g., C⇢ ⇡ 0.03 for n = 4 (k = 1) and w = 0.25.
The thermalization time, tth, is the characteristic time at which thermalization becomes ine�cient. An accurate

calculation of the thermalization at t & tth requires following the time evolution of the kinetic energy of monoenergetic
charged particles, which is solved by

dE

dt
= �Kst⇢mvc � 3(�ad � 1)

E

t
, (16)

where �ad is the adiabatic index of charged particles. The value of the adiabatic index, �ad, depends on the type of
decay products as well as energy. ↵-particles and fission fragments are always non-relativistic; therefore, �ad is 5/3.
For �-decay electrons, �ad varies in between 5/3 and 4/3 because the initial kinetic energy ranges from ⇡ 0.1 to a few
MeV. The adiabatic index of monoenergetic electrons is given by (e.g., Nakar et al. 2008)

�ad(p) = 1 +
p2

3
p

p2 + 1(
p

p2 + 1 � 1)
, (17)

where p is the electron’s momentum in units of me and c. In the calculation presented later, we use a constant value
of �ad at an initial momentum of �-electrons (see Appendix B for the approximated solution of equation 16).

For t & tth, charged particles do not lose their kinetic energy within one dynamical time. In this phase, one needs
to take into account not only particles injected at t but also those injected at earlier times, which may contribute to
or even dominate the heating rate. The heating rate at a given time t is obtained by integrating all the contribution
of non-thermal particles:

Q̇th(t)=
X

i

Z t

t0,i

dt0�Kst(Ei,0; t
0, t)⇢(t)

Ni(t0)

⌧i
, (18)

where �Kst(Ei,0; t0, t) is obtained by solving equation (16) for a given initial energy, Ei,0, and injected time t0, N(t) is
the number density of a radioactive element i. Here, the lower limit of the integral t0,i corresponds to the time when
the oldest non-thermal charged particles surviving at t are produced.

Figure 4 shows the heating rates of �-decay. Here, we assume the solar r-process abundance of 85  A  209 (left)
and 141  A  209 (right). The former choice includes the second r-process peak and the latter does not. Including

2 The thermalization time of electrons obtained by plugging equation (15) into equation (9) is similar to the one obtained by Waxman
et al. (2018), with one di↵erence. Waxman et al. (2018) does not consider the maximal velocity of the ejecta and therefore they are missing
the term (1 � wk)2 in the denominator of equation (15). This term may be important when the velocity distribution is flat, i.e., k < 1.

The energy evolution of β-electrons:
collision adiabatic loss

Ejecta density ~ t-3

4

The collisional energy loss of decay products per unit time is described by Kstv⇢, where Kst is the stopping cross
section per unit mass in units of MeV cm2/g, v is the velocity of a fast particle, and ⇢ is the density of the stopping
medium (see Appendix A). Figure 2 shows �Kst for electrons and ↵-particles, where � is the velocity normalized by the
speed of light. This quantity is a proxy of the energy loss rate of fast particles. The stopping power due to ionization
and excitation peaks around the energy at which the velocity of a fast particle is approximately the orbital velocity

of an atomic electron with the mean binding energy hIi ⇡ 500Z50 eV corresponding to 0.05cZ1/2
50 , where Z50 is the

atomic number of the stopping medium normalized by 50. For �-decay electrons, their initial velocities are always
much faster than this velocity so that �Kst increases as they lose energy. As one can see in figure 2, �Kst for electrons
increases very slowly with decreasing energy. For ↵-particles, they are injected around the peak of the ionization
stopping power and the stopping power of thermal electrons starts to dominate below 0.1–1 MeV. Consequently, �Kst
for ↵-particles also slowly increases in the energy loss process. The roughly flat spectrum of �Kst of electrons and
↵-particles means that the fractional energy loss due to collision occurs faster for particles with lower energy. On the
contrary, the initial velocities of fission fragments are typically slower than the orbital velocity of atomic electrons.
The ionization stopping power behaves as �Kst / E for energies down to ⇠ 10 MeV, where the stopping power of
thermal electrons becomes more important (see figure 3), implying that the fractional energy loss of fission fragments
with di↵erent energies occurs with roughly the same rate. Note that the dependence of �Kst on the atomic number
of the stopping medium is rather weak. For instance, the di↵erence in �Kst between Xe and U is ⇠ 20% for electrons
and ⇠ 50% for ↵-particles. Thus, we use �Kst of Xe in the following calculations.

For comparison of electron thermalization to that of ↵-particles and fission fragments, it is useful to define an e↵ective
opacity as e↵ = �Kst/E. With this definition a charged particle deposits a significant fraction of its energy after
spending one dynamical time t in ejecta when the e↵ective optical depth is ⌧e↵ = e↵⇢ct & 1. The e↵ective opacity of
�-electrons, ↵-particles, and fission fragments is
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respectively.
The thermalization time is defined by the time where the e↵ective optical depth is unity. For electrons it is
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and for fission fragments,
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where Mej is the ejecta mass, v0 is the minimum ejecta velocity, and C⇢ is a coe�cient that depends on the ejecta
velocity profile. Note that for electrons and ↵-particles there is an implicit dependence on the particle injection energy
via e↵ such that tth /⇠ E�1/2.

In this work, we use a radial density profile of merger ejecta:

⇢(t, v) = ⇢0(t)

✓
vej
v0

◆�n

(v0  vej  vmax) (12)

where ⇢0(t) is defined such that

Mej = 4⇡

Z vmax

v0

dvv2⇢(t, v). (13)

The density profile corresponds to the mass profile dm/d ln v / v�k, where k = n � 3. Under the most reasonable
assumption that the fast particles are trapped within the ejecta by random magnetic fields, C⇢ can be approximated
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Thermalization time:

After tth , fast electrons decouple with matter, 
i.e., the collisional energy loss takes longer 
than one dynamical time.

Barnes+16, KH+16, Kasen & Barnes 19, Wu+18, Waxman+19, KH & Nakar 19
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Figure 3. Same as figure 2 but for fission fragments (Mukherji & Srivastava 1974).

the second r-process peak enhances the heating rate and results in more radioactive power in �-rays. The electron
heating rates start to deviate significantly from the radioactive power around 20-30 days after the merger and after
50-80 days they reach an asymptotic decline with a power law Q̇th / t�2.8. We find that this transition of the heating
rate occurs rather slowly compared to the heating rate with the analytic description presented by Barnes et al. (2016).

Figure 5 shows the heating rate and radioactive power of ↵-decay and fission. For ↵-decay, we use the initial
abundances of ↵-decaying nuclei of 222  A  225 of the DZ31 model (Wu et al. 2019). Note that this model predicts
the production of particularly large amounts of these nuclei. The late-time heating rate of ↵-decay approaches / t�2.8.
For spontaneous fission, we consider only 254Cf and its heating rate declines as t�3 around t ⇠ ⌧ and t�5 for t � ⌧ .

This power law behavior at later times t & tth is quite general and explained as follows. The total number of
non-thermal charged particles is approximately constant with time for t > tth, i.e.,

P
i

R
dt0Ni(t0)/⌧i ⇡ const. This is

true in the case that many beta-decay chains contribute to the heating rate as well as in the case that a few decaying
species dominate the radioactive power around the thermalization time, i.e, t & ⌧ ⇠ tth. If one neglects the energy
dependence of �Kst, the time dependence of the thermalization rate is simply Q̇th(t) / ⇢(t) / t�3. Given the weak
energy dependence of �Kst for electrons and ↵-particles, the time evolution of the heating rate is approximately
described as

Q̇th(t) /⇠ t�2.8 (�-decay and ↵-decay). (19)

For fission products �Kst drops as they cool adiabatically and therefore the asymptotic decay of Q̇th is faster.
Analytic solutions of the �-decay heating rate of r-process elements are derived by Kasen & Barnes (2019) and

Waxman et al. (2019). Kasen & Barnes (2019) provide a general formula for the late-time heating rate and find
that the heating rate approaches /⇠ t�7/3 when neglecting the logarithmic factor of the stopping cross section, i.e.,
�Kst,e /⇠ E�0.5. Waxman et al. (2019) take a proper account of this factor obtaining �Kst,e /⇠ E�0.15. With this energy
dependence of the cross-section they obtain a steeper decline of the heating rate /⇠ t�2.8. We use the complete stopping
cross section formula, with the logarithmic factor (see figure 2); therefore, the time dependence of our late-time electron
heating rate of /⇠ t�2.8

Waxman et al. (2018) interpret a break in the observed bolometric light curve of the GW170817 macronova around
⇠ 6 days as the thermalization break, which is a transition of the electron heating rate from the regime of Q̇th,e / t�1.3

to / t�2.8. This scenario requires that the thermalization break occurs at relatively early time and that it is rather
sharp. As one can see in figure 4, which is obtained for ejecta that is similar to the one inferred for GW170817,
the thermalization break seems to take place on a significantly longer time scale and is too gradual to reproduce the
observed break. We discuss the break in the observed light curve in §4.

3.2. Gamma-rays

�-rays are often produced by radioactive decay and their energy ranges from ⇠ 0.1 to a few MeV. These �-rays
may interact with electrons and deposit their energy to the ejecta’s thermal energy through Compton scattering,
photoelectric absorption, and pair creation. Figure 6 shows the opacity of r-process elements for �-rays. Also shown
are the spectral energy distribution of �-rays produced by �-decays. Note that the opacity of heavy material (140 
A  238) is larger by a factor of & 1.5 than that of lighter elements at low energies . 0.5 MeV because photoelectric
absorption is enhanced for high Z atoms. In addition, �-rays are emitted at slightly lower energies for heavier elements.

Typically �-rays first lose their energy through Compton scattering. The down scattered �-rays then may be
destroyed by photoelectric absorption. It is not trivial to evaluate the energy deposition fraction of �-rays. In the
context of SNe Ia, the results of Monte-Carlo simulations of �-ray transfer show that the fraction of �-rays energy
which is deposited to the thermal energy at any given time can be estimated rather accurately by finding a time scale

Taking into account for the energy 
dependence of Kβ:
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Figure 4. Radioactive power and heating rate of �-decay in electrons and �-rays. The solar r-process abundance pattern with a
minimum atomic mass number of Amin = 85 (left) and 141 (right) is assumed. Also shown in both panels is an analytic heating rate,
1010(t/day)�4/3 erg/s/g. For the thermalization processes, we assume an ejecta mass of 0.05M�, v0 = 0.1c, vmax = 0.4c and n = 4.5.

Figure 5. Same as figure 4 but for ↵-decay (left) and spontaneous fission (right). Here we assume the initial abundance of ↵-decay
nuclei of (Y (222Rn), Y (223Ra), Y (224Ra), Y (225Ra)) = (4.0 · 10�5, 2.7 · 10�5, 4.1 · 10�5, 2.7 · 10�5) (Wu et al. 2019). 254Cf with an initial
abundance of 2.0 · 10�6 is used. The ejecta profile same to that of figure 4 is used.

t0 (Swartz et al. 1995; Je↵ery 1999; Wygoda et al. 2019). This time scale, t0, is defined by the time at which the
e↵ective optical depth for �-rays is unity, ⌧�,e↵ = 1:

⌧�,e↵ = �,e↵⌃m(t), (20)

where �,e↵ is the purely absorptive e↵ective opacity and the mass-weighted column density of the ejecta is

⌃m(t)=

Z
d3x

⇢(t, ~x)

Mej

Z
d⌦̂

4⇡

Z 1

0
ds⇢(t, ~x + s~̂⌦), (21)

=C⌃Mejv
�2
0 t�2, (22)

where ~̂⌦ is the unit solid angle vector. C⌃ is a constant that depend on the structure of the ejecta and can be found
by carrying out the integral in the equation 21. For the ejecta power-law profile that we consider (equation 12) the
integration should be carried out numerically. The analytic formula

C⌃ ⇡ 0.1w + 0.003
k

w
. (23)

provide a good approximation (up to a factor of order unity) for 0 < k < 5 and 0.1 < w < 0.5, which is the most
relevant range for the merger ejecta.

The e↵ective opacity �,e↵ accounts for the fraction of the energy that �-rays deposit when they propagate through

tth

KH & Nakar 19, https://github.com/hotokezaka/HeatingRate

https://github.com/hotokezaka/HeatingRate
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minimum atomic mass number of Amin = 85 (left) and 141 (right) is assumed. Also shown in both panels is an analytic heating rate,
1010(t/day)�4/3 erg/s/g. For the thermalization processes, we assume an ejecta mass of 0.05M�, v0 = 0.1c, vmax = 0.4c and n = 4.5.
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Figure 5. Same as figure 4 but for ↵-decay (left) and spontaneous fission (right). Here we assume the initial abundance of ↵-decay
nuclei of (Y (222Rn), Y (223Ra), Y (224Ra), Y (225Ra)) = (4.0 · 10�5, 2.7 · 10�5, 4.1 · 10�5, 2.7 · 10�5) (Wu et al. 2019). 254Cf with an initial
abundance of 2.0 · 10�6 is used. The ejecta profile same to that of figure 4 is used.
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provide a good approximation (up to a factor of order unity) for 0 < k < 5 and 0.1 < w < 0.5, which is the most
relevant range for the merger ejecta.
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Relevant Particles
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Figure 8. Bolometric light curve and temperature evolution of the macronova associated with GW170817. The total and electron heating
rates are also shown. The temperature is evaluated at the photosphere by assuming local thermodynamic equilibrium. Here we use a total
ejecta mass of 0.05M�, the beta-decay heating rate with the solar r-process abundance (85  A  209), and the ejecta profile with n = 4.5,
v0 = 0.1c and vmax = 0.4c (see equation 12). The opacity is assumed to be 0.5 cm2/g for v > 0.2c and 3 cm2/g for v  0.2c. The bolometric
data are taken from Waxman et al. (2018). The Spitzer 4.5µm detections �⌫-L⌫ are considered as lower limits on the bolometric luminosity
(Kasliwal et al. 2019) (see discussion in the text). The observed temperature is shown only up to day 7 (Waxman et al. 2018; Arcavi 2018),
when the spectrum is quasithermal.

Then the bolometric luminosity is calculated by adding the contribution of all the shells.
Figure 8 shows the bolometric light curve of the macronova of GW170817 according to the the analysis of the

observation of Waxman et al. (2018). Also shown are the black-body temperature data obtained by Waxman et al.
(2018) and Arcavi (2018). The bolometric luminosity shows a roughly steady decay as /⇠ t�1 up to day 7 at which
point there is a sharp break to a steep decay as t�3. It is important to note that the analysis is robust up to day 7
but at later times it is less certain. The reason is that until day 7 almost the entire emission is within the observable
bands while at later time a significant fraction of the emission is in unobservable IR bands. Moreover, after day 7 also
the spectrum is becoming highly non-thermal making any extrapolation of the emission to the IR bands uncertain.
Thus, while there is most likely a break around day 7 it is unclear that the post-break slope is as steep as t�3. Figure
8 include also two data point which are the IR detection in a single band, 4.5µm, by Spitzer (Kasliwal et al. 2019).
The spectrum at these times is clearly not thermal (there are simultaneous non-detection at 3.6µm) and cannot be
used for a reliable estimate of the bolometric luminosity. Therefore, we consider here only the actual luminosity which
was observed within the Spitzer 4.5µm band, which is a strict lower limit of the bolometric luminosity.

Figure 8 shows also a semi-analytic model of the bolometric light curve and the evolution of temperature at the
photosphere. Here, we assume a total ejecta mass of 0.05M� composed of r-process elements with the solar abundance
of 85  A  238. The density profile is assumed to be ⇢ / v�4.5 for 0.1c < v < 0.4c. To calculate the bolometric light
curve, we use radially varying opacity of 0.5 cm2/g for v > 0.2c and 3 cm2/g for v  0.2c. With these parameters, the
calculated light curve and temperature agree with the observed data reasonably well including the early peak at 0.5
day and the break of the light curve around a week3. The reason for this break in our modeling can be understood
by comparison of the observed luminosity at any time to the heating rate at the same time. At early times, the
photon di↵usion wave is at the outer part of the ejecta so that only a small fraction of the total radioactive deposited
energy di↵use out and the emergent luminosity is lower than the total heating rate. Thus, during this time energy
is accumulated within the ejecta and due to adiabatic losses the energy in the ejecta is comparable to the energy
deposited over the last dynamical time. On a time scale of a few days, the di↵usion wave proceeds deeper in the ejecta,
so the di↵usion time through most of the ejecta becomes comparable to the dynamical time. In this phase, all the
deposited photons escape to the observer and together with these photons, also radiation that was deposited at earlier
times di↵use out from the ejecta, leading to a bolometric luminosity that is higher than the instantaneous heating
rate. At later times, where the di↵usion wave has crossed all the ejecta, deposited heat escapes on time that is shorter
than the dynamical time and the bolometric luminosity approaches the instantaneous heating rate. Just before this
last phase, there must be a phase where the bolometric light curve declines faster than the heating rate, corresponding
to the break around a week in figure 8. The same behaviour is seen in all type I SNe where after the peak there is
an episode where the bolometric luminosity drops much faster than the 56Ni heating rate before it convergences to
the late time 56Ni tail. Note that in our model the break is unrelated to any change in the thermalization e�ciency.
After a week the contribution of the �-rays is already negligible while the coupling of the electrons is still e�cient.
The break in the heating rate that corresponds to ine�cient electron coupling is seen only at tth,� ⇡ 30 days. These
results are di↵erent than those of Waxman et al. (2018, 2019) that attribute the break at day 7 to tth,� . The reason

3 The black-body temperature at ⇠ 0.5 day depends on how to extrapolate the ultraviolet data at 4 hours. Including the ultraviolet data
reduces the temperature. The two data points at ⇠ 0.5 day from Arcavi (2018) in figure 8 correspond to with and without the ultraviolet
data.

KH & Nakar 19, https://github.com/hotokezaka/HeatingRate

tdiff>t

tdiff<t
τ<1

• Bolometric light curve follows the r-process heating rate. 
• The steep decline around a week can be interpreted as the diffusion 

wave crossing the entire ejecta.
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Figure 8. Bolometric light curve and temperature evolution of the macronova associated with GW170817. The total and electron heating
rates are also shown. The temperature is evaluated at the photosphere by assuming local thermodynamic equilibrium. Here we use a total
ejecta mass of 0.05M�, the beta-decay heating rate with the solar r-process abundance (85  A  209), and the ejecta profile with n = 4.5,
v0 = 0.1c and vmax = 0.4c (see equation 12). The opacity is assumed to be 0.5 cm2/g for v > 0.2c and 3 cm2/g for v  0.2c. The bolometric
data are taken from Waxman et al. (2018). The Spitzer 4.5µm detections �⌫-L⌫ are considered as lower limits on the bolometric luminosity
(Kasliwal et al. 2019) (see discussion in the text). The observed temperature is shown only up to day 7 (Waxman et al. 2018; Arcavi 2018),
when the spectrum is quasithermal.

Then the bolometric luminosity is calculated by adding the contribution of all the shells.
Figure 8 shows the bolometric light curve of the macronova of GW170817 according to the the analysis of the

observation of Waxman et al. (2018). Also shown are the black-body temperature data obtained by Waxman et al.
(2018) and Arcavi (2018). The bolometric luminosity shows a roughly steady decay as /⇠ t�1 up to day 7 at which
point there is a sharp break to a steep decay as t�3. It is important to note that the analysis is robust up to day 7
but at later times it is less certain. The reason is that until day 7 almost the entire emission is within the observable
bands while at later time a significant fraction of the emission is in unobservable IR bands. Moreover, after day 7 also
the spectrum is becoming highly non-thermal making any extrapolation of the emission to the IR bands uncertain.
Thus, while there is most likely a break around day 7 it is unclear that the post-break slope is as steep as t�3. Figure
8 include also two data point which are the IR detection in a single band, 4.5µm, by Spitzer (Kasliwal et al. 2019).
The spectrum at these times is clearly not thermal (there are simultaneous non-detection at 3.6µm) and cannot be
used for a reliable estimate of the bolometric luminosity. Therefore, we consider here only the actual luminosity which
was observed within the Spitzer 4.5µm band, which is a strict lower limit of the bolometric luminosity.

Figure 8 shows also a semi-analytic model of the bolometric light curve and the evolution of temperature at the
photosphere. Here, we assume a total ejecta mass of 0.05M� composed of r-process elements with the solar abundance
of 85  A  238. The density profile is assumed to be ⇢ / v�4.5 for 0.1c < v < 0.4c. To calculate the bolometric light
curve, we use radially varying opacity of 0.5 cm2/g for v > 0.2c and 3 cm2/g for v  0.2c. With these parameters, the
calculated light curve and temperature agree with the observed data reasonably well including the early peak at 0.5
day and the break of the light curve around a week3. The reason for this break in our modeling can be understood
by comparison of the observed luminosity at any time to the heating rate at the same time. At early times, the
photon di↵usion wave is at the outer part of the ejecta so that only a small fraction of the total radioactive deposited
energy di↵use out and the emergent luminosity is lower than the total heating rate. Thus, during this time energy
is accumulated within the ejecta and due to adiabatic losses the energy in the ejecta is comparable to the energy
deposited over the last dynamical time. On a time scale of a few days, the di↵usion wave proceeds deeper in the ejecta,
so the di↵usion time through most of the ejecta becomes comparable to the dynamical time. In this phase, all the
deposited photons escape to the observer and together with these photons, also radiation that was deposited at earlier
times di↵use out from the ejecta, leading to a bolometric luminosity that is higher than the instantaneous heating
rate. At later times, where the di↵usion wave has crossed all the ejecta, deposited heat escapes on time that is shorter
than the dynamical time and the bolometric luminosity approaches the instantaneous heating rate. Just before this
last phase, there must be a phase where the bolometric light curve declines faster than the heating rate, corresponding
to the break around a week in figure 8. The same behaviour is seen in all type I SNe where after the peak there is
an episode where the bolometric luminosity drops much faster than the 56Ni heating rate before it convergences to
the late time 56Ni tail. Note that in our model the break is unrelated to any change in the thermalization e�ciency.
After a week the contribution of the �-rays is already negligible while the coupling of the electrons is still e�cient.
The break in the heating rate that corresponds to ine�cient electron coupling is seen only at tth,� ⇡ 30 days. These
results are di↵erent than those of Waxman et al. (2018, 2019) that attribute the break at day 7 to tth,� . The reason

3 The black-body temperature at ⇠ 0.5 day depends on how to extrapolate the ultraviolet data at 4 hours. Including the ultraviolet data
reduces the temperature. The two data points at ⇠ 0.5 day from Arcavi (2018) in figure 8 correspond to with and without the ultraviolet
data.

tdiff>t

tdiff<t
τ<1

• The temperature decreases in this phase.

KH & Nakar 19, https://github.com/hotokezaka/HeatingRate
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Calculation of Nebular Spectrum
Local thermodynamic equilibrium is no longer valid.

One must solve consistently  
1. Ionization balance 
2. Thermal balance (cooling = heating) 
3. Level population => Emission

τ<1



Solving Nebular State

Heating Rate 
Baryon density   n(t)

Q̇(t) / E(t)
t Guess Te

Solve ionization states 
n(X+i), ne

            Solve atomic level population 
n(X+i)j

Get cooling function 
Λ(Te)

Get new Te 
                                   from Λ = Γ, where Γ = Q/n2  

(erg/s/cm3)



Atomic quantities
• Work per unit ion pair: w(X+i) 

• Recombination rate coefficient: α(X+i) 

• Energy levels: Ei  

• Radiative transition rate: Aĳ 

• Collision strength: Ωĳ

Unfortunately, most of them are not experimentally know.
We use Hebrew University Lawrence Livermore Atomic code (HULLAC) 
and General-purpose Relativistic Atomic Package (GRASP).



Focusing on Nd 



Heating (ionization) function
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• Temperature is frozen after the electron decoupling time. 
• The ionization degree behaves similarly.
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Figure 3. Cooling function of Nd II. Here, we assume a number density of 104 cm�3, corresponding to ⇠ 40 day after merger
in the case of an ejecta mass of ⇠ 0.05M� and typical expansion velocity of ⇠ 0.1c.

Figure 4. Same as figure 3 but those with and without the radiation trapping e↵ect (left) and those at di↵erent densities
(right).

where ne is the electron number density, n is the atom number density, nj is the number density of ions in the jth
ionized state. The ionization state can be found by solving the ionization balance with the steady state approximation

�

0

@⌥jnj +
X

k>j

Pjk↵k+1nenj+1

1

A + (1 � Pjj) ↵j+1nenj+1 (45)

+

0

@⌥j�1nj�1 +
X

k>j�1

Pj�1,k↵k+1nenk+1

1

A � (1 � Pj�1,j�1) ↵jnenj ⇡ 0 (0  j  Z), (46)

where ↵j is the recombination coe�cient of j-th ionized ions. The optical depth is

⌧j(E) ⇡

jX

k=0

fk�
ph
k (E)naR (47)

Heating function

Both permitted and forbidden lines are important.

~40 day
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Figure 5. Same as figure 3 but those with and without the radiation trapping e↵ect (left) and those at di↵erent densities
(right).

Figure 6. Same as figure 3 but those with and without the radiation trapping e↵ect (left) and those at di↵erent densities
(right).

Figure 7. Same as figure 3 but those with and without the radiation trapping e↵ect (left) and those at di↵erent densities
(right).

At later times (lower density), Λ/n2 is independent of time.

~20 day

>40 day



Slowly evolving Te
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Figure 6. Same as figure 3 but those with and without the radiation trapping e↵ect (left) and those at di↵erent densities
(right).

Figure 7. Same as figure 3 but those with and without the radiation trapping e↵ect (left) and those at di↵erent densities
(right).

>40 day

~20 day

Heating function Cooling function

Thermal balance: Γ/n2 ~ Λ/n2

Both sides are constant with time after tth ~50 day. 
Temperature and ionization are approximately frozen. 
=> The spectral shape is also  expected to be frozen. 
This is not due to the properties but due to the r-process heating rate.



Cooling functions: different Ionization
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Figure 5. Same as figure 3 but those with and without the radiation trapping e↵ect (left) and those at di↵erent densities
(right).
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Figure 7. Same as figure 3 but those with and without the radiation trapping e↵ect (left) and those at di↵erent densities
(right).



Temperature & Ionization of Nd Nebula

Nebular Emission of Neutron Star Merger 11

Figure 8. Same as figure 3 but those with and without the radiation trapping e↵ect (left) and those at di↵erent densities
(right).
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Nebular Emission of Neutron Star Merger 11

Figure 8. Same as figure 3 but those with and without the radiation trapping e↵ect (left) and those at di↵erent densities
(right).
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Kilonova Nebular Spectrum at 40 day 
(Pure Nd)

Nebular Emission of Neutron Star Merger 11

Figure 8. Same as figure 3 but those with and without the radiation trapping e↵ect (left) and those at di↵erent densities
(right).
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Kilonova Nebular Spectrum at 40 day 
(Pure Nd)

Nebular Emission of Neutron Star Merger 11

Figure 8. Same as figure 3 but those with and without the radiation trapping e↵ect (left) and those at di↵erent densities
(right).
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JWST can easily resolve the nebular spectrum at 200Mpc.



Spectrum at 40 and 70 day

Nebular Emission of Neutron Star Merger 11

Figure 8. Same as figure 3 but those with and without the radiation trapping e↵ect (left) and those at di↵erent densities
(right).
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Nebular Emission of Neutron Star Merger 11

Figure 8. Same as figure 3 but those with and without the radiation trapping e↵ect (left) and those at di↵erent densities
(right).
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Comparison with other elements



Comparison with other elements
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• Lanthanides (Nd) have a stronger cooling function. 
• It is not trivial if they are more important as their abundance is low.
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R-process mass budget
KH, Beniamini, Piran 18

1, Total mass of r-process  
elements in the Galaxy. 

2, Live 244Pu (t1/2=81Myr) 
accumulates on the deep sea 
floor from the ISM. 

  
3, A few ultra-faint dwarf 
galaxies contain r-enriched 
stars.

~104Msun

(Waller+15, KH, Piran, Paul 15)

(Ji+16, Roederer +16, Beniamini+16)

Neutron star mergers produce r-process elements 
sufficient to provide all of them in the Galaxy.

⇡ 0.025 and 0.1, respectively. In the following, we test the neutron star merger scenario for the
origin of (heavy) r-process elements. It is worth noting that numerical simulations of merger ejecta
show that heavy r-process elements are robustly synthesized (Goriely et al., 2011; Korobkin et al.,
2012; Perego et al., 2014; Wanajo et al., 2014; Eichler et al., 2015; Just et al., 2015; Wu et al.,
2016; Siegel & Metzger, 2017). The first peak elements are not necessarily synthesized and their
abundances depend on the ejection mechanism and on the nature of the remnant of mergers (e.g.
Wanajo et al. 2014; Lippuner & Roberts 2015; Wu et al. 2016; Lippuner et al. 2017) so that mergers
with di↵erent masses may produce di↵erent abundance patterns. Note that there are metal poor
stars in which the abundance ratio of Th to Eu is larger than that of the sun, the so-called “actinide
boost stars” (e.g. Hill et al. 2002; Roederer et al. 2009). The variation in elemental abundances
beyond the third r-process peak elements does not a↵ect the mass estimates but they suggest that
there are r-process events that produce larger amounts of very heavy elements.

2.1 Production rate inferred from r-process measurements

Astrophysical observations and geological measurements provide evidence that r-process elements
are produced in rare events in each one of those a significant amount of r-process elements (a few
percent of solar masses) are produced. These observations support the merger scenario. In this
section, we briefly summarize the observations and demonstrate their compatibility with each other
and with the merger scenario. The results are summarized in Figs. 2 and 3.
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Figure 2: The rate of r-process production events in the Milky Way and the mass produced per
event inferred from various measurements (see the text for details and also Hotokezaka et al. 2015).
Here, we assume r-process elements with the solar abundance pattern for A � 69 (including the first
peak r-process elements) are produced in each event. For GW170817, we take the rate estimated
with the 90% confidence interval (Abbott et al., 2017b) and the mass estimate of ⇡ 0.05M� with
an uncertainty of a factor of 2. To convert the volumetric event rate Gpc�3 yr�1 to the galactic
event rate, we use the number density of Milky-Way like galaxies of ⇡ 0.01Mpc�3.

(i) The total mass of r-process elements in the Milky Way: The total mass of r-process elements
in the Milky Way gives a rough estimate for the product of the event rate RMW and the average
mass produced by each event mr: Mtot, r ⇠ tMW · RMW · mr, where tMW ⇡ 10 Gyr is the age of
the Milky Way (e.g. Eichler et al. 1989; Bauswein et al. 2014; Hotokezaka et al. 2015; Rosswog

5



GW170817 and r-process

• GW170817 host galaxy suggests a significant delay 
between the formation and merger. (1-10Gyr) 

• There is no strong evidence supporting any time delay 
between star formation and r-process production.   

• Chemical abundance of stars is even against the delay. 

GW:

Astrophysics:



Puzzle: why r-elements trace α-elements?
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Galactic Chemical Evolution
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A chemical evolution problem
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Figure 7: Magnesium (top) and europium (middle and bottom) abundance evolutions of the Milky
Way. Here, the minimum delay time of SNe Ia is set to be 40 (dashed), 400 (solid), and 1000 Myr
(short dashed curve). The minimum delay time of neutron star mergers is chosen to be 20 Myr and
their delay time distribution is set to be / t

�1 (middle) and / t
�1.5 (bottom). The star formation

history is assumed to follow the cosmic star formation history (left) and to be a constant with
time (right). Also shown are the observed data of the magnesium and europium abundances of
metal poor stars as blue points from SAGA database (Suda et al., 2008).
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Figure 7: Magnesium (top) and europium (middle and bottom) abundance evolutions of the Milky
Way. Here, the minimum delay time of SNe Ia is set to be 40 (dashed), 400 (solid), and 1000 Myr
(short dashed curve). The minimum delay time of neutron star mergers is chosen to be 20 Myr and
their delay time distribution is set to be / t

�1 (middle) and / t
�1.5 (bottom). The star formation

history is assumed to follow the cosmic star formation history (left) and to be a constant with
time (right). Also shown are the observed data of the magnesium and europium abundances of
metal poor stars as blue points from SAGA database (Suda et al., 2008).
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Core-collapse supernovae 
ccSNe + SNe Ia

R-process events 
ccSNe + SNe Ia

KH, Beniamini, Piran 2018, the data from the SAGA database

The production history of r-process elements is similar to that of α-elements. 
=> R-process production seems to follow star formation (no delay?). 

• How the steep decline occurs if mergers? 
• Not merger, but, e.g., long GRBs produce r-process elects?

Model  
not valid

Model  
not valid



Summary
• Late-time kilonova nebular spectrum contains atomic information.  

• After the thermalization time, heating, ionization, recombination, 
cooling rate per ion are roughly proportional to the density -> T and 
spectrum shape are roughly independent of the density and thus 
frozen. 

• We need more atomic data and calibrate with experiments. 

• Spitzer observations of GW170817 at 40 and 70 days are roughly  
consistent with this picture. 

• JWST will do a fantastic job.  

• Galactic Eu abundance traces Mg abundance (core-collapse), 
which is not expected for the neutron star merger scenario.


