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Compact binary mergers (O1/O2)
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Event m1/M� m2/M� M/M� �e↵ Mf/M� af Erad/(M�c
2) `peak/(erg s�1) dL/Mpc z �⌦/deg2

GW150914 35.6+4.8
�3.0 30.6+3.0

�4.4 28.6+1.6
�1.5 �0.01+0.12

�0.13 63.1+3.3
�3.0 0.69+0.05

�0.04 3.1+0.4
�0.4 3.6+0.4

�0.4 ⇥ 1056 430+150
�170 0.09+0.03

�0.03 179

GW151012 23.3+14.0
�5.5 13.6+4.1

�4.8 15.2+2.0
�1.1 0.04+0.28

�0.19 35.7+9.9
�3.8 0.67+0.13

�0.11 1.5+0.5
�0.5 3.2+0.8

�1.7 ⇥ 1056 1060+540
�480 0.21+0.09

�0.09 1555

GW151226 13.7+8.8
�3.2 7.7+2.2

�2.6 8.9+0.3
�0.3 0.18+0.20

�0.12 20.5+6.4
�1.5 0.74+0.07

�0.05 1.0+0.1
�0.2 3.4+0.7

�1.7 ⇥ 1056 440+180
�190 0.09+0.04

�0.04 1033

GW170104 31.0+7.2
�5.6 20.1+4.9

�4.5 21.5+2.1
�1.7 �0.04+0.17

�0.20 49.1+5.2
�3.9 0.66+0.08

�0.10 2.2+0.5
�0.5 3.3+0.6

�0.9 ⇥ 1056 960+430
�410 0.19+0.07

�0.08 924

GW170608 10.9+5.3
�1.7 7.6+1.3

�2.1 7.9+0.2
�0.2 0.03+0.19

�0.07 17.8+3.2
�0.7 0.69+0.04

�0.04 0.9+0.0
�0.1 3.5+0.4

�1.3 ⇥ 1056 320+120
�110 0.07+0.02

�0.02 396

GW170729 50.6+16.6
�10.2 34.3+9.1

�10.1 35.7+6.5
�4.7 0.36+0.21

�0.25 80.3+14.6
�10.2 0.81+0.07

�0.13 4.8+1.7
�1.7 4.2+0.9

�1.5 ⇥ 1056 2750+1350
�1320 0.48+0.19

�0.20 1033

GW170809 35.2+8.3
�6.0 23.8+5.2

�5.1 25.0+2.1
�1.6 0.07+0.16

�0.16 56.4+5.2
�3.7 0.70+0.08

�0.09 2.7+0.6
�0.6 3.5+0.6

�0.9 ⇥ 1056 990+320
�380 0.20+0.05

�0.07 340

GW170814 30.7+5.7
�3.0 25.3+2.9

�4.1 24.2+1.4
�1.1 0.07+0.12

�0.11 53.4+3.2
�2.4 0.72+0.07

�0.05 2.7+0.4
�0.3 3.7+0.4

�0.5 ⇥ 1056 580+160
�210 0.12+0.03

�0.04 87

GW170817 1.46+0.12
�0.10 1.27+0.09

�0.09 1.186+0.001
�0.001 0.00+0.02

�0.01  2.8  0.89 � 0.04 � 0.1 ⇥ 1056 40+10
�10 0.01+0.00

�0.00 16

GW170818 35.5+7.5
�4.7 26.8+4.3

�5.2 26.7+2.1
�1.7 �0.09+0.18

�0.21 59.8+4.8
�3.8 0.67+0.07

�0.08 2.7+0.5
�0.5 3.4+0.5

�0.7 ⇥ 1056 1020+430
�360 0.20+0.07

�0.07 39

GW170823 39.6+10.0
�6.6 29.4+6.3

�7.1 29.3+4.2
�3.2 0.08+0.20

�0.22 65.6+9.4
�6.6 0.71+0.08

�0.10 3.3+0.9
�0.8 3.6+0.6

�0.9 ⇥ 1056 1850+840
�840 0.34+0.13

�0.14 1651

TABLE III. Selected source parameters of the eleven confident detections. We report median values with 90% credible intervals that include
statistical errors, and systematic errors from averaging the results of two waveform models for BBHs. For GW170817 credible intervals
and statistical errors are shown for IMRPhenomPv2NRT with low spin prior, while the sky area was computed from TaylorF2 samples. The
redshift for NGC 4993 from [87] and its associated uncertainties were used to calculate source frame masses for GW170817. For BBH events
the redshift was calculated from the luminosity distance and assumed cosmology as discussed in Appendix B. The columns show source frame
component masses mi and chirp massM, dimensionless e↵ective aligned spin �e↵ , final source frame mass Mf , final spin af , radiated energy
Erad, peak luminosity lpeak, luminosity distance dL, redshift z and sky localization �⌦. The sky localization is the area of the 90% credible
region. For GW170817 we give conservative bounds on parameters of the final remnant discussed in Sec. V E.

angular momentum ~L and its spin vectors precess [113, 114]
around the total angular momentum ~J = ~L + ~S 1 + ~S 2.

We describe the dominant spin e↵ects by introducing ef-
fective parameters. The e↵ective aligned spin is defined as a
simple mass-weighted linear combination of the spins [22, 23,
115] projected onto the Newtonian angular momentum L̂N ,
which is normal to the orbital plane (L̂ = L̂N for aligned-spin
binaries)

�e↵ =
(m1~�1 + m2~�2) · L̂N

M
, (4)

where M = m1 + m2 is the total mass of the binary, and m1 is
defined to be the mass of the larger component of the binary,
such that m1 � m2. Di↵erent parameterizations of spin e↵ects
are possible and can be motivated from their appearance in
the GW phase or dynamics [116–118]. �e↵ is approximately
conserved throughout the inspiral [115]. To assess whether a
binary is precessing we use a single e↵ective precession spin
parameter �p [119] (see Appendix C).

During the inspiral the phase evolution depends at leading
order on the chirp mass [33, 120, 121],

M =
(m1m2)3/5

M1/5 , (5)

which is also the best measured parameter for low mass sys-
tems dominated by the inspiral [60, 95, 116, 122]. The mass
ratio

q =
m2

m1
 1 (6)

and e↵ective aligned spin �e↵ appear in the phasing at higher
orders [95, 115, 117].

For precessing binaries the orbital angular momentum vec-
tor ~L is not a stable direction, and it is preferable to describe
the source inclination by the angle ✓JN between the total an-
gular momentum ~J (which typically is approximately constant
throughout the inspiral) and the line of sight vector ~N instead
of the orbital inclination angle ◆ between ~L and ~N [113, 123].
We quote frequency-dependent quantities such as spin vec-
tors and derived quantities as �p at a GW reference frequency
fref = 20Hz.

Binary neutron stars have additional degrees of freedom re-
lated to their response to a tidal field. The dominant quadrupo-
lar (` = 2) tidal deformation is described by the dimensionless
tidal deformability ⇤ = (2/3)k2

h
(c2/G)(R/m)

i5
of each neu-

tron star (NS), where k2 is the dimensionless ` = 2 Love num-
ber and R is the NS radius. The tidal deformabilities depend
on the NS mass m and the equation of state (EOS). The domi-
nant tidal contribution to the GW phase evolution is encapsu-
lated in an e↵ective tidal deformability parameter [124, 125]

⇤̃ =
16
13

(m1 + 12m2)m4
1⇤1 + (m2 + 12m1)m4

2⇤2

M5 . (7)

B. Masses

In the left panel of Fig. 4 we show the inferred component
masses of the binaries in the source frame as contours in the
m1-m2 plane. Because of the mass prior, we consider only sys-
tems with m1 � m2 and exclude the shaded region. The com-
ponent masses of the detected BH binaries cover a wide range
from ⇠ 5M� to ⇠ 70M� and lie within the range expected for

LIGO/Virgo collaboration (arXiv:1811.12907)

・heavy binary BHs: 19 . Mtot/M� . 85

・no significant spin alignment (positive for two BBHs)
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B. Masses

In the left panel of Fig. 4 we show the inferred component
masses of the binaries in the source frame as contours in the
m1-m2 plane. Because of the mass prior, we consider only sys-
tems with m1 � m2 and exclude the shaded region. The com-
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Binary Black Hole Population Properties Inferred from the First and Second Observing Runs of Advanced LIGO and
Advanced Virgo

The LIGO Scientific Collaboration and The Virgo Collaboration

ABSTRACT

We present results on the mass, spin, and redshift distributions of the ten binary black hole mergers
detected in Advanced LIGO’s and Advanced Virgo’s first and second observing runs. We constrain
properties of the binary black hole (BBH) mass spectrum using models with a range of parameteriza-
tions of the BBH mass and spin distributions. We find that the mass distribution of the more massive
black hole in each binary is well approximated by models with almost no black holes larger than 45
M�, and a power law index of ↵ = 1.6+1.5

�1.7 (90% credibility). We also show that BBHs are unlikely
to be composed of black holes with large spins aligned to the orbital angular momentum. Modelling
the evolution of the BBH merger rate with redshift, we show that it is increasing with redshift with
credibility 0.88. Marginalizing over uncertainties in the BBH population, we find robust estimates of
the BBH merger rate density of R = 52.9+55.6

�27.0 Gpc�3 yr�1(90% credibility). As the BBH catalog grows
in future observing runs, we expect that uncertainties in the population model parameters will shrink,
potentially providing insights into the formation of black holes via supernovae, binary interactions of
massive stars, stellar cluster dynamics, and the formation history of black holes across cosmic time.

1. INTRODUCTION

The second LIGO/Virgo observing run (O2) spanned
nine months between November 2016 through August
2017, building upon the first, four-month run (O1) in
2015. The LIGO/Virgo gravitational-wave (GW) in-
terferometer network is comprised of two instruments
in the United States (LIGO) (Harry & LIGO Scientific
Collaboration 2010; Abbott et al. 2016a) and a third in
Europe (Virgo) (Acernese et al. 2015), the latter joining
the run in the summer of 2017. In total, ten binary black
hole (BBH) mergers have been detected to date (Ab-
bott et al. 2018). These observations constrain the vol-
umetric BBH merger rate to RBBH 2 [9.7, 101] Gpc�3

yr�1 (Abbott et al. 2018) after accounting for 0.46 yr
of observational time in O1 and O2. The BBHs de-
tected possess a wide range of physical properties. The
lightest so far is GW170608 (Abbott et al. 2017a) with
an inferred total mass of 18.7+3.3

�0.7M�. GW170729 (Ab-
bott et al. 2018)—exceptional in several ways—is likely
to be the heaviest BBH to date, having total mass
85.2+15.4

�11.2M�, as well as the most distant, at redshift
0.48+0.19

�0.20. GW151226 was the first observation to show
evidence for at least one black hole with a spin greater
than zero (Abbott et al. 2016b).
By measuring the distributions of mass, spin, and

merger redshift in the BBH population, we may make
inferences about the physics of binary mergers and bet-
ter understand the origin of these systems. We employ
Bayesian inference and modelling (Gelman et al. 2004;

Mandel 2010; Foreman-Mackey et al. 2014) which, when
applied to parameterized models of the population, is
able to infer population-level parameters — sometimes
called hyperparameters to distinguish them from the
event-level parameters — while properly accounting for
the uncertainty in the measurements of each event’s pa-
rameters (Mandel 2010; Hogg et al. 2010).
The structure and parameterization of BBH popula-

tions models are guided by the physical processes and
evolutionary environments in which BBH are expected
to form and merge. Several BBH formation channels
have been proposed in the literature, each of them in-
volving a specific environment and a number of physical
processes. For example, BBHs might form from isolated
massive binaries in the galactic field through common-
envelope evolution (Bethe & Brown 1998; Portegies
Zwart & Yungelson 1998; Belczynski et al. 2002; Voss
& Tauris 2003; Dewi et al. 2006; Belczynski et al. 2007,
2008; Dominik et al. 2013; Belczynski et al. 2014; Men-
nekens & Vanbeveren 2014; Spera et al. 2015; Tauris
et al. 2017; Eldridge & Stanway 2016; Stevenson et al.
2017b; Chruslinska et al. 2018; Mapelli et al. 2017; Gi-
acobbo et al. 2018; Mapelli & Giacobbo 2018; Kruckow
et al. 2018; Giacobbo & Mapelli 2018) or via chemically
homogeneous evolution (Marchant et al. 2016; de Mink
&Mandel 2016; Mandel & de Mink 2016). Alternatively,
BBHs might form via dynamical processes in stellar clus-
ters (Portegies Zwart & McMillan 2000; Kulkarni et al.
1993; Sigurdsson & Hernquist 1993; Grindlay et al. 2006;
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HLV (O3): 22 more BH-BH candidates btw Apr - Sep

・no significant spin alignment (positive for two BBHs)

More detections! 
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Formation channels
・isolated field massive binaries

(e.g., Portegies Zwart 2000, O’Leary, Meiron & Kocsis 2009, Rodriguez+ 2016, Antonini+ 2016)

(e.g., Dominik+ 2013; Belczynski+ 2016; Kinugawa+ 2014, 2016; Inayoshi+ 2017; Mapelli+ 2017)

- binary formation in low-metallicity gas

- interaction btw two PopII stars (Z < 0.1 Zsun)

・dynamical formation in dense clusters

- mass segregation, 3-body interaction 

- eccentric binaries (Kozai-Lidov) 

- uniform       -distribution is expected

- aligned spin is expected (               )�e↵ & 0

�e↵

Rodriguez’s & 
Samsing’s talk



PopII-BBH formation (~0.1Zsun)

Figure 1: Example binary evolution leading to a BH-BH merger similar to GW150914. A
massive binary star (96 + 60 M!) is formed in the distant past (2 billion years after Big Bang;
z ∼ 3.2) and after five million years of evolution forms a BH-BH system (37+31 M!). For the
ensuing 10.3 billion years this BH-BH system is subject to angular momentum loss, with the
orbital separation steadily decreasing, until the black holes coalesce at redshift z = 0.09. This
example binary formed in a low metallicity environment (Z = 3% Z!).

14

Belczynski et al. (2016)

96Msun 60Msun

35Msun

31Msun

2500Rsun

3700Rsun

44Rsun

37Msun

85Msun

stable mass 
transfer

1st BH!

2nd BH!

common envelope 
phase (uncertain!)



1. The origin of stellar-mass BBHs 
~ First massive stars ~

Kinugawa, Inayoshi & Hotokezaka et al. (2014) MNRAS 442, 2963

Inayoshi, Hirai, Kinugawa & Hotokezaka (2017) MNRAS 468, 5020
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redshift
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gas accretion

SMBHs!

z~6

Formation of SMBHs at high-z

BH mergers 
(GWs) seed BHs 

(e.g. PopIII BHs)

(tH ~ 1Gyr)

“The Assembly of the First Massive Black Holes” 
Inayoshi, Visbal & Haiman (2020), ARA&A in press

L110 K. Inayoshi, K. Omukai and E. Tasker

instability if the gravitational collapse is delayed, a process possi-
ble due to turbulence generated during the virialization of the halo.
If the thermal instability occurs, the cloud can fragment into many
smaller mass clumps instead of forming a single SMS. We therefore
simulate the collapse to determine the likelihood of the outcome be-
ing a monolithic collapse to a single star or fragmentation into a
binary or multiple member system.

2 M E T H O D O L O G Y

We performed a three-dimensional hydrodynamical simulation of
the gravitational collapse of a primordial-gas cloud using the adap-
tive mesh refinement code, ENZO (Bryan et al. 2014). Our main
purpose is to investigate the gas dynamics over a wide range
of the densities (10−21 ! ρ ! 10−7 g cm−3). The cloud initially
has a spherically symmetric density profile enhanced by a fac-
tor f (=1.6) above the critical Bonnor–Ebert (BE) distribution, an
isothermal sphere embedded in a pressurized medium and supported
in marginal hydrostatic equilibrium against gravitational collapse.
According to cosmological simulations (e.g. Wise et al. 2008), at
the centre of a first galaxy with virial temperature "104 K, forming
in an environment where the H2 formation is suppressed, a warm
(T ∼ 8000 K) cloud with ∼105 M# becomes gravitationally unsta-
ble at ρ ∼ 10−20 g cm−3 and collapses. Based on this, we set the
central density and temperature of the cloud to ρc = 1.67 × 10−20 g
cm−3 and T = 8000 K, giving a mass and radius of 1.17 × 105 M#
and 10.8 pc, respectively. Although we here do not impose an exter-
nal FUV radiation, H2 is collisionally dissociated for ρ " 10−20 g
cm−3 and T " 6000 K. Note that we neglect the dark-matter grav-
ity since the cloud is already bound by the self-gravity of its gas.
Our simulation box size is (50 pc)3 and refinement is controlled by
insisting that one Jeans length is resolved by at least 64 grid cells
(e.g. Turk et al. 2012). Under this condition, the simulation uses 23
out of the allowed 25 refinement levels, ensuring we are resolved
by the above criteria at all times and giving a limiting resolution of
!0.1 au.

The development of turbulence in the central region of forming
first galaxies has been suggested by numerical simulations (e.g.
Wise & Abel 2007; Greif et al. 2008). In the initial phase of col-
lapse with ∼10−20 g cm−3, the turbulence is still subsonic in the
cloud. To consider the density and velocity perturbations due to the
turbulence, we initially impose a subsonic velocity field (the root
mean square of the velocity is set to 0.1cs) with power spectrum
P(k) ∝ k−4, which corresponds to the so-called Larson’s law for
the contemporary star-forming regions (Larson 1981). To ensure
that the turbulence is adequately resolved, we select the maximum
k-mode value of 1/10 of the number of cells across the cloud.

We consider the non-equilibrium primordial chemistry of 9
species (H, H2, e−, H+, H+

2 , H−, He, He+, and He++) and 13 hy-
drogen reactions selected to reproduce the correct thermal/chemical
evolution of the warm atomic-cooling cloud (reactions 3, 4, 7−10,
12, 15−18, 28, and 32 in table 2 of Omukai 2001). We adopt
the reaction rate coefficients updated by the following studies: 7–
10 (Coppola et al. 2011), 15 (Martin, Schwarz & Mandy 1996),
17 (Stibbe & Tennyson 1999), and 28 (Ferland et al. 1992). The
four helium reactions originally included in ENZO are also present,
although they are not relevant in our calculation. We initially as-
sume a uniform distribution of ionization degree with 10−4 and H2

molecular fraction with 10−7, respectively (e.g. Shang et al. 2010).
At high density, the chemical reactions proceed faster than the cloud
collapse and chemical equilibrium is achieved. To smoothly con-
nect the non-equilibrium chemistry to that of equilibrium, we solve

the chemical network including both the forward and reverse re-
actions for dominant processes. To solve the chemistry equations,
we employ the piecewise exact solution method (Inoue & Inutsuka
2008) instead of the original ENZO solver, which cannot follow the
chemical evolution with high enough density to reach the chemical
equilibrium. For the radiative cooling, we consider atomic cool-
ing (H Lyα, two-photon emission, and H− free–bound, free–free
emission) and H2 cooling (rovibrational line and collision-induced
emission). We also include the suppression of the cooling rate in the
optically thick case by using the optical depth estimated as ρκLc

(e.g. Omukai 2001; Shang et al. 2010), where κ includes the H2-line
opacity and the Rosseland mean opacity considering the H Rayleigh
scattering, the H2 collision-induced absorption, and the H− bound-
free and free–free absorption, and Lc the size of the central core,
which is approximately given by the Jeans length for the spherically
symmetric cloud in the runaway collapse. Finally, note that we do
not include the heating/cooling associated with the chemical reac-
tions because their effect is negligible during the thermal evolution
of the atomic-cooling clouds.

3 R ESULTS

Fig. 1 shows the density distribution at the end of the simulation,
where the central density reaches ∼10−7 g cm−3, for four different
spatial scales; from the top-left clockwise, large-scale gas distri-
bution (∼1 pc), the collapsing core (∼0.1 pc), the central ∼100 au
region, and the protostar formed at the centre (∼10 au). The central
portion of the cloud undergoes the runaway collapse. The turbu-
lence forms filamentary structures that channel material into the
central region (ρ ∼ 10−8 g cm−3), feeding the protostar. The left-
bottom panel presents the density distribution around the protostar.
At the end of this simulation, the protostellar mass reaches &1 M#
and its radius &2 au. These values are consistent with the result
of the stellar-structure calculation by Hosokawa et al. (2012), who
assumed a steady and spherical accretion.

Fig. 2 shows the evolution of mass-weighted radial profiles of
(a) density, (b) temperature, and (c) H2 fraction. During collapse,

Figure 1. Density distribution in the plane through the density peak for
four spatial scales: from top-left, clockwise: the large-scale gas distribu-
tion (∼1 pc), a collapsing core by the H− free–bound continuum cooling
(∼0.1 pc), the central region around the protostar (∼100 au), and the final
protostar (∼10 au).
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Figure 2. Number of dark matter halos that host star-forming gas clouds.
The histogram shows the distribution of redshifts when the central gas density
reaches ∼106 cm−3. The histograms are colored according to the virial masses
using the color scale displayed at the top.
(A color version of this figure is available in the online journal.)

SPH cosmological simulations to follow the formation of the
primordial gas clouds that gravitationally collapse in the center
of dark matter halos. The histogram in Figure 2 shows that our
sample of 110 dark matter halos has a wide range of masses
Mvirial = 105–106 M# distributed over redshifts z = 35–11,
most of which are at z = 20–15. Figure 3 shows an example of
the resulting gas density concentrations arising in five such dark
matter halos together with insets of their zoomed-in structure,

Table 2
Evolutionary Paths

Path Ṁ Nsample
(M# yr−1)

P1 KH Contracting protostar <0.004 67
P2 Oscillating protostar >0.0041 31
P3 Supergiant protostar >0.042 12

Notes. Column 2: accretion rate for each path, and Column 3: the
number of stars in our sample.
References. (1) Omukai & Palla 2003; (2) Hosokawa et al. 2012a.

represented by white circles corresponding to 1 pc. As expected,
the five clouds have different structures of density, velocity, and
temperature. The resulting stellar masses are also different as
indicated in the figure.

After the formation of a protostellar core at the center of
the collapsing cloud, we switch to the 2D RHD calculations
for each individual dark matter halo and follow the evolution
during the later accretion stages. Figure 4 shows snapshots from
three of our examined cases, which exemplify the three different
evolutionary paths (P1, P2, and P3). We see that in each case
a bipolar Hii region forms (Figure 4(a)), which subsequently
grows at varying rates as the stellar mass increases. The mass
accretion onto the protostar is finally shut off by the strong UV
radiative feedback caused by the dynamical expansion of the Hii
region (Figure 4(c); see also Hosokawa et al. 2011). Figure 5
shows the distribution of the final stellar masses obtained in
our simulations (a summary is given in Table 2). We see a
large scatter of resulting stellar masses, ranging from 9.9 M#

Figure 3. Projected gas density distribution at z = 25 in one of our cosmological simulations. We show five primordial star-forming clouds in a cube of 15 kpc on a
side. The circles show the zoom-in to the central 1 pc region of the clouds at the respective formation epoch. The masses of the first stars formed in these clouds are
60, 76, 125, 303, and 343 M#, respectively.
(A color version of this figure is available in the online journal.)
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Formation of First Stars

Mgas ~ 103Msun

Collapse of metal-free, warm gas clouds (Z~0): 

three-body reactions. The molecular disk ex-
tended out to ≅400 AU from the protostar, when
the stellar mass was 10 M⊙. Accretion onto the
protostar proceeded through this molecular disk
as angular momentum was transported outward.
The accretion rate onto the protostar was ≅1.6 ×
10−3 M⊙ year−1 at that moment.

The evolution of the central protostar is de-
termined by competition between mass growth
by accretion and radiative energy loss from the
stellar interior. The time scale for the former
is the accretion time scale tacc ≡ M*/Ṁ, where
M* is the mass of the protostar and Ṁ is the
mass accretion rate, whereas that for the latter
is the Kelvin-Helmholtz (KH) time scale tKH ≡
G M*

2/R*L*, where L* is the luminosity from
the stellar interior, R* is the radius of the pro-
tostar, and G is the gravitational constant. The
total luminosity of the protostar Ltot is the sum
of the stellar luminosity L* and accretion lumi-
nosity Lacc ≡ GM*Ṁ/R* (13).

In the early accretion phase, the stellar radi-
us remained almost constant at ≅50 solar radius
(R⊙) (Fig. 1A). The stellar luminosity was sub-
stantially lower than the accretion luminosity
(Fig. 1B), and the KH time scale wasmuch longer
than the accretion time (Fig. 1C). Consequent-
ly, entropy carried by the accreted gas accumu-
lated at the stellar surface nearly without loss.
During this quasi-adiabatic stage (M* < 7M⊙),
the luminosity L* increased with stellar mass.
When the star grew to 8M⊙, the KH time scale
finally fell below the accretion time scale (Fig.
1C). After this, the protostar began its so-called
KH contraction, in which it gradually contracted
as it radiated its energy away (Fig. 1A). The stel-
lar luminosity was the main component of the
total luminosity after this evolutionary stage (Fig.
1B). The stellar luminosity L* increased, and
stellar radius R* decreased, as the stellar mass
increased. As a result, the stellar effective tem-
perature Teff º (L*/R*

2)1/4 and the ultraviolet

(UV) flux rapidly rose (Fig. 1D). Thus, ionization
and heating by UV photons became important
already in the KH contraction stage.

When the stellar mass was 20M⊙, an ionized
region rapidly expanded in a bipolar shape per-
pendicular to the disk, where gas was cleared
away (Fig. 2A). At this moment, the disk ex-
tended out to ≅600AU. The diskwas self-shielded
against the stellar H2-dissociating (11.2 eV ≤ hν ≤
13.6 eV) as well as the ionizing radiation. The
ionized atomic hydrogen (H II) region continued
to grow and finally broke out of the accreting
envelope. AtM* ≅ 25M⊙, the size of the bipolar
H II region exceeded 0.1 pc (Fig. 2B). Because
of the high pressure of the heated ionized gas,
the opening angle of the ionized region also
increased as the star grew (Fig. 2C). Shocks
propagated into the envelope preceding the ex-
pansion of the ionized region. The shocked gas
was accelerated outward at a velocity of several
kilometers per second. The shock even reached
regions shielded against direct stellar UV irra-
diation. The outflowing gas stopped the infall
of material from the envelope onto the disk (fig.
S7). Without the replenishment of disk mate-
rial from the envelope, the accretion rate onto
the protostar decreased (Fig. 3). In addition,
the absence of accreting material onto the cir-
cumstellar disk means that the disk was ex-
posed to the intense ionizing radiation from
the star. The resulting photoevaporation of disk
gas also reduced the accretion rate onto the
protostar. The photoevaporated gas escaped to-
ward the polar direction within the ionized re-
gion. The typical velocity of the flow was several
tens of kilometers per second, comparable with
the sound speed of the ionized gas, which was
high enough for the evaporating flow to escape
from the gravitational potential well of the dark
matter halo.

When central nuclear hydrogen burning first
commenced at a stellar mass of 35M⊙, it was via
the proton-proton (pp)–chain normally associ-
ated with low-mass stars. The primordial mate-
rial does not have the nuclear catalysts necessary
for carbon–nitrogen–oxygen (CNO)–cycle hy-
drogen burning. Because the pp-chain alone can-
not produce nuclear energy at the rate necessary
to cover the radiative energy loss from the stel-
lar surface, the star continues to contract until
central temperatures and densities attain values
that enable the 3-a process of helium burning
(11). The product of helium burning is carbon,
and once the relative mass abundance of carbon
reaches ∼10−12, CNO-cycle hydrogen burning
takes over as the principal source of nuclear en-
ergy production, albeit at much higher central
densities and temperatures than those of stars
with solar abundances. These first-generation
ZAMS (zero-age main sequence) stars are thus
more compact and hotter than are their present-
day counterparts of equal mass (14). The subse-
quent evolution of the accreting star followed
along the ZAMS mass-radius relationship (Fig.
1A). By the time the star attained 40 M⊙, the

Fig. 2. UV radiative feedback from the primordial protostar. The spatial distributions of gas temper-
ature (left), number density (right), and velocity (right, arrows) are presented in each panel for the central
regions of the computational domain. The four panels show snapshots at times when the stellar mass
is M* = 20 M⊙ (A), 25 M⊙ (B), 35 M⊙ (C), and 42 M⊙ (D). The elapsed time since the birth of the
primordial protostar is labeled in each panel.
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(a) (b) (c)

Figure 4. Expanding H ii regions around the primordial protostar for three in our sample of 110 clouds (the same ones as in Figure 12). We show the structure and
the evolution of the accreting gas from left to right. The plotted regions are cubes with 60,000 AU on a side. The colors indicate gas temperature and the contours
show the density structure. The main accretion takes place through the accretion disk on the equatorial plane. As the central protostar becomes more massive and the
surface temperature increases, the ionizing photon production of the central star increases. H ii regions are launched into the polar direction and the opening angles
grow with time, eventually stopping the accretion.
(A color version of this figure is available in the online journal.)
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Figure 5. Final distribution of the calculated stellar masses for our 110 first stars.
The red, blue, and black histograms represent the different paths of protostellar
evolution: P1: KH contracting protostar (red), P2: oscillating protostar (blue),
and P3: supergiant protostar (black). See the text in Section 2.2.1 for details.
P1hd refers to the cases in which the gas clouds are formed by HD cooling
and evolve on low-temperature tracks. P3p (predicted) indicates the same cases
as P3, except that the final masses are calculated from a correlation between
the properties of the cloud and the resulting stellar mass (Equation (13); see
Appendix B).
(A color version of this figure is available in the online journal.)

to 1621 M!. However, the bulk of them are distributed around
several tens or a few hundreds of solar masses. We study the
origin of this distribution in Section 4 in detail. Here we merely
note that the distribution of stellar masses does not mirror the
distribution of dark matter halo masses.

3.2. Evolution in the Early Collapse Stage

3.2.1. Runaway Collapse of the Clouds

In this section we describe the early evolution of the star-
forming clouds up to the moment when a central hydrostatic
core is formed by considering the fate of nine representative
cases. Figure 6 shows that the gravitational collapse of a pri-
mordial cloud proceeds in the well-known self-similar man-
ner. The cloud has a central collapsing core and a surrounding
envelope during the collapse. Where the collapsing core has an
approximately homogeneous density distribution, the envelope
develops a power-law profile, nH ∝ R−2.2 (e.g., Omukai & Nishi
1998; Ripamonti et al. 2002). Figure 6 also shows the radially
averaged density profiles in the nine different clouds at the time
when the central density reaches 1012 cm−3. We see that densi-
ties at the same radial distance can differ among the clouds by
more than a factor of ten. The variation of the density structure
is attributed to the different thermal evolution during the col-
lapse (see Section 3.2.2). Some bumps in the density profiles
indicate the presence of neighboring density peaks, large disk-
or bar-like structures, or fragmented clumps in the collapsing
clouds. We discuss these cases further in Section 5.2.2.
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PopIII binary formation

Fig. 3.—Collapse outcome of primordial-gas cores with different initial rotation parameter !0 and amplitude of nonaxisymmetric (bar-mode) perturbation A". The
final states in our calculation for models 1Y24 in Table 1, where the cores are close to hydrostatic initially, i.e., #0 ! 1, are presented. Shown by false colors is the density
distribution around the center on the plane perpendicular to the rotation axis. The model numbers are denoted on the top left corners of the panels. The name of the panel
(a-x), the time elapsed since the beginning of the calculation t, the maximum number density attained nmax are given at the top, and the box scale is shown at the bottom
of the panel.
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Figure 11. Mass of the most massive vs. the number of stars in a minihalo.
(A color version of this figure is available in the online journal.)

merging condition at least more than once is roughly ∼1/3 of
the total number of stars. But even with such a lax condition,
the average number of stars per minihalo is ∼2. Thus, it is clear
that fragmentation of the accretion disk to form multiple stars
is a common phenomenon among forming first stars in various
minihalos. It is also worth noting that if we have better resolution
inside 30 AU, multiplicity will inevitably increase.

Figure 11 shows the mass of the primary star (M1) in a
minihalo versus the number of stars in the minihalo. It is clear
that most of the stars with >140 M" are born as single stars in
the present experiment, whereas the multiple systems scarcely
contain such massive stars.7 Thus, if second generation stars
form from the ashes of these first stars in a single minihalo, we
might be able to find clear evidence of PISN in the abundance
pattern of metal-poor stars, which has not been found yet. We
will come back to this point in Section 4.7.

Figure 12 shows the budget of the average total stellar mass
per minihalo versus the number of stars per minihalo. The yellow
bars denote the averaged mass of the primary stars, and other
colors show the mass of the 2nd, 3rd, 4th, 5th, and 6th stars,
respectively (see the color legend). The figure demonstrates
again that very massive stars are born as single stars, and the
most massive stars in the minihalos are less than 100 M" on
average in case they are born in multiple stellar systems. In
addition, we find that the second massive stars are also as
massive as 20–30 M", which is massive enough to operate as the
source of ultraviolet radiation. Thus, it is crucial to include the
effects of radiative feedback from stars other than the primaries.

In Figure 13 we plot the distance from each star to the center
of mass of the stellar system, averaged over the last 2 × 104 yr.
Only the stars in multiple systems are plotted. Open symbols
denote the primary stars, while the filled symbols are the others.
As a general trend, the distances from the center of mass are
widely spread over four orders of magnitude (i.e., from 10 AU to
105 AU). Secondly, the stars located close to the center of mass

7 We find only one exception.

Figure 12. Averaged stellar mass in a minihalo. Horizontal axis shows the
number of the stars in those minihalos, while the vertical axis shows the stellar
mass averaged over the minihalos that contain a given number of stars. The
colors in the histogram denote the fractions of the primary star (1st), secondary
star (2nd), etc.
(A color version of this figure is available in the online journal.)

tend to be massive, whereas the distant stars are less massive,
although there are some outliers. This is because the low mass
stars in multiple systems tend to be kicked by the others via three
body interactions. We also check the outward radial velocity of
the relatively distant stars of r > 104 AU (∼0.05 pc) to assess the
potential to escape from the host minihalos. The escape velocity
of a typical minihalo is 4–5 km s−1. We find that only four
exceed this limit. Since the total number of minihalos found in
the present simulations is 59, the ejection rate from the minihalo
is 0.067 stars per minihalo. Thus the first stars born in a minihalo
tend to stay within the dark halo potential. However, as seen in
Figure 13, a significant fraction of stars are wandering around
104–105 AU, which is very far from the central dense region. The
stars kicked to the distant orbit when they are still not massive
can hardly accumulate the gas, since the surrounding gas density
is low. As a result, these stars cannot grow to become massive
stars. Thus, the gravitational three-body interaction is important
for the mass growth of the stars, even if the ejection rate from
the minihalo is very low.

We also tried to find the binaries. We pick all possible pairs
of stars in each minihalo, and assess the total internal energy of
the two-body system as:

ε = 1
2

m1m2

m1 + m2
(v1 − v2)2 +

Gm1m2

|r1 − r2|
(4)

where m, v, and r denote the mass, velocity, and position of
the stars, respectively. The suffices 1 and 2 correspond to the
members of the pair. If this energy is always negative through
the last 2 × 104 yr of the simulation, we identify the pair as a
binary. In Figure 14 the averaged separation of all binaries in
the simulations are plotted against q, the mass ratio of the stars.
Thus, each symbol denotes a binary in the simulation. The mass
of the primary star of the binary is shown as the color and shape

10

Turk et al. (2009); Stacy et al. (2013,2016), Susa et al. (2013), Hosokawa et al. (2016)

Machida et al. (2008) Susa et al. (2014)

・Binary formation due to disk fragmentation

・high binary fraction (fbin~60% @MW)



Pop II vs. Pop III

Pop II Pop III

metallicity 0.1 < Z/Zsun < 1 Z ~ 0

mass ~ 1 Msun ~ 100 Msun

size larger smaller

red giant? yes No (10-50 Msun)

common 
envelope? yes No (10-50 Msun)

158 P. Marigo et al.: Zero-metallicity stars. I.

Fig. 2. Zero-metal evolutionary tracks (solid
lines) for selected initial masses (in M!) as in-
dicated. The evolutionary track of the (1M!,
Z = 0.004) model, calculated by Girardi et al.
(2000), is also shown for comparison (dotted
line)

Fig. 3. Evolution of central conditions (i.e.
density and temperature) for the whole set of
Z = 0 models. Approximate relations are used
to determine the boundaries (thick straight
lines) of the regions in which the equation of
state is expected to be dominated by differ-
ent pressure components, i.e. degenerate gas,
perfect gas, and radiation pressure. Labelled
lines indicate point loci as a function of the
stellar mass corresponding to the onset of cen-
tral H-burning (a); onset of the 3-α reaction
and hence the CNO-cycle (b); end of core H-
burning (c); onset of central He-burning (d);
end of core He-burning (e); energy balance (f)
between carbon burning and neutrino losses
(εc = εν). A few values of the initial stellar
masses are indicated (in M!)
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Figure 1. The HR diagram for PopIII stars with a mass range of 10 ≤
M/M" ≤ 100 using the data taken from Marigo et al. (2001). Symbols
indicate the epochs corresponding to the beginning of the He-core burning
(red), the He-shell burning (green) and the C burning (blue), respectively.

envelope during its lifetime (see their fig. 5). Note that properties
of the stellar envelope are crucial to determine stability of MT (see
Section 2.1.3).

Recently, Belczynski et al. (2016a) performed population syn-
thesis calculations of PopIII binaries. They describe the time evo-
lution of the stellar radius of PopIII stars, by adopting their lowest
metallicity model (Z = 0.0001) and assuming that deep convective
envelopes are developed even with higher values of Teff depending
on stellar masses, e.g. the effective temperatures below which a
convective envelope develops are assumed to be 104.4 and 104.3 K
for M = 20 and 50 M", respectively. These correspond to the evo-
lutionary stages when the core helium burning begins. Under such
an assumption, MT always results in the CE phase and the outcome
is a stellar merger. However, stellar evolution calculations show that
PopIII stars do not have convective envelopes at Teff > 103.7–3.8 K
(e.g. Ekström et al. 2008; Hosokawa, Omukai & Yorke 2012), that
is satisfied at any stage of the late-time evolution of PopIII stars with
masses <60 M" as shown in Fig. 1. Therefore, we do not expect
that the MT between PopIII stars always leads to the CE phase.

2.1.2 Binary orbital evolution

We consider the orbital evolution of a binary system of the primary
and secondary star with a mass of M1 and M2, respectively. The time
evolution of the orbital separation a is calculated by an ordinary
differential equation,

ȧ

a
= 2J̇orb

Jorb
− 2Ṁ1

M1
− 2Ṁ2

M2
+ Ṁ

M
, (1)

where Jorb is the orbital angular momentum of the binary and
M = M1 + M2 is the total mass. As the binary evolves, the mass
and the orbital angular momentum will change due to MT between
the two stars and emission of GWs after they collapse into compact
objects. Note that circular orbits (e = 0) are assumed for simplicity
(but see also Dosopoulou & Kalogera 2016a,b).

For conservative MT, i.e. J̇orb = 0 and Ṁ = 0 (Ṁ1 = −Ṁ2 $= 0),
we obtain

ȧ

a
= −2Ṁ1

M1
(1 − q1) , (2)

where q1 = M1/M2. When the primary star loses its mass (Ṁ1 < 0),
thus the orbital separation shrinks (widens) for q1 > 1 (q1 < 1). As
an example of non-conservative MT, we consider that the primary
transfers its mass to the secondary (Ṁ1 < 0), and a fraction β of
the transferred mass can accrete on to the secondary and a fraction
(1 − β) of the mass is lost from the binary system with a specific
orbital angular momentum (M2/M)2

√
GMa. Then, the orbital evo-

lution is described as

ȧ

a
= −2Ṁ1

M1

[
1 − q1 + q1(1 − β)

2(1 + q1)

]
. (3)

This type of non-conservative MT would occur when the accre-
tor, which is fed by gas accretion, is a compact object because the
accreted gas on to it releases a huge amount of energy as radia-
tion and/or outflows and a significant fraction of the gas can be
ejected (Ohsuga et al. 2005; Jiang, Stone & Davis 2014; Sa̧dowski
et al. 2015).

2.1.3 Mass transfer

When one of the stars in a binary exhausts hydrogen at the central
core, the star begins to expand. If the Roche lobe around the primary
is filled with its bloated envelope, the material is transferred to the
secondary star through the first Lagrangian point. The process is
the so-called Roche lobe overflow (RLOF). The radius of the Roche
lobe (Roche radius) is approximately expressed as (Eggleton 1983)

RL,1 & a
0.49q

2/3
1

0.6q
2/3
1 + ln

(
1 + q

1/3
1

) . (4)

The behaviour of the MT is determined by the response of the Roche
radius and the stellar radius when it loses the material (Paczyn-
ski 1976). Assuming that the MT is conservative (β = 1), the
response of the Roche radius is characterized by

ζL ≡ d ln RL,1

d ln M1
& 2.13q1 − 1.67 (5)

(Tout et al. 1997). For ζ L < ζ #( ≡ dln R1/dln M1), the stellar radius
shrinks and becomes smaller than the Roche radius after the mass
of the primary is transferred. On the other hand, for ζ L > ζ #, the
MT would proceed unstably and the two stars would either merge
or experience a CE phase. The response of the stellar radius is
automatically calculated in the stellar evolution calculations, while
it is estimated with an analytical expression in our semi-analytical
model (see Section 2.2.2).

We adopt the binary module in MESA to treat the MT process.
When the Roche radius is filled with stellar material (R1 > RL,1),
the MT rate is calculated by a method proposed by Kolb & Ritter
(1990)

Ṁ1 = −2πF1(q2)
R3

L,1

GM1

×
[(

kBTph

mpµph

)3/2
ρph√

e
+

∫ PL,1

Pph

F2(%1)
(

kBT

mpµ

)1/2

dP

]
, (6)

where F1(q2) = 1.23 + 0.5log q2, F2(%1) = %
1/2
1 [2/(%1 +

1)](%1+1)/(2%1−2), %1 is the first adiabatic exponent, and Tph, µph, ρph,
Pph and PL,1 are the temperature, mean molecular weight, density
and pressure at the photosphere and the radius of RL,1, respectively.
The first and second terms correspond to the MT rate for isother-
mal atmosphere (optically thin) and adiabatic atmosphere (optically
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Figure 1. The HR diagram for PopIII stars with a mass range of 10 ≤
M/M" ≤ 100 using the data taken from Marigo et al. (2001). Symbols
indicate the epochs corresponding to the beginning of the He-core burning
(red), the He-shell burning (green) and the C burning (blue), respectively.

envelope during its lifetime (see their fig. 5). Note that properties
of the stellar envelope are crucial to determine stability of MT (see
Section 2.1.3).

Recently, Belczynski et al. (2016a) performed population syn-
thesis calculations of PopIII binaries. They describe the time evo-
lution of the stellar radius of PopIII stars, by adopting their lowest
metallicity model (Z = 0.0001) and assuming that deep convective
envelopes are developed even with higher values of Teff depending
on stellar masses, e.g. the effective temperatures below which a
convective envelope develops are assumed to be 104.4 and 104.3 K
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2.1.2 Binary orbital evolution
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ȧ

a
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− 2Ṁ2

M2
+ Ṁ

M
, (1)

where Jorb is the orbital angular momentum of the binary and
M = M1 + M2 is the total mass. As the binary evolves, the mass
and the orbital angular momentum will change due to MT between
the two stars and emission of GWs after they collapse into compact
objects. Note that circular orbits (e = 0) are assumed for simplicity
(but see also Dosopoulou & Kalogera 2016a,b).
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where q1 = M1/M2. When the primary star loses its mass (Ṁ1 < 0),
thus the orbital separation shrinks (widens) for q1 > 1 (q1 < 1). As
an example of non-conservative MT, we consider that the primary
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the transferred mass can accrete on to the secondary and a fraction
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This type of non-conservative MT would occur when the accre-
tor, which is fed by gas accretion, is a compact object because the
accreted gas on to it releases a huge amount of energy as radia-
tion and/or outflows and a significant fraction of the gas can be
ejected (Ohsuga et al. 2005; Jiang, Stone & Davis 2014; Sa̧dowski
et al. 2015).

2.1.3 Mass transfer

When one of the stars in a binary exhausts hydrogen at the central
core, the star begins to expand. If the Roche lobe around the primary
is filled with its bloated envelope, the material is transferred to the
secondary star through the first Lagrangian point. The process is
the so-called Roche lobe overflow (RLOF). The radius of the Roche
lobe (Roche radius) is approximately expressed as (Eggleton 1983)
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The behaviour of the MT is determined by the response of the Roche
radius and the stellar radius when it loses the material (Paczyn-
ski 1976). Assuming that the MT is conservative (β = 1), the
response of the Roche radius is characterized by

ζL ≡ d ln RL,1

d ln M1
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(Tout et al. 1997). For ζ L < ζ #( ≡ dln R1/dln M1), the stellar radius
shrinks and becomes smaller than the Roche radius after the mass
of the primary is transferred. On the other hand, for ζ L > ζ #, the
MT would proceed unstably and the two stars would either merge
or experience a CE phase. The response of the stellar radius is
automatically calculated in the stellar evolution calculations, while
it is estimated with an analytical expression in our semi-analytical
model (see Section 2.2.2).

We adopt the binary module in MESA to treat the MT process.
When the Roche radius is filled with stellar material (R1 > RL,1),
the MT rate is calculated by a method proposed by Kolb & Ritter
(1990)
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+
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where F1(q2) = 1.23 + 0.5log q2, F2(%1) = %
1/2
1 [2/(%1 +

1)](%1+1)/(2%1−2), %1 is the first adiabatic exponent, and Tph, µph, ρph,
Pph and PL,1 are the temperature, mean molecular weight, density
and pressure at the photosphere and the radius of RL,1, respectively.
The first and second terms correspond to the MT rate for isother-
mal atmosphere (optically thin) and adiabatic atmosphere (optically

MNRAS 468, 5020–5032 (2017)

M1 < 0・



red giant

Binary structure evolution
: stellar structure evolution code (Paxton et al. 2011)

binary 
interaction

aRL
lo

g 
L 

(L
su

n)

log Teff (K)

main sequence

single stellar 
evolution+

158 P. Marigo et al.: Zero-metallicity stars. I.

Fig. 2. Zero-metal evolutionary tracks (solid
lines) for selected initial masses (in M!) as in-
dicated. The evolutionary track of the (1M!,
Z = 0.004) model, calculated by Girardi et al.
(2000), is also shown for comparison (dotted
line)

Fig. 3. Evolution of central conditions (i.e.
density and temperature) for the whole set of
Z = 0 models. Approximate relations are used
to determine the boundaries (thick straight
lines) of the regions in which the equation of
state is expected to be dominated by differ-
ent pressure components, i.e. degenerate gas,
perfect gas, and radiation pressure. Labelled
lines indicate point loci as a function of the
stellar mass corresponding to the onset of cen-
tral H-burning (a); onset of the 3-α reaction
and hence the CNO-cycle (b); end of core H-
burning (c); onset of central He-burning (d);
end of core He-burning (e); energy balance (f)
between carbon burning and neutrino losses
(εc = εν). A few values of the initial stellar
masses are indicated (in M!)
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Figure 2. Schematic overview of a typical pathway to form PopIII
BBH without experiencing CE phases. The initial conditions are set to
M1,0 = 50 M!, M2,0 = 25 M! and a0 = 45 R!.

As shown in Fig. 3, after the two stars evolve from their ZAMS to
post-main-sequence phases, their stellar radii expand. The primary
star fills its Roche lobe after the end of the H-core burning and the
first episode of MT begins at t " 4.39 Myr. Since the mass ratio
at the onset of the MT is larger than unity (q1 > 1) and the MT is
conservative (Ṁ1 = −Ṁ2 > 0), the separation initially shrinks (see
equation 2). After the mass ratio becomes smaller than unity, the MT
continues and thus the separation gets wider. Once the hydrogen-
rich layer of the envelope is removed, the MT terminates at
t " 4.6 Myr due to the discrete change in the surface composi-
tion. This occurs just beneath the outermost convection zone in the
hydrogen shell, where the helium abundance increases by a factor
of ∼2. By this time, the He-core mass occupies ∼65 per cent of the
total mass. The core mass of " 22 M! is massive enough to form a
BH by direct collapse. Note that we do not calculate the evolution
of the (primary) naked He star but the primary star is considered
as a BH with M1 " 22 M! because of the absence of the wind
mass-loss.
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Figure 3. Top: time evolution of stellar masses of a PopIII binary obtained
by stellar evolution calculation with MESA. The initial conditions are set to
M1,0 = 50 M!, M2,0 = 25 M! and a0 = 45 R!. The primary (red) and
secondary (blue) mass and the He-core mass of the primary star (red dashed)
are shown. Bottom: time evolution of stellar radii (red and blue solid) and
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Roche radii of the two stars are shown by dashed curves. After the MT, the
binary properties change to M1 = 34 M!, M2 = 41 M!, MHe, 1 = 22 M!
and a = 36 R!. We set the He-core mass to zero after the star collapses into
a BH.
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Fig. 11. Masses of the He core (MHe) and C-O core (MCO) at the central carbon ignition in zero-metallicity massive models,
compared with predictions for Z = 0.02, and Z = 10−4

outflow at the surface exceeds the corresponding
Eddington luminosity

LE =
4πGcM

κ
(5)

where M is the stellar mass, and κ the opacity of the
surface layer.

In Fig. 12 we compare the evolutionary paths in the
H-R diagram for selected models of different initial masses
with the loci obtained from Eq. (5), i.e. calculating the
Eddington luminosity of the photosphere for each value of
the effective temperature along the evolutionary sequence.

From this simple test, it turns out that, in contrast
with the 50 M! model, the 70 M! and 100 M! mod-
els may achieve super-Eddington luminosities (typically
at log Teff ∼ 3.9) on their way to the Hayashi line, to-
wards the end of the He-burning phase. Correspondingly,
the effective acceleration1 at the surface becomes nega-
tive, due to the increase of the surface radiative opacity
(see Fig. 13).

From this point onward the predicted evolution should
not be considered reliable, as the adopted assumption of
hydrostatic equilibrium does not hold any longer for the
outermost layers. Likely, these stars would start losing
mass from their surface.

For the sake of simplicity, we do not attempt to include
any prescription for mass-loss driven by super-Eddington
luminosities in the most massive stars in this work. This,
and other stellar wind driving mechanisms, will be anal-
ysed in more detail in a future paper dedicated to the
evolution of zero-metallicity stars with mass loss (Marigo
et al. 2001, in preparation).

1 The effective acceleration is defined as GM/R2 −
(σ/c) κT 4

eff , i.e. the difference between the gravitational and
radiative accelerations.

Fig. 12. Evolutionary tracks in the H-R diagram (thick lines)
for selected massive models with initial masses (in M") as indi-
cated. Thin-line curves labelled with LE show the behaviour of
the Eddington luminosity calculated at the photospheric layer
with Eq. (5)

8. Surface chemical changes

We will now discuss the changes in the surface chemical
composition due to convective dredge-up episodes. Usually
these result from the penetration of the convective enve-
lope into stellar layers which have previously been mod-
ified by nucleosynthetic processes. In this respect it is
relevant to recall that the deepest inward extension of
envelope convection occurs as a star reaches close to its
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Mergers of PopIII BBHs

Typical mass of merging Pop BBHs ~ 30+30Msun

Kinugawa, Inayoshi et al. (2014); Inayoshi et al. (2017)

(high-mass end depends on CE model…)
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Figure 3. Merger rate of PopIII BBHs for different assumed
IMFs, as in Fig. 2. The data is taken from K14, but renormalized
to be consistent with the electrons scattering optical depth τe
measured by Planck within the 1σ (solid) and 2σ (dashed) error
(Eq. 1 with fesc,m = 0.1 and ηion = 5× 104).

ers. Furthermore, PopIII stars with ∼ 30 M! are unlikely to
evolve into red giants (Marigo et al. 2001), and as a result,
the typical chirp mass of PopIII BBHs is 〈Mchirp〉 $ 30 M!
for both a flat and a Salpeter IMF with 10−100 M! (K14).

By comparison, when massive PopII stars experience
strong mass loss, they go through a red giant phase. These
effects would reduce the average PopII BBH chirp mass to
∼ 10 M! (Kowalska-Leszczynska et al. 2015), and suppress
the formation of BBHs somewhat (Belczynski et al. 2010).
Furthermore, the average separation of PopII BBHs which
escape mergers during the red giant phases would be larger,
and their GW inspiral time is longer, so that only a few
percent merges within a Hubble time (K14).

Fig. 3 shows the evolution of the PopIII BBH merger
rate RBBH for the flat (blue) and Salpeter (red) IMF with
10 − 100 M!. The distribution of the initial binary sepa-
ration a is assumed to be ∝ a−1 (Abt 1983). The rates are
normalized using the cumulative mass density of PopIII stars
consistent with the Planck τe within the 1σ (solid) and 2σ
(dashed) error (Eq. 1 for fesc,m = 0.1 and ηion = 5 × 104),
with the redshift-dependence of the SFR following de Souza,
Yoshida & Ioka (2011). The rates peak between z ≈ 4− 10
at ! 100 Gpc−3 yr−1, with most merging PopIII BBHs un-
resolved by AdLIGO/Virgo, and with ! 106 PopIII BBHs
contributing to a strongly redshifted GWB over five years.
The merger rates decrease toward low redshift once PopIII
star formation is quenched. However, the rate remains as
high as RBBH $ 10 Gpc−3 yr−1 even at z $ 0, because
BBHs with suitable initial separations take a Hubble time
to merge. For a massive 30 + 30 M! circular BBH with
an initial separation of ∼ 0.2 AU, the GW inspiral time is
10 Gyr (Peters & Mathews 1963). Note that the merging
rate is consistent with ∼ 2− 400 Gpc−3 yr−1 inferred from
GW150914 (Abbott et al. 2016d).

We estimate the spectrum of the PopIII GWB as

ρcc
2Ωgw(f) =

∫ ∞

zmin

RBBH

1 + z
dt
dz

(
fr

dEgw

dfr

) ∣∣∣
fr=f(1+z)

dz (4)

(Phinney 2001), where f and fr are the GW frequencies
observed at z = 0 and in the source’s rest frame, respec-
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Figure 4. Top: spectra of GWB produced by PopIII BBHs for the
same IMFs, fesc,m and τe as in Fig. 3 (blue and red curves). We
assume binaries with the average chirp mass of 〈Mchirp〉 = 30 M!
on circular orbits. The background expected from all unresolved
PopII+PopI BBHs is shown for reference (solid black curve, Ab-
bott et al. 2016b, their fiducial model). Black dotted curves show
the expected sensitivity of AdLIGO/Virgo in the observing runs
O2 and O5. The green solid curve is the same as the blue solid
curve, but with a higher chirp mass of 〈Mchirp〉 = 50 M! and
with a lower merging rate by a factor of 3/5. Bottom: the spec-
tral index; open circles mark the frequencies above which α < 0.3.

tively, and ρc is the critical density of the Universe. We set
the minimum redshift to zmin = 0.28, the detection horizon
of AdLIGO/Virgo. The GW spectrum from a coalescencing
BBH is given by

dEgw

dfr
=

(πG)2/3M5/3
chirp

3






f−1/3
r FPN fr < f1,

ωmf2/3
r GPN f1 " fr < f2,

ωrσ
4f2

r

[σ2 + 4(fr − f2)2]2
f2 " fr < f3,

(5)
where Egw is the energy emitted in GWs, Mchirp ≡
(M1M2)

3/5/(M1 + M2)
1/5 is the chirp mass, and fi (i =

1, 2, 3) and σ are frequencies that characterize the inspiral-
merger-ringdown waveforms, ωm(r) are normalization con-
stants chosen so as to make the waveform continuous, and
the Post-Newtonian correction factors of F (G )PN (Ajith
et al. 2011). We assume that the BBHs have circular or-
bits because the PopIII BBHs should circularize by the time
they move into the LIGO band (see Fig.3 in Abbott et al.
2016a). Note that the background spectrum in the inspiral
phase scales with frequency as Ωgw(f) ∝ f2/3.

Fig. 4 shows spectra of the GWB produced by PopIII
BBHs for the same IMFs, fesc,m and τe as in Fig. 3 (blue and
red curves). For the two IMFs with 10− 100 M! and a flat
mass ratio distribution, the typical merger is an equal-mass
binary with a chirp mass of 〈Mchirp〉 $ 30 M! (K14; K16).
For comparison, we show the background produced by all
PopII/I BBHs (black solid curve), which typically merge at
z # 2−4 (Dominik et al. 2013; Abbott et al. 2016b). For all
cases shown, the GWB from PopIII BBHs is higher than the

c© 0000 RAS, MNRAS 000, 000–000

　 PopII/I 
(Dominik et al. 2013)

0 4 12 16 20

R
B

B
H

 (G
pc

-3
 y

r-1
)

1

10

100

8

1000

LIGO 
(O1/O2)

redshift

  

   PopIII (flat)
PopIII (Sal)

Inayoshi et al. (2016)

High merger rates of remnant PopIII BBHs in 
the local universe: RBBH ~ O(10) Gpc-3 yr-1



2. Stochastic GW background from 
high-z & massive BBHs

Inayoshi, Kashiyama, Visbal & Haiman (2016) MNRAS 461, 2722



Development of  
Galaxies, Stars, Planets. 

13.7 billion years
 

Dark ages

Inflation

Quantum 
fluctuation

First binary BH mergers

PopIII stars

LIGO/
Virgo/

KAGRA

Gravitational wave 
background



Development of  
Galaxies, Stars, Planets. 

13.7 billion years
 

Dark ages

Inflation

Quantum 
fluctuation

Relation between GWB & CMB

UV

CMB

τe is small !

GW

LIGO/Virgo/KAGRA

Planck



SFR @ z>10

PopIII BBH merging rate4

redshift z
0 4 8 12 16

1000

100

10

R
BB
H

(G
p
c 

  
 y

r 
  
)

-3
-1

1
20

τe (1σ)

τe (2σ)

Flat, 10-100

Salpeter, 10-100

Figure 3. Merger rate of PopIII BBHs for different assumed
IMFs, as in Fig. 2. The data is taken from K14, but renormalized
to be consistent with the electrons scattering optical depth τe
measured by Planck within the 1σ (solid) and 2σ (dashed) error
(Eq. 1 with fesc,m = 0.1 and ηion = 5× 104).

ers. Furthermore, PopIII stars with ∼ 30 M! are unlikely to
evolve into red giants (Marigo et al. 2001), and as a result,
the typical chirp mass of PopIII BBHs is 〈Mchirp〉 $ 30 M!
for both a flat and a Salpeter IMF with 10−100 M! (K14).

By comparison, when massive PopII stars experience
strong mass loss, they go through a red giant phase. These
effects would reduce the average PopII BBH chirp mass to
∼ 10 M! (Kowalska-Leszczynska et al. 2015), and suppress
the formation of BBHs somewhat (Belczynski et al. 2010).
Furthermore, the average separation of PopII BBHs which
escape mergers during the red giant phases would be larger,
and their GW inspiral time is longer, so that only a few
percent merges within a Hubble time (K14).

Fig. 3 shows the evolution of the PopIII BBH merger
rate RBBH for the flat (blue) and Salpeter (red) IMF with
10 − 100 M!. The distribution of the initial binary sepa-
ration a is assumed to be ∝ a−1 (Abt 1983). The rates are
normalized using the cumulative mass density of PopIII stars
consistent with the Planck τe within the 1σ (solid) and 2σ
(dashed) error (Eq. 1 for fesc,m = 0.1 and ηion = 5 × 104),
with the redshift-dependence of the SFR following de Souza,
Yoshida & Ioka (2011). The rates peak between z ≈ 4− 10
at ! 100 Gpc−3 yr−1, with most merging PopIII BBHs un-
resolved by AdLIGO/Virgo, and with ! 106 PopIII BBHs
contributing to a strongly redshifted GWB over five years.
The merger rates decrease toward low redshift once PopIII
star formation is quenched. However, the rate remains as
high as RBBH $ 10 Gpc−3 yr−1 even at z $ 0, because
BBHs with suitable initial separations take a Hubble time
to merge. For a massive 30 + 30 M! circular BBH with
an initial separation of ∼ 0.2 AU, the GW inspiral time is
10 Gyr (Peters & Mathews 1963). Note that the merging
rate is consistent with ∼ 2− 400 Gpc−3 yr−1 inferred from
GW150914 (Abbott et al. 2016d).

We estimate the spectrum of the PopIII GWB as

ρcc
2Ωgw(f) =

∫ ∞

zmin

RBBH

1 + z
dt
dz

(
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dEgw

dfr

) ∣∣∣
fr=f(1+z)
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(Phinney 2001), where f and fr are the GW frequencies
observed at z = 0 and in the source’s rest frame, respec-
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Figure 4. Top: spectra of GWB produced by PopIII BBHs for the
same IMFs, fesc,m and τe as in Fig. 3 (blue and red curves). We
assume binaries with the average chirp mass of 〈Mchirp〉 = 30 M!
on circular orbits. The background expected from all unresolved
PopII+PopI BBHs is shown for reference (solid black curve, Ab-
bott et al. 2016b, their fiducial model). Black dotted curves show
the expected sensitivity of AdLIGO/Virgo in the observing runs
O2 and O5. The green solid curve is the same as the blue solid
curve, but with a higher chirp mass of 〈Mchirp〉 = 50 M! and
with a lower merging rate by a factor of 3/5. Bottom: the spec-
tral index; open circles mark the frequencies above which α < 0.3.

tively, and ρc is the critical density of the Universe. We set
the minimum redshift to zmin = 0.28, the detection horizon
of AdLIGO/Virgo. The GW spectrum from a coalescencing
BBH is given by

dEgw
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=

(πG)2/3M5/3
chirp
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(5)
where Egw is the energy emitted in GWs, Mchirp ≡
(M1M2)

3/5/(M1 + M2)
1/5 is the chirp mass, and fi (i =

1, 2, 3) and σ are frequencies that characterize the inspiral-
merger-ringdown waveforms, ωm(r) are normalization con-
stants chosen so as to make the waveform continuous, and
the Post-Newtonian correction factors of F (G )PN (Ajith
et al. 2011). We assume that the BBHs have circular or-
bits because the PopIII BBHs should circularize by the time
they move into the LIGO band (see Fig.3 in Abbott et al.
2016a). Note that the background spectrum in the inspiral
phase scales with frequency as Ωgw(f) ∝ f2/3.

Fig. 4 shows spectra of the GWB produced by PopIII
BBHs for the same IMFs, fesc,m and τe as in Fig. 3 (blue and
red curves). For the two IMFs with 10− 100 M! and a flat
mass ratio distribution, the typical merger is an equal-mass
binary with a chirp mass of 〈Mchirp〉 $ 30 M! (K14; K16).
For comparison, we show the background produced by all
PopII/I BBHs (black solid curve), which typically merge at
z # 2−4 (Dominik et al. 2013; Abbott et al. 2016b). For all
cases shown, the GWB from PopIII BBHs is higher than the
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Figure 3. Merger rate of PopIII BBHs for different assumed IMFs, as
in Fig. 2. The data is taken from K14, but renormalized to be consistent
with the electrons scattering optical depth τ e measured by Planck within
the 1σ (solid) and 2σ (dashed) error (equation 1 with fesc, m = 0.1 and
ηion = 5 × 104).

density of PopIII stars consistent with the Planck τ e within the 1σ

(solid) and 2σ (dashed) error (equation 1 for fesc, m = 0.1 and ηion =
5 × 104), with the redshift-dependence of the SFR following
de Souza et al. (2011). The rates peak between z ≈ 4–10
at !100 Gpc−3 yr−1, with most merging PopIII BBHs unre-
solved by AdLIGO/Virgo, and with !106 PopIII BBHs con-
tributing to a strongly redshifted GWB over five years. The
merger rates decrease towards low redshift once PopIII star for-
mation is quenched. However, the rate remains as high as RBBH

$ 10 Gpc−3 yr−1 even at z $ 0, because BBHs with suitable
initial separations take a Hubble time to merge. For a massive
30 + 30 M% circular BBH with an initial separation of ∼0.2 au,
the GW inspiral time is 10 Gyr (Peters & Mathews 1963). Note that
the merging rate is consistent with ∼2–400 Gpc−3 yr−1 inferred
from GW150914 (Abbott et al. 2016d).

We estimate the spectrum of the PopIII GWB as

ρcc
2%gw(f ) =

∫ ∞

zmin

RBBH

1 + z

dt

dz

(
fr

dEgw

dfr

) ∣∣∣∣
fr=f (1+z)

dz (4)

(Phinney 2001), where f and fr are the GW frequencies observed
at z = 0 and in the source’s rest frame, respectively, and ρc is the
critical density of the Universe. We set the minimum redshift to
zmin = 0.28, the detection horizon of AdLIGO/Virgo. The GW
spectrum from a coalescencing BBH is given by

dEgw
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=
(πG)2/3M
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where Egw is the energy emitted in GWs, Mchirp ≡ (M1M2)3/5/

(M1 + M2)1/5 is the chirp mass, and fi (i = 1, 2, 3) and σ are
frequencies that characterize the inspiral-merger-ringdown wave-
forms, ωm(r) are normalization constants chosen so as to make the
waveform continuous, and the Post-Newtonian correction factors
of F (G )PN (Ajith et al. 2011). We assume that the BBHs have cir-
cular orbits because the PopIII BBHs should circularize by the time
they move into the LIGO band (see fig. 3 in Abbott et al. 2016b).
Note that the background spectrum in the inspiral phase scales with
frequency as %gw(f) ∝ f2/3.

Figure 4. Top: spectra of GWB produced by PopIII BBHs for the same
IMFs, fesc, m and τ e as in Fig. 3 (blue and red curves). We assume binaries
with the average chirp mass of 〈Mchirp〉 = 30 M% on circular orbits. The
background expected from all unresolved PopII+PopI BBHs is shown for
reference (solid black curve, Abbott et al. 2016c, their fiducial model).
Black dotted curves show the expected sensitivity of AdLIGO/Virgo in the
observing runs O2 and O5. The green solid curve is the same as the blue
solid curve, but with a higher chirp mass of 〈Mchirp〉 = 50 M% and with
a lower merging rate by a factor of 3/5. Bottom: the spectral index; open
circles mark the frequencies above which α < 0.3.

Fig. 4 shows spectra of the GWB produced by PopIII BBHs for
the same IMFs, fesc, m and τ e as in Fig. 3 (blue and red curves).
For the two IMFs with 10–100 M% and a flat mass ratio distribu-
tion, the typical merger is an equal-mass binary with a chirp mass of
〈Mchirp〉 $ 30 M% (K14, K16). For comparison, we show the back-
ground produced by all PopII/I BBHs (black solid curve), which typ-
ically merge at z " 2−4 (Dominik et al. 2013; Abbott et al. 2016c).
For all cases shown, the GWB from PopIII BBHs is higher than the
expected sensitivity of the AdLIGO/Virgo detectors in the observing
run O5 (black dotted curves). The typical chirp mass and redshift of
PopIII BBHs are both higher than for PopII/I BBHs(∼30 M% versus
∼10 M% and z ∼ 8 versus z ∼ 3), causing the GW frequency to be
redshifted. As a result, the spectrum in the AdLIGO/Virgo band be-
comes flatter than the canonical %gw(f) ∝ f2/3 expected from lower
redshift and lower mass PopII/I sources. Kowalska et al. (2012)
also have noted the spectral flattening by assuming a different chirp
mass distribution and a high PopIII SFR which is inconsistent with
the Planck result and does not include important physics (e.g. LW
feedback, metal enrichment and reionization). In the bottom panel,
the open circles mark the frequencies above which the spectral in-
dex falls below 0.3; this critical frequency is ∼40 Hz, well inside
the AdLIGO/Virgo band. The deviation could be detectable with
S/N ∼ 3 in the O5 run (Abbott et al. 2016c). Note that PopII/I
BBHs can produce such a significant flattening of the GWB spec-
trum at ∼100 Hz (black curve; see also Kowalska-Leszczynska
et al. 2015 that show a similar flattening at !70–100 Hz, depending
on their models.) Although a sub-dominant population of massive
PopII BBHs with !30 M% would form, depending on a model of
cosmic metal enrichment (Belczynski et al. 2016), the severe flatting
requires the majority of such massive stars, as expected only in the
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Figure 3. Merger rate of PopIII BBHs for different assumed IMFs, as
in Fig. 2. The data is taken from K14, but renormalized to be consistent
with the electrons scattering optical depth τ e measured by Planck within
the 1σ (solid) and 2σ (dashed) error (equation 1 with fesc, m = 0.1 and
ηion = 5 × 104).

density of PopIII stars consistent with the Planck τ e within the 1σ

(solid) and 2σ (dashed) error (equation 1 for fesc, m = 0.1 and ηion =
5 × 104), with the redshift-dependence of the SFR following
de Souza et al. (2011). The rates peak between z ≈ 4–10
at !100 Gpc−3 yr−1, with most merging PopIII BBHs unre-
solved by AdLIGO/Virgo, and with !106 PopIII BBHs con-
tributing to a strongly redshifted GWB over five years. The
merger rates decrease towards low redshift once PopIII star for-
mation is quenched. However, the rate remains as high as RBBH

$ 10 Gpc−3 yr−1 even at z $ 0, because BBHs with suitable
initial separations take a Hubble time to merge. For a massive
30 + 30 M% circular BBH with an initial separation of ∼0.2 au,
the GW inspiral time is 10 Gyr (Peters & Mathews 1963). Note that
the merging rate is consistent with ∼2–400 Gpc−3 yr−1 inferred
from GW150914 (Abbott et al. 2016d).

We estimate the spectrum of the PopIII GWB as

ρcc
2%gw(f ) =

∫ ∞

zmin

RBBH

1 + z

dt

dz

(
fr

dEgw

dfr

) ∣∣∣∣
fr=f (1+z)

dz (4)

(Phinney 2001), where f and fr are the GW frequencies observed
at z = 0 and in the source’s rest frame, respectively, and ρc is the
critical density of the Universe. We set the minimum redshift to
zmin = 0.28, the detection horizon of AdLIGO/Virgo. The GW
spectrum from a coalescencing BBH is given by

dEgw

dfr

=
(πG)2/3M
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where Egw is the energy emitted in GWs, Mchirp ≡ (M1M2)3/5/

(M1 + M2)1/5 is the chirp mass, and fi (i = 1, 2, 3) and σ are
frequencies that characterize the inspiral-merger-ringdown wave-
forms, ωm(r) are normalization constants chosen so as to make the
waveform continuous, and the Post-Newtonian correction factors
of F (G )PN (Ajith et al. 2011). We assume that the BBHs have cir-
cular orbits because the PopIII BBHs should circularize by the time
they move into the LIGO band (see fig. 3 in Abbott et al. 2016b).
Note that the background spectrum in the inspiral phase scales with
frequency as %gw(f) ∝ f2/3.

Figure 4. Top: spectra of GWB produced by PopIII BBHs for the same
IMFs, fesc, m and τ e as in Fig. 3 (blue and red curves). We assume binaries
with the average chirp mass of 〈Mchirp〉 = 30 M% on circular orbits. The
background expected from all unresolved PopII+PopI BBHs is shown for
reference (solid black curve, Abbott et al. 2016c, their fiducial model).
Black dotted curves show the expected sensitivity of AdLIGO/Virgo in the
observing runs O2 and O5. The green solid curve is the same as the blue
solid curve, but with a higher chirp mass of 〈Mchirp〉 = 50 M% and with
a lower merging rate by a factor of 3/5. Bottom: the spectral index; open
circles mark the frequencies above which α < 0.3.

Fig. 4 shows spectra of the GWB produced by PopIII BBHs for
the same IMFs, fesc, m and τ e as in Fig. 3 (blue and red curves).
For the two IMFs with 10–100 M% and a flat mass ratio distribu-
tion, the typical merger is an equal-mass binary with a chirp mass of
〈Mchirp〉 $ 30 M% (K14, K16). For comparison, we show the back-
ground produced by all PopII/I BBHs (black solid curve), which typ-
ically merge at z " 2−4 (Dominik et al. 2013; Abbott et al. 2016c).
For all cases shown, the GWB from PopIII BBHs is higher than the
expected sensitivity of the AdLIGO/Virgo detectors in the observing
run O5 (black dotted curves). The typical chirp mass and redshift of
PopIII BBHs are both higher than for PopII/I BBHs(∼30 M% versus
∼10 M% and z ∼ 8 versus z ∼ 3), causing the GW frequency to be
redshifted. As a result, the spectrum in the AdLIGO/Virgo band be-
comes flatter than the canonical %gw(f) ∝ f2/3 expected from lower
redshift and lower mass PopII/I sources. Kowalska et al. (2012)
also have noted the spectral flattening by assuming a different chirp
mass distribution and a high PopIII SFR which is inconsistent with
the Planck result and does not include important physics (e.g. LW
feedback, metal enrichment and reionization). In the bottom panel,
the open circles mark the frequencies above which the spectral in-
dex falls below 0.3; this critical frequency is ∼40 Hz, well inside
the AdLIGO/Virgo band. The deviation could be detectable with
S/N ∼ 3 in the O5 run (Abbott et al. 2016c). Note that PopII/I
BBHs can produce such a significant flattening of the GWB spec-
trum at ∼100 Hz (black curve; see also Kowalska-Leszczynska
et al. 2015 that show a similar flattening at !70–100 Hz, depending
on their models.) Although a sub-dominant population of massive
PopII BBHs with !30 M% would form, depending on a model of
cosmic metal enrichment (Belczynski et al. 2016), the severe flatting
requires the majority of such massive stars, as expected only in the
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Figure 3. Merger rate of PopIII BBHs for different assumed IMFs, as
in Fig. 2. The data is taken from K14, but renormalized to be consistent
with the electrons scattering optical depth τ e measured by Planck within
the 1σ (solid) and 2σ (dashed) error (equation 1 with fesc, m = 0.1 and
ηion = 5 × 104).

density of PopIII stars consistent with the Planck τ e within the 1σ

(solid) and 2σ (dashed) error (equation 1 for fesc, m = 0.1 and ηion =
5 × 104), with the redshift-dependence of the SFR following
de Souza et al. (2011). The rates peak between z ≈ 4–10
at !100 Gpc−3 yr−1, with most merging PopIII BBHs unre-
solved by AdLIGO/Virgo, and with !106 PopIII BBHs con-
tributing to a strongly redshifted GWB over five years. The
merger rates decrease towards low redshift once PopIII star for-
mation is quenched. However, the rate remains as high as RBBH

$ 10 Gpc−3 yr−1 even at z $ 0, because BBHs with suitable
initial separations take a Hubble time to merge. For a massive
30 + 30 M% circular BBH with an initial separation of ∼0.2 au,
the GW inspiral time is 10 Gyr (Peters & Mathews 1963). Note that
the merging rate is consistent with ∼2–400 Gpc−3 yr−1 inferred
from GW150914 (Abbott et al. 2016d).

We estimate the spectrum of the PopIII GWB as

ρcc
2%gw(f ) =

∫ ∞

zmin

RBBH

1 + z

dt

dz

(
fr

dEgw
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) ∣∣∣∣
fr=f (1+z)

dz (4)

(Phinney 2001), where f and fr are the GW frequencies observed
at z = 0 and in the source’s rest frame, respectively, and ρc is the
critical density of the Universe. We set the minimum redshift to
zmin = 0.28, the detection horizon of AdLIGO/Virgo. The GW
spectrum from a coalescencing BBH is given by
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=
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where Egw is the energy emitted in GWs, Mchirp ≡ (M1M2)3/5/

(M1 + M2)1/5 is the chirp mass, and fi (i = 1, 2, 3) and σ are
frequencies that characterize the inspiral-merger-ringdown wave-
forms, ωm(r) are normalization constants chosen so as to make the
waveform continuous, and the Post-Newtonian correction factors
of F (G )PN (Ajith et al. 2011). We assume that the BBHs have cir-
cular orbits because the PopIII BBHs should circularize by the time
they move into the LIGO band (see fig. 3 in Abbott et al. 2016b).
Note that the background spectrum in the inspiral phase scales with
frequency as %gw(f) ∝ f2/3.

Figure 4. Top: spectra of GWB produced by PopIII BBHs for the same
IMFs, fesc, m and τ e as in Fig. 3 (blue and red curves). We assume binaries
with the average chirp mass of 〈Mchirp〉 = 30 M% on circular orbits. The
background expected from all unresolved PopII+PopI BBHs is shown for
reference (solid black curve, Abbott et al. 2016c, their fiducial model).
Black dotted curves show the expected sensitivity of AdLIGO/Virgo in the
observing runs O2 and O5. The green solid curve is the same as the blue
solid curve, but with a higher chirp mass of 〈Mchirp〉 = 50 M% and with
a lower merging rate by a factor of 3/5. Bottom: the spectral index; open
circles mark the frequencies above which α < 0.3.

Fig. 4 shows spectra of the GWB produced by PopIII BBHs for
the same IMFs, fesc, m and τ e as in Fig. 3 (blue and red curves).
For the two IMFs with 10–100 M% and a flat mass ratio distribu-
tion, the typical merger is an equal-mass binary with a chirp mass of
〈Mchirp〉 $ 30 M% (K14, K16). For comparison, we show the back-
ground produced by all PopII/I BBHs (black solid curve), which typ-
ically merge at z " 2−4 (Dominik et al. 2013; Abbott et al. 2016c).
For all cases shown, the GWB from PopIII BBHs is higher than the
expected sensitivity of the AdLIGO/Virgo detectors in the observing
run O5 (black dotted curves). The typical chirp mass and redshift of
PopIII BBHs are both higher than for PopII/I BBHs(∼30 M% versus
∼10 M% and z ∼ 8 versus z ∼ 3), causing the GW frequency to be
redshifted. As a result, the spectrum in the AdLIGO/Virgo band be-
comes flatter than the canonical %gw(f) ∝ f2/3 expected from lower
redshift and lower mass PopII/I sources. Kowalska et al. (2012)
also have noted the spectral flattening by assuming a different chirp
mass distribution and a high PopIII SFR which is inconsistent with
the Planck result and does not include important physics (e.g. LW
feedback, metal enrichment and reionization). In the bottom panel,
the open circles mark the frequencies above which the spectral in-
dex falls below 0.3; this critical frequency is ∼40 Hz, well inside
the AdLIGO/Virgo band. The deviation could be detectable with
S/N ∼ 3 in the O5 run (Abbott et al. 2016c). Note that PopII/I
BBHs can produce such a significant flattening of the GWB spec-
trum at ∼100 Hz (black curve; see also Kowalska-Leszczynska
et al. 2015 that show a similar flattening at !70–100 Hz, depending
on their models.) Although a sub-dominant population of massive
PopII BBHs with !30 M% would form, depending on a model of
cosmic metal enrichment (Belczynski et al. 2016), the severe flatting
requires the majority of such massive stars, as expected only in the
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Summary
・Star formation in low-metallicity environments is required  
    to form massive BBHs

・Pop III stars (Z~0) are expected to be born as massive  
    stars with ~10-100Msun in a binary
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Figure 2. Number of dark matter halos that host star-forming gas clouds.
The histogram shows the distribution of redshifts when the central gas density
reaches ∼106 cm−3. The histograms are colored according to the virial masses
using the color scale displayed at the top.
(A color version of this figure is available in the online journal.)

SPH cosmological simulations to follow the formation of the
primordial gas clouds that gravitationally collapse in the center
of dark matter halos. The histogram in Figure 2 shows that our
sample of 110 dark matter halos has a wide range of masses
Mvirial = 105–106 M# distributed over redshifts z = 35–11,
most of which are at z = 20–15. Figure 3 shows an example of
the resulting gas density concentrations arising in five such dark
matter halos together with insets of their zoomed-in structure,

Table 2
Evolutionary Paths

Path Ṁ Nsample
(M# yr−1)

P1 KH Contracting protostar <0.004 67
P2 Oscillating protostar >0.0041 31
P3 Supergiant protostar >0.042 12

Notes. Column 2: accretion rate for each path, and Column 3: the
number of stars in our sample.
References. (1) Omukai & Palla 2003; (2) Hosokawa et al. 2012a.

represented by white circles corresponding to 1 pc. As expected,
the five clouds have different structures of density, velocity, and
temperature. The resulting stellar masses are also different as
indicated in the figure.

After the formation of a protostellar core at the center of
the collapsing cloud, we switch to the 2D RHD calculations
for each individual dark matter halo and follow the evolution
during the later accretion stages. Figure 4 shows snapshots from
three of our examined cases, which exemplify the three different
evolutionary paths (P1, P2, and P3). We see that in each case
a bipolar Hii region forms (Figure 4(a)), which subsequently
grows at varying rates as the stellar mass increases. The mass
accretion onto the protostar is finally shut off by the strong UV
radiative feedback caused by the dynamical expansion of the Hii
region (Figure 4(c); see also Hosokawa et al. 2011). Figure 5
shows the distribution of the final stellar masses obtained in
our simulations (a summary is given in Table 2). We see a
large scatter of resulting stellar masses, ranging from 9.9 M#

Figure 3. Projected gas density distribution at z = 25 in one of our cosmological simulations. We show five primordial star-forming clouds in a cube of 15 kpc on a
side. The circles show the zoom-in to the central 1 pc region of the clouds at the respective formation epoch. The masses of the first stars formed in these clouds are
60, 76, 125, 303, and 343 M#, respectively.
(A color version of this figure is available in the online journal.)
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(a) (b) (c)

Figure 4. Expanding H ii regions around the primordial protostar for three in our sample of 110 clouds (the same ones as in Figure 12). We show the structure and
the evolution of the accreting gas from left to right. The plotted regions are cubes with 60,000 AU on a side. The colors indicate gas temperature and the contours
show the density structure. The main accretion takes place through the accretion disk on the equatorial plane. As the central protostar becomes more massive and the
surface temperature increases, the ionizing photon production of the central star increases. H ii regions are launched into the polar direction and the opening angles
grow with time, eventually stopping the accretion.
(A color version of this figure is available in the online journal.)
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Figure 5. Final distribution of the calculated stellar masses for our 110 first stars.
The red, blue, and black histograms represent the different paths of protostellar
evolution: P1: KH contracting protostar (red), P2: oscillating protostar (blue),
and P3: supergiant protostar (black). See the text in Section 2.2.1 for details.
P1hd refers to the cases in which the gas clouds are formed by HD cooling
and evolve on low-temperature tracks. P3p (predicted) indicates the same cases
as P3, except that the final masses are calculated from a correlation between
the properties of the cloud and the resulting stellar mass (Equation (13); see
Appendix B).
(A color version of this figure is available in the online journal.)

to 1621 M!. However, the bulk of them are distributed around
several tens or a few hundreds of solar masses. We study the
origin of this distribution in Section 4 in detail. Here we merely
note that the distribution of stellar masses does not mirror the
distribution of dark matter halo masses.

3.2. Evolution in the Early Collapse Stage

3.2.1. Runaway Collapse of the Clouds

In this section we describe the early evolution of the star-
forming clouds up to the moment when a central hydrostatic
core is formed by considering the fate of nine representative
cases. Figure 6 shows that the gravitational collapse of a pri-
mordial cloud proceeds in the well-known self-similar man-
ner. The cloud has a central collapsing core and a surrounding
envelope during the collapse. Where the collapsing core has an
approximately homogeneous density distribution, the envelope
develops a power-law profile, nH ∝ R−2.2 (e.g., Omukai & Nishi
1998; Ripamonti et al. 2002). Figure 6 also shows the radially
averaged density profiles in the nine different clouds at the time
when the central density reaches 1012 cm−3. We see that densi-
ties at the same radial distance can differ among the clouds by
more than a factor of ten. The variation of the density structure
is attributed to the different thermal evolution during the col-
lapse (see Section 3.2.2). Some bumps in the density profiles
indicate the presence of neighboring density peaks, large disk-
or bar-like structures, or fragmented clumps in the collapsing
clouds. We discuss these cases further in Section 5.2.2.

6

properties of space-time in the strong-field, high-velocity
regime and confirm predictions of general relativity for the
nonlinear dynamics of highly disturbed black holes.

II. OBSERVATION

On September 14, 2015 at 09:50:45 UTC, the LIGO
Hanford, WA, and Livingston, LA, observatories detected

the coincident signal GW150914 shown in Fig. 1. The initial
detection was made by low-latency searches for generic
gravitational-wave transients [41] and was reported within
three minutes of data acquisition [43]. Subsequently,
matched-filter analyses that use relativistic models of com-
pact binary waveforms [44] recovered GW150914 as the
most significant event from each detector for the observa-
tions reported here. Occurring within the 10-ms intersite

FIG. 1. The gravitational-wave event GW150914 observed by the LIGO Hanford (H1, left column panels) and Livingston (L1, right
column panels) detectors. Times are shown relative to September 14, 2015 at 09:50:45 UTC. For visualization, all time series are filtered
with a 35–350 Hz bandpass filter to suppress large fluctuations outside the detectors’ most sensitive frequency band, and band-reject
filters to remove the strong instrumental spectral lines seen in the Fig. 3 spectra. Top row, left: H1 strain. Top row, right: L1 strain.
GW150914 arrived first at L1 and 6.9þ0.5

−0.4 ms later at H1; for a visual comparison, the H1 data are also shown, shifted in time by this
amount and inverted (to account for the detectors’ relative orientations). Second row: Gravitational-wave strain projected onto each
detector in the 35–350 Hz band. Solid lines show a numerical relativity waveform for a system with parameters consistent with those
recovered from GW150914 [37,38] confirmed to 99.9% by an independent calculation based on [15]. Shaded areas show 90% credible
regions for two independent waveform reconstructions. One (dark gray) models the signal using binary black hole template waveforms
[39]. The other (light gray) does not use an astrophysical model, but instead calculates the strain signal as a linear combination of
sine-Gaussian wavelets [40,41]. These reconstructions have a 94% overlap, as shown in [39]. Third row: Residuals after subtracting the
filtered numerical relativity waveform from the filtered detector time series. Bottom row:A time-frequency representation [42] of the
strain data, showing the signal frequency increasing over time.
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propagation time, the events have a combined signal-to-
noise ratio (SNR) of 24 [45].
Only the LIGO detectors were observing at the time of

GW150914. The Virgo detector was being upgraded,
and GEO 600, though not sufficiently sensitive to detect
this event, was operating but not in observational
mode. With only two detectors the source position is
primarily determined by the relative arrival time and
localized to an area of approximately 600 deg2 (90%
credible region) [39,46].
The basic features of GW150914 point to it being

produced by the coalescence of two black holes—i.e.,
their orbital inspiral and merger, and subsequent final black
hole ringdown. Over 0.2 s, the signal increases in frequency
and amplitude in about 8 cycles from 35 to 150 Hz, where
the amplitude reaches a maximum. The most plausible
explanation for this evolution is the inspiral of two orbiting
masses, m1 and m2, due to gravitational-wave emission. At
the lower frequencies, such evolution is characterized by
the chirp mass [11]

M ¼ ðm1m2Þ3=5

ðm1 þm2Þ1=5
¼ c3

G

!
5

96
π−8=3f−11=3 _f

"
3=5

;

where f and _f are the observed frequency and its time
derivative and G and c are the gravitational constant and
speed of light. Estimating f and _f from the data in Fig. 1,
we obtain a chirp mass of M≃ 30M⊙, implying that the
total mass M ¼ m1 þm2 is ≳70M⊙ in the detector frame.
This bounds the sum of the Schwarzschild radii of the
binary components to 2GM=c2 ≳ 210 km. To reach an
orbital frequency of 75 Hz (half the gravitational-wave
frequency) the objects must have been very close and very
compact; equal Newtonian point masses orbiting at this
frequency would be only ≃350 km apart. A pair of
neutron stars, while compact, would not have the required
mass, while a black hole neutron star binary with the
deduced chirp mass would have a very large total mass,
and would thus merge at much lower frequency. This
leaves black holes as the only known objects compact
enough to reach an orbital frequency of 75 Hz without
contact. Furthermore, the decay of the waveform after it
peaks is consistent with the damped oscillations of a black
hole relaxing to a final stationary Kerr configuration.
Below, we present a general-relativistic analysis of
GW150914; Fig. 2 shows the calculated waveform using
the resulting source parameters.

III. DETECTORS

Gravitational-wave astronomy exploits multiple, widely
separated detectors to distinguish gravitational waves from
local instrumental and environmental noise, to provide
source sky localization, and to measure wave polarizations.
The LIGO sites each operate a single Advanced LIGO

detector [33], a modified Michelson interferometer (see
Fig. 3) that measures gravitational-wave strain as a differ-
ence in length of its orthogonal arms. Each arm is formed
by two mirrors, acting as test masses, separated by
Lx ¼ Ly ¼ L ¼ 4 km. A passing gravitational wave effec-
tively alters the arm lengths such that the measured
difference is ΔLðtÞ ¼ δLx − δLy ¼ hðtÞL, where h is the
gravitational-wave strain amplitude projected onto the
detector. This differential length variation alters the phase
difference between the two light fields returning to the
beam splitter, transmitting an optical signal proportional to
the gravitational-wave strain to the output photodetector.
To achieve sufficient sensitivity to measure gravitational

waves, the detectors include several enhancements to the
basic Michelson interferometer. First, each arm contains a
resonant optical cavity, formed by its two test mass mirrors,
that multiplies the effect of a gravitational wave on the light
phase by a factor of 300 [48]. Second, a partially trans-
missive power-recycling mirror at the input provides addi-
tional resonant buildup of the laser light in the interferometer
as a whole [49,50]: 20Wof laser input is increased to 700W
incident on the beam splitter, which is further increased to
100 kW circulating in each arm cavity. Third, a partially
transmissive signal-recycling mirror at the output optimizes

FIG. 2. Top: Estimated gravitational-wave strain amplitude
from GW150914 projected onto H1. This shows the full
bandwidth of the waveforms, without the filtering used for Fig. 1.
The inset images show numerical relativity models of the black
hole horizons as the black holes coalesce. Bottom: The Keplerian
effective black hole separation in units of Schwarzschild radii
(RS ¼ 2GM=c2) and the effective relative velocity given by the
post-Newtonian parameter v=c ¼ ðGMπf=c3Þ1=3, where f is the
gravitational-wave frequency calculated with numerical relativity
and M is the total mass (value from Table I).
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