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Delayed Arrival of  X-rays and Radio

Extremely faint!
(~15 uJy @ 3 GHz)

Off-axis jet?

EM Counterpart Discovery Timeline
中性子星合体 GW170817の発見

Abbott et al., ApJL. 848, L12 (2017)



本日の話題

• 中性子星合体とは？ 

• 電磁波対応天体　キロノバ 

• 電磁波対応天体　シンクロトロン残光 

• 展望



連星中性子星とその合体

中性子星

中性子星

重力波

重力波が軌道エネルギーと角運動量を
持ち去り合体に至る

• 合体までに要する時間 ~ 0.3億年 (at 軌道半径 ~ 太陽半径) 
※合体時間は軌道半径の４乗に比例

• 徐々に軌道半径が減少し、合体に至る。



連星中性子星とその合体

中性子星

中性子星

重力波

重力波が軌道エネルギーと角運動量を
持ち去り合体に至る

GW170817

軌道半径~100km 合体~10km



EOS=APR, Mtot = 2.7Msun

EOS=APR, Mtot = 2.9Msun

KH + 13



中性子星合体から飛び出す物質1 合体の瞬間
KH, et al 13

私の博士論文のメインテーマ。数値相対論による質量放出の最初の計算。



Total binary mass

(Super)massive neutron star 
(SMNS)

Hypermassive neutron star 
(HMNS)

Black Hole + disk

Lifetime ~ 10 ms-1s

中性子星合体後に何ができる？



中性子星合体から飛び出す物質2 合体後

Shibata+17, Fujibayashi+18

14

Dynamical ejecta

FIG. 6. Schematic picture of the ejecta profile for the case
of a sti↵ EOS in which a long-lived massive neutron star is
formed as a remnant. The largest anisotropic-shell component
(red color) denotes the neutron-rich dynamical ejecta. The
smaller anisotropic-shell component (blue color) denotes the
early viscosity-driven ejecta and long-term viscosity-driven
ejecta from the torus. The polar spheroid component (dark
blue color) denotes the viscosity-driven ejecta from the torus
influenced by neutrino irradiation from the massive neutron
star. The “Low Ye” implies that it contains neutron-rich mat-
ter with Ye . 0.2, which contributes to enhancing the opac-
ity through the nucleosynthesis of lanthanide elements. The
“Medium Ye” and “High Ye” imply that it does not contain
such neutron-rich matter because Ye & 0.25 and Ye & 0.35,
respectively. The filled (purple) circle and neighbouring small
(orange) ellipsoids in the central region denote a massive neu-
tron star and accretion torus surrounding it. We note that the
“Low Ye” component has high average expansion velocity of
v̄ej ⇠ 0.2c while the “Medium” and “High” components have
slower velocity, 0.1–0.2c. Note that the gravitational-wave
observation indicates that we observe the merger remnant of
GW170817 along the direction of ✓  28� from the rotation
axis.

relativity simulations) suggest that in this model, the
mass of the mildly neutron-rich viscosity-driven ejecta
with the velocity 0.05–0.15c could be & 0.03M� in to-
tal for ↵vis & 0.02. Since most of these viscosity-
driven ejecta are not highly neutron-rich with Ye &
0.25, and thus, the nucleosynthesis of lanthanide ele-
ments would be suppressed, their opacity is likely to be
 ⇠ 1 cm2/g [22, 49, 51]. In particular for the ejected
matter located for the high latitude (✓ . 45�), Ye is al-
ways high (see Figs. 3 and 6). This indicates that if an
observer is not located near the binary orbital plane, the
e↵ect of the lanthanide curtain provided by the dynam-
ical ejecta could be avoided. Then, if the mass of the

viscosity-driven ejecta is su�ciently high as & 0.03M�
(i.e., ↵vis is su�ciently large ⇠ 0.02–0.04), the electro-
magnetic observations for GW170817 can be naturally
interpreted.
One unclear point in the early viscosity-driven ejec-

tion is that we do not know whether ↵vis is really suf-
ficiently large ⇠ 0.02–0.04 around the central region
of the remnant massive neutron star, i.e., a su�ciently
strong turbulence state is realized or not there, although
↵vis = O(0.01) is a reasonable magnitude for turbulent
fluids: Indeed, our latest high-resolution MHD simula-
tion [72] shows that at least for an outer region of the
remnant massive neutron star and torus, ↵vis is likely to
be enhanced to ⇠ 0.02. To assess the validity of this
scenario, however, we need to perform a high-resolution
MHD simulation for the merger and post-merger of bi-
nary neutron stars, in which several MHD instabilities
such as Kelvin-Helmholtz and magneto-rotational insta-
bilities are well resolved. We note that if the initial torus
mass of the merger remnant is higher (e.g., for the merger
of significant binary mass asymmetry), the ejecta mass
of ⇠ 0.03M� may be achieved for a smaller value of ↵vis.
Thus, the required value for ↵vis may be smaller.
In this section, we have paid particular attention to

the optical-IR counterparts in the relatively early phase
of . 5 days. In the late phase, the e↵ect of the dynamical
mass ejection of low Ye (i.e., of high values of ) should
be visible. The late-time reddening [6, 10, 84] is likely
to be associated with the dynamical ejecta component in
our scenario.

IV. DISCUSSION

A. Perspective for constraining the neutron-star

EOS through measuring tidal deformability

In Sec. III, we proposed a model of the binary neutron
star merger suitable for interpreting the observational re-
sults for the electromagnetic signals of GW170817. Our
analysis suggests that the neutron-star EOS would be
sti↵ enough (i.e., the maximum mass for cold spherical
neutron stars is large enough) to produce a long-lived
massive neutron star after the merger for the total mass
m & 2.73M�. However, this suggestion primarily con-
strains the maximum mass of cold neutron stars, not
neutron-star radius.

One of the most promising methods to narrow down
the possible EOS candidates by constraining the typical
radius of neutron stars is to measure the tidal deforma-
bility of neutron stars through the gravitational-wave ob-
servation of the late inspiral signals of binary neutron
stars (e.g., Refs. [88–92]). For an event of S/N ⇡ 30
to LIGO O2 sensitivity (for which the sensitivity for a
high-frequency band & 400Hz is not as good as for the
lower-band [93]), the binary dimensionless tidal deforma-
bility, ⇤, would be distinguished up to �⇤ ⇡ 400 at 2-�
level by analyzing gravitational waves from binary neu-

outward, while the torus material near the torus surface accretes
onto the central MNS (see also Figure 5 in Section 3.2).
Figure 3 shows the density profiles on the equatorial plane at
different time slices. As found in this figure, the torus gradually
expands with time; hence, the torus density decreases. This
behavior of the torus is determined by the viscous angular
momentum transport (see Section 3.2 for details).

The top and middle panels of Figure 4 show the time
evolution of the baryon mass and the angular momentum of the
torus defined by

*ò r=
r< -

( )J d x hu x. 24ytorus
10 g cm

3
13 3

For all of the models, they decrease with time due to mass
accretion onto the central MNS and outflow.5

In the phase of the early viscosity-driven mass ejection, in
which the density profiles of the MNS and torus vary in a short
timescale, the decrease timescale is slightly shorter than that
estimated by Equation (21). However, after the torus relaxes to
a quasi-stationary state, the timescale agrees approximately
with that by Equation (21).

Figure 2. Snapshots of the density and poloidal velocity field for the fiducial model DD2-135135-0.02-H at t=0.02, 0.04, 0.1, 0.2, 0.4, 0.8, 1.6, and 2.4 s. The length
of the velocity vector corresponds to the logarithm of the poloidal velocity. The scale is shown in panel (1). For each panel, the left and right subpanels show the wide
region (r2000km) and narrow region (r300km), respectively.

5Here Mb,torus and Jtorus slowly decrease even in the inviscid model. This
inflow is due to the cooling of the torus by the neutrino emission; the loss of the
pressure support causes the torus accretion.

6

The Astrophysical Journal, 860:64 (20pp), 2018 June 10 Fujibayashi et al.

合体後、中性子星＋降着円盤、もしくはBH＋降着円盤から質量放出が起こ
る。アウトフローの性質は、中性子星合体後の進化に強く依存。
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電磁波対応天体 キロノバ
Li & Paczynski 98, Kulkarni 05, Metzger + 10, Barnes & Kasen 13, Tanaka & KH 13

Time

Merger 質量放出 R過程元素合成 放射性加熱

光が抜け始める 晴れ上がり

t=0            0<t<100ms               ~<1s                     1day              > 10day 
   
10km        10-100km                 < 0.1Rsun               10AU              >100AU



中性子星合体のR過程元素合成

潮汐破壊

中性子

原子核

• 中性子星の一部が引き伸ばされ、中性子が原子核に捕獲される非平衡反応(R過程)が起こる。 
• ビッグバン元素合成に類似：ビッグバンでは陽子過剰で光が極めて多い熱い環境という点で異
なる。



中性子星合体のR過程元素合成
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文庫　現代宇宙論の誕生
aat0164-05.ps : 0020 : 2022/5/24(15:13:30)
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子ガスの温度を反映するのではなく，中性子捕獲が起こる時
期の長さによって決まるべきである．この時期の長さは宇宙
の膨張率と捕獲反応率の競合によって決定される．また種々
の元素の組成比はそれぞれの元素固有の安定性（質量欠損）で
はなく，中性子捕獲の断面積†1 に依るべきである．このよ
うな中性子捕獲による元素合成を表現する方程式は以下のよ
うに書ける
　 dni

dt
= f(t)(σi−1ni−1−σini), i = 1, 2, 3 · · ·238.

（1）

ここで ni と σi は質量数 iの原子核の相対存在量と捕獲断
面積，f(t)は宇宙膨張による密度減少を表す関数である．
合成過程は中性子ガスの温度がまだ高かった頃に終了した
はずである．この理由は，もしそうでなかったならば，観測
される組成比は低速中性子捕獲の共鳴に強く影響されるから
である†2．ヒューズによれば*2，中性子のエネルギーがおよ
そ 1MeVにおいて，周期表の最初の半分の元素までは，原
子核の中性子捕獲の断面積は質量数に従って指数関数的に増
大し，それよりも重い元素では，断面積は近似的に一定であ
る†3．
この断面積を用いて，式（1）を積分した結果を図に示して
いる．元素の相対存在比が軽い元素では急激に減少し，銀よ
りも重い元素ではおよそ一定になっている．観測されてい
る分布*3 をうまく説明するためには，元素合成が起こる時

文庫　現代宇宙論の誕生
aat0164-05.ps : 0021 : 2022/5/24(15:13:30)
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期に，ρndtの積分値が 5×104 g sec/cm3 に等しい必要があ
る†3．
一方，相対論的な膨張宇宙によると*4 密度は時間に依存
し，ρ≈106/t2 で与えられる．この時間積分は時刻 t=0で
発散するため，元素合成は以下の関係を満たす時刻 t0 に開
始されたと考える必要がある
　 ∫ ∞

t0

(106/t2)dt ≈ 5×104. （2）

したがって t0≈20 secと ρ0≈2.5×105 g/cm3 となる†5．
この結果は以下の 2つの可能性を示している：（a）時刻 t0

組
成
比

 (対
数

)

質量数

αβγ 1948

• 中性子星の一部が引き伸ばされ、中性子が原子核に捕獲される非平衡反応(R過程)が起こる。 
• ビッグバン元素合成に類似：ビッグバンでは陽子過剰で光が極めて多い熱い環境という点で異
なる。Alpher, Bethe, Gamow 1948は純中性子を初期条件に取ったのでR過程を見ていたとも
言える。



中性子星合体のR過程元素合成
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R過程とキロノバのエネルギー源

中性子数

陽
子
数

原子
核の
安定
線

R過程

多くのベータ崩壊チェーン
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Figure 2. Spectrum of γ-rays at 1, 3, 5 and 10 days after merger for NSM-solar. Black lines depict the γ-ray spectrum produced by
nuclei at rest. The red (blue) curve shows the spectrum with the Doppler broadening with an expansion velocity of 0.3c (0.05c). The
normalization is determined with the mass of ejected r-process elements of 0.01M! and the observed distance of 3 Mpc. Here we do not
take any absorption and scattering processes into account.

we find

Ėe(t) ≈ 4 · 109 erg/s/g

(

t
1 day

)−1.3

, (2)

Ėγ(t) ≈ 8 · 109 erg/s/g

(

t
1 day

)−1.3

, (3)

Ėα(t) ≈ 7 · 108 erg/s/g

(

t
1 day

)−1 (
XA!210

3 · 10−2

)

, (4)

Ėf (t) ≈ 2 · 109 erg/s/g

(

t
1 day

)−1 (
XA!250

2 · 10−2

)

. (5)

where XA!210 (XA!250) is the total mass fraction of nuclei
with 210 ! A ! 280 (250 ! A ! 280). Note that the nu-
merical coefficients in Eqs. (2) and (3) are valid as long as
material has the solar-like r-process pattern containing the
second (A ∼ 130) and third (A ∼ 195) r-process peaks.

Although the form of εγ(t) should be computed with a
radiative transfer simulation, here we give rough estimates.
The optical depth of homologously expanding ejecta is given
by

τγ(t) =

(

ttr,γ
t

)2

, (6)

where ttr,γ ≈ (κγMej/4πv
2)1/2 ≈

0.4 day(κγ/0.05 cm2/g)1/2(Mej/0.01M!)1/2(v/0.3c)−1

is the time that the ejecta become transparent to γ-rays.

Here we assume that the dominant interaction process of
γ-rays with matter is Compton scattering.

At the diffuse-out timescale of thermal photons (optical
to infrared: IR) tdiff,o when the optical depth to thermal
photons satisfies τopt = c/v, a significant amount of the
deposited energy starts to escape as thermal photons. We
rewrite Eq. (6) in terms of tdiff,o:

τγ(t) ≈
κγ

κo

c
v

(

tdiff,o

t

)2

, (7)

≈ 0.02

(

tdiff,o

t

)2 (
κγ

0.05 cm2/g

)

×

(

κo

10 cm2/g

)−1
( v
0.3c

)−1

, (8)

where κo is the opacity of r-process elements to photons in
the optical bands. It is dominated by bound-bound tran-
sitions of lanthanides (Kasen et al. 2013; Tanaka & Ho-
tokezaka 2013). For the dynamical ejecta, on the timescale
of tdiff,o, the optical depth to γ-rays is much smaller than
unity, thereby only a small fraction of the γ-rays’ energy is
deposited in the ejecta on the peak timescale of macronovae.

For the slowly expanding wind ejecta, in particular lan-
thanide free cases, the γ-ray heating efficiency is significantly
different. The opacity to thermal photons and expansion ve-
locity of the wind ejecta are κo ∼ 1 cm2/g and v ∼ 0.05c (see
e.g., Tanaka & Hotokezaka 2013 for the opacity of the wind
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たくさんの核種が崩壊するとき

D
ec

ay
 ra

te

Time

P Ni
⌧i

/ 1
t

(Metzger et al 10, Goriely et al 11, Roberts et al 11, Korobkin et al 12,  
Wanajo et al 2014, Lippuner and Roberts 2015, KH, Sari, Piran 2017) 



キロノバのエネルギー源：ベータ崩壊
• たくさんの核種の崩壊: 

• 核の平均寿命と崩壊エネルギーの関係:

dN
dt / 1

t

⌧ / E�5

Q̇(t) / E(t)
t

Q̇(t) / t�1.2

KH,Sari,Piran 17



• たくさんの核種の崩壊: 

• 核の平均寿命と崩壊エネルギーの関係: 

• ベータ崩壊の物理定数:

dN
dt / 1

t

⌧ / E�5
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tF ⌘ 2⇡3

G2
F
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⇣
t
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イオン当たりの加熱率:

KH,Sari,Piran 17
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キロノバのエネルギー源：ベータ崩壊
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核分裂後のベータ加熱（原子炉） R過程後のベータ加熱（キロノバ）

ベータ加熱率は、組成パターンの詳細には弱くしか依存しない。
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キロノバ放射予想

Radiative Transfer Simulations for NS Merger Ejecta 3
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Fig. 1.— (Upper) Solar abundance r-process abundance raio in mass fraction (Simmerer et al. 2004). The abundance is normalized with
X(Ge) = 106. (Lower) The number of bound-bound transition data for different elements. Different colors show different ionization states,
from neutral (I) to triply ionized (IV) ions. The atomic data at Z ≤ 30 are taken from Kurucz & Bell (1995) while the data at Z ≥ 31 are
compiled using the VALD database (Piskunov et al. 1995; Ryabchikova et al. 1997; Kupka et al. 1999, 2000). It is shown that there is no
data for triply ionized ions (IV, purple) at Z ≥ 31.

For the case of SNe, each packet is created as a γ-ray
packet. According to the total energy release by 56Ni
decay (ENi) and 56Co decay (ECo), each packet is des-
ignated as that from 56Ni or 56Co; a fraction ENi/Erad

is a 56Ni packet while ECo/Erad is a 56Co packet. If
a packet is a 56Ni packet, the decay time is assigned by
tactive = −tNi ln z, where tNi is the lifetime of 56Ni. Here-
after, z is a random number from 0 to 1. Similarly, if a
packet is a 56Co packet, tactive = −tNi ln z1 − tCo ln z2,
where tCo is the lifetime of 56Co (z1, and z2 are indepen-
dent random numbers from 0 to 1). These γ-ray packets
are activated once the computation reaches at t > tactive.
An isotropic direction in comoving frame is also assigned
for each packet.
For the heating by many r-process radioactive nu-

clei in the NS merger ejecta, Metzger et al. (2010)
showed the total radioactive power follows t−1.2 (see also
Korobkin et al. 2012). Thus, a time of activation of each
packet is assigned as tactive = t0,decayz−5, so that it re-
produces the energy release following t−1.2. Here t0,decay
is the beginning of the radioactive energy release. In this
paper, we set t0,decay = 10−4 days, which is sufficiently
earlier than the initial time of the simulations. When
the computation reaches to t > tactive, UVOIR packets
are created (instead of γ-ray packet for the case of SNe,
see Section 3). Similar to the case of SNe, an isotropic
direction in comoving frame is assigned. For the UVOIR
packets, the initial co-moving wavelength is assigned by
sampling emissivity jλ (Section 2.6).
Both for the cases of SNe and NS mergers, when the

time of the activation of a packet is earlier than the initial
time of the simulation (tactive < t0, where t0 is the initial
time of the simulation), the packet is created as a UVOIR
packet at t = t0. To take into account the energy loss
by adiabatic expansion, the comoving-frame energy ε is
reduced to ε = ε0(tactive/t0) (Lucy 2005).
Note that the current code does not take into account

the heating by the shock wave (see e.g., Kasen et al.
2006). Thus, the code cannot be applied for Type IIP
SNe, where the shock heating is a dominant source of

radiation at the plateau phase (up to ∼ 100 days).

2.4. γ-ray transfer

For the case of SNe, γ-ray transfer is computed. We
adopt the gray approximation with a mass absorption
coefficient of κγ = 0.027 cm2 g−1, which is known to
reproduce the results of multi-energy transport and the
observed light curves of Type Ia SNe (Colgate et al. 1980;
Sutherland & Wheeler 1984; Maeda 2006). This is also
confirmed by our test calculations (Appendix A). Once a
γ-ray packet is absorbed, it is immediately converted to
a UVOIR packet. For the case of NS mergers, the effect
of γ-ray transport is taken into account by introducing a
thermalization factor, and γ-ray transfer is not directly
computed (see Section 3).

2.5. UVOIR transfer

Transfer of UVOIR packets is computed considering a
wavelength-dependent opacity. As opacity sources, we
consider the electron scattering, and free-free, bound-
free, and bound-bound transitions. The wavelength-
dependent opacity is evaluated in each cell after the tem-
perature estimate in each time step. The bound-bound
transition is the dominant source of opacity both for
Type Ia SNe and NS mergers.
Electron scattering: By solving the Saha equa-

tions, the number density of free electrons (ne) is com-
puted in each cell. The absorption coefficient of electron
scattering is evaluated as αes = neσTh, where σTh is the
cross section of electron scattering (or Thomson scatter-
ing).
Free-free transition: Free-free absorption coeffi-

cient for an ion (i-th element and j-th ionization stage) is
computed as in Rybicki & Lightman (1979), using com-
mon convention;

αff
i,j(λ)=

4e6

3mehc

(

2π

3kme

)1/2

T−1/2(j − 1)2

neni,jν
−3(1− e−hν/kT )ḡff , (1)
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Figure 1. Rest-mass density profiles on the meridional plane for the NS–NS (SLy, Mtot = 2.7M!,Q = 1.0) (left) and BH–NS (H4, Q = 3, χ = 0.75) (right) models
at 8.8 ms after the onset of the merger. The red arrows show the velocity profiles of the ejecta.
(A color version of this figure is available in the online journal.)

simulation using SACRA code (Yamamoto et al. 2008). We
follow the dynamical ejecta with the numerical-relativity simu-
lation until the head of the ejecta reaches "1000 km (see Ho-
tokezaka et al. 2013 and Kyutoku et al. 2013 for details). After
that, the density and velocity structures of the ejecta are mod-
eled assuming homologous expansion (Rosswog et al. 2013a).
For the simulations, we employ a piecewise polytropic EOS with
which the cold EOSs of neutron-star matter are well fitted (Read
et al. 2009). For systematic studies of the dependence of mass
ejection on the cold EOSs of neutron-star matter, we consider
five cold EOSs: APR4 (Akmal et al. 1998) and SLy (Douchin &
Haensel 2001) as soft EOSs, ALF2 (Alford et al. 2005) as a mod-
erate EOS, and H4 (Glendenning & Moszkowski 1991; Lackey
et al. 2006) and MS1 (Müller & Serot 1996) as stiff EOSs.7
To take into account the effects of shock heating, we add the
thermal pressure as a Γ-law ideal gas EOS. The ejecta masses
obtained with this approximation of thermal effects agree with
those obtained with tabulated finite-temperature EOSs within
errors of several tens of percent for NS–NS mergers (Bauswein
et al. 2013).

For NS–NS mergers, we choose the total gravitational mass
of the binary Mtot = 2.6 M!–2.8 M! and the mass ratio8

Q = 1.0–1.25. For BH–NS mergers, the gravitational mass of
the neutron star MNS is fixed to be 1.35 M! and the mass ratio
is chosen to be Q = 3–7. The nondimensional spin parameter
of the black hole χ is chosen as χ = 0.75. We also perform
the simulations for Q = 7 and χ = 0.5. These parameters,
ejecta masses Mej, and averaged ejecta velocities 〈vej〉/c of the
progenitor models are summarized in Table 1.

The morphologies of the ejecta for NS–NS and BH–NS
mergers are compared in Figure 1. This figure plots the profiles
of the density and velocity fields at 8.8 ms after the onset of
the merger. Note that the ejecta velocities are in the small range
between ∼0.1c and ∼0.3c irrespective of the progenitor model.
However, the ejecta mass and morphology depend sensitively
on the progenitor models. In Table 1, we summarize these
properties of the NS–NS and BH–NS ejecta.

NS–NS ejecta. As shown in Figure 1, the NS–NS ejecta have
a spheroidal shape, rather than a torus or a disk, irrespective of
Q and EOS as long as a hypermassive neutron star is formed
after the merger. The reason is as follows. The origin of the

7 In this Letter, “soft” and “stiff” EOSs mean those which reproduce the radii
R1.35 ! 12 km and R1.35 " 13.5 km, respectively. Here R1.35 is the radius of a
cold, spherical neutron star with the gravitational mass 1.35 M!. For all the
EOSs, the maximum masses of spherical neutron stars are larger than "2 M!.
8 The mass ratio is defined by Q = m1/m2 with m1 " m2, where m1 and m2
are the component masses of a binary.

Table 1
Parameters of the Progenitor Models and Their Ejecta Properties

EOS Type R1.35 Mtot/M! Q χ Mej/10−2 M! 〈vej〉/c
APR4 NS–NS 11.1 2.6–2.9 1.0–1.25 · · · 0.01–1.4 0.22–0.27
SLy NS–NS 11.4 2.6–2.8 1.0–1.25 · · · 0.8–2.0 0.20–0.26
ALF2 NS–NS 12.4 2.6–2.8 1.0–1.25 · · · 0.15–0.55 0.22–0.24
H4 NS–NS 13.6 2.6–2.8 1.0–1.25 · · · 0.03–0.40 0.18–0.26
MS1 NS–NS 14.4 2.6–2.8 1.0–1.25 · · · 0.06–0.35 0.18–0.20

APR4 BH–NS 11.1 5.4–10.8 3.0–7.0 0.75 0.05–1.0 0.23–0.27
ALF2 BH–NS 12.4 5.4–10.8 3.0–7.0 0.75 2.0–4.0 0.25–0.29
H4 BH–NS 13.6 5.4–10.8 3.0–7.0 0.75 4.0–5.0 0.24–0.29
MS1 BH–NS 14.4 5.4–10.8 3.0–7.0 0.75 6.5–8.0 0.25–0.30

APR4 BH–NS 11.1 10.8 7.0 0.5 #10−4 · · ·
ALF2 BH–NS 12.4 10.8 7.0 0.5 0.02 0.27
H4 BH–NS 13.6 10.8 7.0 0.5 0.3 0.29
MS1 BH–NS 14.4 10.8 7.0 0.5 1.7 0.30

ejecta for NS–NS mergers can be divided into two parts: the
contact interface of two neutron stars at the collision and the tidal
tails formed during an early stage of the merger. At the contact
interface, the kinetic energy of the approaching velocities of the
two stars is converted into thermal energy through shock heating.
The heated matter at the contact interface expands into the
low-density region. As a result, the shocked matter can escape
even toward the rotational axis and the ejecta shape becomes
spheroidal. By contrast, the tidal tail component is asymmetric
and the ejecta is distributed near the equatorial plane.

Numerical simulations of NS–NS mergers show that the total
amount of ejecta is in the range 10−4–10−2 M! depending on
Mtot, Q, and the EOS (see Figure 2). The more compact neutron
star models with soft EOSs produce a larger amount of ejecta,
because the impact velocities and subsequent shock heating
effects at merger are larger. More specifically, the amount of
ejecta is

10−4 ! Mej/M! ! 2 × 10−2 (soft EOSs),

10−4 ! Mej/M! ! 5 × 10−3 (stiff EOSs). (1)

Bauswein et al. (2013) show a similar dependence of the
ejecta masses on the EOSs and Mej ! 0.01 M! for stiff EOS
models. According to these results, it is worth noting that the
ejecta masses of the stiff EOS models are likely to be at most
0.01 M!.

The dependence of the ejecta mass on the total mass of
the binary is rather complicated as shown in Figure 2. The
ejecta mass increases basically with increasing Mtot as long
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Fig. 8.— Expected observed ugrizJHK-band light curves (in AB magnitude) for model NSM-all and 4 realistic models. The distance
to the NS merger event is set to be 200 Mpc. K correction is taken into account with z = 0.05. Horizontal lines show typical limiting
magnitudes for wide-field telescopes (5σ with 10 min exposure). For optical wavelengths (ugriz bands), “1 m”, “4 m”, and “8 m” limits
are taken or deduced from those of PTF (Law et al. 2009), CFHT/Megacam, and Subaru/HSC (Miyazaki et al. 2006), respectively. For
NIR wavelengths (JHK bands), “4 m” and “space” limits are taken or deduced from those of Vista/VIRCAM and the planned limits of
WFIRST (Green et al. 2012) and WISH (Yamada et al. 2012), respectively.
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Fig. 1.— (Upper) Solar abundance r-process abundance raio in mass fraction (Simmerer et al. 2004). The abundance is normalized with
X(Ge) = 106. (Lower) The number of bound-bound transition data for different elements. Different colors show different ionization states,
from neutral (I) to triply ionized (IV) ions. The atomic data at Z ≤ 30 are taken from Kurucz & Bell (1995) while the data at Z ≥ 31 are
compiled using the VALD database (Piskunov et al. 1995; Ryabchikova et al. 1997; Kupka et al. 1999, 2000). It is shown that there is no
data for triply ionized ions (IV, purple) at Z ≥ 31.

For the case of SNe, each packet is created as a γ-ray
packet. According to the total energy release by 56Ni
decay (ENi) and 56Co decay (ECo), each packet is des-
ignated as that from 56Ni or 56Co; a fraction ENi/Erad

is a 56Ni packet while ECo/Erad is a 56Co packet. If
a packet is a 56Ni packet, the decay time is assigned by
tactive = −tNi ln z, where tNi is the lifetime of 56Ni. Here-
after, z is a random number from 0 to 1. Similarly, if a
packet is a 56Co packet, tactive = −tNi ln z1 − tCo ln z2,
where tCo is the lifetime of 56Co (z1, and z2 are indepen-
dent random numbers from 0 to 1). These γ-ray packets
are activated once the computation reaches at t > tactive.
An isotropic direction in comoving frame is also assigned
for each packet.
For the heating by many r-process radioactive nu-

clei in the NS merger ejecta, Metzger et al. (2010)
showed the total radioactive power follows t−1.2 (see also
Korobkin et al. 2012). Thus, a time of activation of each
packet is assigned as tactive = t0,decayz−5, so that it re-
produces the energy release following t−1.2. Here t0,decay
is the beginning of the radioactive energy release. In this
paper, we set t0,decay = 10−4 days, which is sufficiently
earlier than the initial time of the simulations. When
the computation reaches to t > tactive, UVOIR packets
are created (instead of γ-ray packet for the case of SNe,
see Section 3). Similar to the case of SNe, an isotropic
direction in comoving frame is assigned. For the UVOIR
packets, the initial co-moving wavelength is assigned by
sampling emissivity jλ (Section 2.6).
Both for the cases of SNe and NS mergers, when the

time of the activation of a packet is earlier than the initial
time of the simulation (tactive < t0, where t0 is the initial
time of the simulation), the packet is created as a UVOIR
packet at t = t0. To take into account the energy loss
by adiabatic expansion, the comoving-frame energy ε is
reduced to ε = ε0(tactive/t0) (Lucy 2005).
Note that the current code does not take into account

the heating by the shock wave (see e.g., Kasen et al.
2006). Thus, the code cannot be applied for Type IIP
SNe, where the shock heating is a dominant source of

radiation at the plateau phase (up to ∼ 100 days).

2.4. γ-ray transfer

For the case of SNe, γ-ray transfer is computed. We
adopt the gray approximation with a mass absorption
coefficient of κγ = 0.027 cm2 g−1, which is known to
reproduce the results of multi-energy transport and the
observed light curves of Type Ia SNe (Colgate et al. 1980;
Sutherland & Wheeler 1984; Maeda 2006). This is also
confirmed by our test calculations (Appendix A). Once a
γ-ray packet is absorbed, it is immediately converted to
a UVOIR packet. For the case of NS mergers, the effect
of γ-ray transport is taken into account by introducing a
thermalization factor, and γ-ray transfer is not directly
computed (see Section 3).

2.5. UVOIR transfer

Transfer of UVOIR packets is computed considering a
wavelength-dependent opacity. As opacity sources, we
consider the electron scattering, and free-free, bound-
free, and bound-bound transitions. The wavelength-
dependent opacity is evaluated in each cell after the tem-
perature estimate in each time step. The bound-bound
transition is the dominant source of opacity both for
Type Ia SNe and NS mergers.
Electron scattering: By solving the Saha equa-

tions, the number density of free electrons (ne) is com-
puted in each cell. The absorption coefficient of electron
scattering is evaluated as αes = neσTh, where σTh is the
cross section of electron scattering (or Thomson scatter-
ing).
Free-free transition: Free-free absorption coeffi-

cient for an ion (i-th element and j-th ionization stage) is
computed as in Rybicki & Lightman (1979), using com-
mon convention;

αff
i,j(λ)=

4e6

3mehc

(

2π

3kme

)1/2

T−1/2(j − 1)2

neni,jν
−3(1− e−hν/kT )ḡff , (1)
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Figure 1. Rest-mass density profiles on the meridional plane for the NS–NS (SLy, Mtot = 2.7M!,Q = 1.0) (left) and BH–NS (H4, Q = 3, χ = 0.75) (right) models
at 8.8 ms after the onset of the merger. The red arrows show the velocity profiles of the ejecta.
(A color version of this figure is available in the online journal.)

simulation using SACRA code (Yamamoto et al. 2008). We
follow the dynamical ejecta with the numerical-relativity simu-
lation until the head of the ejecta reaches "1000 km (see Ho-
tokezaka et al. 2013 and Kyutoku et al. 2013 for details). After
that, the density and velocity structures of the ejecta are mod-
eled assuming homologous expansion (Rosswog et al. 2013a).
For the simulations, we employ a piecewise polytropic EOS with
which the cold EOSs of neutron-star matter are well fitted (Read
et al. 2009). For systematic studies of the dependence of mass
ejection on the cold EOSs of neutron-star matter, we consider
five cold EOSs: APR4 (Akmal et al. 1998) and SLy (Douchin &
Haensel 2001) as soft EOSs, ALF2 (Alford et al. 2005) as a mod-
erate EOS, and H4 (Glendenning & Moszkowski 1991; Lackey
et al. 2006) and MS1 (Müller & Serot 1996) as stiff EOSs.7
To take into account the effects of shock heating, we add the
thermal pressure as a Γ-law ideal gas EOS. The ejecta masses
obtained with this approximation of thermal effects agree with
those obtained with tabulated finite-temperature EOSs within
errors of several tens of percent for NS–NS mergers (Bauswein
et al. 2013).

For NS–NS mergers, we choose the total gravitational mass
of the binary Mtot = 2.6 M!–2.8 M! and the mass ratio8

Q = 1.0–1.25. For BH–NS mergers, the gravitational mass of
the neutron star MNS is fixed to be 1.35 M! and the mass ratio
is chosen to be Q = 3–7. The nondimensional spin parameter
of the black hole χ is chosen as χ = 0.75. We also perform
the simulations for Q = 7 and χ = 0.5. These parameters,
ejecta masses Mej, and averaged ejecta velocities 〈vej〉/c of the
progenitor models are summarized in Table 1.

The morphologies of the ejecta for NS–NS and BH–NS
mergers are compared in Figure 1. This figure plots the profiles
of the density and velocity fields at 8.8 ms after the onset of
the merger. Note that the ejecta velocities are in the small range
between ∼0.1c and ∼0.3c irrespective of the progenitor model.
However, the ejecta mass and morphology depend sensitively
on the progenitor models. In Table 1, we summarize these
properties of the NS–NS and BH–NS ejecta.

NS–NS ejecta. As shown in Figure 1, the NS–NS ejecta have
a spheroidal shape, rather than a torus or a disk, irrespective of
Q and EOS as long as a hypermassive neutron star is formed
after the merger. The reason is as follows. The origin of the

7 In this Letter, “soft” and “stiff” EOSs mean those which reproduce the radii
R1.35 ! 12 km and R1.35 " 13.5 km, respectively. Here R1.35 is the radius of a
cold, spherical neutron star with the gravitational mass 1.35 M!. For all the
EOSs, the maximum masses of spherical neutron stars are larger than "2 M!.
8 The mass ratio is defined by Q = m1/m2 with m1 " m2, where m1 and m2
are the component masses of a binary.

Table 1
Parameters of the Progenitor Models and Their Ejecta Properties

EOS Type R1.35 Mtot/M! Q χ Mej/10−2 M! 〈vej〉/c
APR4 NS–NS 11.1 2.6–2.9 1.0–1.25 · · · 0.01–1.4 0.22–0.27
SLy NS–NS 11.4 2.6–2.8 1.0–1.25 · · · 0.8–2.0 0.20–0.26
ALF2 NS–NS 12.4 2.6–2.8 1.0–1.25 · · · 0.15–0.55 0.22–0.24
H4 NS–NS 13.6 2.6–2.8 1.0–1.25 · · · 0.03–0.40 0.18–0.26
MS1 NS–NS 14.4 2.6–2.8 1.0–1.25 · · · 0.06–0.35 0.18–0.20

APR4 BH–NS 11.1 5.4–10.8 3.0–7.0 0.75 0.05–1.0 0.23–0.27
ALF2 BH–NS 12.4 5.4–10.8 3.0–7.0 0.75 2.0–4.0 0.25–0.29
H4 BH–NS 13.6 5.4–10.8 3.0–7.0 0.75 4.0–5.0 0.24–0.29
MS1 BH–NS 14.4 5.4–10.8 3.0–7.0 0.75 6.5–8.0 0.25–0.30

APR4 BH–NS 11.1 10.8 7.0 0.5 #10−4 · · ·
ALF2 BH–NS 12.4 10.8 7.0 0.5 0.02 0.27
H4 BH–NS 13.6 10.8 7.0 0.5 0.3 0.29
MS1 BH–NS 14.4 10.8 7.0 0.5 1.7 0.30

ejecta for NS–NS mergers can be divided into two parts: the
contact interface of two neutron stars at the collision and the tidal
tails formed during an early stage of the merger. At the contact
interface, the kinetic energy of the approaching velocities of the
two stars is converted into thermal energy through shock heating.
The heated matter at the contact interface expands into the
low-density region. As a result, the shocked matter can escape
even toward the rotational axis and the ejecta shape becomes
spheroidal. By contrast, the tidal tail component is asymmetric
and the ejecta is distributed near the equatorial plane.

Numerical simulations of NS–NS mergers show that the total
amount of ejecta is in the range 10−4–10−2 M! depending on
Mtot, Q, and the EOS (see Figure 2). The more compact neutron
star models with soft EOSs produce a larger amount of ejecta,
because the impact velocities and subsequent shock heating
effects at merger are larger. More specifically, the amount of
ejecta is

10−4 ! Mej/M! ! 2 × 10−2 (soft EOSs),

10−4 ! Mej/M! ! 5 × 10−3 (stiff EOSs). (1)

Bauswein et al. (2013) show a similar dependence of the
ejecta masses on the EOSs and Mej ! 0.01 M! for stiff EOS
models. According to these results, it is worth noting that the
ejecta masses of the stiff EOS models are likely to be at most
0.01 M!.

The dependence of the ejecta mass on the total mass of
the binary is rather complicated as shown in Figure 2. The
ejecta mass increases basically with increasing Mtot as long
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Figure 3. Predicted light curves for NS–NS and BH–NS models. Left panel: NS–NS models. The dashed, solid, and dot-dashed curves show the H-band light curves
for the models: SLy (Q = 1.0,Mej = 0.02 M!), H4 (Q = 1.25,Mej = 4 × 10−3 M!), respectively. The total mass of the progenitor is fixed to be 2.7 M!. The upper,
middle, and lower curves for each model correspond to the high-, fiducial- and low-heating models. Right panel: BH–NS models. The dashed, solid, and dot-dashed
curves show the models MS1 (Mej = 0.07 M!), H4 (Mej = 0.05 M!), and APR4 (Mej = 0.01 M!), respectively. Here only the fiducial-heating models are shown.
The thin and thick lines denote the r and H-band light curves. Here we set (Q,χ ) = (3, 0.75). The observed data (filled circles), upper limits (triangles), and the light
curves (dashed lines) of the afterglow model of GRB 130603B in r and H-band are plotted (Tanvir et al. 2013; de Ugarte Postigo et al. 2013). The observed point
in the r-band at 1 days after the GRB is consistent with the afterglow model. The key observations for an electromagnetic transient are the observed H-band data at
7 days after the GRB, which exceed the H-band light curve of the afterglow model, and the upper limit in H-band at 22 days after the GRB. These data suggest the
existence of an electromagnetic transient associated with GRB 130603B.
(A color version of this figure is available in the online journal.)

(Q = 1.0, Mej = 0.02 M!) and H4 (Q = 1.25, Mej =
4 × 10−3 M!) for reference. Here the total mass of the progen-
itor is chosen to be Mtot = 2.7 M!. We plot three light curves
derived with the fiducial- (the middle curves), high- (the upper
curves), and low-heating models (the lower curves). We expect
that the realistic light curves may lie within the shaded regions.
For the NS–NS models, the computed r-band light curves are
fainter than 30 mag. The right panel of Figure 3 shows the light
curves of the BH–NS merger models, MS1 (Mej = 0.07 M!),
H4 (Mej = 0.05 M!), and APR4 (Mej = 0.01 M!) with
(Q,χ) = (3, 0.75). For these cases, we employ the fiducial-
heating model. Note that the r-band light curves of the BH–NS
models reach ∼27 mag, which implies that the light curves of
the BH–NS models are bluer than those of the NS–NS models.
This is because the energy from radioactive decay is deposited
into a small volume for the BH–NS models (see Tanaka et al.
2013 in details). As shown in Figure 6 of Kasen et al. (2013, see
also Figure 15 of Tanaka & Hotokezaka 2013), the opacity of
r-process elements depends strongly on the temperature, and
thus the time after the merger. The small bumps in the
H-band light curves of BH–NS models are caused by this time-
dependent opacity.

Uncertainties are expected to be associated with the difference
in the morphology between the models of the same progenitor
type but different masses and spins. Moreover, the light curves
may depend on the viewing angle. However, these uncertainties
are not large enough to significantly affect our results (see
Tanaka & Hotokezaka 2013; Tanaka et al. 2013 for details).

We now translate these results into the progenitor models as
Q, χ , and EOS.

NS–NS models. The NS–NS models for GRB 130603B should
have ejecta of mass !0.02 M!. This is consistent with that

derived by Berger et al. (2013). This value strongly constrains
the NS–NS models because the amount of ejecta is at most
∼0.02 M! for an NS–NS merger within the plausible mass range
of the observed NS–NS systems (Özel et al. 2012). Specifically,
as shown in Figure 2, such a large amount of ejecta can be
obtained only for the soft EOS models in which a hypermassive
neutron star with a lifetime of !10 ms is formed after the
merger. For the stiff EOS models, the amount of ejecta is at
most 4 × 10−3 M!. Thus we conclude that the ejecta of the
NS–NS models with soft EOSs (R1.35 " 12 km) are favored as
the progenitor of GRB 130603B.

BH–NS models. The observed data in the H-band is consistent
with the BH–NS models which produce the ejecta of ∼0.05 M!
in our fiducial-heating model. Such a large amount of ejecta can
only be obtained with the stiff EOSs (R1.35 ! 13.5 km) for the
case of χ = 0.75 and 3 # Q # 7 as shown in Figure 2. For
the soft EOS models, the total amount of ejecta reaches only
0.01 M! as long as χ # 0.75, which hardly reproduces the
observed near-infrared excess. Thus the models with stiff EOSs
are favored for the BH–NS merger models as the progenitor
model of GRB 130603B as long as the parameters satisfy
0.5 # χ # 0.75 and 3 # Q # 7. It is worth noting that
any BH–NS models with χ # 0.5 and Q $ 7 are unlikely to
reproduce the observed near-infrared excess.

5. DISCUSSION AND CONCLUSION

We explored possible progenitor models of the electromag-
netic transient associated with the Swift short GRB 130603B.
This electromagnetic transient may have been powered by the
radioactive decay of r-process elements, a so called kilonova/
macronova. We analyzed the dynamical ejecta of NS–NS and
BH–NS mergers for the progenitor models of this event. To

4

ガンマ線バースト 130603B

時間 [日]

等
級

観測値が、キロノバ理論が予想する時刻、明るさ、色と一致。



ガンマ線バーストとキロノバ

Radiative Transfer Simulations for NS Merger Ejecta 3

100

101

102

103

104

105

 0  5  10  15  20  25  30  35  40  45  50  55  60  65  70  75  80  85  90  95

N
um

be
r o

f l
in

es

Atomic number Z

Total
I
II
III
IV

103
104
105
106

So
la

r m
as

s 
fra

ct
io

n

Fig. 1.— (Upper) Solar abundance r-process abundance raio in mass fraction (Simmerer et al. 2004). The abundance is normalized with
X(Ge) = 106. (Lower) The number of bound-bound transition data for different elements. Different colors show different ionization states,
from neutral (I) to triply ionized (IV) ions. The atomic data at Z ≤ 30 are taken from Kurucz & Bell (1995) while the data at Z ≥ 31 are
compiled using the VALD database (Piskunov et al. 1995; Ryabchikova et al. 1997; Kupka et al. 1999, 2000). It is shown that there is no
data for triply ionized ions (IV, purple) at Z ≥ 31.

For the case of SNe, each packet is created as a γ-ray
packet. According to the total energy release by 56Ni
decay (ENi) and 56Co decay (ECo), each packet is des-
ignated as that from 56Ni or 56Co; a fraction ENi/Erad

is a 56Ni packet while ECo/Erad is a 56Co packet. If
a packet is a 56Ni packet, the decay time is assigned by
tactive = −tNi ln z, where tNi is the lifetime of 56Ni. Here-
after, z is a random number from 0 to 1. Similarly, if a
packet is a 56Co packet, tactive = −tNi ln z1 − tCo ln z2,
where tCo is the lifetime of 56Co (z1, and z2 are indepen-
dent random numbers from 0 to 1). These γ-ray packets
are activated once the computation reaches at t > tactive.
An isotropic direction in comoving frame is also assigned
for each packet.
For the heating by many r-process radioactive nu-

clei in the NS merger ejecta, Metzger et al. (2010)
showed the total radioactive power follows t−1.2 (see also
Korobkin et al. 2012). Thus, a time of activation of each
packet is assigned as tactive = t0,decayz−5, so that it re-
produces the energy release following t−1.2. Here t0,decay
is the beginning of the radioactive energy release. In this
paper, we set t0,decay = 10−4 days, which is sufficiently
earlier than the initial time of the simulations. When
the computation reaches to t > tactive, UVOIR packets
are created (instead of γ-ray packet for the case of SNe,
see Section 3). Similar to the case of SNe, an isotropic
direction in comoving frame is assigned. For the UVOIR
packets, the initial co-moving wavelength is assigned by
sampling emissivity jλ (Section 2.6).
Both for the cases of SNe and NS mergers, when the

time of the activation of a packet is earlier than the initial
time of the simulation (tactive < t0, where t0 is the initial
time of the simulation), the packet is created as a UVOIR
packet at t = t0. To take into account the energy loss
by adiabatic expansion, the comoving-frame energy ε is
reduced to ε = ε0(tactive/t0) (Lucy 2005).
Note that the current code does not take into account

the heating by the shock wave (see e.g., Kasen et al.
2006). Thus, the code cannot be applied for Type IIP
SNe, where the shock heating is a dominant source of

radiation at the plateau phase (up to ∼ 100 days).

2.4. γ-ray transfer

For the case of SNe, γ-ray transfer is computed. We
adopt the gray approximation with a mass absorption
coefficient of κγ = 0.027 cm2 g−1, which is known to
reproduce the results of multi-energy transport and the
observed light curves of Type Ia SNe (Colgate et al. 1980;
Sutherland & Wheeler 1984; Maeda 2006). This is also
confirmed by our test calculations (Appendix A). Once a
γ-ray packet is absorbed, it is immediately converted to
a UVOIR packet. For the case of NS mergers, the effect
of γ-ray transport is taken into account by introducing a
thermalization factor, and γ-ray transfer is not directly
computed (see Section 3).

2.5. UVOIR transfer

Transfer of UVOIR packets is computed considering a
wavelength-dependent opacity. As opacity sources, we
consider the electron scattering, and free-free, bound-
free, and bound-bound transitions. The wavelength-
dependent opacity is evaluated in each cell after the tem-
perature estimate in each time step. The bound-bound
transition is the dominant source of opacity both for
Type Ia SNe and NS mergers.
Electron scattering: By solving the Saha equa-

tions, the number density of free electrons (ne) is com-
puted in each cell. The absorption coefficient of electron
scattering is evaluated as αes = neσTh, where σTh is the
cross section of electron scattering (or Thomson scatter-
ing).
Free-free transition: Free-free absorption coeffi-

cient for an ion (i-th element and j-th ionization stage) is
computed as in Rybicki & Lightman (1979), using com-
mon convention;

αff
i,j(λ)=

4e6

3mehc

(

2π

3kme

)1/2

T−1/2(j − 1)2

neni,jν
−3(1− e−hν/kT )ḡff , (1)
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Figure 1. Rest-mass density profiles on the meridional plane for the NS–NS (SLy, Mtot = 2.7M!,Q = 1.0) (left) and BH–NS (H4, Q = 3, χ = 0.75) (right) models
at 8.8 ms after the onset of the merger. The red arrows show the velocity profiles of the ejecta.
(A color version of this figure is available in the online journal.)

simulation using SACRA code (Yamamoto et al. 2008). We
follow the dynamical ejecta with the numerical-relativity simu-
lation until the head of the ejecta reaches "1000 km (see Ho-
tokezaka et al. 2013 and Kyutoku et al. 2013 for details). After
that, the density and velocity structures of the ejecta are mod-
eled assuming homologous expansion (Rosswog et al. 2013a).
For the simulations, we employ a piecewise polytropic EOS with
which the cold EOSs of neutron-star matter are well fitted (Read
et al. 2009). For systematic studies of the dependence of mass
ejection on the cold EOSs of neutron-star matter, we consider
five cold EOSs: APR4 (Akmal et al. 1998) and SLy (Douchin &
Haensel 2001) as soft EOSs, ALF2 (Alford et al. 2005) as a mod-
erate EOS, and H4 (Glendenning & Moszkowski 1991; Lackey
et al. 2006) and MS1 (Müller & Serot 1996) as stiff EOSs.7
To take into account the effects of shock heating, we add the
thermal pressure as a Γ-law ideal gas EOS. The ejecta masses
obtained with this approximation of thermal effects agree with
those obtained with tabulated finite-temperature EOSs within
errors of several tens of percent for NS–NS mergers (Bauswein
et al. 2013).

For NS–NS mergers, we choose the total gravitational mass
of the binary Mtot = 2.6 M!–2.8 M! and the mass ratio8

Q = 1.0–1.25. For BH–NS mergers, the gravitational mass of
the neutron star MNS is fixed to be 1.35 M! and the mass ratio
is chosen to be Q = 3–7. The nondimensional spin parameter
of the black hole χ is chosen as χ = 0.75. We also perform
the simulations for Q = 7 and χ = 0.5. These parameters,
ejecta masses Mej, and averaged ejecta velocities 〈vej〉/c of the
progenitor models are summarized in Table 1.

The morphologies of the ejecta for NS–NS and BH–NS
mergers are compared in Figure 1. This figure plots the profiles
of the density and velocity fields at 8.8 ms after the onset of
the merger. Note that the ejecta velocities are in the small range
between ∼0.1c and ∼0.3c irrespective of the progenitor model.
However, the ejecta mass and morphology depend sensitively
on the progenitor models. In Table 1, we summarize these
properties of the NS–NS and BH–NS ejecta.

NS–NS ejecta. As shown in Figure 1, the NS–NS ejecta have
a spheroidal shape, rather than a torus or a disk, irrespective of
Q and EOS as long as a hypermassive neutron star is formed
after the merger. The reason is as follows. The origin of the

7 In this Letter, “soft” and “stiff” EOSs mean those which reproduce the radii
R1.35 ! 12 km and R1.35 " 13.5 km, respectively. Here R1.35 is the radius of a
cold, spherical neutron star with the gravitational mass 1.35 M!. For all the
EOSs, the maximum masses of spherical neutron stars are larger than "2 M!.
8 The mass ratio is defined by Q = m1/m2 with m1 " m2, where m1 and m2
are the component masses of a binary.

Table 1
Parameters of the Progenitor Models and Their Ejecta Properties

EOS Type R1.35 Mtot/M! Q χ Mej/10−2 M! 〈vej〉/c
APR4 NS–NS 11.1 2.6–2.9 1.0–1.25 · · · 0.01–1.4 0.22–0.27
SLy NS–NS 11.4 2.6–2.8 1.0–1.25 · · · 0.8–2.0 0.20–0.26
ALF2 NS–NS 12.4 2.6–2.8 1.0–1.25 · · · 0.15–0.55 0.22–0.24
H4 NS–NS 13.6 2.6–2.8 1.0–1.25 · · · 0.03–0.40 0.18–0.26
MS1 NS–NS 14.4 2.6–2.8 1.0–1.25 · · · 0.06–0.35 0.18–0.20

APR4 BH–NS 11.1 5.4–10.8 3.0–7.0 0.75 0.05–1.0 0.23–0.27
ALF2 BH–NS 12.4 5.4–10.8 3.0–7.0 0.75 2.0–4.0 0.25–0.29
H4 BH–NS 13.6 5.4–10.8 3.0–7.0 0.75 4.0–5.0 0.24–0.29
MS1 BH–NS 14.4 5.4–10.8 3.0–7.0 0.75 6.5–8.0 0.25–0.30

APR4 BH–NS 11.1 10.8 7.0 0.5 #10−4 · · ·
ALF2 BH–NS 12.4 10.8 7.0 0.5 0.02 0.27
H4 BH–NS 13.6 10.8 7.0 0.5 0.3 0.29
MS1 BH–NS 14.4 10.8 7.0 0.5 1.7 0.30

ejecta for NS–NS mergers can be divided into two parts: the
contact interface of two neutron stars at the collision and the tidal
tails formed during an early stage of the merger. At the contact
interface, the kinetic energy of the approaching velocities of the
two stars is converted into thermal energy through shock heating.
The heated matter at the contact interface expands into the
low-density region. As a result, the shocked matter can escape
even toward the rotational axis and the ejecta shape becomes
spheroidal. By contrast, the tidal tail component is asymmetric
and the ejecta is distributed near the equatorial plane.

Numerical simulations of NS–NS mergers show that the total
amount of ejecta is in the range 10−4–10−2 M! depending on
Mtot, Q, and the EOS (see Figure 2). The more compact neutron
star models with soft EOSs produce a larger amount of ejecta,
because the impact velocities and subsequent shock heating
effects at merger are larger. More specifically, the amount of
ejecta is

10−4 ! Mej/M! ! 2 × 10−2 (soft EOSs),

10−4 ! Mej/M! ! 5 × 10−3 (stiff EOSs). (1)

Bauswein et al. (2013) show a similar dependence of the
ejecta masses on the EOSs and Mej ! 0.01 M! for stiff EOS
models. According to these results, it is worth noting that the
ejecta masses of the stiff EOS models are likely to be at most
0.01 M!.

The dependence of the ejecta mass on the total mass of
the binary is rather complicated as shown in Figure 2. The
ejecta mass increases basically with increasing Mtot as long

2
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Figure 3. Predicted light curves for NS–NS and BH–NS models. Left panel: NS–NS models. The dashed, solid, and dot-dashed curves show the H-band light curves
for the models: SLy (Q = 1.0,Mej = 0.02 M!), H4 (Q = 1.25,Mej = 4 × 10−3 M!), respectively. The total mass of the progenitor is fixed to be 2.7 M!. The upper,
middle, and lower curves for each model correspond to the high-, fiducial- and low-heating models. Right panel: BH–NS models. The dashed, solid, and dot-dashed
curves show the models MS1 (Mej = 0.07 M!), H4 (Mej = 0.05 M!), and APR4 (Mej = 0.01 M!), respectively. Here only the fiducial-heating models are shown.
The thin and thick lines denote the r and H-band light curves. Here we set (Q,χ ) = (3, 0.75). The observed data (filled circles), upper limits (triangles), and the light
curves (dashed lines) of the afterglow model of GRB 130603B in r and H-band are plotted (Tanvir et al. 2013; de Ugarte Postigo et al. 2013). The observed point
in the r-band at 1 days after the GRB is consistent with the afterglow model. The key observations for an electromagnetic transient are the observed H-band data at
7 days after the GRB, which exceed the H-band light curve of the afterglow model, and the upper limit in H-band at 22 days after the GRB. These data suggest the
existence of an electromagnetic transient associated with GRB 130603B.
(A color version of this figure is available in the online journal.)

(Q = 1.0, Mej = 0.02 M!) and H4 (Q = 1.25, Mej =
4 × 10−3 M!) for reference. Here the total mass of the progen-
itor is chosen to be Mtot = 2.7 M!. We plot three light curves
derived with the fiducial- (the middle curves), high- (the upper
curves), and low-heating models (the lower curves). We expect
that the realistic light curves may lie within the shaded regions.
For the NS–NS models, the computed r-band light curves are
fainter than 30 mag. The right panel of Figure 3 shows the light
curves of the BH–NS merger models, MS1 (Mej = 0.07 M!),
H4 (Mej = 0.05 M!), and APR4 (Mej = 0.01 M!) with
(Q,χ) = (3, 0.75). For these cases, we employ the fiducial-
heating model. Note that the r-band light curves of the BH–NS
models reach ∼27 mag, which implies that the light curves of
the BH–NS models are bluer than those of the NS–NS models.
This is because the energy from radioactive decay is deposited
into a small volume for the BH–NS models (see Tanaka et al.
2013 in details). As shown in Figure 6 of Kasen et al. (2013, see
also Figure 15 of Tanaka & Hotokezaka 2013), the opacity of
r-process elements depends strongly on the temperature, and
thus the time after the merger. The small bumps in the
H-band light curves of BH–NS models are caused by this time-
dependent opacity.

Uncertainties are expected to be associated with the difference
in the morphology between the models of the same progenitor
type but different masses and spins. Moreover, the light curves
may depend on the viewing angle. However, these uncertainties
are not large enough to significantly affect our results (see
Tanaka & Hotokezaka 2013; Tanaka et al. 2013 for details).

We now translate these results into the progenitor models as
Q, χ , and EOS.

NS–NS models. The NS–NS models for GRB 130603B should
have ejecta of mass !0.02 M!. This is consistent with that

derived by Berger et al. (2013). This value strongly constrains
the NS–NS models because the amount of ejecta is at most
∼0.02 M! for an NS–NS merger within the plausible mass range
of the observed NS–NS systems (Özel et al. 2012). Specifically,
as shown in Figure 2, such a large amount of ejecta can be
obtained only for the soft EOS models in which a hypermassive
neutron star with a lifetime of !10 ms is formed after the
merger. For the stiff EOS models, the amount of ejecta is at
most 4 × 10−3 M!. Thus we conclude that the ejecta of the
NS–NS models with soft EOSs (R1.35 " 12 km) are favored as
the progenitor of GRB 130603B.

BH–NS models. The observed data in the H-band is consistent
with the BH–NS models which produce the ejecta of ∼0.05 M!
in our fiducial-heating model. Such a large amount of ejecta can
only be obtained with the stiff EOSs (R1.35 ! 13.5 km) for the
case of χ = 0.75 and 3 # Q # 7 as shown in Figure 2. For
the soft EOS models, the total amount of ejecta reaches only
0.01 M! as long as χ # 0.75, which hardly reproduces the
observed near-infrared excess. Thus the models with stiff EOSs
are favored for the BH–NS merger models as the progenitor
model of GRB 130603B as long as the parameters satisfy
0.5 # χ # 0.75 and 3 # Q # 7. It is worth noting that
any BH–NS models with χ # 0.5 and Q $ 7 are unlikely to
reproduce the observed near-infrared excess.

5. DISCUSSION AND CONCLUSION

We explored possible progenitor models of the electromag-
netic transient associated with the Swift short GRB 130603B.
This electromagnetic transient may have been powered by the
radioactive decay of r-process elements, a so called kilonova/
macronova. We analyzed the dynamical ejecta of NS–NS and
BH–NS mergers for the progenitor models of this event. To
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Fig. 1.— (Upper) Solar abundance r-process abundance raio in mass fraction (Simmerer et al. 2004). The abundance is normalized with
X(Ge) = 106. (Lower) The number of bound-bound transition data for different elements. Different colors show different ionization states,
from neutral (I) to triply ionized (IV) ions. The atomic data at Z ≤ 30 are taken from Kurucz & Bell (1995) while the data at Z ≥ 31 are
compiled using the VALD database (Piskunov et al. 1995; Ryabchikova et al. 1997; Kupka et al. 1999, 2000). It is shown that there is no
data for triply ionized ions (IV, purple) at Z ≥ 31.

For the case of SNe, each packet is created as a γ-ray
packet. According to the total energy release by 56Ni
decay (ENi) and 56Co decay (ECo), each packet is des-
ignated as that from 56Ni or 56Co; a fraction ENi/Erad

is a 56Ni packet while ECo/Erad is a 56Co packet. If
a packet is a 56Ni packet, the decay time is assigned by
tactive = −tNi ln z, where tNi is the lifetime of 56Ni. Here-
after, z is a random number from 0 to 1. Similarly, if a
packet is a 56Co packet, tactive = −tNi ln z1 − tCo ln z2,
where tCo is the lifetime of 56Co (z1, and z2 are indepen-
dent random numbers from 0 to 1). These γ-ray packets
are activated once the computation reaches at t > tactive.
An isotropic direction in comoving frame is also assigned
for each packet.
For the heating by many r-process radioactive nu-

clei in the NS merger ejecta, Metzger et al. (2010)
showed the total radioactive power follows t−1.2 (see also
Korobkin et al. 2012). Thus, a time of activation of each
packet is assigned as tactive = t0,decayz−5, so that it re-
produces the energy release following t−1.2. Here t0,decay
is the beginning of the radioactive energy release. In this
paper, we set t0,decay = 10−4 days, which is sufficiently
earlier than the initial time of the simulations. When
the computation reaches to t > tactive, UVOIR packets
are created (instead of γ-ray packet for the case of SNe,
see Section 3). Similar to the case of SNe, an isotropic
direction in comoving frame is assigned. For the UVOIR
packets, the initial co-moving wavelength is assigned by
sampling emissivity jλ (Section 2.6).
Both for the cases of SNe and NS mergers, when the

time of the activation of a packet is earlier than the initial
time of the simulation (tactive < t0, where t0 is the initial
time of the simulation), the packet is created as a UVOIR
packet at t = t0. To take into account the energy loss
by adiabatic expansion, the comoving-frame energy ε is
reduced to ε = ε0(tactive/t0) (Lucy 2005).
Note that the current code does not take into account

the heating by the shock wave (see e.g., Kasen et al.
2006). Thus, the code cannot be applied for Type IIP
SNe, where the shock heating is a dominant source of

radiation at the plateau phase (up to ∼ 100 days).

2.4. γ-ray transfer

For the case of SNe, γ-ray transfer is computed. We
adopt the gray approximation with a mass absorption
coefficient of κγ = 0.027 cm2 g−1, which is known to
reproduce the results of multi-energy transport and the
observed light curves of Type Ia SNe (Colgate et al. 1980;
Sutherland & Wheeler 1984; Maeda 2006). This is also
confirmed by our test calculations (Appendix A). Once a
γ-ray packet is absorbed, it is immediately converted to
a UVOIR packet. For the case of NS mergers, the effect
of γ-ray transport is taken into account by introducing a
thermalization factor, and γ-ray transfer is not directly
computed (see Section 3).

2.5. UVOIR transfer

Transfer of UVOIR packets is computed considering a
wavelength-dependent opacity. As opacity sources, we
consider the electron scattering, and free-free, bound-
free, and bound-bound transitions. The wavelength-
dependent opacity is evaluated in each cell after the tem-
perature estimate in each time step. The bound-bound
transition is the dominant source of opacity both for
Type Ia SNe and NS mergers.
Electron scattering: By solving the Saha equa-

tions, the number density of free electrons (ne) is com-
puted in each cell. The absorption coefficient of electron
scattering is evaluated as αes = neσTh, where σTh is the
cross section of electron scattering (or Thomson scatter-
ing).
Free-free transition: Free-free absorption coeffi-

cient for an ion (i-th element and j-th ionization stage) is
computed as in Rybicki & Lightman (1979), using com-
mon convention;

αff
i,j(λ)=

4e6

3mehc

(

2π

3kme

)1/2

T−1/2(j − 1)2

neni,jν
−3(1− e−hν/kT )ḡff , (1)
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Figure 1. Rest-mass density profiles on the meridional plane for the NS–NS (SLy, Mtot = 2.7M!,Q = 1.0) (left) and BH–NS (H4, Q = 3, χ = 0.75) (right) models
at 8.8 ms after the onset of the merger. The red arrows show the velocity profiles of the ejecta.
(A color version of this figure is available in the online journal.)

simulation using SACRA code (Yamamoto et al. 2008). We
follow the dynamical ejecta with the numerical-relativity simu-
lation until the head of the ejecta reaches "1000 km (see Ho-
tokezaka et al. 2013 and Kyutoku et al. 2013 for details). After
that, the density and velocity structures of the ejecta are mod-
eled assuming homologous expansion (Rosswog et al. 2013a).
For the simulations, we employ a piecewise polytropic EOS with
which the cold EOSs of neutron-star matter are well fitted (Read
et al. 2009). For systematic studies of the dependence of mass
ejection on the cold EOSs of neutron-star matter, we consider
five cold EOSs: APR4 (Akmal et al. 1998) and SLy (Douchin &
Haensel 2001) as soft EOSs, ALF2 (Alford et al. 2005) as a mod-
erate EOS, and H4 (Glendenning & Moszkowski 1991; Lackey
et al. 2006) and MS1 (Müller & Serot 1996) as stiff EOSs.7
To take into account the effects of shock heating, we add the
thermal pressure as a Γ-law ideal gas EOS. The ejecta masses
obtained with this approximation of thermal effects agree with
those obtained with tabulated finite-temperature EOSs within
errors of several tens of percent for NS–NS mergers (Bauswein
et al. 2013).

For NS–NS mergers, we choose the total gravitational mass
of the binary Mtot = 2.6 M!–2.8 M! and the mass ratio8

Q = 1.0–1.25. For BH–NS mergers, the gravitational mass of
the neutron star MNS is fixed to be 1.35 M! and the mass ratio
is chosen to be Q = 3–7. The nondimensional spin parameter
of the black hole χ is chosen as χ = 0.75. We also perform
the simulations for Q = 7 and χ = 0.5. These parameters,
ejecta masses Mej, and averaged ejecta velocities 〈vej〉/c of the
progenitor models are summarized in Table 1.

The morphologies of the ejecta for NS–NS and BH–NS
mergers are compared in Figure 1. This figure plots the profiles
of the density and velocity fields at 8.8 ms after the onset of
the merger. Note that the ejecta velocities are in the small range
between ∼0.1c and ∼0.3c irrespective of the progenitor model.
However, the ejecta mass and morphology depend sensitively
on the progenitor models. In Table 1, we summarize these
properties of the NS–NS and BH–NS ejecta.

NS–NS ejecta. As shown in Figure 1, the NS–NS ejecta have
a spheroidal shape, rather than a torus or a disk, irrespective of
Q and EOS as long as a hypermassive neutron star is formed
after the merger. The reason is as follows. The origin of the

7 In this Letter, “soft” and “stiff” EOSs mean those which reproduce the radii
R1.35 ! 12 km and R1.35 " 13.5 km, respectively. Here R1.35 is the radius of a
cold, spherical neutron star with the gravitational mass 1.35 M!. For all the
EOSs, the maximum masses of spherical neutron stars are larger than "2 M!.
8 The mass ratio is defined by Q = m1/m2 with m1 " m2, where m1 and m2
are the component masses of a binary.

Table 1
Parameters of the Progenitor Models and Their Ejecta Properties

EOS Type R1.35 Mtot/M! Q χ Mej/10−2 M! 〈vej〉/c
APR4 NS–NS 11.1 2.6–2.9 1.0–1.25 · · · 0.01–1.4 0.22–0.27
SLy NS–NS 11.4 2.6–2.8 1.0–1.25 · · · 0.8–2.0 0.20–0.26
ALF2 NS–NS 12.4 2.6–2.8 1.0–1.25 · · · 0.15–0.55 0.22–0.24
H4 NS–NS 13.6 2.6–2.8 1.0–1.25 · · · 0.03–0.40 0.18–0.26
MS1 NS–NS 14.4 2.6–2.8 1.0–1.25 · · · 0.06–0.35 0.18–0.20

APR4 BH–NS 11.1 5.4–10.8 3.0–7.0 0.75 0.05–1.0 0.23–0.27
ALF2 BH–NS 12.4 5.4–10.8 3.0–7.0 0.75 2.0–4.0 0.25–0.29
H4 BH–NS 13.6 5.4–10.8 3.0–7.0 0.75 4.0–5.0 0.24–0.29
MS1 BH–NS 14.4 5.4–10.8 3.0–7.0 0.75 6.5–8.0 0.25–0.30

APR4 BH–NS 11.1 10.8 7.0 0.5 #10−4 · · ·
ALF2 BH–NS 12.4 10.8 7.0 0.5 0.02 0.27
H4 BH–NS 13.6 10.8 7.0 0.5 0.3 0.29
MS1 BH–NS 14.4 10.8 7.0 0.5 1.7 0.30

ejecta for NS–NS mergers can be divided into two parts: the
contact interface of two neutron stars at the collision and the tidal
tails formed during an early stage of the merger. At the contact
interface, the kinetic energy of the approaching velocities of the
two stars is converted into thermal energy through shock heating.
The heated matter at the contact interface expands into the
low-density region. As a result, the shocked matter can escape
even toward the rotational axis and the ejecta shape becomes
spheroidal. By contrast, the tidal tail component is asymmetric
and the ejecta is distributed near the equatorial plane.

Numerical simulations of NS–NS mergers show that the total
amount of ejecta is in the range 10−4–10−2 M! depending on
Mtot, Q, and the EOS (see Figure 2). The more compact neutron
star models with soft EOSs produce a larger amount of ejecta,
because the impact velocities and subsequent shock heating
effects at merger are larger. More specifically, the amount of
ejecta is

10−4 ! Mej/M! ! 2 × 10−2 (soft EOSs),

10−4 ! Mej/M! ! 5 × 10−3 (stiff EOSs). (1)

Bauswein et al. (2013) show a similar dependence of the
ejecta masses on the EOSs and Mej ! 0.01 M! for stiff EOS
models. According to these results, it is worth noting that the
ejecta masses of the stiff EOS models are likely to be at most
0.01 M!.

The dependence of the ejecta mass on the total mass of
the binary is rather complicated as shown in Figure 2. The
ejecta mass increases basically with increasing Mtot as long
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Figure 3. Predicted light curves for NS–NS and BH–NS models. Left panel: NS–NS models. The dashed, solid, and dot-dashed curves show the H-band light curves
for the models: SLy (Q = 1.0,Mej = 0.02 M!), H4 (Q = 1.25,Mej = 4 × 10−3 M!), respectively. The total mass of the progenitor is fixed to be 2.7 M!. The upper,
middle, and lower curves for each model correspond to the high-, fiducial- and low-heating models. Right panel: BH–NS models. The dashed, solid, and dot-dashed
curves show the models MS1 (Mej = 0.07 M!), H4 (Mej = 0.05 M!), and APR4 (Mej = 0.01 M!), respectively. Here only the fiducial-heating models are shown.
The thin and thick lines denote the r and H-band light curves. Here we set (Q,χ ) = (3, 0.75). The observed data (filled circles), upper limits (triangles), and the light
curves (dashed lines) of the afterglow model of GRB 130603B in r and H-band are plotted (Tanvir et al. 2013; de Ugarte Postigo et al. 2013). The observed point
in the r-band at 1 days after the GRB is consistent with the afterglow model. The key observations for an electromagnetic transient are the observed H-band data at
7 days after the GRB, which exceed the H-band light curve of the afterglow model, and the upper limit in H-band at 22 days after the GRB. These data suggest the
existence of an electromagnetic transient associated with GRB 130603B.
(A color version of this figure is available in the online journal.)

(Q = 1.0, Mej = 0.02 M!) and H4 (Q = 1.25, Mej =
4 × 10−3 M!) for reference. Here the total mass of the progen-
itor is chosen to be Mtot = 2.7 M!. We plot three light curves
derived with the fiducial- (the middle curves), high- (the upper
curves), and low-heating models (the lower curves). We expect
that the realistic light curves may lie within the shaded regions.
For the NS–NS models, the computed r-band light curves are
fainter than 30 mag. The right panel of Figure 3 shows the light
curves of the BH–NS merger models, MS1 (Mej = 0.07 M!),
H4 (Mej = 0.05 M!), and APR4 (Mej = 0.01 M!) with
(Q,χ) = (3, 0.75). For these cases, we employ the fiducial-
heating model. Note that the r-band light curves of the BH–NS
models reach ∼27 mag, which implies that the light curves of
the BH–NS models are bluer than those of the NS–NS models.
This is because the energy from radioactive decay is deposited
into a small volume for the BH–NS models (see Tanaka et al.
2013 in details). As shown in Figure 6 of Kasen et al. (2013, see
also Figure 15 of Tanaka & Hotokezaka 2013), the opacity of
r-process elements depends strongly on the temperature, and
thus the time after the merger. The small bumps in the
H-band light curves of BH–NS models are caused by this time-
dependent opacity.

Uncertainties are expected to be associated with the difference
in the morphology between the models of the same progenitor
type but different masses and spins. Moreover, the light curves
may depend on the viewing angle. However, these uncertainties
are not large enough to significantly affect our results (see
Tanaka & Hotokezaka 2013; Tanaka et al. 2013 for details).

We now translate these results into the progenitor models as
Q, χ , and EOS.

NS–NS models. The NS–NS models for GRB 130603B should
have ejecta of mass !0.02 M!. This is consistent with that

derived by Berger et al. (2013). This value strongly constrains
the NS–NS models because the amount of ejecta is at most
∼0.02 M! for an NS–NS merger within the plausible mass range
of the observed NS–NS systems (Özel et al. 2012). Specifically,
as shown in Figure 2, such a large amount of ejecta can be
obtained only for the soft EOS models in which a hypermassive
neutron star with a lifetime of !10 ms is formed after the
merger. For the stiff EOS models, the amount of ejecta is at
most 4 × 10−3 M!. Thus we conclude that the ejecta of the
NS–NS models with soft EOSs (R1.35 " 12 km) are favored as
the progenitor of GRB 130603B.

BH–NS models. The observed data in the H-band is consistent
with the BH–NS models which produce the ejecta of ∼0.05 M!
in our fiducial-heating model. Such a large amount of ejecta can
only be obtained with the stiff EOSs (R1.35 ! 13.5 km) for the
case of χ = 0.75 and 3 # Q # 7 as shown in Figure 2. For
the soft EOS models, the total amount of ejecta reaches only
0.01 M! as long as χ # 0.75, which hardly reproduces the
observed near-infrared excess. Thus the models with stiff EOSs
are favored for the BH–NS merger models as the progenitor
model of GRB 130603B as long as the parameters satisfy
0.5 # χ # 0.75 and 3 # Q # 7. It is worth noting that
any BH–NS models with χ # 0.5 and Q $ 7 are unlikely to
reproduce the observed near-infrared excess.

5. DISCUSSION AND CONCLUSION

We explored possible progenitor models of the electromag-
netic transient associated with the Swift short GRB 130603B.
This electromagnetic transient may have been powered by the
radioactive decay of r-process elements, a so called kilonova/
macronova. We analyzed the dynamical ejecta of NS–NS and
BH–NS mergers for the progenitor models of this event. To
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Sr lines in the kilonova spectrum
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Å
�

1
]+

o�
se

t

o�sets
1.5 days

blueshift

2.5 days

3.5 days

4.5 days

Sr ii Sr ii
Blackbody + Sr ii

Blackbody

-3
3 1.5 days

-3
3

R
es

id
ua

l
F

�
[1

0�
17

er
g

s�
1

cm
�

2
Å
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Figure 4 | Spectral series of AT2017gfo 1.5–4.5 days after the merger. Data
are shown in grey and have been smoothed slightly. A model (solid red lines)
consisting of a blackbody (blue dotted lines) with P Cygni profiles (red transparent
fill) for the Sr lines is shown. The rest (black) and observed (blue) positions of the
model’s Sr lines are shown, with the blueshift indicated by arrows. Green dotted
lines show the Gaussian emission profiles added to ensure the overall continuum
is not biased. A vertical offset has been applied to each spectrum for clarity, with
zero flux indicated by the dashed horizontal line segment. Bottom panels show the
residuals between model and data.

from Sr is also 1,050 nm. This adds to our confidence in the line iden-
tification based on the simple thermal r-process absorption model.

We further confirm our results using TARDIS, extending the code’s
atomic database to include elements up to 92U with the latest Ku-
rucz linelists24 with its 2.31 million lines. Our TARDIS models pro-
duce results very similar to our static-code models, reproducing the
spectra well (Extended Data Fig. 6). In particular, the P Cygni emis-
sion/absorption structure is well-reproduced as expected, confirming
our LTE and MOOG modelling, and showing Sr dominating the fea-
tures around 1µm.

From the detection of Sr, it is clearly important to consider lighter
r-process elements in addition to the lanthanide elements in shaping
the kilonova emission spectrum. Observations of abundances in stars
in dwarf galaxies6 suggest that large amounts of Sr are produced to-
gether with Ba (Z=56) in infrequent events, implying the existence of a
site that produces both light and heavy r-process elements together in
quantity, as found in some models25, 26. This is consistent with our spec-
tral analysis of AT2017gfo and analyses of its lightcurve27, 28. Together
with the differences observed in the relative abundances of r-process
Ba and Sr in stellar spectra29, this suggests that the relative efficiencies
of light and heavy r-process production could vary substantially from
merger to merger.

Extreme-density stars composed of neutrons were proposed shortly
after the discovery of the neutron13, and identified with pulsars three

decades later30. However, no spectroscopic confirmation of the com-
position of neutron stars has ever been made. The identification here of
an element that could only have been synthesised so quickly under an
extreme neutron flux, provides the first direct spectroscopic evidence
that neutron stars comprise neutron-rich matter.
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X-shooter spectra are explained by  
blackbody + Sr II lines.
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Fig. 7.— Bolometric light curves for realistic models (Table 1).
The expected emission of models with a soft EOS APR4 (red) is
brighter than that with a stiff EOS H4 (blue). For the soft EOS
APR4, the light curve does not depend on the mass ratio, while for
a stiff EOS H4, a higher mass ratio (1.2M! + 1.5M!, solid line)
results in a large ejecta mass, and thus, brighter emission than a
lower mass ratio (1.3M! + 1.4M!, dashed line).

fiducial model NSM-all (black) is similar to that of model
APR4-1215 and APR4-1314 because these models have
a similar mass and a characteristic velocity (Table 1).
For the soft EOS APR4, the brightness does not de-

pend strongly on the mass ratio of the binary NSs (red
solid and dashed lines in Figure 7). This is because for
a soft EOS, such as APR4, the mass ejection by shock
heating is efficient. By contrast, for the stiff EOS H4, the
mass ejection occurs primarily by tidal effects (the effect
of shock heating is weak, Hotokezaka et al. 2013). Thus,
the mass ejection is more efficient for a higher mass ra-
tio. As a result, model H4-1215 (mass ratio of 1.25) is
brighter than model H4-1314 (mass ratio of 1.08).
These results open a new window to study the nature

of the NS merger and EOSs. By adding the information

of EM radiation to the analysis of GW signals, we may be
able to pin down the masses of two NSs and/or stiffness
of the EOSs more accurately. Note that, in the current
simulations, the heating rate per mass is fixed. To fully
understand the connection between the initial condition
of the NS merger and expected emission, detailed nucle-
osynthesis calculations are necessary.

6. IMPLICATIONS FOR OBSERVATIONS

6.1. Follow-up Observations of EM Counterparts

In this section, we discuss the detectability of UVOIR
emission from NS merger ejecta. Figure 8 shows expected
observed light curves for a NS merger event at 200 Mpc.
Model NSM-all (black) and 4 realistic models (red and
blue) are shown. Note that all the magnitudes in Figure
8 are given in AB magnitude for the ease of comparison
with different survey projects. Horizontal lines show 5σ
limiting magnitudes for different sizes of telescopes with
10 min exposure time.
After the detection of GW signal, EM follow up ob-

servations should discover a new transient object from
a ∼ 10-100 deg2 area. Thus, the use of wide-field tele-
scope/camera is a natural choice (e.g., Nissanke et al.
2013). For optical wavelengths, there are several projects
using 1 m-class telescopes that can cover ∼

> 4 deg2 area,
such as Palomar transient factory (PTF, Law et al. 2009;
Rau et al. 2009), La Silla-QUEST Variability Survey
(Hadjiyska et al. 2012), and Catalina Real-Time Tran-
sient Survey (Drake et al. 2009). In Figure 8, we show
the limiting magnitudes deduced from Law et al. (2009).
Because of the red color, the detection in blue wave-
lengths (ug bands) seems difficult. Even for the bright
cases, deep observations with > 10 min exposure in red
wavelengths (i or z bands) are needed. The faint models
are far below the limit of 1m-class telescopes.
For larger optical telescopes, the field of view tends to

be smaller. Among 4m-class telescopes, Canada-France-
Hawaii Telescope (CFHT)/Megacam and the Blanco
4m telescope/DECAM for the Dark Energy Survey 8

have 3.6 deg2 and 4.0 deg2 field of view, respectively.

8 https://www.darkenergysurvey.org
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Sr II

• Sr lines are expected to be very strong. 
• The early blackbody is surprising.  
• Heavy elements may be absent in the 

outer part of the ejecta.

キロノバのスペクトル

1.5日のスペクトルは、綺麗な黒体放射
に吸収線が載っている。 

2.5日以降も同じ波長付近に吸収・放射
線が見える 
＝＞膨張物質による吸収放射の典型的
なプロファイル（P-Cygni） 

これらの強いラインはSr II と考えられ
る（Heの可能性もあり）。



キロノバ後期スペクトルと元素の起源
GW170817 spectrum rescaled to 100 Mpc (KH, et al 2022)

• 10日の近赤外ピーク＝＞Te (Z=52)? 
• 40日の赤外観測=> W (Z=74)? 
• JWST(感度~0.1μJy)で見れば、綺麗なスペクトルが取れると期待。



GW170817からの元素の起源への示唆

Watson+ 19, Perego+21, Gillandars+22, KH+22, Domoto+22, Tarumi, KH+ in prep.



本日の話題

• 中性子星合体とは？ 

• 電磁波対応天体　キロノバ 

• 電磁波対応天体　シンクロトロン残光 

• 展望
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Figure 1. Left-hand panel: the kinetic energy and the radial component of the four-velocity of the different components of the ejecta. The lines mark the
deceleration time-scales of equation (2) assuming an external density of 1 cm−3. The star in each component shows the fiducial model. Right-hand panel: a
schematic picture of the morphology of the different components of the ejecta on the meridional plane. The distribution of the dynamical ejecta is taken from
a merger simulation (Hotokezaka et al. 2013a). Other components are added schematically. Colours depict different components and are the same on the r.h.s.
and the l.h.s.

and β is a velocity in units of the speed of light c. Also shown
in the figure are the deceleration time-scales due to the interaction
with the ISM, which are discussed later. This time-scale gives the
characteristic peak time of the radio flares from each component.
The right-hand panel of the figure shows schematically the expected
morphology of the ejecta.

In the following, we briefly describe the properties of the different
components. In each case, we focus on the total mass, energy, and the
corresponding velocities. We also mention the expected distribution
of energy as a function of velocity, which is essential in order to
estimate the radio flares from these components. For completeness,
we also mention the electron fraction Ye. This is not needed for
the radio estimate, but it is a critical quantity that determines the
composition of the ejected material as well as the heating rate that
is essential for the macronova estimates.

2.1 The dynamical ejecta

Gravitational and hydrodynamical interactions produce the dynam-
ical ejecta. In many senses, it is the easiest to calculate and as such
it is the most robust element. It was investigated using Newtonian
simulations (e.g. Davies et al. 1994; Ruffert et al. 1997; Rosswog
et al. 1999; Rosswog 2013) and using general relativistic simula-
tions (e.g. Oechslin, Janka & Marek 2007; Bauswein et al. 2013;
Hotokezaka et al. 2013a). According to these numerical simulations,
the mass and kinetic energy of the dynamical ejecta are expected to
be in the range of 10−4 ! Mej ! 10−2 M" and 1049 ! E ! 1051 erg,
respectively. The median value of E in the general relativistic sim-
ulations is a few times 1050 erg. The properties of the dynamical
ejecta are as follows.

The tidal ejecta. A fraction of the material obtains sufficient
angular momentum and is ejected via tidal interaction due to non-
axisymmetry of the gravitational forces. Current simulations show
that this matter is ejected even before the two stars collide with
each other2, and it lasts as long as the gravitational field is not
axisymmetric (about 10 ms after the merger in the case that the
remnant is an MNS). This tidal component is mostly ejected into

2 This earliest component could be possibly weaker than what is calculated
because of the poor modelling of the crust in current numerical simulations.

the equatorial plane of the binary within an angle about 20◦ (see
e.g. fig. 17 in Hotokezaka et al. 2013a).

The electron fraction of the dynamical ejecta, and the resulting
nucleosynthesis have been studied in the literature (e.g. Goriely
et al. 2011; Korobkin et al. 2012; Wanajo et al. 2014). The tidally
ejected material has initially a low electron fraction Ye $ 0.1 as this
matter does not suffer from shock heating and neutrino irradiation
(Wanajo et al. 2014). This is particularly important concerning the
possibility that this is the source of heavy (high atomic number)
r-process nuclides, but it is not so relevant for our discussion that
is concerned mostly with the radio flare. This fraction can increase
by electron neutrino absorption or by positron absorption. The tidal
component ejected at late times has higher Ye values.

The shocked component. A shock is formed at the interface of
the merging neutron stars. The shock sweeps up the material in
the envelope of the merging neutron stars. Furthermore, a shock is
continuously produced around the envelope of a remnant MNS as
long as the MNS is strongly deformed. As a result, a fraction of
the shocked material obtains sufficient energy and is ejected from
the system. Recent general relativistic simulations show that this
component can dominate over the tidal component in the case of a
nearly equal mass binary (e.g. Bauswein et al. 2013; Hotokezaka
et al. 2013a). The shocked component is ejected even in the direction
of the rotation axis of the binary. The average electron fraction of the
shocked components is relatively large compared with that of the
tidal ejecta (Wanajo et al. 2014). It may be as large as Ye ∼ 0.2–0.4,
and it will result in a different nucleosynthesis signature.

We take the velocity distribution of the dynamical ejecta from
the result of a numerical relativity simulation of Hotokezaka et al.
(2013a) for a 1.4–1.4 M" ns2 merger for the case of APR4 equation
of state. The energy distribution of this model can be approximately
described as E( ≥ β) ∝β−0.5 with a cut off at β ( 0.4, and an
average velocity is β ( 0.2, where E( ≥ β) is the kinetic energy
with a velocity larger than β. Note that it is not clear whether the cut
off at β ( 0.4 is physical or that it arises just because it is difficult
to resolve such a small amount of fast material in the numerical
simulations. For our fiducial model, we use a total kinetic energy of
5 × 1050 erg.

The relativistic shock-breakout component. When the shock
breaks out from the neutron star surface to the ISM, it is acceler-
ated and a fraction of the shocked component can have a relativistic
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Figure 1. Left-hand panel: the kinetic energy and the radial component of the four-velocity of the different components of the ejecta. The lines mark the
deceleration time-scales of equation (2) assuming an external density of 1 cm−3. The star in each component shows the fiducial model. Right-hand panel: a
schematic picture of the morphology of the different components of the ejecta on the meridional plane. The distribution of the dynamical ejecta is taken from
a merger simulation (Hotokezaka et al. 2013a). Other components are added schematically. Colours depict different components and are the same on the r.h.s.
and the l.h.s.

and β is a velocity in units of the speed of light c. Also shown
in the figure are the deceleration time-scales due to the interaction
with the ISM, which are discussed later. This time-scale gives the
characteristic peak time of the radio flares from each component.
The right-hand panel of the figure shows schematically the expected
morphology of the ejecta.

In the following, we briefly describe the properties of the different
components. In each case, we focus on the total mass, energy, and the
corresponding velocities. We also mention the expected distribution
of energy as a function of velocity, which is essential in order to
estimate the radio flares from these components. For completeness,
we also mention the electron fraction Ye. This is not needed for
the radio estimate, but it is a critical quantity that determines the
composition of the ejected material as well as the heating rate that
is essential for the macronova estimates.

2.1 The dynamical ejecta

Gravitational and hydrodynamical interactions produce the dynam-
ical ejecta. In many senses, it is the easiest to calculate and as such
it is the most robust element. It was investigated using Newtonian
simulations (e.g. Davies et al. 1994; Ruffert et al. 1997; Rosswog
et al. 1999; Rosswog 2013) and using general relativistic simula-
tions (e.g. Oechslin, Janka & Marek 2007; Bauswein et al. 2013;
Hotokezaka et al. 2013a). According to these numerical simulations,
the mass and kinetic energy of the dynamical ejecta are expected to
be in the range of 10−4 ! Mej ! 10−2 M" and 1049 ! E ! 1051 erg,
respectively. The median value of E in the general relativistic sim-
ulations is a few times 1050 erg. The properties of the dynamical
ejecta are as follows.

The tidal ejecta. A fraction of the material obtains sufficient
angular momentum and is ejected via tidal interaction due to non-
axisymmetry of the gravitational forces. Current simulations show
that this matter is ejected even before the two stars collide with
each other2, and it lasts as long as the gravitational field is not
axisymmetric (about 10 ms after the merger in the case that the
remnant is an MNS). This tidal component is mostly ejected into

2 This earliest component could be possibly weaker than what is calculated
because of the poor modelling of the crust in current numerical simulations.

the equatorial plane of the binary within an angle about 20◦ (see
e.g. fig. 17 in Hotokezaka et al. 2013a).

The electron fraction of the dynamical ejecta, and the resulting
nucleosynthesis have been studied in the literature (e.g. Goriely
et al. 2011; Korobkin et al. 2012; Wanajo et al. 2014). The tidally
ejected material has initially a low electron fraction Ye $ 0.1 as this
matter does not suffer from shock heating and neutrino irradiation
(Wanajo et al. 2014). This is particularly important concerning the
possibility that this is the source of heavy (high atomic number)
r-process nuclides, but it is not so relevant for our discussion that
is concerned mostly with the radio flare. This fraction can increase
by electron neutrino absorption or by positron absorption. The tidal
component ejected at late times has higher Ye values.

The shocked component. A shock is formed at the interface of
the merging neutron stars. The shock sweeps up the material in
the envelope of the merging neutron stars. Furthermore, a shock is
continuously produced around the envelope of a remnant MNS as
long as the MNS is strongly deformed. As a result, a fraction of
the shocked material obtains sufficient energy and is ejected from
the system. Recent general relativistic simulations show that this
component can dominate over the tidal component in the case of a
nearly equal mass binary (e.g. Bauswein et al. 2013; Hotokezaka
et al. 2013a). The shocked component is ejected even in the direction
of the rotation axis of the binary. The average electron fraction of the
shocked components is relatively large compared with that of the
tidal ejecta (Wanajo et al. 2014). It may be as large as Ye ∼ 0.2–0.4,
and it will result in a different nucleosynthesis signature.

We take the velocity distribution of the dynamical ejecta from
the result of a numerical relativity simulation of Hotokezaka et al.
(2013a) for a 1.4–1.4 M" ns2 merger for the case of APR4 equation
of state. The energy distribution of this model can be approximately
described as E( ≥ β) ∝β−0.5 with a cut off at β ( 0.4, and an
average velocity is β ( 0.2, where E( ≥ β) is the kinetic energy
with a velocity larger than β. Note that it is not clear whether the cut
off at β ( 0.4 is physical or that it arises just because it is difficult
to resolve such a small amount of fast material in the numerical
simulations. For our fiducial model, we use a total kinetic energy of
5 × 1050 erg.

The relativistic shock-breakout component. When the shock
breaks out from the neutron star surface to the ISM, it is acceler-
ated and a fraction of the shocked component can have a relativistic
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Fig. 1.—Synchrotron spectrum of a relativistic shock with a power-law
electron distribution. (a) Fast cooling, which is expected at early times (t !

). The spectrum consists of four segments, identified as A, B, C, and D. Self-t0
absorption is important below . The frequencies, , , and , decrease withn n n na m c a

time as indicated; the scalings above the arrows correspond to an adiabatic
evolution, and the scalings below, in square brackets, correspond to a fully
radiative evolution. (b) Slow cooling, which is expected at late times ( ).t 1 t0
The evolution is always adiabatic. The four segments are identified as E, F,
G, and H.

, where ; and an exponential cutoff for21/2n(g ) P ª n n 1e n

. The maximum emissivity occurs at and is given byn(g ) ne c

.Pn,max
To calculate the net spectrum from a power-law distribution

of electrons, we need to integrate over . There are now twoge
different cases, depending on whether or .g 1 g g ! gm c m c

Let the total number of swept-up electrons in the postshock
fluid be . When , all the electrons cool3N 5 4pR n/3 g 1 ge m c

down to roughly , and the spectral power at is approxi-g nc c

mately . We call this the case of fast cooling. The fluxN Pe n,max
at the observer, , is given byFn

1/3(n/n ) F , n 1 n,c n,max c
21/2F 5 (n/n ) F , n 1 n 1 n , (7)n c n,max m c{ 21/2 2p/2(n /n ) (n/n ) F , n 1 n ,m c m n,max m

where and is the observed2n { n(g ) F { N P /4pDm m n,max e n,max
peak flux at distance D from the source.
When , only those electrons with can cool.g 1 g g 1 gc m e c

We call this slow cooling, because the electrons with ,g ª ge m

which form the bulk of the population, do not cool within a
time t, and we have

1/3(n/n ) F , n 1 n,m n,max m
2(p21)/2F 5 (n/n ) F , n 1 n 1 n , (8)n m n,max c m{ 2(p21)/2 2p/2( ) ( )n /n n/n F , n 1 n .c m c n,max c

The typical spectra corresponding to fast and slow cooling
are shown in Figures 1a and 1b. The low-energy part of these
spectra has empirical support even within the GRB itself (Co-
hen et al. 1997). In addition to the various power-law regimes
described above, self-absorption causes a steep cutoff of the
spectrum at low frequencies (Katz 1994; Waxman 1997b; Katz
& Piran 1997a). For completeness, we show this regime in
Figure 1, but we shall ignore it for the rest of this Letter since
it does not affect either the optical or the X-ray radiation in
which we are interested.

3. HYDRODYNAMIC EVOLUTION AND LIGHT CURVES

The instantaneous spectra do not depend on the hydrody-
namic evolution of the shock. The light curves at a given fre-
quency, however, depend on the temporal evolution of various
quantities, such as the break frequencies and and the peakn nm c

flux . These depend, in turn, on how g and scale as aF Nn,max e

function of t.
We limit the discussion here to a spherical shock of radius
propagating into a constant surrounding density n. WeR(t)

consider two extreme limits for the hydrodynamic evolution
of the shock: either fully radiative or fully adiabatic. In a ra-
diative evolution, all the internal energy generated in the shock
is radiated. This requires two conditions to be satisfied: (1) the
fraction of the energy going into the electrons must be large,
i.e., , and (2) we must be in the regime of fast cooling,e r 1e

.g ! gc m

In the adiabatic case, the energy E of the spherical shock is
constant and is given by (Blandford &2 3 2E 5 16pg R nm c /17p

McKee 1976; Sari 1997). In the radiative case, the energy varies
as , where . Here23 1/3E / g g ˘ (R/L) L 5 [17M/(16pm n)]p

(Blandford & McKee 1976; Vietri 1996; Katz & Piran 1997a)
is the radius at which the mass swept up from the external
medium equals the initial mass M of the ejecta (we used

instead of in order to be compatible with the adiabatic17/16 3/4
expression and to enable a smooth transition between the two);

we write M in terms of the initial energy of the explosion via
, where is the initial Lorentz factor of the ejecta.2M 5 E/g c g0 0

In both the adiabatic and radiative cases, there is a simple
relation connecting R, g, and t: , where the nu-2t 5 R/cg ct

merical value of varies between ª3 and ª7 depending onct
the details of the hydrodynamic evolution and the spectrum
(Sari 1997, 1998; Waxman 1997c; Panaitescu & Mészáros
1997). For simplicity, we use for all cases. We then2t ˘ R/4g c
have the following hydrodynamic evolution equations,

1/4(17Et/4pm nc) , adiabatic,pR(t) ˘ (9)1/7{(4ct/L) L, radiative,

5 3 1/8(17E/1024pnm c t ) , adiabatic,pg(t) ˘ (10)23/7{(4ct/L) , radiative.

Using these scalings and the results of the previous section,
we can calculate the variation with time of all the relevant
quantities. For an adiabatic evolution,

12 23/2 21/2 21 21/2n 5 2.7# 10 e E n t Hz,c B 52 1 d

14 1/2 2 1/2 23/2n 5 5.7# 10 e e E t Hz,m B e 52 d

5 1/2 1/2 22F 5 1.1# 10 e E n D mJy, (11)n,max B 52 1 28

where is the time in days, ergs, is n in units52t E 5 E/10 nd 52 1

加速電子からシンクロトロン予想スペクトル 
Sari et al 1998

Nakar & Piran 2011, KH & Piran 2015

（電波にピーク）



2015年当時、電波残光は対応天体として劣勢

様々な否定的な意見 
1. 合体は薄い密度の環境 
2. エジェクタの速度が遅い 
3. ピーク時間が遅い 
4. 母銀河と分離できない 
5. AGNと超新星と間違える 
6. …..

Nakar & Piran (PD時代のボス)
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全ての否定的な意見に
反論せよ

ほぼ喧嘩に見えるような論争によって
サイエンスを進展させる姿勢を学ぶ。 

2015年当時、電波残光は対応天体として劣勢
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様々な否定的な意見 
1. 合体は薄い密度の環境 
2. エジェクタの速度が遅い 
3. ピーク時間が遅い 
4. 母銀河と分離できない 
5. AGNと超新星と間違える 
6. …..

their first science run (O1) from 2015 September to 2016
January (The LIGO Scientific Collaboration et al. 2013). For
their second run, the two detectors will undergo further
upgrades and will operate jointly in the second half of 2016
with the first upgraded version of advanced Virgo (The LIGO
Scientific Collaboration et al. 2013). We consider radio

detectability of GW mergers using only two advanced LIGO
detectors (Kasliwal & Nissanke 2014; Singer et al. 2014). In
this case, the GW localization areas will be as large as several
hundred to a thousand of deg2 for events at smaller distances of
80 Mpc and 120 Mpc for DNS and BH–NS mergers
respectively. In spite of the poor GW localizations, the radio

Figure 3. The peak flux densities of long-lasting radio remnants as a function of the 2σ GW localization areas using GW Net 3 for DNS mergers(left panels) and BH–
NS mergers(right panels). We set the circum-merger densities to be -1.0 cm 3 (upper panels), -0.1 cm 3 (middle panels), and -0.01 cm 3 (lower panels). The blue filled
squares, green filled circles, and red filled triangles show the high, medium, and low ejecta models within a distance of 200 Mpc, respectively. The open symbols show
those events that occur greater than 200 Mpc. The lines show the 7σ noise levels of the radio facilities assuming that the total observation time of each epoch is 30 hr
with a survey speed given in Section 4.1. As examples, the radio flux densities at 1.4 GHz of the galaxies, M82, and the Milky Way, are shown as the horizontal
dashed bars assuming a distance of 200 Mpc in the case of DNS and of 300 Mpc for BH–NS mergers. For the Milky Way, the peak flux density in the edge-on case for
an angular resolution of 7 is shown(see Section 5.1). Here Northern and Southern hemisphere considerations of the GW sky localizations are not taken into account,
and hence the relative detectability fractions should be reduced by approximately a factor of two.
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The Astrophysical Journal, 831:190 (21pp), 2016 November 10 Hotokezaka et al.

KH et al 2016
G. Hallinan S. Nissanke
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残光 in GW170817: 美しい冪則
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Figure 2. Top: HST/F606W light curve of the afterglow of
GW170817 spanning ⇡ 110.5 - 584.1 days (green points; observer
frame); downwards triangles denote 3� upper limits. The upper
limit at ⇡ 584.1 d is measured from the median-subtracted image,
while all other data points are measured from HOTPANTS residual
images. Also shown are a structured jet model and the range of
light curves describing the top 5% of models (black solid and dot-
dashed lines), and a quasi-spherical outflow model (dotted line; Wu
& MacFadyen 2018). Bottom: Magnitude difference, �m, between
published values in previous works (Alexander et al. 2018; Margutti
et al. 2018; Lyman et al. 2018; Lamb et al. 2019a; Piro et al. 2019)
and the new values measured in this work. Upward triangles denote
epochs which were previously reported as upper limits, and are now
detected in this work.

the radio band, there are available data for all epochs except
at �t ⇡ 137, 337 days, and 362 days. The data are taken
with the Karl G. Jansky Very Large Array (VLA) and the
Australia Telescope Compact Array (ATCA), spanning 2.5-
17 GHz (Alexander et al. 2018; Dobie et al. 2018; Margutti
et al. 2018; Mooley et al. 2018a,b,c; Troja et al. 2018c). We
also use a 6 GHz VLA observation at �t ⇡ 585 days, pre-
sented in Hajela et al. (in prep.).

In the X-ray band, we find relevant comparison Chan-
dra X-ray Observatory observations at five epochs. Previous
analyses of these observations have appeared in Nynka et al.
(2018); Margutti et al. (2018); Troja et al. (2018a); Pooley
et al. (2018); Ruan et al. (2018); Troja et al. (2018c); Lin
et al. (2019). Here, we use the fluxes and spectral parame-
ters calculated in Hajela et al. (in prep.), which serves as a
uniform analysis of all available Chandra data of the X-ray
afterglow of GW170817 to ⇡ 583.1 days. To enable compar-
ison of the X-ray observations to the optical and radio data,
we convert the 0.3 - 10 keV X-ray fluxes to flux densities,
F⌫,X , at a fiducial energy of 1 keV, using the derived photon
index, � at each epoch, where F⌫,X / ⌫�X and �X ⌘ 1 -�.
The radio and X-ray data, along with our HST photometry,
are displayed in Figure 3.
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Figure 3. Broad-band SED of the afterglow of GW170817 at nine
epochs of our HST observations, spanning ⇡ 110 - 584 days; fluxes
are scaled for clarity. The HST photometry in this paper (green
circles), radio afterglow (red squares; Margutti et al. (2018); Mooley
et al. (2018c); Dobie et al. (2018); Mooley et al. (2018b); Alexander
et al. (2018); Troja et al. (2018c), Hajela et al. in prep.), and X-ray
afterglow (blue diamonds; Hajela et al. in prep.) are shown. The
gray lines are best-fit power laws to the data at each epoch. 1�
uncertainties are plotted but the large majority are smaller than the
size of the symbols.

We use �2-minimization to fit the broad-band spectrum at
each epoch to a single power law model in the form F⌫ / ⌫� ,
characterized by spectral index � and a flux normalization
parameter. We fit all of the available data at each epoch sep-
arately. The resulting fits have �2

⌫ ⇡ 0.6 - 1.3, demonstrat-
ing that the single power law model is adequate to fit the
data over all epochs (Figure 3). The values for � and 1�
uncertainties are given in Table 2 and the temporal evolu-
tion is displayed in Figure 4. We calculate a weighted aver-
age of the spectral index across all epochs considered here of
h�i = -0.583±0.013.

4. DISCUSSION

4.1. Off-Axis Afterglow Properties

We present a revised light curve of the optical afterglow
of GW170817, relative to previous studies which have used
subsets of HST observations to derive measurements and up-
per limits of the afterglow in the F606W filter (Alexander
et al. 2018; Margutti et al. 2018; Lyman et al. 2018; Lamb
et al. 2019a; Piro et al. 2019). We calculate the difference
�m between the published values and the values presented
in this work (Figure 2). Overall, we find that the afterglow
in most epochs is systematically brighter than previously re-
ported, with differences of �m ⇡ -0.1-1 mag between pub-
lished values and the values presented in this work (Figure 2),

GW170817: Afterglow spectrum

Fong+19, also Margutti+18

Hallinan+17, Margutti+17,18, Troja+17,19, 
Haggard+17, Ruan+17,Lyman+18,Mooley+18
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Figure 1. Upper panel: The panchromatic (radio, optical and X-ray) afterglow light curve of GW170817, color coded according
to the observing frequency, up to 940 days post-merger (all data points have 1� errorbars as presented in Table 1; upper limits
are not shown here) using the uniform dataset presented in this work. The light curve is scaled to 3 GHz using the best-fit
spectral index (�0.569) derived from the MCMC power-law fitting (see §3). Lower panel: The averaged (using moving average;
�t/t = 1/17 where �t is the width of the kernel and t is the time after merger) light curve (blue data points) shows a general
trend consistent with power-law rise and decline. In grey are the same data points as shown in the upper panel.

on the pn detector were used to determine periods of
high background data, which were excluded from our
analysis. Significant background flaring resulted in only
26 and 48 ks filtered exposures for obsIDs 0811210101
and 0811212701, respectively. Source events were then
extracted from a circular region with radius 500 centered
on GW170817. While this is less than 50% of the EPIC-
pn encircled energy, it was necessary to use a small re-
gion in order to exclude emission from the AGN, which
is only 10 arcsec from the source. We find this does
not introduce any large systematic e↵ect when compar-

ing to Chandra results from similar epochs. Background
events were extracted from nearby, source-free circular
regions of 5500 in radius.
For both GW170817 and NGC 4993, the spectra were

grouped with a minimum of 1 count per bin with the
heasoft tool grppha. We used the X-ray spectral
fitting package xspec v12.10.1 to fit the data. For
GW170817 we fit the data with an absorbed power-
law model (tbabs*ztbabs*powerlaw), where tbabs is a
neutral absorbing column attributed to our own Galaxy,
fixed at 8.9⇥ 1020 cm�2 (Dickey & Lockman 1990), and

光度曲線 (Hallinan+17, Mooley+18, Makhathini+2020) スペクトル

• 光度曲線・スペクトル、共に冪則を示す。 
• 特に、スペクトルは電波からX線まで、お
よそ8桁の周波数帯に渡って単一べき則。 

• アウトフローと星間物質の衝撃波によっ
て、電子加速が起こっていることがよくわ
かる。

150日



Breaking the degeneracy: VLBI

Two observations with the HSA
(75 d and 230 d post-merger)

電波干渉計を使って見るジェット
Mooley…KH (2018)



Breaking the degeneracy: VLBI

Two observations with the HSA
(75 d and 230 d post-merger)

Figure 1: VLBI images. The cleaned images (natural weighting; 0.2 mas pixel�1) from the two

epochs of VLBI, 75 d (panel a) and 230 d (panel b) post-merger. The center coordinates for these

images are RA 13:09:48.069, Dec -23:22:53.39. The white contours are at 11, 22, and 44 µJy

beam�1 in both images (red contour is �11 µJy beam�1 ). The peak flux density of the sources is

58±5 µJy beam�1 and 48±6 µJy beam�1 in the two epochs respectively (image RMS noise quoted

as the 1� uncertainty). The ellipse on the lower left corner of each panel shows the synthesized

beam: [12.4, 2.2, -7] and [9.1, 3.2, -4] for the two epochs [major axis in mas, minor axis in mas,

position angle in degrees].

電波干渉計を使って見るジェット
Mooley…KH (2018)K. P. Mooley & A. T. Deller



Figure 1: Proper motion of the radio counterpart of GW170817. The centroid offset posi-

tions (shown by 1� errorbars) and 3�-12� contours of the radio source detected 75 d (black)

and 230 d (red) post-merger with Very Long Baseline Interferometry (VLBI) at 4.5 GHz. The

two VLBI epochs have image RMS noise of 5.0 µJy beam�1 and 5.6 µJy beam�1 (natural-

weighting) respectively, and the peak flux densities of GW170817 are 58 µJy beam�1 and 48 µJy

beam�1 respectively. The radio source is consistent with being unresolved at both epochs. The

shape of the synthesized beam for the images from both epochs are shown as dotted ellipses to the

lower right corner. The proper motion vector of the radio source has a magnitude of 2.7± 0.3 mas

and a position angle of 86o ± 18o, over 155 d.

超光速ジェット　in GW170817
VLBI resolve the motion of the radio source Mooley…KH (2018)

Day 75Day 240

1, 電波源が動いている 
     2.7 ミリ秒角 in 155 日  

 => ~ 0.5 パーセク (at 40Mpc) 

�app = 4.1± 0.4 at 41Mpc

2,電波源は点源と無矛盾 

小さい開きを持つ相対論的
なジェット
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ジェットの見込み角の情報=> H0

3-4% ジェットのモデルの不定性

the information about the host galaxy NGC4993 (see Methods)15. Figure 2 depicts the poste-84

rior distribution for H0 for a PLJ model and that of the GW-only analysis15, 27. The constraint85

is improved from the GW-only analysis, 74+16
�8 km/s/Mpc, to 68.1+4.5

�4.3 km/s/Mpc (median and86

symmetric 68% credible interval). Also depicted in Figure 2 are the regions determined by the87

Planck CMB3 and SH0ES Cepheid-supernova distance ladder surveys4 respectively. Figure 388

shows the posterior distributions for H0 with the different jet models: hydrodynamics simula-89

tion jet (0.25 < ✓obs

⇣
d

41 Mpc

⌘
< 0.5 rad), PLJ, and GJ models. The medians and 68% credible90

intervals are 70.3+5.3
�5.0, 68.1+4.5

�4.3, and 68.3+4.4
�4.3 km/s/Mpc, respectively, corresponding to a precision91

of 6–7% at 1-� level. These are consistent with that estimated by using the surface brightness92

fluctuation technique applied to NGC 499328. The sources of errors in our analysis are the GW93

data, the shape of the light curve, the centroid motion, and the peculiar velocity of the host galaxy.94

While the constraint on ✓obs is slightly different between the three models, the systematic error95

in H0 due to this difference is much smaller than 7%. This is because the uncertainty in H0 of96

our analysis is dominated by both the GW data and the peculiar motion of NGC 4993 (contrary97

to the GW-only analysis, where the uncertainty in the observing angle is a major source of error).98

Finally, it is important to bear in mind that our result does not depend on the spin prior in the GW99

analysis27 (see Methods).100

Our new analysis, which is based on this single event, improves the H0 measurement to101

a precision of ⇠ 7% but it does not resolve the discrepancy between Planck and SH0ES yet. We102

expect that the precision of the measurement will improve by observing more merger events similar103

to GW170817, i.e, mergers with detectable jet afterglows. In the coming years, several to tens of104

5

KH+19



今後の展望
• LIGO/Virgo/KAGRA O4が今年から始まる。感度向上により、検出頻度が上が
る。ただし、距離が遠くなるので、電磁波対応天体探査はより難しくなる。 

• 高感度宇宙望遠鏡JWSTにより、キロノバスペクトルの大部分をhigh S/Nでカ
バー。元素の特定など。 

• 中性子星合体の多様性や、ブラックホール・中性子星合体の対応天体。 

• イベント数が50ほどになれば、ハッブル定数の測定精度がIa超新星を超える。 

• 次世代の地上干渉計へ。高赤方偏移の重力波宇宙論。重力波＋ガンマ線バース
ト。近傍イベントでは中性子星の状態方程式に対して極めて強い示唆。 

• 宇宙干渉計。地上からは見えない重力波ソースが見え、質的な変化が起こる。 

• 系内超新星爆発からのニュートリノ・重力波・電磁波観測

数年

~10年

~15年

~100年


