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Outline	


•  Core-­‐collapse	
  supernova	
  explosion	
  
–  collapse,	
  bounce,	
  and	
  stalled	
  

•  Neutrino-­‐driven	
  explosion	
  model	
  
–  neutrino	
  hea9ng	
  (and	
  cooling)	
  
–  Standing	
  Accre9on-­‐Shock	
  Instability	
  (SASI)	
  

•  Shock	
  revival	
  and	
  enhancement	
  of	
  expl.	
  energy	
  by	
  
nuclear	
  reac9ons	
  
–  1-­‐D	
  and	
  2-­‐D	
  simula9ons	
  for	
  11.2/15.0	
  Msun	
  model	
  
–  using	
  ZEUS-­‐MP	
  code	
  incl.	
  nuclear	
  reac9on	
  network	
  

•  3-­‐D	
  simula9ons	
  (primi9ve)	
  
– MPI-­‐AMR	
  code	
  w.o.	
  network	
  

•  Summary	
  



•  Gravitational binding energy 
of the collapsing core       
（>~1053 erg）　>> 　　　
Typical SN explosion energy 
（~1051 erg） 

•  Neutrinos carry away most   
of the energy, but .. 

•  A small fraction of emitted 
neutrinos can interact with 
the matter behind a shock, 
deposit energy, and revive 
the stalled shock wave. 

•  Hydrodynamic instabilities 
enhance the neutrino heating. 

Neutrino-driven SN explosion mechanism	
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Previous studies of SASI+ν -induced explosion	

•  Marek & Janka (2009) 
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Figure 12. Four snapshots from the evolution of our 11.2 M! explosion model at times t = 230 ms, 250 ms, 275 ms, and 303 ms after core bounce. The figures contain
the same features as shown in Figure 4.
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Figure 13. Mass (top left), neutrino-heating rate (top right), heating efficiency (bottom left), and heating and advection timescales (bottom right) in the gain layer as
functions of time for our 11.2 M! explosion model.
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Figure 10. Same as Figure 2 but for our two-dimensional explosion simulation of an 11.2 M! progenitor star. Note that the mass-shell spacing outside of the red
dashed line at an enclosed mass of 1.25 M! (marking the composition interface between the silicon layer and the oxygen-enriched Si shell) is reduced to steps of
0.0125 M! instead of 0.025 M!.

plane later than in the polar directions (see the panels for
t = 250 ms and 275 ms after bounce in Figure 12). Therefore
a wedgelike region around the equator remains for some time,
where silicon and sulfur are still present with higher abundances
between the shock and the oxygen layer, while the matter swept
up by the shock consists mostly of iron-group nuclei and α-
particles. The mass-shell plot of Figure 10, which is constructed
from the laterally averaged two-dimensional data at each radius,
is misleading by the fact that this preshock material appears to be
located behind the angle-averaged shock radius (at post-bounce
times 270 ms ! t ! 300 ms). We note that the penetration into
the oxygen-rich infalling shells, beginning at t ∼ 250 ms p.b.,
does not have any obvious supportive or strengthening effect on
the outgoing shock.

In Figure 13, we provide information about the conditions
and neutrino energy deposition in the gain layer of the 11.2 M!
model. As in the 15 M! case, the mass in the gain layer increases
when the shock begins its outward expansion. At the same
time, the infall (advection) timescale of matter between the
shock and the gain radius increases, but continues to be well
defined. Again, as in the 15 M! explosion model, this suggests
the presence of ongoing accretion of gas through the gain layer to
the neutron star (which can also be concluded from the continued
contraction of mass shells in this region in Figure 10). Shortly
after the (net) neutrino-heating rate has reached a pronounced
peak of about 7.5 × 1051 erg s−1 at t ≈ 70 ms, it makes
a rapid drop to around 3 × 1051 erg s−1. This decline is a
consequence of the decay of the neutrino luminosities at the
time when the mass infall rate onto the shock and the neutron
star decreases. The decrease occurs when the steep negative
density gradient (and positive entropy step) near the composition
interface between the silicon layer and the oxygen-enriched Si
layer of the progenitor star (near 1.3 M!) arrives at the shock (at
t ≈ 100 ms after bounce). Nevertheless, the heating timescale
shrinks essentially monotonically, which points to an evolution
of the matter in the gain layer toward an unbound state, i.e.,
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Figure 11. Left panel: mean shock radius (arithmetical average over all
lateral directions, dashed line) and maximum and minimum shock positions
as functions of post-bounce time for our two-dimensional explosion simulation
of an 11.2 M! progenitor. Right panel: “explosion energy” of the 11.2 M! star,
defined as the total energy (internal plus kinetic plus gravitational) of all mass
in the gain layer with positive radial velocity, as a function of post-bounce time.

the absolute value of the total gas energy in the numerator of
Equation (5) goes to zero.

3.4. Explosion Energy

In both our 11.2 M! and 15 M! explosions, the energy of
the matter in the gain layer with positive radial velocities
(“explosion energy”) reaches ∼2.5 × 1049 erg at the end of
the computed evolutions and rises with a very steep gradient
(Figures 9 and 11). Therefore, reliable estimates of the final
explosion energy cannot be given at this time. For that to be
possible, the simulations would have to be continued for many
hundred milliseconds more (which is numerically a challenging
task and currently impossible for us with the sophisticated
and computationally expensive neutrino transport and chosen
resolution). This is obvious from the neutrino-driven explosion

•  Scheck et al. (2008) 
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Fig. 10. Evolution of the explosion energy (thick) and the neutron star
velocity (thin) for Models W12F (solid) and W12F-c (dotted).

τ∇aac ≡
∫ Rsh

R∇

dr
|v| +

∫ Rsh

R∇

dr
c − |v| · (18)

The consistency of the advective-acoustic interpretation is fur-
ther tested by comparing the timescale of deceleration |dv/dr|−1

with the oscillation time of the instability. If velocity gradients
are indeed responsible for the acoustic feedback, unstable flows
should correspond to abrupt deceleration while smoothly decel-
erated flows should be stable. Moreover, the amplification fac-
tor Q during one oscillation is compared to the value measured
in the simpler setups studied by Blondin & Mezzacappa (2006)
and Foglizzo et al. (2007).

5.2. Extracting eigenfrequencies from the simulations

In Fig. 12, advected perturbations are displayed by the
amplitudes of the largest modes of the spherical harmonics of
a quantity A(r, t, θ), which turns out to be particularly useful for
a quantitative analysis of the SASI. It is defined as

A(t, r, θ) ≡ 1
sin θ

∂

∂θ
(vθ(t, r, θ) sin θ) , (19)

with r−1A being the divergence of the lateral velocity compo-
nent, i.e., A ≡ rdiv(vθ eθ), which scales with the size of the lateral
velocity of the fluid motion. At the gain radius, its expansion in
spherical harmonics Yl,m(θ, φ) is written as

A(t,Rg(t), θ) =
∞∑

l=0

al(t) Yl,0(θ, 0), (20)

where due to the assumption of axisymmetry only m = 0 has to
be considered.

For l > 0, the spherical harmonics coefficients al of this
quantity are proportional to the ones of the shock displace-
ment (see Foglizzo et al. 2006, Appendix F), so A(t,Rg, θ) con-
tains basically the same information as Rs(t, θ). As Blondin
& Mezzacappa (2006), we prefer to consider a local quantity
A(t,Rg(t), θ) in the postshock layer here rather than the shock
displacement δR = Rs(θ)−〈Rs〉θ (used in Blondin et al. 2003 and
Ohnishi et al. 2006), because A is much less affected by noise
(A(t) = 0 for a non-stationary spherical flow, whereas Rs(t) is
varying) and allows one to measure the oscillation period and the
growth rate much more sensitively than it is possible by using Rs.

Fig. 11. Time evolution of the amplitude of the dominant spherical har-
monics mode of the pressure, normalized by the amplitude of the l = 0
mode, as function of radius for Models W00, W00F and W12F. The
solid lines are the minimum, average, and maximum shock radius, the
dotted line is the gain radius, the dashed line is the neutron star surface
(defined as the location where the density is 1011 g cm−3), and the dash-
dotted line marks the position, R∇(t), of the largest velocity gradient.
A low-mode oscillation develops in the postshock flow. A pronounced
phase shift is visible at a radius Rϕ(t) that agrees well with the position
of the largest velocity gradient. The “noise” (short-wavelength sound
waves) visible in the early phase after bounce is caused by the shock
propagation and is not related to the advective-acoustic cycle. (Color
figures are available in the online version.)

Tests showed that for our models, in which relatively large seed
perturbations were imposed on the infalling stellar matter ahead
of the shock, A as defined in Eq. (19) yields a cleaner measure
of the SASI even for very low amplitudes than the perturbed en-
tropy or pressure considered by Blondin & Mezzacappa (2006).
As an example, the absolute values of the coefficients a1 and a2
are shown as functions of time for Model W00F in Fig. 13.
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Fig. 7. Entropy distribution of Model W00 for several moments near the beginning of the nonlinear phase (the displayed times have a separation
of half an oscillation period), and at t = 1 s. Within each SASI oscillation cycle the postshock entropies vary strongly and steep, unstable entropy
gradients develop in the postshock flow. Finally, the Rayleigh-Taylor growth timescale becomes smaller than the oscillation period and the char-
acteristic mushroom structures are able to grow. In the subsequent evolution the low-mode oscillations saturate and the model does not develop an
explosion. (Color figures are available in the online version.)

Fig. 8. Entropy distribution of Models W12F-c (left column) and W12F (right column) for several times. Model W12F-c quickly develops
anisotropies because of the onset of convection, whereas in Model W12F convection is initially suppressed and low-mode SASI oscillations be-
come visible after about 100 ms. After these oscillations have grown to large amplitude and have begun to trigger convection also in Model W12F,
the two models explode in a qualitatively very similar way, although the detailed structure and asymmetry of the postshock flow and supernova
shock are clearly different. (Color figures are available in the online version.)



Progenitor Group Mechanism Dim. texp Eexp(B) ν transport
(Year) (Hydro) (ms) @tpb (ms) (Dim, O(v/c))

8.8 M!
MPA[51] ν-driven 1D ∼200 0.1 Boltzmann
(2006) (PN) (∼800) 2, O(v/c)

(NH88[71]) Princeton+ ν-driven 2D !125 0.1 MGFLD
[74](2006) (N) - 1, (N)

10 M! Basel[75] ν+(QCD 1D 255 0.44 Boltzmann
(WHW02[72]) (2009) transition) (GR) (350) 2, (GR)
11 M! Princeton+ Acoustic 2D "550 ∼0.1* MGFLD
(WW95[73]) [74](2006) (N) (1000) 1, (N)

11.2 M!
MPA[76] ν-driven 2D ∼100 ∼ 0.005 ”RBR” Boltz-
(2006) (PN) (∼220) mann, 2, O(v/c)

(WHW02[72]) Princeton+ Acoustic 2D "1100 ∼0.1* MGFLD
[77] (2007) (N) (1000) 1, (N)
NAOJ+ ν-driven 3D ∼100 0.01 IDSA
[78](2011) (N) (300) 1, (N)

12 M! Oak Ridge+ ν-driven 2D ∼300 0.3 ”RBR” MGFLD
(WHW02[72]) [79](2009) (PN) (1000) 1, O(v/c)
13 M! Princeton+ Acoustic 2D "1100 ∼0.3* MGFLD
(WHW02[72]) [77](2007) (N) (1400) 1, (N)
(NH88[71]) NAOJ+ ν-driven 2D ∼200 0.1 IDSA

[80](2010) (N) (500) 1, (N)
15 M! MPA[81] ν-driven 2D ∼600 0.025 Boltzmann
(WW95[73]) (2009) (PN) (∼700) 2,O(v/c)
(WHW02[72]) Princeton+ Acoustic 2D - - MGFLD

[77] (N) (-) 1, (N)
OakRidge+ ν-driven 2D ∼300 ∼ 0.3 ”RBR” MGFLD
[79](2009) (PN) (600) 1,O(v/c)

20 M! Princeton+ Acoustic 2D "1200 ∼0.7* MGFLD
(WHW02[72]) [77](2007) (N) (1400) 1, (N)
25 M! Princeton+ Acoustic 2D "1200 - MGFLD
(WHW02[72]) [77](2007) (N) (-) 1, (N)

Oak Ridge+ ν-driven 2D ∼300 ∼ 0.7 ”RBR” MGFLD
[79](2009) (PN) (1200) 1, O(v/c)

Table 1: Selected lists of recent neutrino-radiation hydrodynamic milestones reported by many SN groups around the
world (”Group”), which obtained explosions by the neutrino-heating mechanism (indicated by ”ν-driven”) or the acoustic
mechanism (”Acoustic”) (See text for more details).
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Numerical scheme	


explosion could be changed in 3D from those in 2D. To answer the
questions raised above, we vary the initial perturbations as well as
the neutrino luminosity, and compare the growth of SASI be-
tween 2D and 3D in detail, conducting a mode analysis for both
the linear phase and the nonlinear saturation phase.

The plan of this paper is as follows. In x 2, we describe the
models and numerical methods, show the main numerical results
in x 3, and conclude the paper in x 4.

2. NUMERICAL MODELS

The numerical methods we employ are based on the code
ZEUS-MP/2 (Hayes et al. 2006), which is a computational fluid
dynamics code for the simulation of astrophysical phenomena,
parallelized by the MPI (message-passing) library. The ZEUS-
MP/2 code employs Eulerian hydrodynamics algorithms based
on the finite-differencemethodwith a staggeredmesh. In this study,
we have modified the original code substantially according to the
prescriptions in our preceding 2D simulations (Ohnishi et al. 2006,
2007).

We consider spherical coordinates (r; !;") with the origin at
the center of the protoYneutron star. The basic evolution equations
describing accretion flows of matter attracted by a protoYneutron
star and irradiated by neutrinos emitted from the protoYneutron
star can be written as

d#

dt
þ #:= v ¼ 0; ð1Þ

#
dv

dt
¼ %:P % #:!%:= Q; ð2Þ

#
d

dt

e

#

! "
¼ %P:= vþ QE%Q : :v; ð3Þ

dYe
dt

¼ QN; ð4Þ

! ¼ %GMin

r
; ð5Þ

where #, v, e, P, Ye, and ! are the density, velocity, internal en-
ergy, pressure, electron fraction, and gravitational potential, re-
spectively, and G is the gravitational constant. The self-gravity
of matter in the accretion flow is ignored. HereQ is the artificial
viscous tensor, andQE andQN represent the heating/cooling and
electron source/sink via neutrino absorptions and emissions by
free nucleons, respectively. The Lagrangian derivative is denoted
by d/dt & @/@t þ v = :. The tabulated realistic equation of state
based on relativistic mean field theory (Shen et al. 1998) is imple-
mented according to the prescription in Kotake et al. (2003). The
mass accretion rate and the mass of the central object are fixed to
be Ṁ ¼ 1 M' s%1 andMin ¼ 1:4 M', respectively. The neutrino
heating is estimated under the assumptions that neutrinos are emit-
ted isotropically from the central object and that the neutrino flux
is not affected by local absorptions and emissions (see Ohnishi
et al. 2006). We consider only the interactions of electron-type
neutrinos and antineutrinos. Their temperatures are also assumed
to be constant and are set to be T$e ¼ 4 MeV and T$̄e ¼ 5 MeV,
typical values in the postbounce phase. The neutrino luminosity
is varied in the range of L$ ¼ (6:0Y6:8) ; 1052 ergs s%1.

Spherical polar coordinates are adopted. In the radial direction,
the computational mesh is nonuniform, while the grid points are
equally spaced in other directions. We use 300 radial mesh points
to cover rin ( r ( rout, where rin ) 50 km is the radius of the in-
ner boundary, located roughly at the neutrino sphere, and rout ¼
2000 km is the radius of the outer boundary, at which the flow is

supersonic. A total of 30 polar and 60 azimuthal mesh points are
used to cover the whole solid angle. In order to see if this angular
resolution is sufficient, we have computed a model with the 300 ;
60 ; 120 mesh points and compared it to the counterpart with the
300 ; 30 ; 60 mesh points. As shown in Appendix B, the results
agree reasonably well with each other in both the linear and non-
linear phases. Although the computational cost does not allow us
to carry the convergence test further, we think that the resolution
of this study is good enough.
We use an artificial viscosity of tensor type, described in Ap-

pendix A, instead of the von Neumann & Richtmyer type that
was originally employed in ZEUS-MP/2. For 3D simulationswith
a spherical polar mesh, we find the former preferable to prevent
the so-called carbuncle instability (Quirk 1994), which we ob-
serve around the shock front near the symmetry axis, ! ) 0, %.
With the original artificial viscosity, an appropriate dissipation is
not obtained in the azimuthal direction for the shear flow result-
ing from the converging accretion, particularly when a fine mesh
is used (Stone & Norman 1992). We have also applied this ar-
tificial viscosity to axisymmetric 2D simulations and reproduced
the previous results (Ohnishi et al. 2006).
Figure 1 shows the radial distributions of various variables for

the unperturbed flows. The spherically symmetric steady accre-
tion flow through a standing shock wave is prepared in the same
manner as in Ohnishi et al. (2006). Behind the shock wave, the
electron fraction is less than 0.5 owing to electron capture, and a
region of negative entropy gradient with positive net heating
rates is formed for the neutrino luminosities L$ ¼ (6:0Y6:8) ;
1052 ergs s%1. The values of these variables on the ghost mesh
points at the outer boundary are fixed to be constant in time, while
on the ghost mesh points at the inner boundary they are set to be
identical to those on the adjacent activemesh points, except for the
radial velocity, which is fixed to the initial value at both the inner
and outer boundaries.
In order to induce nonspherical instability, we have added a

radial velocity perturbation, &vr(r; !;"), to the steady spherically
symmetric flow according to the equation

vr(r; !;") ¼ v1Dr (r)þ &vr(!;"); ð6Þ

where v1Dr (r) is the unperturbed radial velocity. In this study, we
consider three types of perturbations: (1) an axisymmetric (l ¼ 1,
m ¼ 0) single-mode perturbation,

&vr(!;") /
ffiffiffiffiffiffi
3

4%

r
cos ! v1Dr (r); ð7Þ

(2) a nonaxisymmetric perturbation with l ¼ 1,

&vr(r; !;") /
ffiffiffiffiffiffi
3

4%

r
cos !%

ffiffiffiffiffiffi
3

8%

r
sin ! cos "

" #

v1Dr (r); ð8Þ

and (3) a random multi-mode perturbation,

&vr(!;") / rand ; v1Dr (r) (0 ( rand < 1); ð9Þ

where ‘‘rand’’ is a pseudorandom number. The perturbation am-
plitude is set to be less than 1% of the unperturbed velocity. We
note that there is no distinction between m ¼ 1 and %1 modes
when the initial perturbation is added only to the radial velocity,
as is the case in this paper. To put it another way, the m ¼ *1
modes contribute equally. Hence, they are referred to as the
jmj¼ 1mode below. On the other hand, differences do show up,
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ρ (H - C + Q)	


Ye prescription / Γe	


Basic equations (Murphy & Burrows ‘08)	


H = 1.544e20 × (Lνe /1052 erg s-1)  
       × (r / 100km)-2 (Tνe / 4MeV)2 

           × (Yn + Ye)  e-τ	


C = 1.399e20 × (T / 2MeV)6 

           × (Yn + Ye)  e-τ 
                [erg/g/s] 

Q :  Nuclear reaction energy 
　　←Network calculation incl. He-Ni	


neutrino heating/cooling （Janka ’01） 

Neutrino irradiation	


Progenitor model	


derived from evolutionary calculation for a star with 
M=11.2-15.0 Msun、Z=Zsun	


Lνe  = Lνe = L0 exp(-tpb/td)	


SASI	


vr(r,θ) = vr
0(r,θ) + δvr	



     δvr = 0.01 × rand × vr
0(r,θ)	


2

that the existence of such light nuclei lowers the relative
abundance of proton and neutron and affects the spec-
trum and average energy of neutrinos irradiated from the
central protoneutron star.

The main subject of this study is the role of energy
released by nuclear reactions in shock revival and ener-
gizing explosion. For this purpose, we develop a hydro-
dynamic code equipped with a simple nuclear network.
Our numerical model is described in §2, including the
basic equations and the progenitor models we employed.
§3 presents our results from 1-dimensional simulations
for 4 progenitor models. Time evolutions of abundance
distribution, mass of protoneutron star, and explosion
energy are discussed in this section. Then we extend
our study to 2-dimensional simulations. The differences
of axi-symmetric explosions from spherical ones are de-
scribed in §4. §5 summarizes the final conclusions.

2. NUMERICAL SCHEME

2.1. Basic equations
We investigate the time evolution of collapsing core

and accreting materials by solving the following basic
equations:

dρ

dt
+ ρ∇ · v = 0, (1)

ρ
dv
dt

= −∇p − ρ∇Φ, (2)

∂e

∂t
+ ∇ · [(e + p)v] = −pv ·∇Φ + ρ(H − C + Q), (3)

Φ = −GMr

r
, (4)

where ρ, v, p, and e are the fluid mass density, ve-
locity, pressure, and total energy density, respectively.
d/dt ≡ ∂/∂t + v ·∇ denotes the Lagrangian derivative.
We assume that the self-gravity of accreting gas is negli-
gible and the gravitational potential Φ is described with
Newton’s gravitational constant G and the mass Mr en-
closed in the radius r as equation (4). We adopt a sim-
ple treatment (Janka 2001) instead of solving a complex
transfer equation. Assuming the same luminosity and
the average temperature of electron neutrino as those of
anti-electron neutrino allows us to describe the rates of
neutrino heating, H, and cooling, C as

H = 1.544 × 1020

(
Lνe

1052 erg s−1

)(
Tνe

4MeV

)2

×
( r

100 km

)−2
(Yn + Yp) e−τνe ,

(5)

C = 1.399 × 1020

(
T

2MeV

)6

(Yn + Yp) e−τνe , (6)

in units of erg g−1 sec−1. Here Lνe and Tνe are the (anti-
)electron neutrino luminosity and temperature, r is the
radial distance from the center, T is the fluid tempera-
ture, Yn and Yp are the neutron and proton fractions, and
τνe is the optical depth for electron neutrino. The term
Q is the net specific energy released by nuclear burning
reactions in the time differential dt.

The rate of mass accretion from the outer boundary
is fixed to be Ṁ = 0.2 M" s−1 for 15 M" models and
Ṁ = 0.01 M" s−1 for 11.2 M" model so that .

The time evolution of electron fraction before core
bounce is given by a simple prescription (Liebendörfer
et al. 2005) as a function of density. Neutrinos start be-
ing irradiated from the central protoneutron star after
core bounce. In this phase neutrino emission and ab-
sorption by nucleon is solved to determine the electron
fraction.

2.2. Standing accretion shock instability
We add a perturbation of radial velocity to induce a

nonspherical hydrodynamic instability like the standing
accretion shock instability (SASI). This perturbation is
given as

vr(r, θ) = v0
r(r, θ) + δvr , (7)

and
δvr = 0.01 × rnum × v0

r(r, θ) , (8)

where v0
r(r, θ) is the unperturbed radial velocity and δvr

is the random multi-mode perturbation with a random
number −1 < rnum < 1.

2.3. Neutrino irradiation
We search a marginal neutrino luminosity and its de-

cay time scale for neutrino-induced explosion where the
effect of nuclear burning is expected to be outstanding.
For this purpose, we adopt a very simple treatment for
neutrino irradiation and transportation so that the com-
putational cost is considerablly reduced. Neutrino lumi-
nosity evolves exponentially with time as Lνe = Lν̄e =
Lν0 exp(−(t − tbounce)/td), where Lν0 is initial luminos-
ity, tbounce is time of core bounce, and td is the decay
time scale. Lν0 and td are treated as free parameters,
while tbounce should be determined by numerical calcu-
lation for each model. We assume Tν = 4 MeV for every
flavor and Lν0 = 0 for t < tbounce.

2.4. Hydrodynamics code
We developed the hydrodynamics code based on

ZEUS-MP (Hayes et al. 2006) code which is in Eule-
rian spherical coordinates with 300 grids in radial di-
rection, covering 0 ≤ r ≤ 5000 km. The polar grids
are coarsely distributed from θ = 0 to π at equi-interval
with 32 grids. This is because of the same reason as
why we adopt a simple treatment for the neutrino lumi-
nosity. A particular attention is paid for some cases by
means of 300(r)× 128(θ) grid points. Our simulation for
each model is interrupted when a shock wave reaches the
outer boundary at r = 5000 km or the simulation time
of 1 second has passed.

2.5. Nuclear network code
We solve the evolution of the distribution of chemical

compositions simultaneously to incorporate the energy
generation via nuclear reactions into hydrodynamic mo-
tion. A simple network code including alpha nuclei from
4He to 56Ni is employed and combined with our hydro-
dynamic code by taking the energy generation rate Q
as an source term of internal energy. We adopt nuclear
mass evaluations given by Audi & Wapstra (1995) and
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Snap shots of entropy distributions from our simulations with (left) and without (right) 
nuclear network calculation. 

Example) Lνe  = L0 exp(-tpb/td)  ← L0 = 2.4×1052 erg/s, td = 1.1 s	
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Entropy	
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With/w.o. nucl. burning	


•  Si & O burning 
•  “nuclear reaction-aided” 

supernova explosion 
•  corresponding parameter 

region is narrow, but ..	
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•  Explosion energy 
–  red: explosion energy = Σ(Ekin + Eint + Egrv)i for vri & Etoti > 0 
–  green: net burning energy 
–  blue-dotted: explosion energy in the case without nuclear burning	


Contribution of nuclear reactions 
to explosion energy	


 0

 1e+50

 2e+50

 3e+50

 4e+50

 5e+50

 6e+50

 7e+50

 0.2  0.3  0.4  0.5  0.6  0.7

En
er

gy
 [e

rg
]

Time [sec]

Eexp
Enuc

Eexp (no burning)

Ln_0 = 2.1e52 [erg/s] 
t_d   = 2.0 [s]	


 0

 5e+07

 1e+08

 1.5e+08

 2e+08

 2.5e+08

 3e+08

 3.5e+08

 4e+08

 4.5e+08

 0.2  0.3  0.4  0.5  0.6  0.7

Sh
oc

k 
ra

di
us

 [c
m

]

Time [sec]

average
maximum

average (no burning)

Shock radius	

Explosion energy	




3-D simulation (primitive)	


- WW95 モデル 
        (15 Msun) 

-  3-dimensional 
   Cartesian 
    coordinates 

- Ln_0 = 1.5e52  
              [erg/s] 

-  t_d = ∞	


-  核反応なし 

200 km	




•  重力崩壊型超新星においてニュートリノ爆発モデルは有力であるが、先行研究
では典型的な爆発エネルギー(1051erg)を再現できていない 

•  ある種の流体不安定性や空間多次元効果がニュートリノ加熱の効率を上げると
いう報告はあるが、現時点では不十分 

•  核反応ネッワークを組み込んだ流体計算によって、反応エネルギーの流体運動
への影響およびモデル/空間次元/ニュートリノ特性への依存性を調べた  
–  11.2 Msun (WHW02), & 15.0 Msun (WW95, WHW02, LC06) models 
–  nuclear network including 13 alpha-nuclei from He to Ni. 
–  simple treatment of neutrino heating 

•  1,2次元計算の結果 
–  爆発しやすさ: WHW-11 > WW-15 > LC-15 > WHW-15、２次元>１次元 
–  “核反応を入れることによって”爆発する ν パラメータ領域 
–  すべてのモデルで核反応による爆発エネルギーの増加(1次元>2次元) 

•  ３次元計算に向けて 
–  AMR-MPI コード（12/27黒田さん）を用いて計算中 
–  核反応による加熱効率は上がる？ 

Summary	



