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Superluminous SNe
• Superluminous supernovae(SLSNe): SNe 10-100 times brighter than normal SNe 

(Quimby+2007, Barbary+2009 etc, see Gal-Yam+2012 for review) 

• They are found by recent “unbiased” transient survey projects (e.g., Palomar 

transient factory, Pan-STARRS).  

• The following classification based on their optical spectra has been proposed 

(analogy to standard SNe).  

• Total radiated energy can be ~ 1051 [erg]
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Fig. 1.— The luminosity evolution (light curve) of supernovae. Common SN explosions
reach peak luminosities of ∼ 1043 erg s−1 (absolute magnitude > −19.5). The new class of

super-luminous SN (SLSN) reach luminosities ∼ 10 times higher. The prototypical events of
the three SLSN classes (SLSN-I PTF09cnd, Quimby et al. 2011; SLSN-II SN 2006gy, Smith

et al. 2007, Ofek et al. 2007, Agnoletto et al. 2009; and SN 2007bi, Gal-Yam et al. 2009) are
compared with a normal Type Ia SN (Nugent template), Type IIn SN 2005cl (Kiewe et al.
2011), the average Type Ib/c light curve from Drout et al. (2012), the Type IIb SN 2011dh

(Arcavi et al. 2011) and the prototypical Type II-P SN 1999em (Leonard et al. 2002). All
data are in the observed R band. See SOM for additional details.

↑light curves of standard SNe, SLSNe (Gal-Yam 2012)

1)SLSN-I : no Hydrogen feature 
2)SLSN-II : Hydrogen feature 
3)SLSN-R : subclass of SLSN-I, their light curves 
can be explained by the decay of radioactive 
56Ni (e.g., 3M◉ Ni for SN 2007bi) 

 

What is the origin of SLSNe-I?

(~ explosion energy of normal CCSNe)



Proposed models and progenitors for SLSNe

• CSM interaction 

• pair-instability SNe (very massive progenitor with ~ 100-300M◉ at ZAMS) 

• additional energy injection from the central engine : magnetar spin-down (e.g., 

Kasen&Bildsten 2010, Woosley 2010) or BH accretion (Dexter&Kasen 2013) 

Supernova ejecta

Forward shock

Reverse shock

Compact object

Relativistic wind

Rotating Neutron Star© ESO 

BH accretion disk© NASA 



• After the gravitational collapse of the iron core, a massive star experience the core 

bounce and its outer layer with mass Mej is expelled by neutrino-driven explosion 

with Ekin=1051[erg] (standard scenario for CCSNe).  

• a neutron star with a strong dipole magnetic field is assumed to form immediately 

after the neutrino-driven explosion. 

• spin-down of the new-born magnetar is expected to power the SN ejecta 

Propagation of a blast wave powered by spin-down of a magnetized
neutron star in supernova ejecta

Abstract

SN ejecta powered by a central engine is considered.

1 INTRODUCTION

2 SUPERNOVA EXPLOSION AND CENTRAL ENGINE

Massive stars end their lives by the gravitational collapse of the iron core triggered by photo-disintegration. In
the standard scenario of core-collapse supernova explosion, the We consider that the neutrino-driven explosion
expel the stellar mantle on top of the neutron star, which becomes freely expanding ejecta with a mass of
Mej and a kinetic energy of Esn. After the creation of the freely expanding ejecta, the new-born neutron star
increases its magnetic field strength and starts losing its rotational energy via magnetic breaking. We consider
a neutron star with a mass of Mns ∼ 1M⊙, a radius Rns, and a moment of inertia Ins ∼ 1045 g cm2, rotating
at an initial period of Pi ∼ 1 ms, which corresponds to the initial frequency of Ωi = 2π/Pi ∼ 6 × 103 s. Thus,
the initial rotation energy is Erot = InsΩ2

i /2 ≃ 2 × 1052 erg.
For a given dipole magnetic field strength B, the neutron star loses its rotation energy at a spin-down rate

of
L =

Erot/tch
(1 + t/tch)2

, (1)

[Shapiro & Teukolsky(1983)]. Here, the time scale tch characterizing the energy loss τch is given by

tch =
6Insc3

B2R6
nsΩ2

i

= 4.1 × 103I2
ns,45B

2
15R

6
ns,6 s, (2)

where physical quantities are expressed by Q = 10nQn in cgs units. Therefore, within the time smaller than
the characteristic time scale, t < tch, the spin down of the neutron star can be regarded as a steady energy
injection into the surroundings at a rate,

L ≃ B2R6
nsΩ4

i

6c3
∼ 1049B2

15R
6
ns,6P

−4
i,−3 erg s−1 (3)

In the following, we assume that the energy injection is realized as a steady wind moving at an ultra-
relativistic speed and treat the energy injection rate L as a free parameter. The configuration considered in
this paper is schematically drawn in Figure 1. As illustrated in Figure 1, the relativistic wind is terminated by
a shock, i.e., the reverse shock and a shocked region filled with high-pressure gas forms. Then, a forward shock
is expected to form in the supernova ejecta in order to maintain the pressure balance at the interface between
the shocked wind and the supernova ejecta. We consider the propagation of the wind-driven blast wave in the
supernova ejecta.

2.1 Dynamical Evolution of Supernova Ejecta

The supernova ejecta are assumed to be spherical and expanding in a homologous way, i.e., the radial velocity
is proportional to the radius. Thus, the velocity profile at time t is given by

v(r) =
{

r/t for r ≤ vejt,
0 for vejt < r.

(4)

where vej denotes the maximum velocity of the ejecta. We adopt the density profile presented in [Truelove & McKee(1999)],
where the ejecta is composed of inner region with a shallow density gradient (referred to as the “core”) and
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ulation. Channels with smaller physical scales can be
realized in simulations with higher resolutions. Further-
more, future 3D simulations may reveal ejecta struc-
ture with di↵erent morphology and channels with di↵er-
ent size distributions. Therefore, the minimum physical
scale determined by the radiative transport e↵ects and
the comparison with the mean free path of high-energy
photons, electrons, positrons, and ions should be studied
in detail to quantitatively determine the escape fraction
of these particles and the ionization states of di↵erent
layers of the ejecta.
We may expect the possibility that these highly rel-

ativistic flows are predominantly composed of cold lep-
tons and baryons and they dissipate their kinetic en-
ergies through shocks outside the photosphere, leading
to flare activities associated with the dissipation and
characterized by high-energy emission with non-thermal
spectra. Since the flows are driven by the energy injec-
tion from the relativistic wind, the energy flux of each
relativistic flow is basically determined by that of the
relativistic wind. Thus, the isotropic luminosity of the
high energy emission would be of the order of the energy
injection rate at the centre, L.

6.5. Implications for Magnetar Spin-down Scenario

In this study, we simply inject energy into the super-
nova ejecta at a constant rate and do not assume any
specific mechanism responsible for the energy injection.
In the following, we briefly mention implications for the
magnetar spin-down scenario.
We consider a neutron star with typical values of

the radius R

ns

= 10 km and the moment of inertia
I

ns

⇠ 1045 g cm2. The rotational energy of the neu-
tron star is given by E

rot

= I

ns

⌦2

i

/2, where ⌦
i

is the
initial frequency. Therefore, in order for the neutron
star to deposit a total energy of the order of 1052 erg, it
should be rotating at an initial frequency of ⌦

i

⇠ 4⇥103

s�1, corresponding to an initial period P

i

= 2⇡/⌦
i

of the
order of 1 ms.
In the magnetar scenario, the rotational energy is lost

via magnetic dipole radiation. For a given dipole mag-
netic field strength B, the neutron star loses its rota-
tional energy at a spin-down rate of L ' E

rot

/t

ch

(e.g.
Shapiro & Teukolsky 1983) at t < t

ch

. The timescale t
ch

characterizing the energy loss is given by

t

ch

=
6I

ns

c

3

B

2

R

6

ns

⌦2

i

= 4.1⇥ 103I
ns,45

B

2

15

R

6

ns,6

P

2

i,�3

s. (67)

The physical quantities are expressed by Q = 10nQ
n

in
cgs units. Until the characteristic time, t < t

ch

, the spin
down of the neutron star deposits the rotational energy
at a rate,

L ' B

2

R

6

ns

⌦4

i

6c3
⇠ 1049B2

15

R

6

ns,6

P

�4

i,�3

erg s�1

. (68)

Therefore, strong magnetic field strengths of the order
of B = 1015 G, which are typical for Galactic magne-
tars, yield energy injection timescales of 103 s. In our
model, energy injections with such high rates lead to
radiatively ine�cient explosions, which are supposed to
produce transients like broad-lined Ic SNe. On the other
hand, in order to produce radiatively e�cient explosions
or SLSNe-like transients, the magnetic field strength
should be 1013-1014 G. The same conclusion had been
reached by Metzger et al. (2015), who considered the
magnetar scenario by a one-zone model with energy sup-
plies from the magnetar spin-down and the radioactive
decay of 56Ni and energy losses via adiabatic cooling and
radiative di↵usion.

6.6. Other Remarks

Finally, we describe some remarks and future
prospects.
First, the presence of the symmetry axis in our simula-

tion would a↵ect the dynamical evolution of the ejecta.
As shown in Figures 1 and 2, the deviation from the
spherical symmetry is most prominent around the sym-
metry axis at r = 0. At the axis, collisions of in-
coming and reflected flows produce large perturbations,
from which the Rayleigh-Taylor instability e�ciently de-
velops. As a result, the forward shock emerges from
the supernova ejecta in a bipolar fashion. This is in-
evitable as long as we perform two-dimensional simu-
lations. In three-dimensional simulations without any
preferred direction, deviations from spherical symme-
try would equally grow along all radial directions. In
addition, the growth of the Rayleigh-Taylor instability
may di↵er in the presence of magnetic fields (e.g. Stone
& Gardiner 2007). In the context of pulsar wind nebu-
lae, multi-dimensional numerical modellings of the wind-
ejecta interaction have been attempted (e.g. Komissarov
& Lyubarsky 2003; Del Zanna et al. 2004). Porth et
al. (2014) performed both two- and three-dimensional
relativistic magnetohydrodynamics simulations. They
clearly demonstrated the non-linear development of the
magnetic Rayleigh-Taylor instability. However, it is dif-
ficult to compare the power spectra of the magnetic field
in the three-dimensional simulation with those of two-
dimensional counterparts because of the limited resolu-
tion. Thus, further sophisticated numerical investiga-
tions are strongly demanded. We should also consider
the possibility that bipolar structure is realized in real-
ity. In the magnetar scenario, the energy injection is due
to the magnetic dipole radiation, which is anisotropic
in nature. Recent spectroscopic observations of SLSN-I
2015bn by Inserra et al. (2016) reported the detection of
significant polarisation at both pre- and post-maximum
stages. They pointed out the possibility that the energy
injection is realized in a similar manner to broad-lined
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in the three-dimensional simulation with those of two-
dimensional counterparts because of the limited resolu-
tion. Thus, further sophisticated numerical investiga-
tions are strongly demanded. We should also consider
the possibility that bipolar structure is realized in real-
ity. In the magnetar scenario, the energy injection is due
to the magnetic dipole radiation, which is anisotropic
in nature. Recent spectroscopic observations of SLSN-I
2015bn by Inserra et al. (2016) reported the detection of
significant polarisation at both pre- and post-maximum
stages. They pointed out the possibility that the energy
injection is realized in a similar manner to broad-lined

Rotating Neutron Star © ESO 

Magnetar scenario



• one-box light curve model for SNe with magnetar energy injection 

• LCs are explained by “tuning” several free parameters, Mej, B, and Pi. 

• Magnetar scenario looks successful when one-box model is considered.  

Magnetar scenario
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Figure 12. Bolometric light curves of PTF10hgi, SN 2011ke, PTF11rks, SN 2011kf, SN 2012il, and SN 2010gx and the diffusion semi-analytical model that best fits
the light curve (black solid line). The limits are shown as empty upside down triangles. The best fit of the 56Ni model (black dashed line) for each SN is also reported.
(A color version of this figure is available in the online journal.)

From the fits, it appears that no physical and consistent
solutions for 56Ni heating can be determined, as found by
previous authors (Pastorello et al. 2010; Quimby et al. 2011b;
Chomiuk et al. 2011; Leloudas et al. 2012). One could invoke a
combination of CSM interaction to explain the peak luminosity
and then 56Ni masses of 1–4 M⊙ to account for the tail phases,
but, as discussed above, this requires full γ -ray trapping and
somewhat fine tuning of the two scenarios to work in unison.

6.2. Magnetar Model

Kasen & Bildsten (2010), Woosley (2010), and Dessart et al.
(2012) have already proposed that a rapidly spinning magnetar
can deposit its rotational energy into an SN explosion and
significantly enhance the luminosity. This appears to be an

appealing scenario as the model is fairly simple, and this
additional power source can potentially transform a canonical
Type Ic SN into an SL-SN Ic. To investigate this further and
quantitatively compare our extensive light curves with this
model, we have derived semi-analytical diffusion models. We
use standard diffusion equations derived by Arnett (1982) and
add magnetar powering (as in Kasen & Bildsten 2010) to fit
the light curves of our five objects. A full description can be
found in Appendix D. Assuming full trapping of the magnetar
radiation,18 the ejecta mass Mej, explosion energy Ek, and the
opacity κ only influence the bolometric light curve through

18 Which is the case if the SED of the magnetar is dominated by X-ray
radiation, as in the Crab pulsar, for instance (Weisskopf et al. 2000).
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↑Magnetar model fit to SLSNe-I (Inserra+2013)



• one-box light curve model for SNe with magnetar energy injection 

• LCs are explained by “tuning” several free parameters, Mej, B, and Pi. 

• Magnetar scenario looks successful when one-box model is considered. 

• Magnetar fit :  

Magnetar scenario

↑Magnetar model fit to SLSNe-I (Nicholl+2017)

14 M. NICHOLL ET AL.

Figure 5: Median values and 1-� errors of key parameters (P, B?, Mej, EK) for all SLSNe. Empty symbols correspond to slowly
evolving SLSNe, while squares indicate an observed double-peak in the light curve. Data for other SN types comes from Drout
et al. (2011) and Taddia et al. (2015). The various contours are described in the text.

- spin-period ~ 1 - 7 [ms] 

- B ~ 1013 - a few 1014 [G] 

- time-scale ~ a few 10-100 days 

- Ek ~ 1051 - 1052 [erg] 

- Mej ~ 2 - 10 M◉ 

(e.g., Nicholl+2017) 



Q: But, how the magnetar power the ejecta?  
• The magnetic braking is formulated by assuming a rotating neutron star with a 

dipole magnetic field surrounded by vacuum. What happens in highly dense 

environment? Can we apply the vacuum dipole formula?  

• OK, we can assume that the energy extraction from the rotating neutron star is 

realized by the magnetic braking. But, the energy flux is “Poynting-flux 

dominated” → long-standing (notorious) σ-problem:  how to convert Poynting-

dominated flow to particle energy-dominated flow???

Crab pulsar © NASA 

• OK, we can assume the energy flux is dominated by 

some form (thermal or kinetic) of the particle energy 

at some distant region. But, what kind of spectrum is 

expected? The flow is composed of electron-positron 

pair or high energy ions? The flow may also be 

baryon-rich (no CR or pair acceleration). 
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FIG. 1.ÈSchematic representation of the normal Type II supernova
remnant model for the simulation. The Ðgure shows the pulsar wind
blowing into the uniformly expanding supernova remnant. The pulsar is
located in the center. The small dotted circle outside of the pulsar is the
wind termination shock. This shock heats up the wind gas and produces a
hot bubble expanding into the supernova remnant. The contact discontin-
uity between the pulsar bubble and the shocked supernova gas is shown to
be Rayleigh-Taylor unstable. The R-T Ðngers are connected to each other
by a thin shell conÐned by the forward shock. Note that this forward shock
front is actually distorted by the development of the instability in the
numerical simulation (see Outside the forward shock are theFig. 6).
expanding supernova ejecta, the reverse shock, and the blast wave of the
supernova.

bubble has been found near the boundary of the Crab
Nebula recently by & Hester although theSankrit (1997),
existence of the shock is debated because the steepening of
the radio spectral index near the outer boundary of the
Crab Nebula has not been found et al.(Frail 1995 ;

et al. Sankrit & Hester Ðnd that theBietenholtz 1997).
shock should be expanding with a velocity about v\ 150
km s~1 into the freely expanding supernova ejecta.

The normal Type II supernova remnant model is particu-
larly attractive because there is no need for a peculiar low-
energy supernova event, and it can be applied to other
pulsar-powered remnants. Also, the mechanism for the
observed acceleration is naturally explained because the
pulsarÏs wind shock expands with the law r P t6@5 in the
self-similar stage if the pulsarÏs luminosity is assumed to be
constant In fact, the low-energy event(Chevalier 1977).
model itself, which is considered because of the discourag-
ing observational results on the absence of a fast-moving
shell in the Crab Nebula, has many problems reconciling
the observed features of the Crab Nebula. First, even low-
energy supernovae should produce an outer shock since the
supersonically moving gas generates a shock ahead of it.
This shock should have a currently expanding velocity,
about km s~1. Therefore, the fact that nov

shock
D 1400

steepening of the spectral index near the boundary of the
Crab Nebula has been found cannot support the low-
energy event model. Actually, this low-energy event model
can generate a stronger shock than that of the normal Type
II supernova model. Second, the acceleration of both the
line-emitting Ðlaments and the synchrotron nebula and the
well-resolved Rayleigh-Taylor Ðnger-like Ðlaments pointing
inward have not been explained by the low-energy event
model. Currently, the only mechanism that can accelerate
both the synchrotron nebula and the Ðlaments is the pulsar
wind blowing into the freely expanding supernova ejecta
around the Crab Nebula.

In this paper, we will present the results of our numerical

investigation of a Type II supernova remnant model on the
origin of the Ðlamentary structures in the Crab Nebula. In

we study the self-similar solution for our model. In° 2,
our numerical methods and initial conditions for the° 3,

simulation is described. presents our numericalSection 4
results on the hydrodynamic evolution and Ñuid insta-
bilities of the interaction region. In we will discuss the° 5,
evolution of Rayleigh-Taylor Ðngers in terms of mass and
kinetic energy. We discuss the related issues to the Crab
Nebula further in and summarize our main conclusions° 6
in ° 7.

2. SELF-SIMILAR SOLUTION

Chevalier has studied the self-similar solu-(1977, 1984)
tion for the current model of the pulsar bubble expanding
into a uniformly moving medium of constant density. In
order to understand the dynamics of the system and our
numerical results, we generalize ChevalierÏs self-similar
solution for a power-law density medium. We only consider
the region between the contact discontinuity and the
forward shock driven by the pulsar bubble. Using dimen-
sional analysis, the expansion law can be obtained readily,
r P t(6~n~l)@(5~n), where n and l are the power-law indices
for the moving ejecta density (o P r~n) and the pulsar lumi-
nosity (L P t~l). For a constant pulsar luminosity and
uniform ejecta density, the bubble radius expands with the
law, r P t1.2 ; that is, it is accelerating. It should be noted
that the solution is only applicable for n \ 3 because of the
Ðnite mass requirement [M P tn~3r3~n/(3 [ n)], as pointed
out by & Fransson Also, the bubble mustChevalier (1992).
expand at least with constant velocity (no deceleration is
allowed) because the surrounding medium is freely expand-
ing. In actual evolution, the bubble can decelerate at early
stages while the bubble velocity is much higher than the
ejecta velocity because the medium motion can be negligi-
ble (see the one-dimensional numerical results in ° 4).
However, as the bubble expansion approaches the self-
similar stage, the e†ect of the moving medium is not negligi-
ble, and the bubble expansion cannot decelerate. Therefore,
the self-similar solution is only applicable for l π 1.

In order to derive a self-similar solution for the general
power-law density proÐle of supernova ejecta, we can deÐne
the similarity variables :

f \
r

Ata
, (1)

o \ tb~naD(f) , (2)

v\ aAta~1V (f) , (3)

p \ a2A2tb~na`2a~2P(f) , (4)

where A is constant, a \ (6 [ n [ l)/(5 [ n), and b is an
expansion factor deÐned as b \ n [ 3. The expansion factor
b is 0 if the surrounding medium is at rest. The e†ect of a
constant expansion of the supernova ejecta is to change the
density with the law o P tn~3 at the same radius.

The one-dimensional Ñuid equations for a spherical coor-
dinate system are

Lo

Lt
] v

Lo

Lr
] o

Lv
Lr

]
2ov
r

\ 0 , (5)

Lv
Lt

] v
Lv
Lr

]
1
o

Lp
Lr

\ 0 , (6)

Relativistic wind from magnetized NS
• SN ejecta (or SNR) pushed by a pulsar wind nebula 

• e.g., Crab nebula 

Crab nebula © NASA 
Jun 1998

What happens when Einj > Eexp ? 
(or maybe Einj >> Eexp) Crab pulsar © NASA 

• galactic PWNe: injected energy Einj < SN explosion energy Eexp  



e.g., Chevalier (1992), Jun (1998) 

high pressure region filled with hot gas (low ρ) 
p ∝ Lt/Vc

geometrically thin shell driven by hot bubble 
assume Rc ∝ tα

freely expanding supernova ejecta (high ρ)
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free expansion r=vt



1D analytic model
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SN EJECTA WITH A RELATIVISTIC WIND 3

wind. We use a two-dimensional special relativistic hy-
drodynamics code developed by one of authors, which
solves equations governing the temporal evolution of the
density ρ, the velocities vr and vθ along radial and angu-
lar directions, and the pressure of gas in spherical coor-
dinates (r, θ). Appendix briefly describes details of our
code.

4.1. Mapping technique

The numerical domain is composed of 4096 radial and
1024 angular zones. The ranges of the radial and angular
coordinates initially are [(t0/50)] and [0,π]. In order to
follow the evolution of the expanding supernova ejecta,
we adopt a mapping technique, i.e., the radial range is
enlarged with time so that the numerical domain cov-
ers the ejecta. In practice, when the outermost layer of
the ejecta reaches a fraction (e.g., 0.95) of the maximum
radius of the numerical domain, the width of the radial

zones are doubled with the number of the zones fixed.
At the moment of the mapping,

4.2. Numerical Setups

4.3. Results
5. CENTRAL ENGINE-POWERED EMISSION

5.1. Breakout of the Shell

5.2. Cooling Emission

5.3. Emission from Relativistic Outflow
6. DISCUSSION AND CONCLUSIONS

Numerical calculations were in part carried out on
the general-purpose PC farm at Center for Computa-
tional Astrophysics, National Astronomical Observatory
of Japan.

APPENDIX

DERIVATION OF THE SELF-SIMILAR SOLUTION

M(t) ∝
∫ r

0
ρ(t, r)r2dr ∝ tm−3r3−m (A1)

M(t)
d2Rc

dt2
= 4πR2

cpc ∝
t

Rc
(A2)

R5−m
c ∝ t6−m ⇒ Rc ∝ tα, with α =

6−m

5−m
(A3)

SPECIAL RELATIVISTIC HYDRODYNAMICS CODE WITH ADAPTIVE MESH REFINEMENT
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Eq. of motion

Eq. of continuity

from the first law of thermodynamics, one obtains the following differential equation governing the temporal
evolution of the internal energy Eth in the shocked region

dEth

dt
= (2 − γ)L − (γ − 1)Eth

Vc

dVc

dt
, (19)

where Vc is the volume of the shocked gas,

Vc =
4π

3
(R3

c − R3
rs), (20)

Here, we assume that the volume of the unshocked wind is much smaller than that of the region surrounded
by the contact discontinuity, R3

rs ≪ R3
c and approximate the volume Vc as that of a sphere with the radius of

Rc, Vc ≃ 4πRc/3. Thus, the first law of thermodynamics is rewritten as follows,

d[EthR3(γ−1)
c ]

dt
= (2 − γ)LR3(γ−1)

c . (21)

Assuming that Rc is proportional to a power of the time t with an exponent α, Rc ∝ tα, Eq. (21) can be
integrated to give,

Eth =
2 − γ

1 + 3α(γ − 1)
Lt (22)

Thus, the pressure at the contact discontinuity, which is identical with the average pressure in the shocked
region, is found to be,

pc =
3(γ − 1)Eth

4πR3
c

=
3(γ − 1)(2 − γ)
1 + 3α(γ − 1)

Lt

4πR3
c

(23)

The pressure at the contact discontinuity is assumed to evolve according to the above equation including the
effects of the reverse shock and adiabatic cooling.

3 SHOCK PROPAGATION IN THE INNER EJECTA

3.1 Shock Jump Conditions

The position of the forward shock front in the supernova ejecta is denoted by Rs. From the self-similarity of
the flow, the position is assumed to be a power of the time t with an exponent λ,

Rs = Atα, (24)

Thus, the shock velocity is given by

Vs =
dRs

dt
= α

Rs

t
. (25)

The shock jump conditions for physical variables are given by the flux conservation in the rest frame of the
shock. We denote the post-shock values of the density, the velocity, and the pressure by ρf , uf , and pf . The
conservation laws under the strong shock approximation are described as follow,

ρf(uf − Vs) = ρej(uej − Vs), (26)

ρf(uf − Vs)2 + pf = ρej(uej − Vs)2, (27)

and [
1
2
ρf(uf − Vs)2 +

γ

γ − 1
pf

]
(uf − Vs) = ρej(uej − Vs)3. (28)

Solving these equations with respect to the post-shock values, one obtains

uf =
2Vs + (γ − 1)uej

γ + 1
, ρf =

γ + 1
γ − 1

ρej, pf =
2

γ + 1
ρ2
ej(Vs − uej)2 (29)

Furthermore, the sound speed cs,f at the shock front is found as follows,

cs,f =
√

γpf

ρf
=

√
2γ(γ − 1)
γ + 1

(Vs − uej) (30)

4

pressure  
of the hot bubble

e.g., Chevalier (1992), Jun (1998) 



• In 1D spherical case, the energy redistribution is realized by a geometrically thin 

shell (swept up materials by the energy injection) and the radiation diffusing out 

from the shell.  

• It seems OK to explain the high brightness of SLSNe. 
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of adiabatic expansion that has occurred by the time t ∼ td leads
to relatively low luminosities L < 1043 ergs s−1.

Now consider the impact of late time (t ≫ te) energy injection
from a young NS with radius Rns = 10 km and initial spin
Ωi = 2π/Pi . The rotational energy is

Ep = InsΩ2
i

2
= 2 × 1050P −2

10 ergs, (1)

where P10 = Pi/10 ms; and we set the NS moment of inertia to
be Ins = 1045 g cm2. This magnetar loses rotational energy at
the rate set by magnetic dipole radiation (with the angle, α,
between rotation and magnetic dipole given a fiducial value
sin2 α = 1/2), injecting most of the energy into the expanding
remnant on the spin-down timescale

tp = 6Insc
3

B2R6
nsΩ2

i
= 1.3B−2

14 P 2
10 yr, (2)

where B14 = B/1014 G. To input this energy at a time tp ! td
requires a minimum B field of

B > 1.8 × 1014P10κ
−1/4
es M

−3/8
5 E

1/8
51 G, (3)

where we have scaled the parameters to typical supernova values
M5 = Mej/5 M⊙ and E51 = Esn/1051 ergs and assumed an
opacity κes = κ/0.2 cm2 g−1 appropriate for electron scattering
in an ionized plasma of electron fraction 1/2. The required fields
are in the magnetar range. This late time entropy injection resets
the interior energy scale to Eint ∼ Ep and overwhelms the initial
thermal energy when Ep > Esn(te/tp). Thus, even low magnetar
energies Ep < Esn may play an important role. The resulting
peak luminosity is

Lpeak ∼
Eptp

t2
d

∼ 5 × 1043B−2
14 κ−1

es M
−3/2
5 E

1/2
51 erg s−1, (4)

which is primarily a function of the magnetic field value,
constrained by Equation (3). This shows that Lpeak ∼
1043–1045 ergs s−1 SNe can be achieved from magnetars with
B14 = 1–10 and initial spins in the Pi = 2–20 ms range. A
strict upper limit to the total energy radiated is given by the
energy of an NS rotating at a maximal rate of Pi ∼ 1 ms. The
complexity of the energy deposition and subsequent diffusion
inhibits using the observed peak luminosities (or radiated en-
ergies) to infer anything substantial about the NS equation of
state. A more accurate calculation of the peak luminosity will
be given in Section 4, but first we describe the dynamical impact
of the energy injection.

3. HYDRODYNAMIC IMPACT

Our simple estimate ignores the details of how the deposited
energy is distributed throughout the interior of the expanding
SNe remnant. Since the dissipation mechanism for the pulsar
wind in this medium is poorly understood, we assume the
injected magnetar energy is thermalized spherically at the base
of the supernova ejecta. In reality, the energy injection may
be anisotropic with a jet-like structure (e.g., Bucciantini et al.
2009). The remnant is assumed to be in homologous expansion
with a shallow power law density structure in the interior

ρ0(v, t) =
[

3 − δ

4π

]
Mej

v3
t t

3

(
v

vt

)−δ

, (5)
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Figure 1. Radiation hydrodynamic calculations of the density (top) and
temperature (bottom) of a magnetar-energized supernova, one month after
the explosion. The supernova had Mej = 5 M⊙ and Esn = 1051 ergs. The
dashed line in the top panel shows the unperturbed density structure, taken from
Equation (5). The magnetar had tp = 105 s and various values of Ep, labeled in
units of 1051 ergs.
(A color version of this figure is available in the online journal.)

where vt = (2Esn/Mej)1/2 is the characteristic ejecta velocity,
and the density falls off sharply above vt .

The central overpressure caused by the energy deposition
blows a bubble in the SN remnant, similar to the dynamics stud-
ied in the context of pulsar wind nebulae (e.g., Chevalier 1977;
Chevalier & Fransson 1992). As this bubble expands, it sweeps
up ejecta into a thin shell near the leading shock, leaving the hot,
low density interior evident in the one-dimensional radiation
hydrodynamic calculations of Figure 1. In multi-dimensional
calculations of pulsar wind nebulae, Rayleigh–Taylor instabili-
ties broaden the shell and mix the swept-up material (Jun 1998;
Blondin et al. 2001).

The bubble expansion will freeze out in Lagrangian coor-
dinates when the leading shock velocity becomes comparable
to the local velocity of the expanding SN ejecta. The postshock
pressure is P = 2γρ0v

2
s /(1+γ ) = (8/7)ρ0v

2
s for a strong shock,

and the pressure of the energized cavity is P ≈ Ep/3V , where V
is the volume, implying a shock velocity v2

s = 7Ep/32πR3ρ0.
The shock becomes weak when vs ≈ R/t , which determines
the final velocity coordinate of the dense shell

vsh ≈ vt

[
7

16(3 − δ)
Ep

Esn

]1/(5−δ)

, for Ep ! Esn. (6)

The weak dependence on Ep, vsh ∝ E
1/4
p , for δ = 1, places

vsh near vt . The total mass swept up in the shell is Msh =
Mej(vt/vsh)3−δ .

The magnetar does not affect the dynamics of the outer layers
of the SN ejecta unless Ep " Esn, in which case the bubble
expands beyond vt and accelerates more rapidly down the steep
outer density gradient. Essentially, all of the ejecta are then
swept up into the shell at a final shell velocity

vsh ≈ vt [1 + Ep/Esn]1/2 for Ep " Esn. (7)

Both estimates for vsh assume no radiative losses.
The presence of a dense shell has consequences for the

supernova spectra. Initially, the photospheric velocity, vph, as
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Figure 2. Radiation hydrodynamic calculations of magnetar-energized super-
novae with Mej = 5 M⊙, Esn = 1051 ergs, and a density structure given by
Equation (5). The magnetar had Pi = 5 ms, and various magnetic field strengths.
Top panel: bolometric light curves. The dashed line shows, for comparison, the
energy deposition from 1 M⊙ of 56Ni. Middle panel: effective temperature.
Bottom panel: velocity of the e− scattering photosphere at τ = 1.

measured from the Doppler shift of absorption line minima,
decreases with time as the outer layers of ejecta become
transparent. Once vph has receded to the shell velocity; however,
it will remain constant (Figure 2, bottom panel). The spectra
will then be characterized by relatively narrow but blueshifted
absorption features, and the spectral evolution will be notably
slow. The shell becomes optically thin to electron scattering at
a time

tτ=1 = 326M5E
−1/2
51 κ1/2

es days. (8)

Recombination may hasten this transition. The electron scatter-
ing photosphere drops suddenly to zero after tτ=1, which may
cause a sudden change in the spectral appearance at this time.
On the other hand, the line opacity in the shell remains optically
thick for long after tτ=1, and so the line absorption features will
continue to form in the same velocity range. Detailed radiation
transfer calculations will be needed to fully describe the spectral
evolution.

4. LIGHT CURVES

We now derive analytic expressions for the peak luminosity
of a magnetar powered SNe using a one-zone model for the
whole remnant. The internal energy, Eint, is governed by the
first law of thermodynamics

∂Eint

∂t
= −P

∂V

∂t
+ Lp(t) − Le(t), (9)

where Lp is the magnetar luminosity and Le the radiated
luminosity. We assume that the magnetar energy is thermalized
throughout the remnant, and that radiation pressure dominates,

P = Eint/3V . When the volume increases as V ∝ t3,
Equation (9) becomes

1
t

∂

∂t
[Eintt] = Lp(t) − Le(t). (10)

The radiated luminosity, Le, is approximated from the diffusion
equation

Le

4πR2
= c

3κρ

∂Eint/V

∂r
≈ c

3κρ

Eint/V

R
, (11)

and rewritten using R = vf t , defining the effective diffusion
time, td

Le = Eintt

t2
d

where td =
[

3
4π

Mejκ

vfc

]1/2

, (12)

where we take vf = [(Ep + Esn)/2Mej]1/2 as the final charac-
teristic ejecta velocity. For the simple case where the magnetar
injects a constant luminosity Lp = Ep/tp over a time tp, and
then shuts off, we find

Le(t) =
Ep

tp

[
1 − e−t2/2t2

d
]
, t < tp;

Le(t) =
Ep

tp
e−t2/2t2

d
[
et2

p /2t2
d − 1

]
, t > tp. (13)

This light curve peaks at a time tp, then declines on the
characteristic timescale td. For tp ≪ td, Lpeak = Eptp/2t2

d ,
similar to the estimate in Section 2. When tp ≫ td, we find
Lpeak = Ep/tp.

More generally, the energy input from the magnetar persists
for t > tp, and is given by the spin-down formula

Lp(t) =
Ep

tp

l − 1
(1 + t/tp)l

, (14)

where l = 2 for magnetic dipole spin-down. The energy
input at late times may not be dynamically important, but
it enhances the luminosity by continually heating the ejecta
similar to radioactive decays. No simple analytic solution
for the light curve exists for the general form of Lp(t), but
since radiative losses are minimal for times t < td we can derive
approximate relations by solving Equation (10) for the case
Le = 0. The resulting internal energy can be evaluated at time
td in Equation (12) to estimate the peak luminosity

Lpeak ≈ f
Eptp

t2
d

[
ln

(
1 +

td

tp

)
− td

td + tp

]
, l = 2

Lpeak ≈ f
Eptp

t2
d

1
l − 2

[
1 −

td/tp(l − 1) + 1
(1 + td/tp)l−1

]
, l > 2, (15)

where the correction factor f will be calibrated by comparison to
numerical simulation. In general, Lpeak decreases as l increases,
as more of the energy is deposited at earlier times and suffers
greater adiabatic losses.

At the peak of the light curve, the radiated luminosity equals
the instantaneous magnetar luminosity, Lpeak = Lp(tpeak),
the general expression of “Arnett’s law” (Arnett 1979). This
follows from Equation (10), since Equation (12) implies that

geometrically thin shell 
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magnetar energy injection

1D spherical picture of SN-wind interaction



Q: Is 1D picture correct?

• No. 

• From 1D analysis, we see that the shell is accelerating (α>1) 

• an accelerating spherical shell is Rayleigh-Taylor unstable! 
• more precisely, the unstable condition is “(dp/dr) x (dρ/dr) <0”
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Q: Energy Redistribution in the Ejecta

• We can inject relativistic flow from the central engine into SN ejecta in an analogy 

to PWNe.  

• How the injected energy is transferred and redistributed in the SN ejecta? 

• What is the density and energy distributions of the SN ejecta after being 

powered by the additional energy injection? 

• How efficiently the injected energy can be converted to radiation escaping the 

ejecta (radiation efficiency)?
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2D simulation (Suzuki&Maeda 2017)
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2D simulation (Suzuki&Maeda 2017)

• Lorentz factor

• density

• pressure 

t=3.0tc t=4.0tc t=5.0tc t=6.0tc

Esn=1051 [erg],   L=1046 [erg/s],   tc=105 [sec]
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powered by 
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t=7.0tc t=8.0tc t=9.0tc t=10.0tc

Esn=1051 [erg],   L=1046 [erg/s],   tc=105 [sec]

hot bubble inflation, 
leading to the breakout
 of the forward shock

2D simulation (Suzuki&Maeda 2017)
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Figure 2. Same as Fig. 1, but for t/tc = 7.0, 8.0, 9.0 and 10.0 from left to right.

and accelerates the shell, resulting in the contact surface growing
faster than linear evolution, Rc ∝ tα with α > 1. Therefore, in the
rest frame of the accelerating shell, an inertial force acts on the shell
towards the centre of the ejecta, i.e. it can be regarded as effective
gravity. At the discontinuity separating the shocked wind and the
shocked ejecta, denser media are stratified on top of dilute media
and thus try to replace with the dilute ones according to the effective
gravity. At this stage, however, the overall shape of the shell remains
spherical.

5.1.2 Destruction of the shell

The dynamical evolution of the shell starts deviating from the one-
dimensional picture at around t = 5.0tc. The spatial distributions
of the density and the pressure at t = 6.0tc show clear deviations

from spherical symmetry. This is interpreted as leakage of the hot
gas having been confined by the shell. The time of the destruction
of the shell corresponds to the breakout time tbr = 5.1tc at which
the forward shock reaches the interface between the inner and outer
ejecta.

The reason why the hot bubble is well confined in the shell until
this epoch is explained as follows. While the forward shock is still
propagating in the inner ejecta, a large deviation from the spherical
symmetry is not expected because of the shallow density gradient
of the inner ejecta. As long as the exponent m is smaller than 3,
the quantity ρR3, which has a dimension of mass, is an increasing
function of the radius R. Therefore, a fluid element overshooting
the shell would be subject to severe mass loading, resulting in
deceleration of the fluid element. On the other hand, the density
gradient of the outer ejecta is assumed to be very steep, reflecting

MNRAS 466, 2633–2657 (2017)

Clumpy density 
structure as a result 

of the energy injection



• Lorentz factor • density • pressure

• The structure of the ejecta (almost) freely expanding after the energy injection (at 

~ 20 days after explosion) 

• The density structure is very complicated (clumpy, low-density channel) 

• But, small-scale structure depends on the numerical resolution 

Central engine model in 2D (Suzuki&Maeda2017)
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• density distribution realized for the flat energy spectrum 

• kinetic luminosity at a radius is  L: 

• We  assume each Lagrangian shell travels at the velocity v 

• We get 

• When v ∝ R0, the density obeys ρ∝ v-5 

• When v ∝ R0λ with λ>>1, the density obeys ρ∝ v-6 

• Finally at the free expansion stage, we get a power-low 

density profile with an exponent from  -5 to -6,   

• The kinetic energy distribution is not completely flat, but 

the density distribution derived in this analysis it not that 

bad! 

Density distribution

SN ejecta with a relativistic wind 2645

Figure 7. Cumulative mass, kinetic energy and internal energy distributions in the ejecta, from top to bottom. The left-hand panels show the distributions at
t/tc = 3.0, 4.0, 5.0 and 6.0, while those shown in the right-hand panels are at t/tc = 7.0, 8.0, 9.0 10, and 20.0. The dash–dotted lines in the left-hand panels
show the initial distributions.

6.1 Density structure of SN ejecta

In Section 5.3 and Fig. 6, we have shown that the radial density
profile of the ejecta is well described by a power-law function of
the velocity v with an exponent −6. This distribution is shallower
than those of expanding envelopes in normal SNe (from n = 9 to
12 as assumed in our model), which is clearly a consequence of the
additional energy injection. The density distribution of freely ex-
panding ejecta is a key to distinguishing existing models of SLSNe
and other extraordinary SNe. In the following, we discuss how ejecta
with such density structure form in the presence of the central en-
ergy source. For simplicity, we restrict ourselves to the Newtonian
limit.

We consider the following idealistic case. In normal SNe, the
strong blast wave driven by a point explosion is the only way to
transport the explosion energy to the outermost layer. As a result,
only a small fraction of the energy is deposited in the outer envelope,
while the inner ejecta possess the bulk of the energy, leading to
a steep kinetic energy distribution (Matzner & McKee 1999). In
contrast to normal SNe, the central engine deposits an energy much
larger than the supernvova ejecta for a time-scale much longer than
the expansion time-scale of the ejecta. In our setting, the additional
energy is injected at a constant rate L. Therefore, if the energy
is continuously transferred throughout all the layers of the ejecta
without loss or stagnation, the kinetic energy flux ρv3 of the ejecta
powered by the energy injection at a radius R0 roughly proportional
to the energy flux L/(4πR2

0). The presence of relativistic flows
leaking from the hot bubble makes the efficient energy transport

possible. The flows can directly bring and deposit the additional
energy throughout different layers. Thus, the following relation,

4πR2
0ρv3 ∝ L, (50)

is expected to hold for SN ejecta with a sufficiently long-term
energy supply. In other words, the kinetic luminosity of the flow
is constant. This relation gives the density distribution immediately
after the ejecta are affected by the energy injection. We denote the
time when the ejecta following this relation are created by t0. The
ejecta are not freely expanding at this time. As the ejecta expand to
the surrounding space, the density distribution would gradually be
modified. Our goal is to derive the density distribution at the freely
expanding stage.

We regard the radial velocity v as a Lagrangian coordinate and
derive the density distribution as a function of v. We consider a
concentric shell with inner and outer velocity coordinates v and
v + "v. The inner and outer boundaries are located at R = R0(v)
and R = R0(v + "v) at t0. The width ls of the shell is initially given
by,

ls(t0) = R0(v + "v) − R0(v) ≃ dR0

dv
"v, (51)

where the last expression is obtained for a sufficiently small "v. The
boundaries travel at the velocities v and v + "v with time and reach
R = R0(v) + v(t − t0) and R = R0(v + "v) + (v + "v)(t − t0) at t.
For t much longer than t0, the initial radius R0(v) can be neglected
and the inner and outer radii are given by R ≃ vt and R ≃ (v + "v)t.
The width ls of the shell at t can also be approximated as follows,
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 Note: R0 is the radius of the Lagrange shell 
　　　when the energy injection is completed (t=10tc) 
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Figure 8. Photosphere (left-hand panel) and physical variables at the photosphere (right-hand panels) calculated from several snapshots of the simulation.
In each panel, solid lines show results obtained for t/tc = 6.0, 10.0, 15.0 and 20.0. In the right-hand panels, the isotropic luminosity, density and radiation
temperature at the photosphere are shown as functions of the angle θ .

ls(t) ≃ t"v. The density of the shell at t can be calculated by dividing
the mass of the shell by the volume at t,

ρ(t, v) = 4πR0(v)2ls(t0)ρ(t0, v)
4πv2t3"v

. (52)

Using the relation equations (50) and (51), the density is written as
follows,

ρ(t, v) ∝ L

4πv5t3

dR0

dv
. (53)

The density is proportional to t−3, reflecting the free expansion as
expected. How the density depends on the velocity coordinate is
determined by the factor v−5dR0/dv. The inverse of the latter term
dv/dR0 reflects the dependence of the velocity on the radial coordi-
nate at t0. When the velocity is simply proportional to the radius R0,
v ∝ R0, the derivative is a constant dv/dR0 = Const. and thus, the
density distribution is proportional to v−5. On the other hand, when
the velocity is a strongly growing function of the radius, e.g. v ∝ Rλ

0
with λ ≫ 1, the derivative dv/dR0 ∝ v(λ − 1)/λ is almost proportional
to the velocity v, leading to ρ ∝ v−6. Therefore, when the ejecta
is powered by a constant energy injection and its kinetic luminos-
ity is independent of the radial coordinate, the density structure of
the ejecta at the free expansion stage is described by a power-law
function of the velocity with an exponent between −5 and −6,
depending on the radial velocity profile before entering the free

expansion stage. Since the forward shock efficiently accelerates as
it propagates in the outer ejecta, the shock velocity strongly grows
with radius. Thus, density distributions close to the latter extreme
case, ρ ∝ v−6, is expected to be realized rather than the former case,
ρ ∝ v−5.

However, the above consideration may be too idealistic. Although
equation (50) holds for the idealistic case, the energy transfer all the
way to the outermost layer of the ejecta would not be so efficient.
Thus, the kinetic luminosity can decrease with R or v. From the
results of our simulation, we found that the radial kinetic luminosity
distribution slightly deviates from the uniform distribution and is
close to ∝ R−1. Thus, the density profile in equation (53) should be
slightly modified as follows,

ρ(t, v) ∝ t−3v−5R−1
0

dR0

dv
. (54)

In this case, any power-law velocity profile, v ∝ Rλ
0 , leads to a

power-law density distribution with an exponent −6.

ρ(t, v) ∝ t−3v−6. (55)

This explains the reason why a simple power-law density distribu-
tion with an exponent −6 is realized in our simulation.

In summary, power-law density distributions with exponents
between −5 and −6 are expected to be realized in these cases,
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• density distribution realized for the flat energy spectrum 

• kinetic luminosity at a radius is  L: 

• We  assume each Lagrangian shell travels at the velocity v 

• We get 

• When v ∝ R0, the density obeys ρ∝ v-5 

• When v ∝ R0λ with λ>>1, the density obeys ρ∝ v-6 

• Finally at the free expansion stage, we get a power-low 
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• The kinetic energy distribution is not completely flat, but 

the density distribution derived in this analysis it not that 

bad! 

Density distribution

SN ejecta with a relativistic wind 2645

Figure 7. Cumulative mass, kinetic energy and internal energy distributions in the ejecta, from top to bottom. The left-hand panels show the distributions at
t/tc = 3.0, 4.0, 5.0 and 6.0, while those shown in the right-hand panels are at t/tc = 7.0, 8.0, 9.0 10, and 20.0. The dash–dotted lines in the left-hand panels
show the initial distributions.

6.1 Density structure of SN ejecta

In Section 5.3 and Fig. 6, we have shown that the radial density
profile of the ejecta is well described by a power-law function of
the velocity v with an exponent −6. This distribution is shallower
than those of expanding envelopes in normal SNe (from n = 9 to
12 as assumed in our model), which is clearly a consequence of the
additional energy injection. The density distribution of freely ex-
panding ejecta is a key to distinguishing existing models of SLSNe
and other extraordinary SNe. In the following, we discuss how ejecta
with such density structure form in the presence of the central en-
ergy source. For simplicity, we restrict ourselves to the Newtonian
limit.

We consider the following idealistic case. In normal SNe, the
strong blast wave driven by a point explosion is the only way to
transport the explosion energy to the outermost layer. As a result,
only a small fraction of the energy is deposited in the outer envelope,
while the inner ejecta possess the bulk of the energy, leading to
a steep kinetic energy distribution (Matzner & McKee 1999). In
contrast to normal SNe, the central engine deposits an energy much
larger than the supernvova ejecta for a time-scale much longer than
the expansion time-scale of the ejecta. In our setting, the additional
energy is injected at a constant rate L. Therefore, if the energy
is continuously transferred throughout all the layers of the ejecta
without loss or stagnation, the kinetic energy flux ρv3 of the ejecta
powered by the energy injection at a radius R0 roughly proportional
to the energy flux L/(4πR2

0). The presence of relativistic flows
leaking from the hot bubble makes the efficient energy transport

possible. The flows can directly bring and deposit the additional
energy throughout different layers. Thus, the following relation,

4πR2
0ρv3 ∝ L, (50)

is expected to hold for SN ejecta with a sufficiently long-term
energy supply. In other words, the kinetic luminosity of the flow
is constant. This relation gives the density distribution immediately
after the ejecta are affected by the energy injection. We denote the
time when the ejecta following this relation are created by t0. The
ejecta are not freely expanding at this time. As the ejecta expand to
the surrounding space, the density distribution would gradually be
modified. Our goal is to derive the density distribution at the freely
expanding stage.

We regard the radial velocity v as a Lagrangian coordinate and
derive the density distribution as a function of v. We consider a
concentric shell with inner and outer velocity coordinates v and
v + "v. The inner and outer boundaries are located at R = R0(v)
and R = R0(v + "v) at t0. The width ls of the shell is initially given
by,

ls(t0) = R0(v + "v) − R0(v) ≃ dR0

dv
"v, (51)

where the last expression is obtained for a sufficiently small "v. The
boundaries travel at the velocities v and v + "v with time and reach
R = R0(v) + v(t − t0) and R = R0(v + "v) + (v + "v)(t − t0) at t.
For t much longer than t0, the initial radius R0(v) can be neglected
and the inner and outer radii are given by R ≃ vt and R ≃ (v + "v)t.
The width ls of the shell at t can also be approximated as follows,
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 Note: R0 is the radius of the Lagrange shell 
　　　when the energy injection is completed (t=10tc) 
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Figure 8. Photosphere (left-hand panel) and physical variables at the photosphere (right-hand panels) calculated from several snapshots of the simulation.
In each panel, solid lines show results obtained for t/tc = 6.0, 10.0, 15.0 and 20.0. In the right-hand panels, the isotropic luminosity, density and radiation
temperature at the photosphere are shown as functions of the angle θ .

ls(t) ≃ t"v. The density of the shell at t can be calculated by dividing
the mass of the shell by the volume at t,

ρ(t, v) = 4πR0(v)2ls(t0)ρ(t0, v)
4πv2t3"v

. (52)

Using the relation equations (50) and (51), the density is written as
follows,

ρ(t, v) ∝ L

4πv5t3

dR0

dv
. (53)

The density is proportional to t−3, reflecting the free expansion as
expected. How the density depends on the velocity coordinate is
determined by the factor v−5dR0/dv. The inverse of the latter term
dv/dR0 reflects the dependence of the velocity on the radial coordi-
nate at t0. When the velocity is simply proportional to the radius R0,
v ∝ R0, the derivative is a constant dv/dR0 = Const. and thus, the
density distribution is proportional to v−5. On the other hand, when
the velocity is a strongly growing function of the radius, e.g. v ∝ Rλ

0
with λ ≫ 1, the derivative dv/dR0 ∝ v(λ − 1)/λ is almost proportional
to the velocity v, leading to ρ ∝ v−6. Therefore, when the ejecta
is powered by a constant energy injection and its kinetic luminos-
ity is independent of the radial coordinate, the density structure of
the ejecta at the free expansion stage is described by a power-law
function of the velocity with an exponent between −5 and −6,
depending on the radial velocity profile before entering the free

expansion stage. Since the forward shock efficiently accelerates as
it propagates in the outer ejecta, the shock velocity strongly grows
with radius. Thus, density distributions close to the latter extreme
case, ρ ∝ v−6, is expected to be realized rather than the former case,
ρ ∝ v−5.

However, the above consideration may be too idealistic. Although
equation (50) holds for the idealistic case, the energy transfer all the
way to the outermost layer of the ejecta would not be so efficient.
Thus, the kinetic luminosity can decrease with R or v. From the
results of our simulation, we found that the radial kinetic luminosity
distribution slightly deviates from the uniform distribution and is
close to ∝ R−1. Thus, the density profile in equation (53) should be
slightly modified as follows,

ρ(t, v) ∝ t−3v−5R−1
0

dR0

dv
. (54)

In this case, any power-law velocity profile, v ∝ Rλ
0 , leads to a

power-law density distribution with an exponent −6.

ρ(t, v) ∝ t−3v−6. (55)

This explains the reason why a simple power-law density distribu-
tion with an exponent −6 is realized in our simulation.

In summary, power-law density distributions with exponents
between −5 and −6 are expected to be realized in these cases,
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Figure 8. Photosphere (left-hand panel) and physical variables at the photosphere (right-hand panels) calculated from several snapshots of the simulation.
In each panel, solid lines show results obtained for t/tc = 6.0, 10.0, 15.0 and 20.0. In the right-hand panels, the isotropic luminosity, density and radiation
temperature at the photosphere are shown as functions of the angle θ .

ls(t) ≃ t"v. The density of the shell at t can be calculated by dividing
the mass of the shell by the volume at t,

ρ(t, v) = 4πR0(v)2ls(t0)ρ(t0, v)
4πv2t3"v

. (52)

Using the relation equations (50) and (51), the density is written as
follows,

ρ(t, v) ∝ L

4πv5t3

dR0

dv
. (53)

The density is proportional to t−3, reflecting the free expansion as
expected. How the density depends on the velocity coordinate is
determined by the factor v−5dR0/dv. The inverse of the latter term
dv/dR0 reflects the dependence of the velocity on the radial coordi-
nate at t0. When the velocity is simply proportional to the radius R0,
v ∝ R0, the derivative is a constant dv/dR0 = Const. and thus, the
density distribution is proportional to v−5. On the other hand, when
the velocity is a strongly growing function of the radius, e.g. v ∝ Rλ

0
with λ ≫ 1, the derivative dv/dR0 ∝ v(λ − 1)/λ is almost proportional
to the velocity v, leading to ρ ∝ v−6. Therefore, when the ejecta
is powered by a constant energy injection and its kinetic luminos-
ity is independent of the radial coordinate, the density structure of
the ejecta at the free expansion stage is described by a power-law
function of the velocity with an exponent between −5 and −6,
depending on the radial velocity profile before entering the free

expansion stage. Since the forward shock efficiently accelerates as
it propagates in the outer ejecta, the shock velocity strongly grows
with radius. Thus, density distributions close to the latter extreme
case, ρ ∝ v−6, is expected to be realized rather than the former case,
ρ ∝ v−5.

However, the above consideration may be too idealistic. Although
equation (50) holds for the idealistic case, the energy transfer all the
way to the outermost layer of the ejecta would not be so efficient.
Thus, the kinetic luminosity can decrease with R or v. From the
results of our simulation, we found that the radial kinetic luminosity
distribution slightly deviates from the uniform distribution and is
close to ∝ R−1. Thus, the density profile in equation (53) should be
slightly modified as follows,

ρ(t, v) ∝ t−3v−5R−1
0

dR0

dv
. (54)

In this case, any power-law velocity profile, v ∝ Rλ
0 , leads to a

power-law density distribution with an exponent −6.

ρ(t, v) ∝ t−3v−6. (55)

This explains the reason why a simple power-law density distribu-
tion with an exponent −6 is realized in our simulation.

In summary, power-law density distributions with exponents
between −5 and −6 are expected to be realized in these cases,
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Q: Is 2D simulation correct?
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Figure 2. Same as Fig. 1, but for t/tc = 7.0, 8.0, 9.0 and 10.0 from left to right.

and accelerates the shell, resulting in the contact surface growing
faster than linear evolution, Rc ∝ tα with α > 1. Therefore, in the
rest frame of the accelerating shell, an inertial force acts on the shell
towards the centre of the ejecta, i.e. it can be regarded as effective
gravity. At the discontinuity separating the shocked wind and the
shocked ejecta, denser media are stratified on top of dilute media
and thus try to replace with the dilute ones according to the effective
gravity. At this stage, however, the overall shape of the shell remains
spherical.

5.1.2 Destruction of the shell

The dynamical evolution of the shell starts deviating from the one-
dimensional picture at around t = 5.0tc. The spatial distributions
of the density and the pressure at t = 6.0tc show clear deviations

from spherical symmetry. This is interpreted as leakage of the hot
gas having been confined by the shell. The time of the destruction
of the shell corresponds to the breakout time tbr = 5.1tc at which
the forward shock reaches the interface between the inner and outer
ejecta.

The reason why the hot bubble is well confined in the shell until
this epoch is explained as follows. While the forward shock is still
propagating in the inner ejecta, a large deviation from the spherical
symmetry is not expected because of the shallow density gradient
of the inner ejecta. As long as the exponent m is smaller than 3,
the quantity ρR3, which has a dimension of mass, is an increasing
function of the radius R. Therefore, a fluid element overshooting
the shell would be subject to severe mass loading, resulting in
deceleration of the fluid element. On the other hand, the density
gradient of the outer ejecta is assumed to be very steep, reflecting

MNRAS 466, 2633–2657 (2017)

• Probably, no. 
• In 2D simulation, we get “artificial” 

bipolar ejecta structure even when we 

assume spherical energy injection 

• This is because of the presence of the 
symmetry axis 

• 3D simulation with no assumed 

symmetry is needed!



Summary: central-engine SNe in multi-D
• Dynamical evolution of SN ejecta + additional energy injection is multi-

dimensional 

• Hot bubble breakout leads to violent mixing 

• final radial density structure of the ejecta is a simple power-law function 

• we have started 3D simulations and confirmed the picture
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Figure 1. Schematic views of the dynamical evolution of supernova ejecta with a relativistic wind. The three stages, (1) quasi-
spherical, (2) hot bubble breakout, and (3) homologous expansion stages, are depicted from left to right. The reverse shock,
contact discontinuity, and the forward shock are denoted by RS, CD, and FS in the density profiles.

ically, in mili-second magnetar models, the energy depo-
sition rate is assumed to be proportional to (1+ t/t

sd

)s,
where t

sd

is the spin-down time of the magnetar and
s is an exponent. In the following, we assume that
magnetar-like energy injection with t

sd

= t

he

is real-
ized and the energy injection continues while we fix the
density profile of the ejecta after t = t

he

. This makes
the dynamical model not fully self-consistent. Never-
theless, important aspects of the dynamical evolution of
the ejecta are certainly captured.

2.4. Photospheric emission

The ejecta having powered by the central engine are
assumed to start emitting thermal photons at t = t

he

The photospheric radius R

ph

at time t can simply be
calculated in the following way. The optical depth for a
ray radially extending from a given radius r to the outer
radius of the ejecta is given by

⌧(r, t) = 

Z
v

ej

t

r

⇢(t, r0)dr0, (9)

where  is the opacity for thermal photons and set to
be  = 0.1 cm2 g�1. Here we have ignored the motion
of the ejecta while the ray is traveling. In addition, the
outer layers of the ejecta would be swept by the reverse
shock and thus the density structure is modified. We
also ignore the modification of the density structure for
simplicity. The photospheric radius at t is determined so
that the optical depth is equal to unity, ⌧(R

ph

, t) = 1.
We particularly denote the photospheric radius at the
beginning of the homologous expansion t = t

he

by R

he

.
We calculate the photospheric emission from the

ejecta being powered by the continuous energy injec-
tion at the center in the following way. We basically
make use of the Arnett’s solution for photon di↵usion in

freely expanding spherical ejecta (Arnett 1980, 1982).
The bolometric luminosity of the photospheric emission
from the ejecta with energy input L

in

(t) is given by

L

ph

(t)=
2

t

d

e

�t(t+2t

h

)/t

2

d

Z
t

t

he

e

t(t+2t

h

)/t

2

d

L

in

(t0)

✓
t

h

t

d

+
t

0

t

d

◆
dt

0

+
E

th,0

t

0

e

�t(t+2t

h

)/t

2

d

, (10)

where the timescales t
0

, t
h

, and t

d

are given by

t

0

=
M

ej

�cR

he

, (11)

t

h

=
R

he

v

, (12)

and

t

d

=
p
2t

0

t

h

, (13)

(Chatzopoulos et al. 2012). The parameters, E
th,0

, v,
are the initial thermal energy and the average velocity.
The initial thermal energy can be obtained from the
dynamical model. The thermal energy of the ejecta in
the quasi-spherical stage increases with time as follows,

E

th

=
2� �

1 + 3↵(� � 1)
Lt, (14)

where � = 4/3 is the adiabatic index. This equation
reproduces the result of the hydrodynamics simulation
(Suzuki & Maeda 2017). We use the value at the begin-
ning of the homologous expansion at t = t

he

. For the
opacity for thermal photons, we use  = 0.1 g cm�2.
The non-dimensional constant � depending on the den-
sity structure is set to be a commonly used value � =
13.8 (Arnett 1980, 1982).
We assume the following magnetar-like energy input



Future plans
• parameter surveys in 2D and 3D 

• LC calculations by incorporating multi-D effect 

• multi-band emission properties (including radio and X-ray) 

• line transfer calculations to obtain theoretical spectrum of SLSNe

↑SLSNe-I spectra (Quimby+ 2011)
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• CCSNe energetics: Canonically, 

• However, some unusual SNe exceed these canonical numbers:

- gravitational energy Egrav ~ GMns2/Rns ~ 1053 [erg] 
- kinetic energy Ekin ~ 1% of Egrav ~ 1051 [erg] 
- total radiated energy Erad ~ less than 1% of Ekin ~ <1049 [erg] 
- ejecta mass: a few - 10 M◉  
- photospheric velocity: typically, ~10,000 [km/s]

- broad-lined Ic SNe (Ic-BL): photospheric velocity larger by a factor of 2-3 ~ 20,000 
[km/s], which implies Ekin ~ 1052 [erg] > 1051 [erg] 
- Superluminous SNe (SLSNe): Erad ~ 1051 [erg] > 1049 [erg]

Ordinary and Extra-ordinary CCSNe

This talk



Temporal evolution
• Rpeak: the radius at which the gas 

show its peak density. 

• Ekin,Eint: kinetic and internal energies 

of the ejecta + relativistic gas 

• their temporal evolutions show 

good agreement with analytical 

estimation until t=tbr=5.1tc. 

• After t=tbr, the internal energy of the 

gas saturates, suggesting that the 

energy of the bubble is leaking into 

the outer ejecta. 



Central engine model in 2D (Suzuki&Maeda2017)

• angle-averaged density distribution at 
t~20 days after explosion 

• ejecta are almost freely expanding: v∝R, 

up to v~c 

• the density structure is well represented 

by a simple power-law function with an 
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of adiabatic expansion that has occurred by the time t ∼ td leads
to relatively low luminosities L < 1043 ergs s−1.

Now consider the impact of late time (t ≫ te) energy injection
from a young NS with radius Rns = 10 km and initial spin
Ωi = 2π/Pi . The rotational energy is

Ep = InsΩ2
i

2
= 2 × 1050P −2

10 ergs, (1)

where P10 = Pi/10 ms; and we set the NS moment of inertia to
be Ins = 1045 g cm2. This magnetar loses rotational energy at
the rate set by magnetic dipole radiation (with the angle, α,
between rotation and magnetic dipole given a fiducial value
sin2 α = 1/2), injecting most of the energy into the expanding
remnant on the spin-down timescale

tp = 6Insc
3

B2R6
nsΩ2

i
= 1.3B−2

14 P 2
10 yr, (2)

where B14 = B/1014 G. To input this energy at a time tp ! td
requires a minimum B field of

B > 1.8 × 1014P10κ
−1/4
es M

−3/8
5 E

1/8
51 G, (3)

where we have scaled the parameters to typical supernova values
M5 = Mej/5 M⊙ and E51 = Esn/1051 ergs and assumed an
opacity κes = κ/0.2 cm2 g−1 appropriate for electron scattering
in an ionized plasma of electron fraction 1/2. The required fields
are in the magnetar range. This late time entropy injection resets
the interior energy scale to Eint ∼ Ep and overwhelms the initial
thermal energy when Ep > Esn(te/tp). Thus, even low magnetar
energies Ep < Esn may play an important role. The resulting
peak luminosity is

Lpeak ∼
Eptp

t2
d

∼ 5 × 1043B−2
14 κ−1

es M
−3/2
5 E

1/2
51 erg s−1, (4)

which is primarily a function of the magnetic field value,
constrained by Equation (3). This shows that Lpeak ∼
1043–1045 ergs s−1 SNe can be achieved from magnetars with
B14 = 1–10 and initial spins in the Pi = 2–20 ms range. A
strict upper limit to the total energy radiated is given by the
energy of an NS rotating at a maximal rate of Pi ∼ 1 ms. The
complexity of the energy deposition and subsequent diffusion
inhibits using the observed peak luminosities (or radiated en-
ergies) to infer anything substantial about the NS equation of
state. A more accurate calculation of the peak luminosity will
be given in Section 4, but first we describe the dynamical impact
of the energy injection.

3. HYDRODYNAMIC IMPACT

Our simple estimate ignores the details of how the deposited
energy is distributed throughout the interior of the expanding
SNe remnant. Since the dissipation mechanism for the pulsar
wind in this medium is poorly understood, we assume the
injected magnetar energy is thermalized spherically at the base
of the supernova ejecta. In reality, the energy injection may
be anisotropic with a jet-like structure (e.g., Bucciantini et al.
2009). The remnant is assumed to be in homologous expansion
with a shallow power law density structure in the interior

ρ0(v, t) =
[

3 − δ

4π

]
Mej

v3
t t

3

(
v

vt

)−δ

, (5)

-16

-15

-14

-13

-12

-11
-10

lo
g 1

0 
de

ns
ity

 (g
 c

m
-3
)

0.0 0.2 0.4 0.6 0.8 1.0 1.2 1.4
velocity coordinate (109 km/s)

0.0
0.5

1.0

1.5

2.0

2.5

3.0

te
m

pe
ra

tu
re

 (1
04  K

)

Ep = 0.1
Ep = 0.2
Ep = 0.4
Ep = 1.0
Ep = 2.0

Figure 1. Radiation hydrodynamic calculations of the density (top) and
temperature (bottom) of a magnetar-energized supernova, one month after
the explosion. The supernova had Mej = 5 M⊙ and Esn = 1051 ergs. The
dashed line in the top panel shows the unperturbed density structure, taken from
Equation (5). The magnetar had tp = 105 s and various values of Ep, labeled in
units of 1051 ergs.
(A color version of this figure is available in the online journal.)

where vt = (2Esn/Mej)1/2 is the characteristic ejecta velocity,
and the density falls off sharply above vt .

The central overpressure caused by the energy deposition
blows a bubble in the SN remnant, similar to the dynamics stud-
ied in the context of pulsar wind nebulae (e.g., Chevalier 1977;
Chevalier & Fransson 1992). As this bubble expands, it sweeps
up ejecta into a thin shell near the leading shock, leaving the hot,
low density interior evident in the one-dimensional radiation
hydrodynamic calculations of Figure 1. In multi-dimensional
calculations of pulsar wind nebulae, Rayleigh–Taylor instabili-
ties broaden the shell and mix the swept-up material (Jun 1998;
Blondin et al. 2001).

The bubble expansion will freeze out in Lagrangian coor-
dinates when the leading shock velocity becomes comparable
to the local velocity of the expanding SN ejecta. The postshock
pressure is P = 2γρ0v

2
s /(1+γ ) = (8/7)ρ0v

2
s for a strong shock,

and the pressure of the energized cavity is P ≈ Ep/3V , where V
is the volume, implying a shock velocity v2

s = 7Ep/32πR3ρ0.
The shock becomes weak when vs ≈ R/t , which determines
the final velocity coordinate of the dense shell

vsh ≈ vt

[
7

16(3 − δ)
Ep

Esn

]1/(5−δ)

, for Ep ! Esn. (6)

The weak dependence on Ep, vsh ∝ E
1/4
p , for δ = 1, places

vsh near vt . The total mass swept up in the shell is Msh =
Mej(vt/vsh)3−δ .

The magnetar does not affect the dynamics of the outer layers
of the SN ejecta unless Ep " Esn, in which case the bubble
expands beyond vt and accelerates more rapidly down the steep
outer density gradient. Essentially, all of the ejecta are then
swept up into the shell at a final shell velocity

vsh ≈ vt [1 + Ep/Esn]1/2 for Ep " Esn. (7)

Both estimates for vsh assume no radiative losses.
The presence of a dense shell has consequences for the

supernova spectra. Initially, the photospheric velocity, vph, as

1D RHD simulation  
(Kasen&Bildsten 2010)



Density distribution
radial profiles at t=20tc
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Energy Redistribution in the Ejecta

• In 1D spherical case, the outer layers are heated by diffusing photons.  

• The situation in our multi-D simulation is qualitatively different. 

• Gas flows emanating the hot bubble directly carry the injected energy to the 

outer layers of the ejecta → overall heating of the ejecta.

Ekin

Γβ

Free expansion “before” energy injection

Ekin

Γβ

Free expansion “after” energy injection

energy 

injection
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Figure 1. Schematic views of the dynamical evolution of supernova ejecta with a relativistic wind. The three stages, (1) quasi-
spherical, (2) hot bubble breakout, and (3) homologous expansion stages, are depicted from left to right. The reverse shock,
contact discontinuity, and the forward shock are denoted by RS, CD, and FS in the density profiles.

ically, in mili-second magnetar models, the energy depo-
sition rate is assumed to be proportional to (1+ t/t

sd

)s,
where t

sd

is the spin-down time of the magnetar and
s is an exponent. In the following, we assume that
magnetar-like energy injection with t

sd

= t

he

is real-
ized and the energy injection continues while we fix the
density profile of the ejecta after t = t

he

. This makes
the dynamical model not fully self-consistent. Never-
theless, important aspects of the dynamical evolution of
the ejecta are certainly captured.

2.4. Photospheric emission

The ejecta having powered by the central engine are
assumed to start emitting thermal photons at t = t

he

The photospheric radius R

ph

at time t can simply be
calculated in the following way. The optical depth for a
ray radially extending from a given radius r to the outer
radius of the ejecta is given by

⌧(r, t) = 

Z
v

ej

t

r

⇢(t, r0)dr0, (9)

where  is the opacity for thermal photons and set to
be  = 0.1 cm2 g�1. Here we have ignored the motion
of the ejecta while the ray is traveling. In addition, the
outer layers of the ejecta would be swept by the reverse
shock and thus the density structure is modified. We
also ignore the modification of the density structure for
simplicity. The photospheric radius at t is determined so
that the optical depth is equal to unity, ⌧(R

ph

, t) = 1.
We particularly denote the photospheric radius at the
beginning of the homologous expansion t = t

he

by R

he

.
We calculate the photospheric emission from the

ejecta being powered by the continuous energy injec-
tion at the center in the following way. We basically
make use of the Arnett’s solution for photon di↵usion in

freely expanding spherical ejecta (Arnett 1980, 1982).
The bolometric luminosity of the photospheric emission
from the ejecta with energy input L

in

(t) is given by
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where the timescales t
0

, t
h

, and t

d

are given by
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�cR
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, (11)
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h

=
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, (12)

and
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d

=
p
2t

0

t

h
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(Chatzopoulos et al. 2012). The parameters, E
th,0

, v,
are the initial thermal energy and the average velocity.
The initial thermal energy can be obtained from the
dynamical model. The thermal energy of the ejecta in
the quasi-spherical stage increases with time as follows,

E

th

=
2� �

1 + 3↵(� � 1)
Lt, (14)

where � = 4/3 is the adiabatic index. This equation
reproduces the result of the hydrodynamics simulation
(Suzuki & Maeda 2017). We use the value at the begin-
ning of the homologous expansion at t = t

he

. For the
opacity for thermal photons, we use  = 0.1 g cm�2.
The non-dimensional constant � depending on the den-
sity structure is set to be a commonly used value � =
13.8 (Arnett 1980, 1982).
We assume the following magnetar-like energy input



• density distribution realized for the flat energy spectrum 

• kinetic luminosity at a radius is  L: 

• We  assume each Lagrangian shell travels at the velocity v 

• We get 

• When v ∝ R0, the density obeys ρ∝ v-5 

• When v ∝ R0λ with λ>>1, the density obeys ρ∝ v-6 

• Finally at the free expansion stage, we get a power-low 

density profile with an exponent from  -5 to -6,   

• The kinetic energy distribution is not completely flat, but 

the density distribution derived in this analysis it not that 

bad! 

Density distribution

SN ejecta with a relativistic wind 2645

Figure 7. Cumulative mass, kinetic energy and internal energy distributions in the ejecta, from top to bottom. The left-hand panels show the distributions at
t/tc = 3.0, 4.0, 5.0 and 6.0, while those shown in the right-hand panels are at t/tc = 7.0, 8.0, 9.0 10, and 20.0. The dash–dotted lines in the left-hand panels
show the initial distributions.

6.1 Density structure of SN ejecta

In Section 5.3 and Fig. 6, we have shown that the radial density
profile of the ejecta is well described by a power-law function of
the velocity v with an exponent −6. This distribution is shallower
than those of expanding envelopes in normal SNe (from n = 9 to
12 as assumed in our model), which is clearly a consequence of the
additional energy injection. The density distribution of freely ex-
panding ejecta is a key to distinguishing existing models of SLSNe
and other extraordinary SNe. In the following, we discuss how ejecta
with such density structure form in the presence of the central en-
ergy source. For simplicity, we restrict ourselves to the Newtonian
limit.

We consider the following idealistic case. In normal SNe, the
strong blast wave driven by a point explosion is the only way to
transport the explosion energy to the outermost layer. As a result,
only a small fraction of the energy is deposited in the outer envelope,
while the inner ejecta possess the bulk of the energy, leading to
a steep kinetic energy distribution (Matzner & McKee 1999). In
contrast to normal SNe, the central engine deposits an energy much
larger than the supernvova ejecta for a time-scale much longer than
the expansion time-scale of the ejecta. In our setting, the additional
energy is injected at a constant rate L. Therefore, if the energy
is continuously transferred throughout all the layers of the ejecta
without loss or stagnation, the kinetic energy flux ρv3 of the ejecta
powered by the energy injection at a radius R0 roughly proportional
to the energy flux L/(4πR2

0). The presence of relativistic flows
leaking from the hot bubble makes the efficient energy transport

possible. The flows can directly bring and deposit the additional
energy throughout different layers. Thus, the following relation,

4πR2
0ρv3 ∝ L, (50)

is expected to hold for SN ejecta with a sufficiently long-term
energy supply. In other words, the kinetic luminosity of the flow
is constant. This relation gives the density distribution immediately
after the ejecta are affected by the energy injection. We denote the
time when the ejecta following this relation are created by t0. The
ejecta are not freely expanding at this time. As the ejecta expand to
the surrounding space, the density distribution would gradually be
modified. Our goal is to derive the density distribution at the freely
expanding stage.

We regard the radial velocity v as a Lagrangian coordinate and
derive the density distribution as a function of v. We consider a
concentric shell with inner and outer velocity coordinates v and
v + "v. The inner and outer boundaries are located at R = R0(v)
and R = R0(v + "v) at t0. The width ls of the shell is initially given
by,

ls(t0) = R0(v + "v) − R0(v) ≃ dR0

dv
"v, (51)

where the last expression is obtained for a sufficiently small "v. The
boundaries travel at the velocities v and v + "v with time and reach
R = R0(v) + v(t − t0) and R = R0(v + "v) + (v + "v)(t − t0) at t.
For t much longer than t0, the initial radius R0(v) can be neglected
and the inner and outer radii are given by R ≃ vt and R ≃ (v + "v)t.
The width ls of the shell at t can also be approximated as follows,
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 Note: R0 is the radius of the Lagrange shell 
　　　when the energy injection is completed (t=10tc) 

2646 A. Suzuki and K. Maeda

Figure 8. Photosphere (left-hand panel) and physical variables at the photosphere (right-hand panels) calculated from several snapshots of the simulation.
In each panel, solid lines show results obtained for t/tc = 6.0, 10.0, 15.0 and 20.0. In the right-hand panels, the isotropic luminosity, density and radiation
temperature at the photosphere are shown as functions of the angle θ .

ls(t) ≃ t"v. The density of the shell at t can be calculated by dividing
the mass of the shell by the volume at t,

ρ(t, v) = 4πR0(v)2ls(t0)ρ(t0, v)
4πv2t3"v

. (52)

Using the relation equations (50) and (51), the density is written as
follows,

ρ(t, v) ∝ L

4πv5t3

dR0

dv
. (53)

The density is proportional to t−3, reflecting the free expansion as
expected. How the density depends on the velocity coordinate is
determined by the factor v−5dR0/dv. The inverse of the latter term
dv/dR0 reflects the dependence of the velocity on the radial coordi-
nate at t0. When the velocity is simply proportional to the radius R0,
v ∝ R0, the derivative is a constant dv/dR0 = Const. and thus, the
density distribution is proportional to v−5. On the other hand, when
the velocity is a strongly growing function of the radius, e.g. v ∝ Rλ

0
with λ ≫ 1, the derivative dv/dR0 ∝ v(λ − 1)/λ is almost proportional
to the velocity v, leading to ρ ∝ v−6. Therefore, when the ejecta
is powered by a constant energy injection and its kinetic luminos-
ity is independent of the radial coordinate, the density structure of
the ejecta at the free expansion stage is described by a power-law
function of the velocity with an exponent between −5 and −6,
depending on the radial velocity profile before entering the free

expansion stage. Since the forward shock efficiently accelerates as
it propagates in the outer ejecta, the shock velocity strongly grows
with radius. Thus, density distributions close to the latter extreme
case, ρ ∝ v−6, is expected to be realized rather than the former case,
ρ ∝ v−5.

However, the above consideration may be too idealistic. Although
equation (50) holds for the idealistic case, the energy transfer all the
way to the outermost layer of the ejecta would not be so efficient.
Thus, the kinetic luminosity can decrease with R or v. From the
results of our simulation, we found that the radial kinetic luminosity
distribution slightly deviates from the uniform distribution and is
close to ∝ R−1. Thus, the density profile in equation (53) should be
slightly modified as follows,

ρ(t, v) ∝ t−3v−5R−1
0

dR0

dv
. (54)

In this case, any power-law velocity profile, v ∝ Rλ
0 , leads to a

power-law density distribution with an exponent −6.

ρ(t, v) ∝ t−3v−6. (55)

This explains the reason why a simple power-law density distribu-
tion with an exponent −6 is realized in our simulation.

In summary, power-law density distributions with exponents
between −5 and −6 are expected to be realized in these cases,

MNRAS 466, 2633–2657 (2017)
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Early-time spectra
• blue continuum 

• broad-line 
• “w”-shape spectral feature (by [OII]) 

↑SLSNe-I spectra (Quimby+ 2011)



Photospheric velocity evolution
• absorption features in SLSNe spectra is “broad” 

• implied photospheric velocities are similar to Ic-BL SNe                                                 

→ large kinetic energy 
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Figure 1. Left : Measured Fe II �5169 absorption velocities for individual SLSNe I. Data of the same SN are connected by a line. Data
points in the shaded region are likely to be contaminated by Fe III. Note that we do not show values for DES14X3taz, sn2006oz, and
ASASSN-15lh, since they appear non-physical (i.e., zero or positive velocities), possibly due to contaminations from other lines. Some
SLSNe have too noisy spectra, e.g., SN 2011kl, SN 2012il, and DES13S2cmm, or do not have spectra that cover Fe II �5169 region, e.g.,
SCP06F6, SNLS06D4eu, SNLS07D2bv, PS1-10awh, and PS1-10ky, thus, we do not have measurements for them either. Right : Rolling
average values weighted by a Gaussian distribution with a sigma of 5 days for 21 SLSNe I, 21 SNe Ic-bl and 17 SNe Ic, truncated at two
sigmas. Note that each bin contains fewer SNe than the number listed in the legend. We did not show average values for SLSNe I at
tVmax < 15 days, due to the possible Fe III contaminations. In order to show the distribution of the data, the error bars on the mean
values represent the standard deviation of the contributing data points. For the standard deviation to be meaningful, only weighted average
values constructed from at least three SNe are shown.

types at certain phases. In order to compare the bulk
spectra of various SN subtypes, as we will show in Sec-
tion 4.2, we have used continuum-removed average spec-
tra of SN Ic and of SN Ic-bl from Liu et al. (2016) and
Modjaz et al. (2016), and constructed average spectra
of SLSNe I in the same way. In order to compare two
relatively special SLSNe I in our sample to average spec-
tra of various SN subtypes, as we will show in Section
6, we have also constructed average spectra where the
continuum is included for SN Ic-bl, SN-GRB, and SLSN
I at needed phases. We have done our best to correct
Milky Way extinction in SLSNe I spectra using E(B-V)
values from the literature (Schlegel et al. 1998; Schlafly
& Finkbeiner 2011). We did not correct for host extinc-
tion, since SLSNe I are generally in metal-poor galaxies,
and thus the host extinction is small in most cases (Lun-
nan et al. 2014; Leloudas et al. 2015).

Although the temperature in the photosphere of
SLSNe I a↵ect the presence and strength of spectral
lines, we did not group SLSNe I by temperature when we
construct their average spectra, since at the date of max-
imum light, SLSNe I generally have a blackbody tem-
perature (TBB) between 10,000 K and 16,000 K, except
for iPTF13ehe (⇠ 7,000 K; Yan et al. 2015), PS1-10awh
(⇠ 20,000 K; Chomiuk et al. 2011), and ASASSN-15lh
(⇠ 22,000 K; Dong et al. 2016).

4. CONNECTIONS BETWEEN SLSNE I, SNE IC-BL, AND
SNE IC

SLSNe I, SNe Ic-bl and SNe Ic are marked by spectra
with no strong hydrogen absorption lines, as well as no

strong helium lines (though there are extensive discus-
sion about potential Helium lines in SLSNe I in Maz-
zali et al. 2016). Studying how these SN subtypes are
connected is very important to answer questions about
their power sources and their progenitors (Pastorello
et al. 2010; Gal-Yam 2012). Although no firm phys-
ical connection has been established, Pastorello et al.
(2010) found that SLSN I PTF10cwr (AKA 2010gx) at
tmax ' 21 days is similar to the spectrum of SN Ic-bl
2003jd at tmax ' 2 days and the spectrum of SN Ic at
t tmax ' �6 days. This connection motivates us to ex-
plore any population similarity by quantifying common
spectral features and generating average spectra as a
function of SN subtypes in the SN Ic family, and com-
paring them in a systematic way.

From line identifications and spectral modeling in var-
ious works, we know that SLSNe I, SNe Ic-bl and SNe
Ic all show Fe II lines, but the Fe II lines can be usually
identified in SLSNe I after the date of maximum light,
while for SNe Ic and SNe Ic-bl, they can be identified in
spectra obtained starting before maximum light. As we
will show in Sections 4.1 and 4.2, SLSNe I and SNe Ic-bl
have similar spectral features and absorption velocities,
which are broader and higher than those in SNe Ic. This
indicates that SLSNe I and SNe Ic-bl may have similar
explosion engines.

Spectra of SLSNe I show very blue continua (e.g.,
Quimby et al. 2007). Thus, if the continuum is a black-
body, the derived temperature is high enough to produce
O II lines. In fact, early spectra of almost all SLSNe I
show ‘w’ feature near 4300 Å, which is identified as O

↑averaged vph of SLSNe, Ic-bl Ic, and Ic SNe 
 (Liu&Modjaz 2017)



Late-time spectra
• Late-time spectra of SNe are dominated by 

nebular lines 

• ionization of elements by radioactive decay 

• Nebular spectrum of SLSNe-I 2015bn similar to 

broad-lined Ic SNe? → severe line-blending 

• a possible link between Ic-BL SNe and SLSNe-I? 
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Figure 2. Left: Spectroscopic evolution. All spectra have been normalised using the integrated flux between 4400–8000 Å.
Middle: the GMOS spectrum at +392 d, dominated by broad emission from oxygen, calcium and magnesium, is a near-perfect
match to the nebular spectra of energetic SNe Ic. Right: Gaussian fits to the strongest lines. The multiplets of [O I], [Ca II] and
Ca II have been accounted for using multi-component Gaussians of the same width (relative strengths assume lines are optically
thin). As in SN2012au (Milisavljevic et al. 2013), O I�7774 exhibits a lower velocity than [O I]. Note: galaxy lines have been
removed for clarity.

an additional engine (Iwamoto et al. 1998). The ob-
servational link between some hypernovae and LGRBs,
demonstrated spectacularly by SN1998bw (Galama et al.
1998), confirms this engine as most likely a rapidly rotat-
ing compact object: either an accreting black hole ‘col-
lapsar’ (MacFadyen & Woosley 1999) or a millisecond
magnetar (Duncan & Thompson 1992). The extraor-
dinary similarity in nebular-phase spectra (probing the
conditions of the innermost ejecta from the stellar in-
terior) demonstrates that SLSNe and hypernovae have
similar conditions in their cores, This could indicate that
their progenitors or explosion mechanisms are related,
consistent with both classes occurring in similar host en-
vironments (Lunnan et al. 2014; Perley et al. 2016).

3. DISCUSSION

Given this clear link between SLSNe and
hypernovae/GRB-SNe, we look to build a consis-
tent picture of SN 2015bn within the central-engine
framework. Independent evidence for this link comes
from spectropolarimetry (Inserra et al. 2016), which
shows axisymmetry similar to GRB-SNe. While black

hole accretion has also been proposed as a viable engine
for SLSNe (Dexter & Kasen 2013), magnetar-powered
models are likely more applicable here due to the long
engine timescale required by the observations.
Although the progenitors and explosion mechanism

may be similar, it seems that a di↵erent process sup-
plies the luminosity of SN 2015bn compared to the hy-
pernovae (which seem to be heated by 56Ni, e.g. Cano
et al. 2016). In section 2.2 we saw that SN2015bn is 150
times more luminous than SN1998bw during the neb-
ular phase. This would require a larger 56Ni mass by
a similar factor, but the spectroscopic similarity demon-
strates that SN2015bn cannot have an enormously larger
56Ni fraction than the hypernovae. Our spectrum looks
nothing like pair-instability models (Jerkstrand et al.
2016); nor do we see the [Fe III] lines that dominate Type
Ia SNe in the blue. With no strong signatures of CSM
interaction, it seems that the engine itself most likely
supplies the luminosity.
SN 2015bn does appear to be slightly brighter in the

blue than SNe 1997dq and 2012au. This could point to a

Nicholl+ (2016)



Event rate

• Ic-BL SNe are rare (~1% of CCSNe) 

• SLSNe-I are extremely rare (~0.01-0.1% of CCSNe) 

• Lick Observatory Supernova Search (Li+2011) 

• SLSNe volumetric rate @ z~0.1 (Quimby+2013) 

• SLSNe-I volumetric rate @ z~1.0 = 91+76-34 SN 

Gpc-3yr-1 

- CCSN rate @z=0 : ~10-4 SN Mpc-3 yr-1 = 105 SN Gpc-3 yr-1 

- Ic-BL rate :~ 10-6 SN Mpc-3 yr-1 = 103 SN Gpc-3 yr-1

- SLSNe-I: 32+77-26 SN Gpc-3yr-1  

- SLSNe-II: 151+151-82 SN Gpc-3yr-1 
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Figure 7. The probability distribution of the volumetric rate of SLSNe for
the three SLSN candidates over the duration of SNLS at 0.2 < z < 1.6, as
determined by our 100,000 Monte Carlo simulations. A log-normal distri-
bution is fitted to the data (red line) to estimate the peak of the probability
distribution and the uncertainties, quoted as the 68% confidence region.

Figure 8. The evolution of the volumetric SLSN rate as a function of red-
shift. We show measurements by Quimby et al. (2013), McCrum et al.
(2015) and Cooke et al. (2012) for comparison. The McCrum et al. (2015)
result is marked by an open circle to highlight that it may not be directly
comparable with the other measurements as it is derived by a comparison
to the rate of core collapse supernovae and is not a direct measurement.
The observed evolution is consistent with that of the SFH over the same
redshift range; we over-plot in blue the parametrisation of the cosmic SFH
of Hopkins & Beacom (2006), normalised to the low-redshift SLSN-I rate
obtained by Quimby et al. (2013).

is likely due to the relative uniformity of our detection e�ciency as
a function of redshift within our search volume (see Fig. 6).

5 DISCUSSION

In Fig. 8, we compare our new SLSN rate measurement with other
published values taken from the literature (Quimby et al. 2013;
Cooke et al. 2012) as a function of redshift. We observe an increase
in the volumetric rate as a function of redshift. The extent of this

Figure 9. The stellar mass distribution of SLSN host galaxies plotted
using the data from Lunnan et al. (2014), showing the consistency of
SNLS07D3bs with the rest of the population. The lack of detections for
the hosts of the high redshift candidates is consistent with being associated
with low mass galaxies, found below the detection limit of SNLS at their
redshifts.

observed evolution is consistent with the evolution in the cosmic
star-formation history (SFH) observed over the same redshift range
(Hopkins & Beacom 2006). This is, perhaps, an unsurprising result,
as SLSNe are thought to originate from the death of very massive
and hence short-lived stars (Nicholl et al. 2015a,b). However, we
note that we cannot discriminate between the evolution that fol-
lows the SFH, and one with the same evolution to z = 1.5 followed
by a peak at a much higher redshift, as the z > 1.5 measurement is
quite uncertain.

A higher-redshift peak may be expected due to the association
of SLSNe with metal-poor galaxies. SLSNe-I almost invariably ex-
plode in galaxies that are low-mass, compact dwarfs (Neill et al.
2011; Lunnan et al. 2015), and that are metal-poor and strongly
star-forming (Lunnan et al. 2013; Chen et al. 2013; Leloudas et al.
2015a). One popular interpretation of this is that the low metallicity
must play a role in the formation of SLSNe-I, which is consistent
with the low metal content inferred from their UV spectra (Maz-
zali et al. 2016). This scenario would also predict a volumetric rate
evolution that follows both the cosmic SFH and cosmic chemical
enrichment. Further z > 2 rate measurements are needed to test this
in more detail.

Fig. 9 shows the distribution of SLSN host-galaxy stellar
masses as measured by Lunnan et al. (2014). We use the zpeg pho-
tometric redshift package (Le Borgne & Rocca-Volmerange 2002)
with the SNLS multi-waveband gM ,rM ,iM ,zM host galaxy photom-
etry to estimate the stellar mass for SNLS-07D3bs. We do not at-
tempt to derive host galaxy stellar masses for SNLS-06D4eu and
SNLS-07D2bv due to their faintness and the lack of infrared (rest-
frame optical) data. Instead we place conservative stellar mass lim-
its, again derived using zpeg. The host stellar masses and limits for
all three of our candidates agree with the published SLSN-I host
stellar mass distribution (Fig. 9).

Using SLSNe discovered by the Pan-STARRS medium deep
survey over 0.3  z  1.4, McCrum et al. (2015) measure the
relative rate of SLSNe to be between 3+3

�2 ⇥ 10�5 and 8+2
�1 ⇥ 10�5

that of the core-collapse supernova rate (⇢cc). We use the SNLS
⇢cc measurement at z ⇠ 0.3 of 1.42 ± 0.6 ⇥ 10�4 SNe Gpc�3 yr�1
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Host galaxy demographics
• star-forming dwarf galaxy (small stellar mass) 

• high specific star formation rates (SFR/M★) 

• low metallicity 

• host galaxies of Ic-BL SNe and SLSNe-I are similar 

↑stellar mass M★ vs sSFR (Leloudas+ 2015)



Host galaxy demographics

↑stellar mass M★ vs metallicity (Leloudas+ 2015)

• star-forming dwarf galaxy (small stellar mass) 

• high specific star formation rates (SFR/M★) 

• low metallicity 

• host galaxies of Ic-BL SNe and SLSNe-I are similar 


