
Christian	D.	Ott	
TAPIR,	Caltech

Sherman	
Fairchild
Foundation

Core-Collapse	Supernova	Overview	

Collaborators:	
E.	Abdikamalov,	S.	Couch,	P.	Diener,	J.	Fedrow,	R.	Haas,	K.	Kiuchi,	
J.	Lippuner,	P.	Mösta,	H.	Nagakura,	E.	O’Connor,	D.	Radice,	
S.	Richers,	L.	Roberts,	A.	Schneider,	E.	Schnetter,	Y.	Sekiguchi



The	Basic	Theory	of	Core	Collapse

C.	D.	Ott	@	NPCSM	2016 2

MCh ⇡ 1.44

✓
Ye

0.5

◆2
"
1 +

✓
se
⇡Ye

◆2
#

⇢c ⇡ 1010 g cm�3

Tc ⇡ 0.5MeV
Ye,c ⇡ 0.43

[not	drawn	to	scale]

8M� . M . 130M�

M�



Collapse	and	Bounce

C.	D.	Ott	@	NPCSM	2016 3

Stiff	Nuclear	Equation	
of	State (EOS):
“Core	Bounce”



Collapse	and	Core	“Bounce”
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Stiff	Nuclear	Equation	
of	State (EOS):
“Core	Bounce”

Bounce:
t=0	for	SN	theorists.

Central	rest-mass	density	in	the	collapsing	core:
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“Core	Bounce”
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• Need	hot	EOS,
T	up	to	100	MeV
(BH	formation!)

• EOS	up	to	
~10	x	n0.

• Proton	fractions
Ye of	0	– 0.6.

Points	in	ρ,	T,	Ye covered	by
a	typical	1D	simulation	(no	explosion)



Available	Core-Collapse	Supernova	EOS
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FIG. 2. Mass-radius relations. The relationship between
the mass and radius of a cold neutron star is plotted for each
EOS. The EOS employed in this study cover a wide swath
of parameter space. EOS that lie within the constraints de-
picted in Figure 1 are colored, and the color code is consistent
throughout the paper.

EOS that do not satisfy firm constraints in order to have
larger variety that helps us isolate the causes of trends
with EOS properties.

II. METHODS

Our core-collapse simulations are carried out in two
distinct phases, linked only by the deleptonization pre-
scription. In the first phase, we run 18 simulations of the
same non-rotating 12M� star in non-rotating spherical
symmetry until core bounce, once for each of the 18 EOS.
From each of these simulations we extract a deleptoniza-
tion profile Ye(⇢) to determine the electron fraction Ye

during collapse in a way that is specific to each EOS. We
then perform all of the rotating collapse simulations in
2D until 50ms after core bounce, using the Ye(⇢) profile
produced with the same EOS during the collapse phase.
Only the data from the 2D simulations are used in the
analysis.

A. Pre-bounce Deleptonization Fit

As the core of a massive star is collapsing, electron
capture and the release of neutrinos allows the matter
to become increasingly neutron-rich. This pre-bounce
deleptonization of the matter can be well approximated
by parameterizing the electron fraction Ye as a function
of density ⇢ [13]. Since the EOS determines the electron
degeneracies and statistical distribution of nuclei that de-
termine the rates of electron capture and neutrino emis-
sion, we must generate a collapse-phase Ye(⇢) curve for

FIG. 3. Deleptonization Functions. For each EOS, radial
profiles of the electron fraction Ye as a function of density ⇢
were taken from GR1D simulations using two-moment neu-
trino transport at the point in time when the central Ye is
smallest and are plotted here. In the 2D simulations, Ye is
determined by the density and one of these curves until core
bounce.

each EOS.

To generate these curves, we run spherically symmet-
ric general relativistic core-collapse simulations of a non-
rotating 12M� progenitor with 2-moment transport in
GR1D up to core bounce, with neutrino interaction rates
calculated by NuLib [14]. This allows us to treat the
e↵ects of neutrino absorption and emission explicitly.
The radial grid consists of 1000 zones extending out to
2640 km, with a grid spacing of 0.2 km out to 20 km and
logarithmic spacing beyond that. We then take a fluid
snapshot at the time when the central Ye is at a mini-
mum and tabulate the Y e(⇢) profile, enforcing that Ye

decreases monotonically with increasing ⇢. The resulting
profiles are shown in Figure 3.

The neutrino interaction rates used to generate the
Ye(⇢) curves depend on the lepton and nucleon degen-
eracies and on the abundances of bound nuclei, all of
which are determined by the EOS. The neutrino inter-
action rates include absorption and emission onto nucle-
ons and nuclei including neutrino blocking factors, elastic
scattering o↵ nucleons and nuclei, and inelastic scatter-
ing o↵ electrons. Bremsstrahlung and neutrino pair cre-
ation/annihilation were neglected, since they are unim-
portant during the collapse phase. The rates for absorp-
tion, emission, and scattering from nuclei are calculated
assuming there is a single representative large nuclear
species for EOS that use the SNA approximation, and is
ignored for the other EOS. In Section III C we test the
e↵ects of including a much more realistic treatment of
heavy nuclei in the collapse phase, and in Appendix B 1
we test these assumptions and numerical choices to insure
consistency.

Richer+16	in	prep,	see	https://stellarcollapse.org for	tables	and	references

• ~18	hot	nuclear	EOS	available	for	CCSN	&	NS	merger	simulations.
•Many	ruled	out	by	experiments	/	astrophysical	constraints
(->	Jim	Lattimer’s talk	on	November	1).	Need	more	EOS!
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Animation
by	Evan	O’Connor
GR1D	code
stellarcollapse.org

Situation	after	Core	Bounce

• The	shock	always	stalls:
Dissociation	of	Fe-group	nuclei	@	~8.8	MeV/baryon	(~17	B/MSun).
Neutrino	losses	initially	@	>100	B/s	(1	[B]ethe =	1051 ergs).

Hans	Bethe
1906-2005



“Postbounce”	Evolution

C.	D.	Ott	@	NPCSM	2016 10

⌧ ⇡ 1� few s



“Postbounce”	Evolution
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What	is	the	mechanism	that	revives	the	shock?

⌧ ⇡ 1� few s



Supernova	Mechanisms
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Neutrino	Mechanism

Magnetorotational Mechanism
• Magneto-centrifugal	forcing,	hoop	stresses.
• For	energetic	explosions	and	CCSN-LGRB	connection?
• Very	rapid	core	rotation	+	magnetorotational instability	
+	dynamo	for	large-scale	field.

• Needs	“special”	progenitor	evolution.
• Jets	unstable,	may	fail	to	explode	in	proto-NS	phase;	
black	hole	formation,	GRB	central	engine?

• Neutrino	heating;	turbulent	convection,	standing
accretion	shock	instability	(SASI).

• Works	(even	in	1D)	for	lowest	mass	massive	stars.
• Sensitive	to	(multi-D)	progenitor	star	structure.
• Inefficient	(η ≲ 10%);	difficulty	explaining	Eexplosion?

Ott+13

Mösta+14



Basic	Stalled-Shock	Situation
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GR1D	simulation
http://stellarcollapse.org/
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GR1D	simulation
http://stellarcollapse.org/
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Ott+	’08
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GR1D	simulation
http://stellarcollapse.org/
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Problem:
1D	neutrino	mechanism	fails
for	more	massive	stars
(which	explode	in	nature).
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• Progress	driven	by	advances	in	compute	power!
• First	2D (axisymmetric)	simulations	in	the	1990s:	
Herant+94,	Burrows+95,	Janka &	E.	Müller	96.

Dessart+ ‘05

Bruenn+13

• 2D	simulations	now	self-consistent	&	from	first	principles.
E.g.:	Bruenn+13,16	(ORNL),	Dolence+14	(Princeton),	
B.	Müller+12ab	(MPA	Garching),	Nagakura+16	(YITP/Waseda),	
Suwa+16	&Takiwaki+14	(YITP/NAOJ/Fukoka)



Standing	Accretion	Shock	Instability	(SASI)
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Blondin+’03
Foglizzo+’06
Scheck+	’08
and	many
others

Movie	by
Burrows,
Livne,	
Dessart,	
Ott,	Murphy‘06



The	3D	Frontier	– Petascale Computing!
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• Some	early	work:	Fryer	&	Warren	02,	04

• Much	work	since	~2010:	
Fernandez	10,	Nordhaus+10,	Takiwaki+11,13,14,	
Burrows+12,	Murphy+13,	Dolence+13,	
Hanke+12,13,	Kuroda+12,	Ott+13,	Couch	13,	
Couch	&	Ott	13,	15,	Abdikamalov+15,	
Couch	&	O’Connor	14, Lentz+15,	Melson+15ab,	
Kuroda+16,	Roberts+16

• Approximations	currently	made:	
(1) Gravity				(2)	Neutrinos				(3)	Resolution
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Ott+13
Caltech,
full	GR,
parameterized
neutrino	heating



Multi-Dimensional	Simulations:	Effects
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(1)	 Lateral/azimuthal	flow:
“Dwell	time”	in	gain	
region	increases.

(2)	New:	Anisotropy	of	convection
->	Turbulent	ram pressure

(Radice+15,	16,	Couch&Ott 15,	
Murphy+13)

(e.g.,	Hanke+13,	Couch&Ott 15,	Murphy+08,	Murphy+13,	Ott+13,	Dolence+13)

Rij = �vi�vj
�vi = vi � vi

Rrr ⇠ 2{R✓✓, R��}

Pturb = ⇢Rrr

effective
turbulent
pressure



Accounting	for	Turbulent	Ram
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GR1D	simulation
http://stellarcollapse.org/
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-> need	less	thermal	pressure	=>	less neutrino	heating	
needed	to	explode	in	2D/3D	(Couch	&	Ott	15).

(Couch	&	Ott	2015,	Murphy+13)



2D	&	3D	Explosions!
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(e.g.,	Lentz+15,	Melson+15ab)



1D,	2D,	3D
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black:	1D
green:	2D
red,	blue:	3D

parameterized
neutrino	heating

(Couch	&	Ott	2015)

Shock	Radius

(1)	2D	&	3D	explode	with	less	neutrino	heating.
(2)	2D	explodes	more	easily	than	3D!
(see	also:	Couch	&	O’Connor	14,	Hanke+13)
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Some	Facts	about	Supernova	Turbulence
(e.g.,	Abdikamalov,	Ott+	15,	Radice+15ab)

• Neutrino-driven	convection	is	turbulent.

• Kolmogorov turbulence:		Kolmogorov	1941
isotropic,	incompressible,	stationary.	

• Supernova	turbulence:	
anisotropic	(buoyancy),	mildly	compressible,	quasi-stationary.

• Reynolds	stresses	(relevant	for	explosion!)	dominated	by
dynamics	at	largest	scales.

Re =
lu

⌫
⇡ 1017

Rij = �vi�vj

E(k) / k�5/3
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Kolmogorov	Turbulence

logE(k)

/ k�5/3

inertial
range dissipation

range

(large	spatial	scale) (small	spatial	scale)

(Fourier-space	wave	number)
log k

large	eddies	----------------------->	small	eddies

Rij = �vi�vj
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2D	vs.	3D
(e.g.,	Couch	13,	Couch	&	O’Connor	14)
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Turbulent	Cascade:	2D	vs.	3D	

SUBMITTED TO APJ ON 2013 OCTOBER 21 COUCH & O’CONNOR

Figure 13. Pseudo-color slices of entropy at four postbounce times for s27 fheat 1.05 3D. The colormap and limits are indicated on the left and kept fixed for each
time. Convection is already strong by 100 ms, as is indicated in Figures 11 & 12. As explosion sets in (right two panels), the convection becomes volume-filling
and large, high-entropy bubbles emerge that push the shock outward. The explosion begins in an asymmetrical fashion (right-most panel). The development of
convection in our simulations is very similar to that of Ott et al. (2013).
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Figure 14. Turbulent kinetic energy spectra, as measured by the non-radial
component of the velocity. The top panel shows 2D and 3D spectra for s15
and the bottom panel displays the same for s27. The E

`

are averaged over a
10 km-wide shell, centered on a radius of 125 km, and over 10 ms, centered at
150 ms postbounce. In all cases, 2D simulations result in much greater kinetic
energy density on large scales than 3D. Kinetic energy on large scales has
been suggested to be conducive to explosion (Hanke et al. 2012).

et al. 2013). Turbulent stresses can aid shock expansion in
multidimensional simulations of CCSNe (Murphy et al. 2013).
The presence of strong turbulent motions behind the forward
shock during the explosion phase may even effect collective
neutrino flavor oscillations (Lund & Kneller 2013). Based on
the global CCSN turbulence model developed by Murphy &
Meakin (2011), Murphy et al. (2013) argue that the turbulence
in neutrino-powered CCSNe explosions is primarily the result
of neutrino-driven convection. Here, rather than focus on the

primary driver of turbulence in our simulations, we address the
differences in the development of turbulence between 2D and
3D.

Following a number of previous studies, we examine tur-
bulent motion by decomposing the non-radial component of
the kinetic energy density in terms of spherical harmonics
(e.g., Hanke et al. 2012; Dolence et al. 2013; Couch 2013a;
Fernández et al. 2013). We define coefficients,

✏`m =

I p
⇢(✓, �)vt(✓, �)Y

m
` (✓,�)d⌦, (13)

where the transverse velocity magnitude is vt = [v
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✓ + v

2
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1/2.
The non-radial kinetic energy density as a function of ` is then

E` =

X̀

m=�`

✏

2

`m [erg cm

�3

]. (14)

In Figure 14, we show the E` spectra for s15 (top) and s27
(bottom) in both 2D and 3D. The spectra are computed in a 10
km-wide spherical shell centered on a radius of 125 km and
at a postbounce time of 150 ms. This time and radius were
chosen to coincide with the initial development of strong non-
radial motion yet prior to onset of significant shock expansion
or contraction (see Figs. 10 & 11). Immediately apparent
is that 2D simulations have much greater turbulent kinetic
energy on large scales (small `) than 3D. This is the case
even when comparing the 2D fheat = 0.95 cases with the
3D fheat = 1.05 cases. Similar behavior is found in other
comparisons of turbulence in 2D and 3D (Hanke et al. 2012;
Dolence et al. 2013; Couch 2013a). These studies also found
that non-radial kinetic energy on large scales correlated with
vigor of explosion. Hanke et al. (2012) even suggest that non-
radial kinetic energy on large scales, by significantly increasing
matter dwell times in the gain region, could be key to the
success of the neutrino mechanism. Our results also support
this conclusion; the closer a model is to explosion, the larger
the turbulent kinetic energy on large scales.

It is well-known that turbulence in 2D exhibits very dif-
ferent behavior than in 3D. The most significant difference,
particularly for the present discussion, is the so-called “inverse
energy cascade” in 2D. According to Kolmogorov’s theory of
turbulence, turbulent energy is injected on large scales and sub-
sequently is transfered via the turbulent cascade to small scales
(Kolmogorov 1941). In 2D, turbulent energy is still injected
at the large, driving scale, but from there cascades to large
scales instead. Enstrophy, the integrated squared-vorticity,

17

Couch	&	O’Connor	14
see	also:	Dolence+13,	Hanke+12,13,	Abdikamalov+’15,	Radice+15ab

2D

3D

• 2D: wrong;	turbulent	cascade	unphysical.
• 3D: physical;	more	power	at	small	scales,	less

on	large	scales	->	harder	to	explode!
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3D:	Sensitivity	to	Resolution
Abdikamalov+15

low	resolution ->	less	efficient	turbulent	cascade
->	kinetic	energy	stuck	at	large	scales



Resolution	Comparison
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(Radice+16)

dθ,dφ =	1.8°
dr =	3.8	km

dθ,dφ =	0.9°
dr =	1.9	km

dθ,dφ =	0.45°
dr =	0.9	km

dθ,dφ =	0.3°
dr =	0.64	km

• semi-global	simulations
of	neutrino-driven
turbulence.

(typical	resolution	of
3D	rad-hydro	sims)
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Turbulent	Kinetic	Energy	Spectrum
(Radice+16)

“compensated”	spectrum

Core-collapse	supernova	turbulence	obeys	Kolmogorov	scaling!

But: Global	simulations	at	necessary	resolution currently	impossible!

Way	forward?	->	Subgrid modeling	of	neutrino-driven	turbulence?



Summary	of	2D	&	3D	Neutrino-Driven	CCSNe
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Figure 5. Colormaps of the specific entropy in the x-z plane in models s27 fheat1.00 (left column), s27 fheat1.05 (center column), and s27 fheat1.15 (right column)
at 80, 115, and 154ms after core bounce. The linear scales of the three vertical panels are 350, 450, and 900 km at these three times. The values of the specific
entropy in the convectively unstable gain region increase with time in all simulations. Model s27 fheat1.00 exhibits a stagnant shock and only small deviations
from sphericity. The average shock radius is secularly growing in model s27 fheat1.05 with slightly stronger neutrino heating and the shock is more aspherical.
Model s27 fheat1.15 is on track to explosion and exhibits, at 154ms after bounce, a strongly deformed shock with a single large high-entropy bubble.

toneutron star cannot sufficiently cool, deleptonize and con-
tract (Hanke et al. 2012; B. Müller et al. 2012a). This, in
turn, results in too large shock radii and low advection speeds
through the convectively unstable gain layer that may artifi-
cially favor the growth of convection over SASI (Scheck et al.
2008; Foglizzo et al. 2006; B. Müller et al. 2012a). Our leak-
age/heating scheme is designed specifically to overcome these
limitations at little additional computational cost. We take
into account cooling by ⌫e, ⌫̄e, and ⌫x, account for the change
in electron fraction by ⌫e and ⌫̄e emission and absorption. Our
heating prescription uses the true ⌫e and ⌫̄e luminosities avail-
able at a given position for heating (as computed by leak-
age/heating at smaller radii) and the mean-squared neutrino
energies entering the heating rate are determined by assum-
ing black body emission from the ⌫e and ⌫̄e neutrinospheres,
taking the time-changing thermodynamic locations on these
surfaces into account.

While clearly not as sophisticated as recent gray multi-D
(e.g., Scheck et al. 2008; E. Müller et al. 2012; Kuroda et al.
2012) or energy-dependent (e.g., Ott et al. 2008; Marek &
Janka 2009; B. Müller et al. 2012b,a; Takiwaki et al. 2012)
neutrino radiation-hydrodynamics calculations, the goal of
our approach is to capture the essential qualitative features
correctly and reproduce quantitative results approximately. In
the following, we investigate the extent to which our scheme
lives up to its premise.

In Fig. 6, we plot, for all four models, the time evolutions
of the baryonic mass inside the 1011 gcm-3 density isosur-
face (top panel, left ordinate), the angle-averaged accretion
rate measured outside the shock (top panel, right ordinate),
the angle-averaged coordinate radius of the 1011 gcm-3 den-
sity isosurface (center panel), and the angle-averaged ⌫e, ⌫̄e,
and ⌫x neutrinosphere radii (where ⌧⌫i = 1; bottom panel).

• More	efficient	neutrino	heating,
turbulent	ram	pressure.

• 2D	simulations	explode	but	can’t	
be	trusted	(unphysical	turbulence).

• 3D	simulations:	
(1)most	not	yet	fully	self	consistent

(parameterized);
(2) numerical	bottleneck	in	energy	

cascade	(resolution).

• How	much	resolution	is	necessary?

• Subgrid model	for	3D	neutrino-
driven	turbulence?

Ott+13
See	also	Luke	Robert’s	
conference	talk	on	Nov.	4!



Hypernovae &	Gamma-Ray	Bursts
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SN	1998bw/GRB	980425

Pian+99

Type	Ic-bl Hypernova – 10	x	normal	SN	energy.
11	CCSN-long	GRB	associations.
1%	of	CCSNe are	Ic-bl (very	few	with	GRB)

BeppoSAX

Time	[s]

What	drives	explosions?



Magnetorotational Explosions
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lution studies obtain a monotonic increase of the iron-core
mass (or bounce compactness; see Fig. 9 of O’Connor & Ott
2011) versus main-sequence mass (Limongi & Chieffi 2006;
see also Hirschi et al. 2004, 2005), while some show an anti-
correlation beyond ⇠40 M� (Woosley & Heger 2007). The
primary reason for this are differing prescriptions for rate and
time of mass loss, one of the major uncertainties in massive
star evolution (see also the discussions in Hirschi et al. 2005
and O’Connor & Ott 2011).

3. METHODS & INITIAL MODEL SET

In this work, we use the open-source, spherically symmet-
ric, general relativistic, Eulerian hydrodynamics code GR1D
(O’Connor & Ott 2010). Rotation is included through a
centrifugal-acceleration term in the momentum equation —
this is the most important dynamical feature of rotation rel-
evant to core collapse. However, GR1D cannot account for
the associated deviations from spherical symmetry nor any
angular-momentum redistribution. We select the equation of
state (EOS) from Lattimer & Swesty (1991) characterized by
a nuclear incompressibility of 220MeV (hereafter referred to
as the LS220 EOS). This EOS provides the best match to both
mass and mass-radius constraints from observations and nu-
clear theory (Demorest et al. 2010; Özel et al. 2010; Steiner
et al. 2010; Hebeler et al. 2010). GR1D uses an efficient neu-
trino leakage/heating scheme that qualitatively reproduces the
salient features of neutrino transport. We refer the reader to
O’Connor & Ott (2010, 2011) for additional details on GR1D
and our methodology.

As described above, the only stellar-evolutionary models
for LGRB progenitors that are evolved until the onset of col-
lapse are those proposed by Woosley & Heger (2006). We
thus focus on their model dataset for our investigation on the
dynamics of the core-collapse SN engine and the potential
formation of a black hole in the collapsar context. Using
KEPLER, Woosley & Heger (2006) investigated a rather nar-
row range of progenitor masses, but varied the initial rotation
rate (solid-body rotation is assumed initially) and environ-
mental metallicity from solar to 1% solar (with an additional
tunable factor as low as 0.1 for the metallicity-dependent mass
loss rate, equivalent to a reduction in metallicity by a factor of
100 in their mass-loss prescription). Arguing that the inferred
mass of LGRB/SN ejecta known in 2006 is on the order of
10 M�, and since higher-mass stars may lose too much angu-
lar momentum through stellar winds (even at low metallicity),
they focused primarily on lower-mass progenitors, with main-
sequence masses of 12 and 16 M�,5 with the exception of one
35 M� model set.

We adopt the same nomenclature as for their 12-, 16- and
35-M� models. It comprises the model’s main-sequence
mass, followed by a letter denoting the environmental metal-
licity (‘S’ for solar, ‘O’ for 10% solar, and ‘T’ for 1% solar).
An additional letter is appended to individualize the models
done with different WR mass-loss rate prescriptions, allow-
ing or not for magnetic effects, and the total angular momen-
tum of the star. 16-M� helium models are denoted by ‘HE16’
followed by an individualizing capital letter.

In this work, we simulate the collapse and post-bounce evo-
lution with GR1D for all these progenitor models, with a pri-

5 They also perform simulations for 16-M� helium cores and find compa-
rable outcomes.
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Figure 1. Angular velocity ⌦(r) versus radius r at both the pre-SN stage
(dashed lines) and at core bounce (solid lines) for selected models of Woosley
& Heger (2006). The inner homologously collapsing core maintains its initial
uniform rotation throughout collapse.

mary focus on determining their ability to produce the key
features of the collapsar model: A black hole together with a
Keplerian disk. As we discuss in the following section, black-
hole formation is not obviously guaranteed in any of these
dying stars.

4. NOTES ON ROTATING CORE COLLAPSE

Since LGRBs seem fundamentally related to rapid rotation,
it is useful to summarize a few facts and concepts related to
the gravitational collapse of rotating iron cores in massive
stars. First, it is reasonable to assume (which is borne out by
simulations, e.g., Heger et al. 2005) that the iron core, in its
pre-collapse state, will be approximately uniformly rotating.
Such a solid-body rotation corresponds to the lowest energy
state at fixed total angular momentum and will be assumed on
a secular timescale by any rotating fluid that has some means
to redistribute angular momentum.

Rotating core collapse, even for the high pre-collapse rota-
tion rates of some of the potential LGRB progenitors that we
consider in this study, proceeds qualitatively in a very simi-
lar fashion to non-rotating collapse as long as the ratio of the
centrifugal acceleration acent to the gravitational acceleration
agrav, is small,

acent

agrav
=

⌦2(r)r
GM(r)r-2 =

⌦2(r)r3

GM(r)
⌧ 1 . (1)

Due to angular-momentum conservation, the angular velocity
behaves as ⌦(r) / r

-2. M(r) stays constant for a collapsing
mass shell, and, thus, the above ratio increases during collapse
as r

-1 and may potentially become large for small radii.
In the case of acent/agrav ⌧ 1, the collapsing rotating iron

core will behave like a non-rotating core and separate into a
subsonically collapsing inner core (|v

r

(r)| < c

s

(r)) and a su-
personically collapsing outer core (|v

r

(r)| > c

s

(r)). The in-
ner core exhibits a self-similar (homologous) velocity profile,
v(r) / r, until core bounce and shock formation (Goldreich
& Weber 1980). After core bounce, the inner core material
forms the core of the proto-neutron star and outer core ma-
terial accumulates at its edge. The mass of the inner core at

• Core:	x	1000	spin-up
• Differential	rotation	->	reservoir	of	free	energy.
• Spin	energy	tapped	by	magnetorotational instability	(MRI)?

Dessart,	O’Connor,	Ott	‘12



Magnetorotational Mechanism
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[LeBlanc	&	Wilson	‘70,	Bisnovatyi-Kogan ’70	&	‘74,	Meier+76,	
Ardeljan+’05,	Moiseenko+’06,	Burrows+‘07,	Bisnovatyi-Kogan+’08,	
Takiwaki &	Kotake ‘11,	Winteler+	12,	Mösta+14,15]	

Rapid	Rotation	+	B-field	amplification	to	>	1015 G
(need	magnetorotational instability	[MRI])

2D:	Energetic	“bipolar”	explosions.

Results	in	ms-period	“proto-magnetar.”
->	connection	to	GRBs,	Superluminous SNe?

Burrows+’07
Problem:	Need	high	core	spin;	
only	in	very	few	progenitor	stars?

MHD	stresses	lead	to	outflows.
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Burrows+’07

(1011 G	
seed	field)



3D	Dynamics	of	Magnetorotational Explosions
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Octant	Symmetry	(no	odd	modes) Full	3D

ß 2000	km	àß 2000	km	à

New,	full	3D	GRMHD	simulations.	Mösta+	2014,	ApJL.
Initial	configuration	as	in	Takiwaki+11,	1012 G	seed	field.
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Observing	the	Heart	of	a	Supernova
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Red	Supergiant	
Betelgeuse	

300	km800	million	km
HST

Probes	of	Supernova	&	Nuclear	Physics:
- Neutrinos
- Gravitational	Waves
- EM	waves	(optical/UV/X/Gamma):	
secondary	information,	
late-time	probes.



MotivationMotivation
SN1987A:

● First observed SN 
neutrinos → looking 
inside.

● Details still missing, but 
overall SN understanding 
was confirmed.

Aim:

● Understand next 
observations and 
neutrinos better.

SN	1987A:	Neutrino	Detection!

41C.	D.	Ott	@	NPCSM	2016

->	First	detection	of	extragalactic	neutrinos!
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Supernova	Neutrino	“Lightcurves”
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O’Connor	&	Ott	’13,	ApJ

• Neutrino	signal	in	the	pre-explosion	phase	determined	by
(1)	the	accretion	rate	of	the	stellar	envelope,
(2)	by	the	core	temperature	of	the	collapsing	star.

• EOS	dependence:
softer	EOS	->	more	compact	proto-NS	->
harder	spectrum,	higher	luminosity

4

ideal Fermi-gas approximation (Liebendörfer et al. 2005;
O’Connor & Ott 2010). Leaving out this pressure contribution
leads to ⇠ 5% smaller maximum gravitational PNS masses.
We also include terms due to neutrino pressure and radiation-
field energy in the calculation of the gravitational mass (Equa-
tion 3) and of the metric potential (Equation 4). Since our
leakage scheme does not treat neutrino energy separately from
the internal energy of the fluid, including the energy of the
neutrino gas in the former equations is not fully consistent
with our present approach. This error was discovered and cor-
rected after all simulations were performed. However, a set of
test calculations showed that the error leads to an underesti-
mate of the maximum gravitational PNS mass of only ⇠ 2%
which is well within the error of the overall leakage scheme
(see also §4.2).

2.3. Equations of State and Maximum Neutron Star Masses

We include multiple finite-temperature nuclear EOS in this
study to explore the dependence of postbounce evolution and
BH formation on EOS properties. The Lattimer-Swesty (LS)
EOS (Lattimer & Swesty 1991) is based on the compress-
ible liquid-droplet model, assumes a nuclear symmetry en-
ergy Sv of 29.3MeV, and comes in three variants with differ-
ent values of the nuclear incompressibility of Ks = 180MeV
(LS180), 220MeV (LS220), and 375MeV (LS375). The EOS
of Shen et al. (1998a,b) (HShen EOS), on the other hand, is
based on a relativistic mean-field model, has Sv = 36.9MeV
and Ks = 281MeV. More details on these EOS and their im-
plementation in GR1D is given in O’Connor & Ott (2010).
The EOS tables and driver routines employed in this study are
available for download at http : //stellarcollapse.org.

By solving the Tolman-Oppenheimer-Volkoff (TOV) equa-
tions (Oppenheimer & Volkoff 1939) with T = 0.1MeV and
assuming neutrinoless �-equilibrium we determine the neu-
tron star baryonic and gravitational mass–radius relationships
that each of these four EOS produce and that are depicted by
Figure 1. The maximum gravitational (baryonic) neutron star
masses are ⇠ 1.83M� (⇠ 2.13M�), ⇠ 2.04M� (⇠ 2.41M�),
⇠ 2.72M� (⇠ 3.35M�), and ⇠ 2.24M� (⇠ 2.61M�) for
LS180, LS220, LS375, and HShen, respectively. The co-
ordinate radii of these maximum-mass stars are ⇠ 10.1km,
⇠ 10.6km, ⇠ 12.3km and ⇠ 12.6km, respectively.

The above maximum neutron star masses hold only for non-
rotating cold NSs. As we will discuss in detail in §4.3, the
PNSs at the heart of the failing CCSNe considered in this
work, are much hotter. They have central temperatures of
⇠ 10-20MeV and tens of MeV in their outer core and mantle.
Thermal effects have a significant effect on their maximum
masses.

In this study, we do not consider hyperonic EOS, e.g., the
hyperonic extension of the HShen EOS by Ishizuka et al.
(2008), or EOS involving other phases of nuclear matter, e.g.,
quarks and pions Nakazato et al. (2010). Such EOS are po-
tentially interesting in failing CCSNe, since their exotic com-
ponents lead to a softening of the EOS at high density, poten-
tially accelerating BH formation (Sumiyoshi et al. 2009). We
also do not consider EOS that include QCD phase transitions
that too may lead to early PNS collapse and potentially to a
second bounce and neutrino burst (Sagert et al. 2009).

3. MODEL SETUP

Figure 1. Baryonic (left) and gravitational (right) neutron mass–radius re-
lations for various hot nuclear EOS. The temperature is taken to be constant
throughout the star at T = 0.1MeV and the electron fraction is determined
through neutrinoless �-equilibrium with an imposed minimum of 0.05 due to
table constraints.

3.1. Presupernova Data

We make use of single-star nonrotating presupernova mod-
els from several stellar evolution studies: Woosley & Weaver
(1995) (WW95), Woosley et al. (2002) (WHW02), Limongi
& Chieffi (2006) (LC06A/B) and Woosley & Heger (2007)
(WH07). Each of these studies evolved stars with a range of
ZAMS masses at solar metallicity (Z�, hereafter denoted with
prefix s in model names) up until the onset of core collapse.
In addition to solar metallicity, WHW02 evolved stars with
ultra low metallicitiy, 10-4 Z� (denoted by prefix u) and zero
metallicity (denoted by prefix z). Rotation is of relevance in
stellar evolution and stellar evolutionary processes affect the
rotational configuration at the presupernova stage. In order to
study BH formation, BH birth properties and their impact on
a potential subsequent evolution to a GRB in such spinning
progenitors, we draw representative models from Heger et al.
(2000) (HLW00) and from Woosley & Heger (2006) (WH06)
who included rotation in essentially the same way as we do in
GR1D.

In Table 1, we list key parameters for all models in our set.
These include presupernova mass, iron core mass (which we
define as the baryonic mass interior to Ye = 0.495), and the
bounce compactness ⇠2.5. The latter is defined as

⇠M =
M/M�

R(Mbary = M)/1000km

���
t=tbounce

, (10)

where we set M = 2.5M�. R(Mbary = 2.5M�) is the radial co-
ordinate that encloses 2.5-M� at the time of core bounce. ⇠2.5
gives a measure of a progenitor’s compactness at bounce. We
choose M = 2.5M� as this is the relevant mass scale for BH
formation. ⇠2.5 is, as we shall discuss in §4.4, a dimension-
less variable that allows robust predictions on the postbounce
dynamics and the evolution of the model towards BH forma-
tion. The evaluation of ⇠2.5 at core bounce is crucial, since this
is the only physical and unambiguous point in core collapse
at which one can define a zero of time and can describe the
true initial conditions for postbounce evolution. Computing
the same quantity at the precollapse stage leads to ambiguous

“compactness	parameter”	(O’Connor	&	Ott	‘11)



9

Figure 3. Neutrino luminosities (top panels) and average energies (bottom panels) plotted as a function of postbounce time for all 32 models of Woosley & Heger
(2007). The top set of panels shows results obtained with the LS220 EOS. The bottom panel shows the same for the HShen EOS, but includes, for reference, two
LS220 models: s12WH07 and s40WH07. The left, center, and right panels show results for ⌫e, ⌫̄e, and ⌫x, respectively. The curves are color- and line-weight-
coded with increasing compactness (⇠1.75), the mapping from color to compactness parameter is shown on the right. There is a clear trend in all luminosities and
average energies with compactness parameter. The progenitor with the highest compactness, s40WH07, forms a black hole at 502 ms after bounce. None of these
models explode, but the onset of an explosion in any of these models may lead to a sudden deep drop (strongest for ⌫e and ⌫̄e) in the luminosities and average
energies (Fischer et al. 2010), although this is likely suppressed by multidimensional effects. The smaller drop observed for most models models here is due to
the sudden decrease of the accretion rate when the silicon–oxygen interface reaches the stalled shock.
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ideal Fermi-gas approximation (Liebendörfer et al. 2005;
O’Connor & Ott 2010). Leaving out this pressure contribution
leads to ⇠ 5% smaller maximum gravitational PNS masses.
We also include terms due to neutrino pressure and radiation-
field energy in the calculation of the gravitational mass (Equa-
tion 3) and of the metric potential (Equation 4). Since our
leakage scheme does not treat neutrino energy separately from
the internal energy of the fluid, including the energy of the
neutrino gas in the former equations is not fully consistent
with our present approach. This error was discovered and cor-
rected after all simulations were performed. However, a set of
test calculations showed that the error leads to an underesti-
mate of the maximum gravitational PNS mass of only ⇠ 2%
which is well within the error of the overall leakage scheme
(see also §4.2).

2.3. Equations of State and Maximum Neutron Star Masses

We include multiple finite-temperature nuclear EOS in this
study to explore the dependence of postbounce evolution and
BH formation on EOS properties. The Lattimer-Swesty (LS)
EOS (Lattimer & Swesty 1991) is based on the compress-
ible liquid-droplet model, assumes a nuclear symmetry en-
ergy Sv of 29.3MeV, and comes in three variants with differ-
ent values of the nuclear incompressibility of Ks = 180MeV
(LS180), 220MeV (LS220), and 375MeV (LS375). The EOS
of Shen et al. (1998a,b) (HShen EOS), on the other hand, is
based on a relativistic mean-field model, has Sv = 36.9MeV
and Ks = 281MeV. More details on these EOS and their im-
plementation in GR1D is given in O’Connor & Ott (2010).
The EOS tables and driver routines employed in this study are
available for download at http : //stellarcollapse.org.

By solving the Tolman-Oppenheimer-Volkoff (TOV) equa-
tions (Oppenheimer & Volkoff 1939) with T = 0.1MeV and
assuming neutrinoless �-equilibrium we determine the neu-
tron star baryonic and gravitational mass–radius relationships
that each of these four EOS produce and that are depicted by
Figure 1. The maximum gravitational (baryonic) neutron star
masses are ⇠ 1.83M� (⇠ 2.13M�), ⇠ 2.04M� (⇠ 2.41M�),
⇠ 2.72M� (⇠ 3.35M�), and ⇠ 2.24M� (⇠ 2.61M�) for
LS180, LS220, LS375, and HShen, respectively. The co-
ordinate radii of these maximum-mass stars are ⇠ 10.1km,
⇠ 10.6km, ⇠ 12.3km and ⇠ 12.6km, respectively.

The above maximum neutron star masses hold only for non-
rotating cold NSs. As we will discuss in detail in §4.3, the
PNSs at the heart of the failing CCSNe considered in this
work, are much hotter. They have central temperatures of
⇠ 10-20MeV and tens of MeV in their outer core and mantle.
Thermal effects have a significant effect on their maximum
masses.

In this study, we do not consider hyperonic EOS, e.g., the
hyperonic extension of the HShen EOS by Ishizuka et al.
(2008), or EOS involving other phases of nuclear matter, e.g.,
quarks and pions Nakazato et al. (2010). Such EOS are po-
tentially interesting in failing CCSNe, since their exotic com-
ponents lead to a softening of the EOS at high density, poten-
tially accelerating BH formation (Sumiyoshi et al. 2009). We
also do not consider EOS that include QCD phase transitions
that too may lead to early PNS collapse and potentially to a
second bounce and neutrino burst (Sagert et al. 2009).

3. MODEL SETUP

Figure 1. Baryonic (left) and gravitational (right) neutron mass–radius re-
lations for various hot nuclear EOS. The temperature is taken to be constant
throughout the star at T = 0.1MeV and the electron fraction is determined
through neutrinoless �-equilibrium with an imposed minimum of 0.05 due to
table constraints.

3.1. Presupernova Data

We make use of single-star nonrotating presupernova mod-
els from several stellar evolution studies: Woosley & Weaver
(1995) (WW95), Woosley et al. (2002) (WHW02), Limongi
& Chieffi (2006) (LC06A/B) and Woosley & Heger (2007)
(WH07). Each of these studies evolved stars with a range of
ZAMS masses at solar metallicity (Z�, hereafter denoted with
prefix s in model names) up until the onset of core collapse.
In addition to solar metallicity, WHW02 evolved stars with
ultra low metallicitiy, 10-4 Z� (denoted by prefix u) and zero
metallicity (denoted by prefix z). Rotation is of relevance in
stellar evolution and stellar evolutionary processes affect the
rotational configuration at the presupernova stage. In order to
study BH formation, BH birth properties and their impact on
a potential subsequent evolution to a GRB in such spinning
progenitors, we draw representative models from Heger et al.
(2000) (HLW00) and from Woosley & Heger (2006) (WH06)
who included rotation in essentially the same way as we do in
GR1D.

In Table 1, we list key parameters for all models in our set.
These include presupernova mass, iron core mass (which we
define as the baryonic mass interior to Ye = 0.495), and the
bounce compactness ⇠2.5. The latter is defined as

⇠M =
M/M�

R(Mbary = M)/1000km

���
t=tbounce

, (10)

where we set M = 2.5M�. R(Mbary = 2.5M�) is the radial co-
ordinate that encloses 2.5-M� at the time of core bounce. ⇠2.5
gives a measure of a progenitor’s compactness at bounce. We
choose M = 2.5M� as this is the relevant mass scale for BH
formation. ⇠2.5 is, as we shall discuss in §4.4, a dimension-
less variable that allows robust predictions on the postbounce
dynamics and the evolution of the model towards BH forma-
tion. The evaluation of ⇠2.5 at core bounce is crucial, since this
is the only physical and unambiguous point in core collapse
at which one can define a zero of time and can describe the
true initial conditions for postbounce evolution. Computing
the same quantity at the precollapse stage leads to ambiguous

“compact-
ness”

Probing	Stellar	Structure	with	Pre-Explosion	Neutrinos
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EOS	Dependence	of	the	Early	Neutrino	Signal
O’Connor	&	Ott	’13,	ApJ
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EOS	Dependence	of	the	Early	Neutrino	Signal
O’Connor	&	Ott	’13,	ApJ

Note:	Extracting	EOS	information	will	require	precise	knowledge	of	distance	to	source.



Gravitational	Wave	(GW)	Refresher
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• Emission:	Accelerated	quadrupole bulk	mass-energy	motion.
G

c4
⇡ 10�49 s2 g�1 cm�1

Quadrupole approximation

10 kpc ⇡ 3⇥ 1022 cm

• Detection:
Measure	changes	in	
separations	of	test	masses
with	laser	interferometry.
->Advanced	LIGO,	Kagra
Advanced	Virgo,	
LIGO	India.	

LIGO	Livingston,	Louisiana

C.	D.	Ott	@	NPCSM	2016

->	must	measure	relative	displacements	of	10-22



Gravitational-Waves	from	Core-Collapse	Supernovae
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Reviews:	Kotake 11,	Fryer	&	New	11,	Ott	09
Need:

accelerated	aspherical (quadrupole)	
mass-energy	motions

Candidate	Emission	Processes:

v Turbulent	convection
v Rotating	collapse	&	bounce
v 3D	MHD/HD	instabilities
v Aspherical mass-energy	outflows
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FIG. 3: Snapshots of the meridional density distribution with
superposed velocity vectors in model u75rot1 taken at various
times. The top left panel (note its special spatial range) shows
a snapshot from 10ms after bounce. The top right and bot-
tom left panels show the point of PNS instability and the time
at which the AH first appears, respectively. The bottom right
panel, generated with a separate color range, shows the hy-
peraccreting BH at ⇠ 15ms after its formation. All colormaps
have density isocontours superposed at densities (from outer
to inner) of ⇢ = (0.1, 0.25, 0.5, 0.75, 1.0, 2.5, 5.0)⇥1010 g cm�3.

roughly with ⌦2

0

.
Once dynamical PNS collapse sets in, an apparent

horizon (AH) appears within ⇠1 ms and quickly engulfs
the entire PNS. With the PNS and pressure support re-
moved, postshock material and the shock itself immedi-
ately subside into the nascent BH. The bottom panel of
Fig. 2 shows the evolution of BH mass and dimensionless
spin a? in all models. The former jumps up as the AH
swallows the PNS and postshock region, then increases
at the rate of accretion set by progenitor structure and
is largely una↵ected by rotation at early times. The di-
mensionless spin reaches a local maximum when the BH
has swallowed the PNS core, then rapidly decreases as
surrounding lower-j material plunges into the BH. This
is a consequence of the drop of j at a mass coordinate
close to the initial BH mass (cf. Fig. 1). Table I summa-
rizes for all models the values of a? at its peak and at the
time we stop the LR run.

In Fig. 3, we plot colormaps of the density in the merid-
ional plane of the spinning model u75rot1 taken at var-
ious postbounce times. The rotational flattening of the
PNS is significant and so is the centrifugal double-lobed
structure of the post-BH-formation hyperaccretion flow.
The latter is unshocked and far sub-Keplerian with in-
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FIG. 4: Top: GW signals h+,e emitted by the rotating mod-
els as seen by an equatorial observer and rescaled by distance
D. The inset plot shows the strong burst associated with BH
formation and ringdown. The full waveforms are available
from http://www.stellarcollapse.org/gwcatalog. Bot-
tom: Spectrogram of the GW signal emitted by the most
rapidly spinning model u75rot2.

flow speeds of up to 0.5c near the horizon. The flow will
be shocked again only when material with su�ciently
high specific angular momentum to be partly or fully cen-
trifugally supported reaches small radii (cf. [14]). Based
on progenitor structure, our choice of rotation law, and
the assumption of near free fall, we estimate that this
will occur after ⇠1.4 s, ⇠2.4 s, ⇠3.9 s in model u75rot2,
u75rot1.5, u75rot1, respectively. At these times, the
BHs, in the same order, will have a mass (a?) of ⇠8 M�
(0.75), ⇠14 M� (0.73), and ⇠23 M� (0.62).

GW Signature.—The top panel of Fig. 4 depicts the
GW signals emitted by our rotating models. Due to the
assumed octant symmetry, GW emission occurs in the
l = 2, m = 0 mode. The nonrotating model leads to
a very weak GW signal and is excluded. At bounce, a
strong burst of GWs is emitted with the typical signal
morphology of rotating core collapse (e.g., [23]) and the
peak amplitude is roughly proportional to model spin.
Once the bounce burst has ebbed, the signal is domi-
nated by emission from turbulence behind the shock. It
is driven first by the negative entropy gradient left by the
stalling shock and then by neutrino cooling, whose e↵ect
may be overestimated by our simple treatment. Interest-
ingly, the signal strength increases with spin. This is not
expected in a rapidly spinning ordinary 2D CCSN, since
a positive j gradient in the extended postshock region

C.	D.	Ott	@	NPCSM	2016
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Recent	work:	Murphy+09,	Kotake+09,	11,	Yakunin+10,16,	E.	Müller+12,	B.Müller+13	1178 MURPHY, OTT, & BURROWS Vol. 707

At this point, it is useful to define for future reference the
dimensionless characteristic GW strain (Flanagan & Hughes
1998), in terms of the GW spectral energy density,

hchar =

√
2
π2

G

c3

1
D2

dEGW

df
. (17)

For signals with relatively stable frequencies and amplitudes,
Fourier transforms and their energy spectra are adequate fre-
quency analysis tools. However, for signals with time-varying
amplitudes and frequencies, a short-time Fourier transform
(STFT) is more appropriate. The STFT of A(t) is

S̃(f, τ ) =
∫ ∞

−∞
A(t) H (t − τ ) e−2π if t dt, (18)

where τ is the time offset of the window function, H (t − τ ). We
use the Hann window function:

H (t − τ ) =

⎧
⎪⎨

⎪⎩

1
2

(
1 + cos

(
π(t−τ )

δt

))
for |t − τ | ! δt

2
0 for |t − τ | >

δt

2

,

(19)
where δt is the width of the window function. The analog of the
energy spectrum of the Fourier transform is the spectrogram,
|S̃(f, τ )|2. Using the spectrogram, we define an analog to the
energy emission per frequency interval (Equation (15)):

dE∗
GW

df
(f, τ ) = 3

5
G

c5
(2πf )2|S̃(f, τ )|2 . (20)

We emphasize that the GW strains reported in this paper
are based upon matter motions alone and do not include the
low-frequency signal that results from asymmetric neutrino
emission (Burrows & Hayes 1996; Müller & Janka 1997).
Accurate calculations of asymmetric neutrino emission require
multi-dimensional, multi-angle neutrino transport to capture
the true asymmetry of the neutrino radiation field (see, e.g.,
Ott et al. 2008). Our choice to parameterize the effects of
neutrino transport by local heating and cooling algorithms is
based upon assumptions of transparency, which ignore diffusive
effects and would exaggerate the asymmetries and resulting
GWs. For example, Kotake et al. (2007) estimated the neutrino
GW signal using a similar heating and cooling parameterization
and obtained GW strain amplitudes that are ∼100 times the
matter GW signal. However, with an improved ray-tracing-
based method, the same authors find much smaller amplitudes
that are larger than those due to matter motions by only a
factor of a few (Kotake et al. 2009). This is in agreement with
the GW estimates of Marek et al. (2009) who used 1D ray-
by-ray neutrino transport and coupled neighboring rays in 2D
hydrodynamic simulations.

Studying the matter GW signal alone is worthwhile. Although
the neutrino GW strain amplitudes can be as large or even larger
than the contribution by matter (Burrows & Hayes 1996; Müller
& Janka 1997; Müller et al. 2004; Marek et al. 2009), the typical
frequencies, f, of the neutrino GW signal (∼10 Hz or less) are
typically much lower than the frequencies of the matter signal
("100 Hz). Consequently, the GW power emitted, which is
proportional to f 2, can be much higher for the matter GW signal.
Furthermore, although future GW detectors (e.g., Advanced
LIGO) will have improved sensitivity at low frequencies, current
detectors have response curves that are not sensitive to the lower
frequencies of the neutrino GW signal.

Figure 2. Sample of GW strain (h+) times the distance, D, vs. time after
bounce. This signal was extracted from a simulation using a 15 M⊙ progenitor
model (Woosley & Heger 2007) and an electron-type neutrino luminosity of
Lνe = 3.7 × 1052 erg s−1. Prompt convection, which results from a negative
entropy gradient left by the stalling shock, is the first distinctive feature in the
GW signal from 0 to ∼50 ms after bounce. From ∼50 ms to ∼550 ms past
bounce, the signal is dominated by PNS and postshock convection. Afterward
and until the onset of explosion (∼800 ms), strong nonlinear SASI motions
dominate the signal. The most distinctive features are spikes that correlate with
dense and narrow down-flowing plumes striking the “PNS” surface (∼50 km).
Around ∼800 ms, the model starts to explode. In this simulation, the GW
signal during explosion is marked by a significant decrease in nonlinear SASI
characteristics. The aspherical (predominantly prolate) explosion manifests in a
monotonic rise in h+D that is similar to the “memory” signature of asymmetric
neutrino emission.

3.2. Signatures in the GW Strain

In Figure 1, we plot the GW strain (Equation (13)) times the
distance to a 10 kpc source, h+D, versus time after bounce for
all simulations. Though there is some diversity in amplitude and
timescale among these GW strains, there are several recurring
features that exhibit systematic trends with mass and neutrino
luminosity. We illustrate these features in Figure 2 with the
GW strain of the simulation using the 15 M⊙ progenitor and
Lνe

= 3.7 × 1052 erg s−1. Before bounce, spherical collapse
results in zero GW strain. Just after bounce the prompt shock
loses energy and stalls, leaving a negative entropy gradient that
is unstable to convection. Because the speeds of this prompt
convection are larger than those of steady-state postshock or
PNS convection afterward, the GW strain amplitude rises to
h+D ∼ 5 cm during prompt convection and settles down to
∼1 cm roughly 50 ms later, which is consistent with the results
of Ott (2009b) and Marek et al. (2009). Later in this section, we
show that during both phases, convective motions in postshock
convection above the neutrinosphere and PNS convection below
it contribute to the GW strain. Since nonlinear SASI oscillation
amplitudes increase around 550 ms past bounce, the GW signal
strengthens from h+D ∼ 1 to 10 cm and is punctuated by
spikes that are coincident in time with narrow plumes striking
the PNS “surface” (at ∼50 km). Marek et al. (2009) also noted
this correlation.

The final feature after ∼800 ms is associated with explosion.
The signatures of explosion are twofold. First, during explosion,
postshock convection and the SASI subside in strength and the
higher frequency (∼300–400 Hz) oscillations in h+D diminish.
Second, global asymmetries in mass ejection result in long-term
and large deviations of the GW strain. In Figure 2, a monotonic
rise of h+D to nonzero, specifically positive, values corresponds

Murphy+09
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Murphy,	Ott,	Burrows	09,	see	also	B.	Müller+13,	Sotani &	Takiwaki 16

fp ⇠ !BV

2⇡

Peak	emission
traces	buoyancy	
frequency	at	
proto-NS edge.

(buoyancy	frequency)	
C.	D.	Ott	@	NPCSM	2016
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Figure 14. Left panel: Gravitational wave polarizations h+D and h⇥D (rescaled by distance D) of model s27 fheat1.05 as a function of postbounce time seen
by and observer on the pole (✓ = 0,' = 0; top panel) and on the equator (✓ = ⇡/2,' = 0; bottom panel). Right panel: The same for model s27 fheat1.15. Both
models show a burst of gravitational waves associated with large-scale prompt convection developing shortly after bounce. Subsequently, gravitational wave
emission comes from aspherical flow in the gain layer, in the outer protoneutron star, and from descending plumes of material that are decelerated at the edge of
the protoneutron star. The gravitational wave signals are trending towards higher frequencies with time.
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Figure 15. Characteristic spectral strain spectra hchar( f ) f -1/2 of all four
models at a distance of 10kpc compared with the design noise levels

p
S( f ) of

Advanced LIGO in the broadband zero-detuning high-power mode (aLIGO
ZD-HP), KAGRA, and Advanced Virgo in wideband mode (AdV WB).

all amplitudes agree well, but peak in different viewing direc-
tions. The subsequent evolution of the GW signals is similar
in both models, both polarizations, and both observer posi-
tions. After an intermittent quiescent phase, GW emission
picks up again at times &80ms after bounce when aspherical
dynamics becomes strong throughout the entire postshock re-
gion (cf. Fig. 9). In this phase, the GW emission transitions
to higher frequencies, indicating that emission from deceler-
ation of downflows at the steep density gradient at the edge
of the protoneutron star (as first pointed out by Murphy et al.
2009) and convection in the protoneutron star play an increas-
ing role. While both models have expanding shocks at the end
of their simulations, the shock acceleration has not become
sufficiently strong to lead to an offset in the GW signal (GW
memory) seen in other work that followed exploding models
to later times (e.g., Murphy et al. 2009; Yakunin et al. 2010;
E. Müller et al. 2012; Kotake et al. 2009, 2011).

The peak GW strain amplitudes reached in our models are
from prompt convection and go up to |h|D ⇠20cm (⇠6.5 ⇥
1022 at 10kpc). Scheidegger et al. (2010) found |h|D ⇠10cm
and Fryer et al. (2004) found |h|D ⇠12cm, but we note that
the GW signal will depend on the strength of prompt convec-
tion, which is different from model to model. The approaches
of E. Müller et al. (2012) and Kotake et al. (2009, 2011) do
not allow them to study prompt convection. The typical am-
plitudes reached in the preexplosion phase are ⇠3cm (⇠10-22

at 10kpc). This is comparable to, but somewhat larger than
what E. Müller et al. (2012) found in the preexplosion phase
of their models. This may be due the different progenitor
models used and/or to the rather large inner boundary radius
of their models in the preexplosion phase. Our typical |h| are
also quantitatively consistent with the findings of the simpler
3D simulations of Scheidegger et al. (2010) and Kotake et al.
(2009, 2011), but are a factor of a few smaller than predictions
from 2D simulations (e.g., Marek et al. 2009; Yakunin et al.
2010; Murphy et al. 2009).

Figure 15 contrasts the angle-averaged characteristic GW
strain spectra hchar( f ) (Flanagan & Hughes 1998) of our
models with the broadband design noise levels of advanced-
generation GW interferometers, assuming a source distance
of 10kpc. The spectra are scaled with a factor of f -1/2 to
allow one-to-one comparison with the detector one-sided am-
plitude spectral noise density

p
S( f ), which has units of Hz1/2.

Most of the detectable emission is within ⇠60 - 1000Hz and
at essentially the same level of ⇠2-6⇥10-23 Hz-1/2. A galac-
tic event (at 10kpc) appears to be well detectable by the
upcoming generation of detectors. All four models, while
having distinct individual h+ and h⇥ time series that vary
greatly in the time domain, exhibit essentially the same ro-
bust spectral features, independent of fheat and the exact post-
bounce time the individual models are evolved to. The low-
frequency to intermediate-frequency emission is most likely
due to prompt convection in the early postbounce phase, while
the high-frequency peaks at ⇠400Hz and ⇠900Hz are most
likely due to the deceleration of downflows at the protoneu-
tron star surface and protoneutron star convection. A more

~! ¼ ffiffiffiffi
"

p
W! ¼ D̂, because (i) this is the conserved density

variable in our code, and (ii)
ffiffiffiffi
"

p
d3x is the natural volume

element.
The reduced mass-quadrupole tensor can be computed

directly from the computed distribution D̂ðt;xÞ. Numerical
noise, introduced by the second time derivative of Eq. (3),
may limit the accuracy of the result. We can circumvent
this by making use of the continuity equation to obtain the
first time derivative of Eq. (3) without numerical differen-
tiation [98,99],

d

dt
Ijk ¼

Z
D̂ðt;xÞ

"
~vjxk þ ~vkxj % 2

3
ðxl~vlÞ#jk

#
d3x; (4)

where we follow [100] and employ physical velocity
components ~vi& f~vx; ~vy; ~vzg' f ffiffiffiffiffiffiffi

"11
p

v1;
ffiffiffiffiffiffiffi
"22

p
v2;

ffiffiffiffiffiffiffi
"33

p
v3g

that are individually bound to v < c. This assumes that
the 3-metric is nearly diagonal (which is the case in our
gauge; see [77]). Also note that we have switched to
contravariant variables in the integrand as these are the
ones present in the code. This is possible since in the weak-
field slow-motion approximation the placement of indices
is arbitrary.

The two dimensionless independent GW strain polar-
izations hþ and h( incident on a detector located at
distance D and at angular coordinate ð$;%Þ in source
coordinates are given by

hþ % ih( ¼ 1

D

X1

‘¼2

X‘

m¼%‘

H‘mðtÞð%2ÞY‘mð$;%Þ; (5)

where ð%2ÞY‘m are the spin-weighted spherical harmonics
of weight%2 [101] and theH‘m are expansion coefficients,
which, in the quadrupole case, are related to the second
time derivative of the mass-quadrupole tensor by

Hquad
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ffiffiffiffiffiffiffiffiffi
32&
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Hquad
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ffiffiffiffiffiffiffi
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s
G

c4
ð €Ixx % €Iyy * 2i €IxyÞ: (8)

The rotating core-collapse models considered in this
study stay almost perfectly axisymmetric in the collapse
and early postbounce phases. In axisymmetry about the z
axis, Ixx ¼ Iyy ¼ % 1

2 Izz and Ixy ¼ Ixz ¼ Iyz ¼ 0. h( van-
ishes and hþ becomes

hþ ¼ G

c4
1

D

3

2
€Izzsin

2$: (9)

We will generally plot hþD in units of centimeters when
displaying gravitational waveforms.

The energy emitted in gravitational waves is given by

EGW ¼ 1
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In the special case of axisymmetry and in terms of
hþ;e ¼ hþ=sin

2$, this becomes

Eaxi
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The spectral GW energy density is given by

dEGW

df
¼ 2

5

G

c5
ð2&fÞ2j~€Iijj2; (12)

so that

EGW ¼
Z 1

0
df

dEGW

df
: (13)

In the above, we have introduced the Fourier transform of

the mass-quadrupole tensor, ~€IijðfÞ, and denoted it with a
tilde accent.
In axisymmetry, the spectral GW energy density is

related to hþ;e by

dEaxi
GW

df
¼ 4

15

c3

G
D2ð2&fÞ2j~hþ;ej2: (14)

When showing the spectral energy density, we will plot the
dimensionless characteristic strain [102],

hcharðfÞ ¼
ffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffi
2

&2

G

c3
1

D2

dEGWðfÞ
df

s
; (15)

which can be compared to the GW detector root-mean-
squared noise,

hrmsðfÞ ¼
ffiffiffiffiffiffiffiffiffiffiffiffi
fSðfÞ

q
; (16)

where
ffiffiffiffiffiffiffiffiffi
SðfÞ

p
is the one-sided detector noise amplitude

spectral density in units of ðHzÞ%1=2. For making rough
statements about detectability, we use the single-detector
optimal-orientation signal-to-noise ratio, which is given by

ðSNRÞ2 ¼
Z 1

0
d lnf

h2char
h2rms

: (17)

Note that we cut the calculation of integrals in the
Fourier domain at 3000 Hz to filter out numerical high-

frequency noise. Wherever we need
ffiffiffiffiffiffiffiffiffi
SðfÞ

p
, we employ the

projected broadband Advanced LIGO noise curve [the so-
called zero-detuning, high-power configuration (ZD-HP)],
available as file ZERO_DET_high_P.txt from [103].
For quantifying the difference between two gravitational

waveforms h1ðtÞ and h2ðtÞ, we introduce the mismatch
[104,105],
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Recent	work:	Dimmelmeier+08,	Scheidegger+10,	Ott+12,	Abdikamalov+14	

• Axisymmetric:	ONLY	h+
• Simplest GW	emission	process:	Rotation +	mass	of	the	inner
core	+	gravity +		stiffening	of	nuclear	EOS

• Strong	signals	for	rapid	rotation (->	millisecond	proto-NS).
• Magnetorotational mechanism.
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• Rotating	core	collapse:	Correlated	neutrino	and	gravitational-wave	signal.
Ott+2012
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Richers+2016,	in	preparation,	talk	on	November	10.

Sherwood	
Richers

• 2D	general-relativistic	hydrodynamics.
• 18	EOS,	taken	from	http://stellarcollapse.org
• ~1800
simulations.
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Richers+2016,	in	preparation,	talk	on	November	10.

Sherwood	
Richers

Example	result:

• Rotating	core	collapse	
GW	signal:	
determined	by	mass	
and	angular	mom.	of	
inner	core.

• Dependence	on	
nuclear	EOS	is	weak.
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• Core-Collapse	Supernovae	are	fundamentally	3D:
Turbulence	(not	resolved!),	magnetic	field

• 2D/3D	simulations:	neutrino-driven	explosions
with	limitations	->	“supernova	problem”	not	yet	
solved.	Main	issues:
- Progenitor	star	structure	(->	Suwa &	Müller	16).
- Neutrino	transport	&	gravity	approximations.
- Numerical	resolution.
- Neutrino	oscillations?	(ν-ν interactions)
- Input	microphysics	(EOS,	ν interactions).

• Probably	need	magnetorotational mechanism
to	explain	hypernovae.

• Neutrino	and	GW	signals	carry	information	on
supernova	thermodynamics,	dynamics,	and
nuclear	EOS.
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• Based	on	the	open-source	Einstein	Toolkit	
(http://einsteintoolkit.org) and	the	Cactus	Framework.

• Fully	general-relativistic	using	numerical	relativity.

• Cartesian	AMR	grids,	cubed-sphere	generalized	grids.

• Spacetime solvers	based	on	BSSN	formalism	of	numerical	relativity.

• Finite-volume	GR	hydrodynamics,	magnetohydrodynamics.

•Microphysical	finite-temperature	nuclear	equations	of	state.

• Neutrino	treatment:	
(1)	Multi-group	two-moment	+	analytic	closure	relation.
(2)	Extremely	efficient	gray	“leakage”+heating scheme.

[Ott+09,	Ott+12,	Reisswig+13,	Ott+13,	Roberts+16]



Figure:	C.	Reisswig

3-hypersurface

• 12	first-order	hyperbolic	evolution equations.
• 4	elliptic	constraint equations
• 4	coordinate	gauge	degrees	of	freedom:	α,	βi.	

C.	D.	Ott	@	NPCSM	2016 59

Numerical	Relativity:	How	to	do	Gravity	the	Right	Way
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“Equation	of	State”	of	Turbulent	Pressure
(Radice+15a)

• Reynolds	tensor: Rrr ⇡ R✓✓ +R�� (buoyancy)

Rij = �vi�vj
• Specific	turbulent	energy: ✏turb =

1
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|�v|2
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• Rankine-Hugoniot with	turbulence:
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•Must	(at	least)	capture	correct	rate	of	kinetic	energy	flux	from	
largest	scales.	 Normalized	kinetic	energy	flux.

Radice+15,
local	simulations

• Need	~1283 zones	across	
turbulent	layer.

• Roughly	2	x	current
high-resolution
global	simulations.

• Resolve	inertial
range:	10-20	x	current
resolution	needed.
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• All	simulations	of	the	magnetorotational mechanism	assume:
MRI	works	+	large-scale	field	created	by	dynamo.

• So	far	impossible	to	resolve	
fastest-growing	MRI	mode	in
global	3D	simulations.

• Unstable	regions	(roughly):

• Precollapse field	1010 G,	
~1014 G	at	bounce.

• Fastest	growing	mode:
λ ~ 1	km.

dark	blue:	most	MRI	unstable

Mösta+15,	Nature

d ln⌦

dr
< 0



• Rapidly	spinning,	magnetized	proto-NS.
• Global	simulation	in	quadrant	symmetry:		
70	km	x	70	km	x	140	km	box

• Resolutions: 500	m/200	m/100	m/50	m	
• hot	nuclear	eq.	of	state,	neutrinos,	fixed	gravity,	GRMHD.
• Simulations	on	130,000	CPU	cores on	NSF	Blue	Waters,	
simulate	for	10-20	ms.

63

Simulation	Setup

• Does	the	MRI	efficiently	build	up	dynamically	relevant	field?
• Saturation	field	strength?	Global	field	structure?

Key	questions:

C.	D.	Ott	@	NPCSM	2016

Mösta+15,	Nature
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Global	Field	Structure
Mösta+15,	Nature

dx	=	500	m dx	=	200	m dx	=	100	m dx	=	50	m
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Local	Magnetic	Field	Saturation

• Initial	exponential	
growth	resolved	with	
100m/50m	
simulations.

• Saturated	turbulent	
state	within	5	ms.

C.	D.	Ott	@	NPCSM	2016

Mösta+15,	Nature
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Energy	Spectra

1 10 100
1028

1029

1030

1031

1032

1033

1034

1035

1036

k

E(
k)

[e
rg

]

Emag 500 m
Emag 200 m
Emag 100 m
Emag 50 m
Emag 50 m (t = 0 ms)

Ekin 50 m
5 · 1036 erg · k�5/3

Ekin 50 m
5 · 1036 erg · k�5/3

Magnetic	energy	spectrum	very	resolution	dependent.

C.	D.	Ott	@	NPCSM	2016

Mösta+15,	Nature

Inverse
Cascade:
Dynamo!
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Energy	Spectra
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• Turbulent	saturated	state	after	~3	ms.
• Inverse	cascade	(dynamo)	afterwards.

C.	D.	Ott	@	NPCSM	2016

Mösta+15,	Nature
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B-Field	Growth	at	Large	Scales

• k=4;	corresponding	
roughly	to	width	of	
shear	layer

• Field	will	grow	to	
saturation	at	
large	scales	within
~60	ms.
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C.	D.	Ott	@	NPCSM	2016

Mösta+15,	Nature
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Implications:	Magnetars,	Hypernovae,	GRBs
• MRI+dynamo ->	prompt	formation	of	“proto-magnetar.”	

->	magnetorotational explosions	possible	->	hypernovae?
->	could	drive	relativistic	jet	at	late	times	->	GRB?	(Metzger+11)

• Power
“superluminous
supernovae”?
(Kasen &	Bildsten 10)

• ~10%	of	Milky	Way	
neutron	stars	are	
magnetars.

Artist’s	impression	of	the	magnetar in	Westerlund 1



What	is	happening	here?
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Mösta+14,	ApJL

• B-field	near	proto-NS:	Btor >>	Bz
• Unstable	to	MHD	screw-pinch	kink instability.

• Similar	to	situation	in	Tokamak fusion	reactors!

Braithwaite+ ’06

Sherwood	
Richers

Philipp	Mösta

Credit:	Moser	&	Bellan,	CaltechSarff+13



Explosion?
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Mösta+16,	in	prep.
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Mösta+ 2014
ApJL
Plasma	β

� =
Pgas

Pmag



Neutrinos:	Mean	Energies
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