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Macronova: Thermal emission from the merger ejecta
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The first candidate: GRB 130603B Tanvir+13, Berger+13



Key ingredients of Macronova studies

(1) Mass Ejection:  mass and velocity 

(2) Radioactive heating rate 

(3) Opacity

Talks by Kyutoku, Kiuchi, Fujibayashi, Fernandez 

Talks by Wanajo, Martinez-Pinedo, Lippuner, Barnes 

Talk by Barnes 
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Figure 1. The final abundances of some selected nucleosynthesis calculations. Left: Ye = 0.01, 0.19, 0.25, 0.50, s = 10 kB baryon�1, and
⌧ = 7.1ms. The full r-process is made, with substantial amounts of lanthanides and actinides, for Ye = 0.01 and Ye = 0.19. The Ye = 0.25
trajectory is neutron-rich enough to make the second r-process peak, but not the third and not a significant amount of lanthanides. In
the symmetric case (Ye = 0.5), mostly 4He and iron-peak elements are produced. Right: Ye = 0.25, s = 1.0, 3.2, 10, 100 kB baryon�1, and
⌧ = 7.1ms. With s = 1 kB baryon�1 a jagged r-process is obtained because there are only few free neutrons per seed nucleus available and
nuclides with even neutron numbers are favored. Even though there are not many free neutrons available, there is still a significant amount
of lanthanides in the s = 1 kB baryon�1 case because the initial seed nuclei are very heavy. At higher entropies, the initial seeds become
lighter and the initial free neutron abundance increases. However, the increase in the initial free neutron abundance is not enough to o↵set
the decrease in the initial mass of the seeds and so we obtain a less complete r-process. The situation is reversed at s = 100 kB baryon�1,
where there is a very high neutron-to-seed ratio. In that case, a significant fraction of ↵ particles are also captured on the seed nuclei. This
leads to a full r-process in the s = 100 kB baryon�1 case.

Figure 2. A frame from the animation of the nucleosynthesis calculation for Ye = 0.01, s = 10 kB baryon�1, and ⌧ = 7.1ms. The frame
shows the full extent of the r-process just when free neutrons get exhausted. The plot in the upper left corner shows the temperature,
density, and heating rate as function of time. The colored bands in the chart of nuclides correspond to the mass bins in the histogram at
the bottom. The histogram shows the mass fractions on a linear scale while the blue curve shows the abundances as a function of mass on
a logarithmic scale. The full animations are available at http://stellarcollapse.org/lippunerroberts2015.

Latter & Schramm 74,  Metzger+10, Goriely+11, Korobkin+12, Wanajo+14, Lippuner & Roberts 15, Wu+16

R-process in Neutron Star Merger Ejecta 

✓ Almost all material is synthesized in heavy r-process elements. 
✓ Nuclei are initially far from the stability line.

Lippuner & Roberts 15
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above because 66Cu has a fairly large Q-value of 2.6MeV.
At s = 100 kB baryon�1 the initial neutron-to-seed ratio
is much larger than at lower entropies and so significant
neutron burning occurs even at high Ye, which washes
out the strong dependence of the heating rate at 1 day
on Ye.
In Figure 3, there are also large minima in the heating

rate at 1 day in all but the s = 100 kB baryon�1 cases
at electron fractions between 0.45 and 0.48, depending
on s and ⌧ . These minima can also be seen in Fig-
ures 5 and 6. In those cases, NSE preferentially pro-
duces stable isotopes in the initial composition, which
drastically reduces the heating. For example, the cases
with s = 1 kB baryon�1 have the minima at Ye = 0.465
and over 80% of the initial mass is either stable or has a
half-life of more than 100 days. The most abundant nu-
clide (37% of the mass) is 56Fe, which is stable and has
Ye = 26/56 ⇡ 0.464, which is why the minimum occurs
at Ye = 0.465, because that favors 56Fe the most. As
another example, the s = 10 kB baryon�1 cases have the
minima at Ye = 0.45, where 58Fe and 62Ni are preferen-
tially produced by NSE, which have electron fractions of
0.448 and 0.452, respectively.
As in Section 2.2, we do not find a significant corre-

lation between the amount of lanthanides and actinides
produced with the heating rate at 1 day. The heating
rate at 1 day is very uniform at values of Ye where lan-
thanides are produced. Since we are looking at the heat-
ing rate at a specific time, we will always pick out the
nuclides with a half-life of about 1 day (or decay products
of nuclides that decay on a one-day timescale). Because
the decay energy is correlated with the half-life and be-
cause we always have a collection of di↵erent nuclides,
we obtain roughly the same heating rate at 1 day regard-
less of the exact composition of the ejecta. This is no
longer true at higher Ye, where the composition can be
dominated by individual nuclides, which then determine
the heating rate.

2.5. Fitted nuclear heating rates

For each nucleosynthesis calculation, we calculate a
parametric fit for the nuclear heating rate ✏(t) between
0.1 and 100 days (the fit window). The fit has the form

✏̂(t) = At�↵ +B1e
�t/�1 +B2e

�t/�2 +B3e
�t/�3 , (4)

where t and �i are in days and ✏̂(t) is in erg s�1 g�1. We
use at most six parameters for the fit, so either A and
↵ are zero or one or more of Bi and �i are zero. We
use a weighted fit where the range 0.1 to 100 days has a
weight of one and the weight decreases linearly to zero in
logspace from 0.1 to 0.05 days and from 100 to 200 days.
We use a heuristic method to find the global best fit for
all six types of fits (power law with 0, 1, or 2 exponentials,
or 1, 2, or 3 exponentials without a power law term). The
best of these six fits is then selected with a small penalty
term for the number of parameter pairs. The fitting error
is multiplied by 1.1 for each parameter pair in excess of
one, so that we do not pick up meaningless parameters
that improve the fit by less than 10%.
For consistency, we calculate the fitting error at the

same times ti for all cases and we interpolate the actual
heating rate to those times, which are 500 points uni-
formly sampled in logspace between 10�2 and 103 days
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Figure 7. Some heating rate fits showing the fits with the largest
and smallest error, and fits with errors in between. The heating
rate is only fitted inside the fit window (0.1 to 100 days). We use a
power law with up to two exponential terms, or up to three expo-
nential terms without a power law show in Equation (4), whichever
produces the best fit. The fit error h� ln ✏/ ln ✏i is defined in Equa-
tion (6). As the second and third case from the top show, the fit
can be quite bad outside the fit window. This is no surprise since
we do not fit the data outside the fit window and because we only
use up to three exponential terms. In reality, there are hundreds of
individual nuclides contributing to the total heating rate and each
one contributes a di↵erent exponential term.

(however, points before 0.05 days and after 200 days have
zero weight and thus do not contribute to the fitting er-
ror, as explained above). The fit error used for finding
the optimal fit parameters is the sum of squares of the
log di↵erence, i.e.

fit error =
X

i

wi (ln ✏(ti)� ln ✏̂(ti))
2 , (5)

where wi is the weight of time ti. This error measure
works well for the optimization algorithm to find the best
parameters, but it carries little physical meaning. To be
able to intuitively judge the quality of a particular fit,
we define the mean fractional log error as

⌧
� ln ✏

ln ✏

�
=

⌧
| ln ✏(ti)� ln ✏̂(ti)|

ln ✏(ti)

�
, (6)

where the average runs over all times ti such that
0.1 days  ti  100 days. We only fit the total heating
rate, but we also provide the average heating contribu-
tion due to fission reactions in the fit window.
The best and worst heating rate fits, as well as some

fits of intermediate quality, are shown in Figure 7. About
80% of all high-resolution sym0 fits have h� ln ✏/ ln ✏i 
0.5% and about 95% have a mean fractional log error of
at most 1%. Since we do not include �-delayed fission
reactions, the heating due to fission in our fit window
(0.1 to 100 days) is solely due to spontaneous fission and
it is close to constant during the fit window because there
is usually one nuclide that dominates the fission heating.
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Figure 1. Energy generation rate in each type of particles (left) and its fraction to the total one (right) for NSM-solar (90 ! A ! 238),
NSM-fission (90 ! A ! 280), and NSM-wind (90 ! A ! 140) from the top to the bottom. Each curve shows the total rate (black long-
dashed), those in the forms of γ-rays (red solid), neutrino (green dashed), electrons (blue dotted), fission fragments (violet dash-dotted),
and α particles (magenta dash-two dotted).

Brennecka et al. 2010) and 244Pu is found in the Earth’s
material at present (Wallner et al. 2015). Furthermore, nu-
cleosynthesis studies of merger ejecta show that very heavy
nuclei up to mass numbers of ∼ 280 exist at the r-process
freezeout (see, e.g., Goriely et al. 2013; Eichler et al. 2015).
The spontaneous fission of such very heavy nuclei is also
suggested to affect the heating rate (Metzger et al. 2010;
Wanajo et al. 2014). In this work, we study three cases:
r-process nuclear distributions of (i) NSM (Neutron Star
Merger)-solar: 90 ! A ! 238 (fiducial), (ii) NSM-fission:
90 ! A ! 280, and (iii) NSM-wind: 90 ! A ! 140. The last
case, NSM-wind corresponds to the conditions within a pos-

sible lanthanide-free composition (from the wind, see below).
For NSM-fission, we add transuranic nuclei by assuming a
constant YA of 3.6 · 10−4 for 206 ! A ! 280. This value is
taken so that the solar abundance of 209Bi is reproduced af-
ter nuclear decay. Note that the bulk of 206,207,208Pb, 209Bi,
232Th, and 235,238U are the (α and β) decayed products of
actinides with 209 < A < 254. The reaction network in-
cludes the channels for (β-delayed and spontaneous) fission
and α-decay in addition to β-decay for this mass region.

To study the heating efficiencies and resulting γ-ray line
fluxes, one needs to specify the ejecta properties, e.g., the
mass Mej and expansion velocity v. In this work, we con-
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Robust r-process in neutron star mergers 1947

Figure 7. Left: post-processed temperature as a function of pressure for the cases without nuclear heating (dashed line) and with heating efficiencies ϵth = 0.1,
0.5 and 0.9. Right: nuclear heating power as a function of time, along with a power-law fit ∝t−α with index α = 1.3. The small black triangles on each trajectory
are neutron freeze-out points (the points at which Yn/Yseed = 1).

Figure 8. Dependence of the final abundances on the electron fraction.
Shown are the final abundances of some trajectories with high Ye (in colour);
they are compared to the low-Ye trajectories (grey) that dominate the ejecta.
Below Ye = 0.1 two or more fission cycles occur, one or two are realized
for 0.1 < Ye < 0.22 and none for Ye > 0.22. Since high-Ye trajectories
only represent a very small mass fraction, their contribution to the overall
abundances is minuscule.

with ϵ0 = 2 × 1018 erg (g s)−1, t0 = 1.3 s, σ = 0.11 s and α =
1.3. This formula yields a good fit to all heating histories. Similar
to the trajectory considered in Metzger et al. (2010b), in our case
starting from ∼10 s the nuclear heating power becomes essentially
independent from the initial conditions. The deviations from a power
law that are visible in the right-hand panel of Fig. 7 at t ∼ 10−1 d
and 20 d are due to the decay of individual elements.

To explore the dependence of the final abundances on the electron
fraction Ye, we show in Fig. 8 the resulting abundances for some of
the few trajectories with higher Ye-values (colour; for comparison
the results from the dominating low-Yetrajectories are shown in
grey). For Ye up to ∼0.15 the results hardly deviate from each other;
only at and above this value do the abundances below A ∼ 110 start
to deviate. Substantial deviations for the abundance pattern of the
heaviest nuclei with A > 110 only occur for Ye > 0.2, since here

the Ye increase is triggered by shocks at low density, the neutron
density drops earlier and the neutron captures freeze out.

4 SU M M A RY A N D D I S C U S S I O N

In this study we have re-examined the question of heavy element
nucleosynthesis in compact binary mergers. Our study adds several
new aspects in comparison with earlier work. First, we systemat-
ically cover the plausible ns2 parameter space with masses from
1.0 to 2.0 M⊙ in 21 simulations. Despite the long history of ns2

simulations we are not aware of any study that has systematically
explored such a wide range of ns masses. We complement these
cases with mergers of a 1.4 M⊙ ns with black holes of 5 and
10 M⊙. Secondly, since we use a nuclear EOS with neutron stars
in initial cold β-equilibrium and include Ye-changing weak interac-
tions, we overcome the Ye-ambiguity that has plagued all previous
studies. We subsequently find the final abundances by following the
nucleosynthesis along a large set of hydrodynamic trajectories with
a state-of-the-art nuclear reaction network.

Consistent with earlier studies, we find a very robust r-process
and final abundances that are in good agreement with the heavy
Solar system abundance pattern. The major new result is that the fi-
nal pattern is extremely robust across the whole parameter space: all
21 ns2-merger and the two nsbh-merger cases yield practically iden-
tical nucleosynthesis outcomes. The major reason for this unique
abundance pattern is the extreme neutron richness of the ejecta,
⟨Ye⟩ ≈ 0.04. Consequently, in each case the r-process path mean-
ders along the neutron drip line and matter undergoes several fission
cycles, so that the abundances are determined entirely by nuclear
rather than by astrophysical properties. As a corollary, the poorly
known nuclear properties near the neutron drip line do have an im-
pact on the resulting abundance pattern. We find some dependence
on the used mass formula and on the distribution of the nuclear frag-
ments after fissioning. Nevertheless, the second and third r-process
peaks are robustly reproduced; without any ‘tuning’ of the nuclear
physics input the overall agreement with the Solar system r-process
pattern is good. r-process matter lighter than ∼A ≈ 120, however,
is substantially underproduced with respect to the Solar system
pattern. The few high-Ye trajectories produce different abundance

C⃝ 2012 The Authors, MNRAS 426, 1940–1949
Monthly Notices of the Royal Astronomical Society C⃝ 2012 RAS
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see also Metzger+10, Goriely+11, Roberts+11, 
Grosmann+14,Wanajo+14,Barnes+16

A simple power low of the heating rate: Q̇(t) ⇡ 1010 erg/s/g
⇣

t
day

⌘�1.3

There must be a simple way to describe this.



Nuclides with               contribute to the energy generation. 

Quick review of macronova heating
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Quick review of macronova heating
KH, Sari, Piran in prep.
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Quick review of macronova heating
KH, Sari, Piran in prep.

e�

1) A fundamental timescale of beta decay:

2) Fermi’s golden rule:

tF ⌘ 2⇡3
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in Fermi’s theory of beta decay(me, c, ~, GF )
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Quick review of macronova heating
KH, Sari, Piran in prep.

The heating rate per unit mass:

The heating rate per nucleus:

Q̇(t) ⇠ E(t)
t ⇠ mec

2

tF

⇣
t
tF

⌘�1.2

Q̇(t) ⇠ 1
hAi

me
mp

c2

tF

⇣
t
tF

⌘�1.2
⇠ 1010 erg/s/g

⇣
t

day

⌘�1.2

hAi ⇠ 200

For the ejecta with 0.01Msun = 2x10^31 g: 
    Luminosity  ~ 2x10^41 erg/s    at  1 day 
                        ~ 2x10^40 erg/s    at  1 week 



A bit more detail 

2 K. Hotokezaka, R. Sari, and T. Piran

tonian responsible for the beta disintegration, and ⇢(Ee) is
the number density of final states of the light particles be-
tween Ee and Ee + dEe. The number of final states is as-
sumed to be proportional to the volume of the accessible
phase space of the light particles:

⇢(Ee)dEe =
(4⇡)2V 2

(2⇡~)6 p2edpep
2
⌫dp⌫

⇡ (4⇡)2V 2

(2⇡~)6c3 p
2
edpe(E0 � Ee)

2dEe, (2)

where E0 is the total disintegration energy, p⌫ is momentum
of the neutrino, the energy conservation E0 ⇡ Ee + E⌫ is
used. We assume that the neutrino mass is su�ciently small
compared to E0 and there is no angular correlation between
the electron and neutrino. Here we imagine that the whole
system is enclosed in a large box with a volume V . Hereafter
we change the notation as pe ! p and Ee ! E.

In the Fermi’s theory, the four particles interact at a
single point with a coupling constant GF so that the matrix
element is written as

H 0
fi = GF

Z
( †

eOL ⌫)( 
†
pON n)dV, (3)

where  i is the wave function of each particle involved in
the beta disintegration, OL and ON are operators acting
on the light particle’s spin, nucleon’s spin and isospin (see,
e.g., Feynman & Gell-Mann 1958 for discussions on beta
interaction). The wave function of the light particles can be
evaluated at r ⇠ 0 because their de Broglie wavelength is
much larger than the nuclear size. When the light particles
do not carry o↵ orbital angular momentum with respect to
the central nucleus, the wave function of each light particle
at r = 0 is just a normalization factor of V �1/2 with a
Coulomb correction for the electron’s wave function. Thus
the square of the matrix element can be written as

|H 0
fi|2 =

G2
F

V 2
F (Z,E)|MN |2, (4)

where F (Z,E) is the Coulomb correction factor, Z is the
proton number of the daughter nucleus, and MN is the
nuclear matrix element. This kind of transitions described
here is called as allowed transition. More specifically, allowed
transitions are transitions which satisfy the both conditions
that the light particles do not carry o↵ orbital angular mo-
mentum and the parity of the nucleus does not change via its
disintegration, otherwise a transition is called as a forbidden
transition.1 Because the population of allowed transitions is
larger and their simplicity, we focus on allowed transitions
in this and the next sections and then we will discuss the
role of forbidden transitions in §4.

Integrating Eq. (1) over the accessible phase space, the
mean-life of a beta-unstable nuclide with the disintegration
energy of E0 is obtained as

1
⌧

=
|MN |2
tF

Z p(E0)

0

dpF (Z,E)p2(E � E0)
2, (5)

where the variables in the integral are in units of me and c.

1 We employ Konopinski’s classification of beta decay (Konopin-
ski 1966).

Here a fundamental timescale of beta decay tF appears:

tF ⌘ 2⇡3

G2
F

~7
m5

ec4
, (6)

⇡ 8610 s.

Note that, although this is a fundamental timescale of beta
decay, the lifetime of beta unstable nuclides spreads over
many orders of magnitude because the phase space volume
sensitively increases with the disintegration energy E0.

The Coulomb correction factor in the matrix element is
obtained by evaluating the electron’s wave function at the
nuclear radius rn (Fermi 1934):

F (Z,E) ⇠= | e(rn)|2Z
| e(rn)|2Z=0

, (7)

=
2(1 + s)
[(2s!)2]

(2p⇢)2s�2e⇡⌘ |(s� 1 + i⌘)!|2 ,

where ⌘ = Zq2e/~v, ⇢ = rn/(~/mec), s = (1� (Z↵)2)1/2, qe
is the electron charge, and ↵ ⇡ 1/137 is the fine-structure
constant. For E > 1, the Coulomb correction factor slowly
increases with E as F (Z,E) / E2s�2.

In the non-relativistic limit of Eq. (7), ⌘ � 1 and
(Z↵)2 ! 0, a simple form of the Coulomb correction fac-
tor is obtained:

FN (Z,E) =
2⇡⌘

1� exp(�2⇡⌘)
. (8)

The Coulomb correction factor is unity for ⌘ ⌧ 1 and ap-
proaches to 2⇡⌘ for ⌘ � 1, which enhances the transition
probability at lower energy. Physically speaking, the electron
is pulled by the nucleus due to the Coulomb force and the
amplitude of the electron’s wave function is larger around
the nucleus. As a result, the lifetime of beta unstable nuclei
becomes shorter than the one without the Coulomb correc-
tion and the dependence of the lifetime on E0 is weaken.
Note that one can also obtain the identical form to Eq. (8)
by evaluating the electron’s wave function at r = 0 by solv-
ing Schrödinger equation.

As the integral in Eq. (5) is easily calculated for given
E0 and Z, comparative half-lives ft1/2 are often used for
comparison with experimental data:

ft1/2 ⌘ ln 2

|MN |2 tF . (9)

Although MN of each beta transition cannot be calculated
within Fermi’s theory,MN can be determined from the mea-
surements of the lifetime and electron’s spectrum. It is suf-
ficient for our purpose to know the statistical distribution
of this quantity. For allowed transitions, the distribution of
ft1/2 is known to have a peak around 105 s corresponding

to |MN |2 ⇠ 0.05 (e.g. Blatt & Weisskopf 1958), which we
take as a reference value in this paper.2

One can show the simple forms of f in the following

2 For neutron and mirror nuclides such as 3H, the comparative
half-lives are ⇠ 103 s corresponding to |MN |2 ⇠ 1. Such transi-
tions are called as superallowed transitions. These transitions are,
however, absent in r-process material.

c� 2015 RAS, MNRAS 000, 1–??

2 K. Hotokezaka, R. Sari, and T. Piran

tonian responsible for the beta disintegration, and ⇢(Ee) is
the number density of final states of the light particles be-
tween Ee and Ee + dEe. The number of final states is as-
sumed to be proportional to the volume of the accessible
phase space of the light particles:

⇢(Ee)dEe =
(4⇡)2V 2

(2⇡~)6 p2edpep
2
⌫dp⌫

⇡ (4⇡)2V 2

(2⇡~)6c3 p
2
edpe(E0 � Ee)

2dEe, (2)

where E0 is the total disintegration energy, p⌫ is momentum
of the neutrino, the energy conservation E0 ⇡ Ee + E⌫ is
used. We assume that the neutrino mass is su�ciently small
compared to E0 and there is no angular correlation between
the electron and neutrino. Here we imagine that the whole
system is enclosed in a large box with a volume V . Hereafter
we change the notation as pe ! p and Ee ! E.

In the Fermi’s theory, the four particles interact at a
single point with a coupling constant GF so that the matrix
element is written as

H 0
fi = GF

Z
( †

eOL ⌫)( 
†
pON n)dV, (3)

where  i is the wave function of each particle involved in
the beta disintegration, OL and ON are operators acting
on the light particle’s spin, nucleon’s spin and isospin (see,
e.g., Feynman & Gell-Mann 1958 for discussions on beta
interaction). The wave function of the light particles can be
evaluated at r ⇠ 0 because their de Broglie wavelength is
much larger than the nuclear size. When the light particles
do not carry o↵ orbital angular momentum with respect to
the central nucleus, the wave function of each light particle
at r = 0 is just a normalization factor of V �1/2 with a
Coulomb correction for the electron’s wave function. Thus
the square of the matrix element can be written as

|H 0
fi|2 =

G2
F

V 2
F (Z,E)|MN |2, (4)

where F (Z,E) is the Coulomb correction factor, Z is the
proton number of the daughter nucleus, and MN is the
nuclear matrix element. This kind of transitions described
here is called as allowed transition. More specifically, allowed
transitions are transitions which satisfy the both conditions
that the light particles do not carry o↵ orbital angular mo-
mentum and the parity of the nucleus does not change via its
disintegration, otherwise a transition is called as a forbidden
transition.1 Because the population of allowed transitions is
larger and their simplicity, we focus on allowed transitions
in this and the next sections and then we will discuss the
role of forbidden transitions in §4.

Integrating Eq. (1) over the accessible phase space, the
mean-life of a beta-unstable nuclide with the disintegration
energy of E0 is obtained as

1
⌧

=
|MN |2
tF

Z p(E0)

0

dpF (Z,E)p2(E � E0)
2, (5)

where the variables in the integral are in units of me and c.

1 We employ Konopinski’s classification of beta decay (Konopin-
ski 1966).

Here a fundamental timescale of beta decay tF appears:

tF ⌘ 2⇡3

G2
F

~7
m5

ec4
, (6)

⇡ 8610 s.

Note that, although this is a fundamental timescale of beta
decay, the lifetime of beta unstable nuclides spreads over
many orders of magnitude because the phase space volume
sensitively increases with the disintegration energy E0.

The Coulomb correction factor in the matrix element is
obtained by evaluating the electron’s wave function at the
nuclear radius rn (Fermi 1934):

F (Z,E) ⇠= | e(rn)|2Z
| e(rn)|2Z=0

, (7)

=
2(1 + s)
[(2s!)2]

(2p⇢)2s�2e⇡⌘ |(s� 1 + i⌘)!|2 ,

where ⌘ = Zq2e/~v, ⇢ = rn/(~/mec), s = (1� (Z↵)2)1/2, qe
is the electron charge, and ↵ ⇡ 1/137 is the fine-structure
constant. For E > 1, the Coulomb correction factor slowly
increases with E as F (Z,E) / E2s�2.

In the non-relativistic limit of Eq. (7), ⌘ � 1 and
(Z↵)2 ! 0, a simple form of the Coulomb correction fac-
tor is obtained:

FN (Z,E) =
2⇡⌘

1� exp(�2⇡⌘)
. (8)

The Coulomb correction factor is unity for ⌘ ⌧ 1 and ap-
proaches to 2⇡⌘ for ⌘ � 1, which enhances the transition
probability at lower energy. Physically speaking, the electron
is pulled by the nucleus due to the Coulomb force and the
amplitude of the electron’s wave function is larger around
the nucleus. As a result, the lifetime of beta unstable nuclei
becomes shorter than the one without the Coulomb correc-
tion and the dependence of the lifetime on E0 is weaken.
Note that one can also obtain the identical form to Eq. (8)
by evaluating the electron’s wave function at r = 0 by solv-
ing Schrödinger equation.

As the integral in Eq. (5) is easily calculated for given
E0 and Z, comparative half-lives ft1/2 are often used for
comparison with experimental data:

ft1/2 ⌘ ln 2

|MN |2 tF . (9)

Although MN of each beta transition cannot be calculated
within Fermi’s theory,MN can be determined from the mea-
surements of the lifetime and electron’s spectrum. It is suf-
ficient for our purpose to know the statistical distribution
of this quantity. For allowed transitions, the distribution of
ft1/2 is known to have a peak around 105 s corresponding

to |MN |2 ⇠ 0.05 (e.g. Blatt & Weisskopf 1958), which we
take as a reference value in this paper.2

One can show the simple forms of f in the following

2 For neutron and mirror nuclides such as 3H, the comparative
half-lives are ⇠ 103 s corresponding to |MN |2 ⇠ 1. Such transi-
tions are called as superallowed transitions. These transitions are,
however, absent in r-process material.
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three regimes:

f(Z,E0) =

8
>>>><

>>>>:

1
30E

5
0 (relativistic : E0 > 1),

16
p
2

105 E
7/2
0 (non relativistic :

Ec < E0 < 1),
2⇡Z↵

3 E3
0 (non relativistic Coulomb :

E0 < min(Ec, 1)),

(10)

where Ec = (2⇡Z↵)2/2. In the previous works by Col-
gate & White (1966); Metzger et al. (2010), only
the relativistic regime ⌧ / E�5 is applied. However,
as we will see later, the mean-lives are rather pro-
portional to E�4 to E�3 on the relevant timescale of
macronovae.

In the context of macronovae, we are interested in the
relation between the lifetime and mean electron’s energy
since the neutrinos do not contribute to the heat deposition
in the merger ejecta. The fraction of energy of the electrons
to the total energy can be calculated as

✏e ⌘ hEei
E0

, (11)

=
1
E0

Z p0

0

F (Z, p)p2E(E0 � E)2dp.

We get ✏e in the three regimes:

✏e =

8
<

:

1/2 (relativistic : E0 > 1),
1/3 (non relativistic : (Ec < E0 < 1),
1/4 (nrCoulomb : E0 < min(Ec, 1)).

(12)

Note that the non-relativistic regime exists only for Z . 30,
and thus, there is no such a regime in r-process material.

3 HEATING RATE: IDEAL-CHAINS
APPROXIMATION

Neutron-rich nuclei produced via the r-process undergo beta
decay towards the beta-stable valley without changing their
mass number. A series of beta decay of nuclei in each mass
number can be considered as a decay chain. Here we con-
sider ideal-chains of radioactive nuclei with a series of mean
lives (⌧1 < ⌧2 < ⌧3 < ...), in which each chain conserves the
total number of nuclei throughout the decay process and
su�ciently many chains exist. Within this approximation,

beta decay at a given time t are dominated by nuclides with
mean-lives of ⌧ ⇠ t (see Fig. 1). This is, of course, valid
for t > ⌧1, where ⌧1 is the mean life of the first nu-
clide in a decay chain. The heating rate per unit mass is
then

Q̇(t) = �
X

i

Ee,i

hAimu

dNi

dt
⇡ e�1

hAimu

hEe(t)i
t

, (13)

where hAi is the mean mass number of the r-process mate-
rial, and mu is the atomic mass unit. Note that e is the
Euler number, which comes from the fact that the
decay rate of each nuclide is proportional to e�t/⌧ .
One can obtain Q̇ by using Eq. (5) and (11).

Note that the assumption made in the litera-
ture (Colgate & White 1966; Metzger et al. 2010) is
di↵erent from our assumption. They assumed a dis-
appearing nuclei approximation, in which the total
number of radioactive nuclei decreases with time.
This is true in the case that the radioactive nuclei
are distributed just next to the stable nuclei, i.e., at
late times. Under such an assumption, the resulting
heating rate declines more steeply. As we will dis-
cuss in the next section, the actual situation is in
between of these two assumptions.

In the relativistic and non-relativistic Coulomb regimes,
we can derive the simple explicit forms of Eq. (13). As the
lifetime of beta-unstable nuclides monotonically increases
with decreasing E0, we expect that the relativistic regime
is valid at early times and the non-relativistic Coulomb
regime at late times. More specifically, the relativistic regime
may be valid until tR ⇡ 103 s (0.05/|MN |2) and the non-
relativistic Coulomb regime after tNC ⇡ 106 s (0.05/|MN |2).
Using Eqs. (10) and (12), we get the heating rate in these
regimes:

Q̇(t) ⇡

8
><

>:

1.2 · 1010 t
� 6

5
dayhAi�1

200

⇣
|MN |2
0.05

⌘� 1
5 erg

s·g (t . tR),

0.3 · 1010 t
� 4

3
dayhZi�

1
3

70 hAi�1
200

⇣
|MN |2
0.05

⌘� 1
3 erg

s·g (t & tNC),
(14)

where tday is time in units of day, hAi200 is the mean mass
number normalized by 200, and hZi70 is the mean proton
number normalized by 70. Note that the overall magnitude
of the heating rate is determined by the mean values of
the nuclear quantities, A, Z, and MN . These values hardly
change by an order of magnitude, and thus, the magnitude
of the heating rate should not depend significantly on the
details of the abundance pattern of the r-process nuclei.

Figure 2 shows the heating rate obtained from Eq. (13)
and the one derived using a nuclear database (Hotokezaka
et al. 2016 and see also similar results in Metzger et al.
2010; Goriely et al. 2011; Roberts et al. 2011; Korobkin et al.
2012; Grossman et al. 2014; Wanajo et al. 2014; Lippuner
& Roberts 2015). We find that the heating rate based on
the simple analytic formula reproduces the one based on
the database remarkably well. In order to see more details,
the right panel of Fig. 2 shows the heating rates normal-
ized by the relativistic regime of Eq. (14). The normalized
analytic heating rate (blue solid line) has a flat shape at
early times and approaches to the non-relativistic Coulomb
regime (magenta dotted line) at late times.

It is worthy noting that the formula with the non-
relativistic Coulomb limit reproduces the full heating rate

c� 2015 RAS, MNRAS 000, 1–??
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Figure 2. Heating rate of the ideal chains of allowed beta decay by electrons. Left panel shows the specific heating rate derived by
Eq. (13). Right panel depicts the heating rate normalized by the relativistic regime of Eq. (14). Also shown in both panel is the electron
heating rate taken from Hotokezaka et al. 2016, where the heating rate is obtained by using Evaluated Nuclear Data File. Here we adopt
|MN |2 = 0.05, hAi = 200, and hZi = 50 for the analytic model.

after 103 s, even though it should be valid after ⇠ 106 s.
This can be understood as follows. The mean life is ap-
proximately proportional to E�4

0 between the relativistic
and non-relativistic regimes, and thus, the energy genera-

tion rate evolves as E0/t / t�
5
4 . In addition, in this stage, ✏e

changes from 1/2 to 1/4, which approximately corresponds

to ✏e / t�
1
9 . As a result, the electron heating rate goes

as / t�1.35, which is quite similar to the one in the non-
relativistic Coulomb regime.

We would like to emphasize that the formula of
Eq. (14) is independent of the distribution of the
nuclear decay energy. As we will see in the next
section, these e↵ects give small deviations from our
approximation.

4 DISCUSSION

The analytic formula derived in the previous section repro-
duces the result based on the database remarkably well.
However, there are two important e↵ects which are not taken
into account. Here we discuss the role of these e↵ects and
the macronova light curves.

4.1 Role of forbidden transitions

Higher orbital-angular momentum transitions (unique for-
bidden): The light particles’ wave function in the matrix
element Eq. (3) can be expanded in a series of spherical
harmonics, of which the lth term is proportional to (Pr/~)l,
where ~P is the total momentum of the light particles. The
lth transition corresponds to the transition that the light
particles carry o↵ orbital angular momentum of l~. This
expansion rapidly converges on the energy scale of beta
decay on the length scale of nucleus rn ⇠ fm. As a re-
sult, the lth transition probability is reduced by a factor of
(Prn/~)2l . (0.1)2l. Intuitively, this is understood as that
the centrifugal force prevents the particles to approach to
the central nucleus and suppresses the probability that the
light particles are found around the nucleus. For first unique
forbidden transitions, an additional shape factor 2(p2⌫ + p2e)

should be multiplied in the electron spectrum of Eq. (5).
This shape factor results in ⌧ / E�5

0 in the non-relativistic
Coulomb regime, which can be seen in Fig. 3 (a blue dotted
line). Even though the number of beta unstable nuclides dis-
integrated mainly via a unique forbidden transition is small,
they may play a role to increase the heating rate after a few
hours.

Relativistic transitions (parity forbidden): There exist
interactions that mix the large and small components of
Dirac spinor of the nucleon in the matrix element Eq. (3). A
transition due to such an interaction can change the nucleus’
parity without removing the orbital angular momentum and
its amplitude is suppressed by a factor of O(vn/c) or O(Z↵)
compared to the allowed ones. Here the velocity of nucle-
ons vn is typically vn ⇠ 0.1c. As a result, the probability of
these transitions is lower than the allowed ones by a factor
of O(v2n/c

2) or O(Z2↵2). Such transitions are called as par-
ity forbidden transitions (see magenta crosses in Fig. 3). The
theoretical curves of the first order parity forbidden transi-
tions are shown as the dashed and the dot-dashed lines in
Fig. 3. Here we use a suppression factor of (vn/c)

2 ⇡ 0.01
and (Z↵)2 ⇡ 0.25, respectively. The first order parity for-
bidden transitions have the electron spectral shape same to
the allowed transitions. As one can see in this figure, the
curves of these transitions have the same shape to the al-
lowed one with a constant shift in the half-life. The existence
of these transitions in addition to the allowed ones increases
the heating rate. Although there also exist second order par-
ity forbidden transitions, in which angular momentum of ~ is
carried o↵ by the light particles, their lifetimes are too long
to be relevant for the macronova heating rates (see green
points in Fig. 3).

4.2 Deviation from the ideal-chains
approximation

Beta decay chains terminate when they reach stable nu-
clides. Such terminated chains do not contribute to the heat-
ing rate any more. The lifetime of a chain T1/2 can be esti-
mated from the sum of the half-lives of nuclides in the chain.
The cumulative distribution of the chains for A = 90–210

c� 2015 RAS, MNRAS 000, 1–??

The analytic formula nicely describe the heating rate from the nuclear database. 

Note that forbidden transitions and the decrease of the total  
number of radioactive nuclei slightly change our formula. 
Metzger et al 2010 show the slope of the heating with a different assumption  
from ours, disappearing chains. In reality, it is between the two assumptions. 
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Figure 2. Spectrum of γ-rays at 1, 3, 5 and 10 days after merger for NSM-solar. Black lines depict the γ-ray spectrum produced by
nuclei at rest. The red (blue) curve shows the spectrum with the Doppler broadening with an expansion velocity of 0.3c (0.05c). The
normalization is determined with the mass of ejected r-process elements of 0.01M⊙ and the observed distance of 3 Mpc. Here we do not
take any absorption and scattering processes into account.

we find

Ėe(t) ≈ 4 · 109 erg/s/g

„
t

1 day

«−1.3

, (2)

Ėγ(t) ≈ 8 · 109 erg/s/g

„
t

1 day

«−1.3

, (3)

Ėα(t) ≈ 7 · 108 erg/s/g

„
t

1 day

«−1 „
XA!210

3 · 10−2

«
, (4)

Ėf (t) ≈ 2 · 109 erg/s/g

„
t

1 day

«−1 „
XA!250

2 · 10−2

«
. (5)

where XA!210 (XA!250) is the total mass fraction of nuclei
with 210 ! A ! 280 (250 ! A ! 280). Note that the nu-
merical coefficients in Eqs. (2) and (3) are valid as long as
material has the solar-like r-process pattern containing the
second (A ∼ 130) and third (A ∼ 195) r-process peaks.

Although the form of ϵγ(t) should be computed with a
radiative transfer simulation, here we give rough estimates.
The optical depth of homologously expanding ejecta is given
by

τγ(t) =

„
ttr,γ

t

«2

, (6)

where ttr,γ ≈ (κγMej/4πv2)1/2 ≈
0.4 day(κγ/0.05 cm2/g)1/2(Mej/0.01M⊙)1/2(v/0.3c)−1

is the time that the ejecta become transparent to γ-rays.

Here we assume that the dominant interaction process of
γ-rays with matter is Compton scattering.

At the diffuse-out timescale of thermal photons (optical
to infrared: IR) tdiff,o when the optical depth to thermal
photons satisfies τopt = c/v, a significant amount of the
deposited energy starts to escape as thermal photons. We
rewrite Eq. (6) in terms of tdiff,o:

τγ(t) ≈ κγ

κo

c
v

„
tdiff,o

t

«2

, (7)

≈ 0.02

„
tdiff,o

t

«2 „
κγ

0.05 cm2/g

«

×
„

κo

10 cm2/g

«−1 “ v
0.3c

”−1
, (8)

where κo is the opacity of r-process elements to photons in
the optical bands. It is dominated by bound-bound tran-
sitions of lanthanides (Kasen et al. 2013; Tanaka & Ho-
tokezaka 2013). For the dynamical ejecta, on the timescale
of tdiff,o, the optical depth to γ-rays is much smaller than
unity, thereby only a small fraction of the γ-rays’ energy is
deposited in the ejecta on the peak timescale of macronovae.

For the slowly expanding wind ejecta, in particular lan-
thanide free cases, the γ-ray heating efficiency is significantly
different. The opacity to thermal photons and expansion ve-
locity of the wind ejecta are κo ∼ 1 cm2/g and v ∼ 0.05c (see
e.g., Tanaka & Hotokezaka 2013 for the opacity of the wind
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Figure 2. Spectrum of γ-rays at 1, 3, 5 and 10 days after merger for NSM-solar. Black lines depict the γ-ray spectrum produced by
nuclei at rest. The red (blue) curve shows the spectrum with the Doppler broadening with an expansion velocity of 0.3c (0.05c). The
normalization is determined with the mass of ejected r-process elements of 0.01M⊙ and the observed distance of 3 Mpc. Here we do not
take any absorption and scattering processes into account.
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where XA!210 (XA!250) is the total mass fraction of nuclei
with 210 ! A ! 280 (250 ! A ! 280). Note that the nu-
merical coefficients in Eqs. (2) and (3) are valid as long as
material has the solar-like r-process pattern containing the
second (A ∼ 130) and third (A ∼ 195) r-process peaks.

Although the form of ϵγ(t) should be computed with a
radiative transfer simulation, here we give rough estimates.
The optical depth of homologously expanding ejecta is given
by

τγ(t) =

„
ttr,γ

t

«2

, (6)

where ttr,γ ≈ (κγMej/4πv2)1/2 ≈
0.4 day(κγ/0.05 cm2/g)1/2(Mej/0.01M⊙)1/2(v/0.3c)−1

is the time that the ejecta become transparent to γ-rays.

Here we assume that the dominant interaction process of
γ-rays with matter is Compton scattering.

At the diffuse-out timescale of thermal photons (optical
to infrared: IR) tdiff,o when the optical depth to thermal
photons satisfies τopt = c/v, a significant amount of the
deposited energy starts to escape as thermal photons. We
rewrite Eq. (6) in terms of tdiff,o:

τγ(t) ≈ κγ

κo

c
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where κo is the opacity of r-process elements to photons in
the optical bands. It is dominated by bound-bound tran-
sitions of lanthanides (Kasen et al. 2013; Tanaka & Ho-
tokezaka 2013). For the dynamical ejecta, on the timescale
of tdiff,o, the optical depth to γ-rays is much smaller than
unity, thereby only a small fraction of the γ-rays’ energy is
deposited in the ejecta on the peak timescale of macronovae.

For the slowly expanding wind ejecta, in particular lan-
thanide free cases, the γ-ray heating efficiency is significantly
different. The opacity to thermal photons and expansion ve-
locity of the wind ejecta are κo ∼ 1 cm2/g and v ∼ 0.05c (see
e.g., Tanaka & Hotokezaka 2013 for the opacity of the wind

c⃝ 2015 RAS, MNRAS 000, 1–??

The optical depth of gamma rays:

The diffuse-out time of thermal photons,  
i.e. the peak timescale of macronovae.
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Figure 3. Heating rate normalized by Q̇1.3(t) = 1010t−1.3
day erg/s/g (left), where tday is time in unit of day, and thermalization effi-

ciency (right) for each model: NSM-solar (red solid), NSM-fission (green dashed), and NSM-wind (blue dotted). The thick (thin) lines
in the left panel show the heating rate taking the neutrino and gamma-ray escape (only the neutrino escape) into account. For the
gamma-ray escape, an ejecta mass of 0.01M⊙ is assumed as an example.

case). The estimated optical depth to γ-rays is τγ ∼ 3 on the
timescale of tdiff,o. Therefore, in the case of the lanthanide
free wind ejecta, γ-rays are weakly coupled with the ejected
material and heat up the ejecta until a few times tdiff,o.
This situation is somewhat similar to those of supernovae,
in which γ-rays released from the radioactive decay of 56Ni
and 56Co efficiently heat up the ejecta on the peak timescale
of supernovae (Lucy 2005).

Here we approximately evaluate ϵγ(t) as the followings.
In optically thick regimes τγ ≫ 1, almost all the γ rays’ en-
ergy is deposited in the ejecta. On the contrary, in optically
thin regimes τγ < 1, only a fraction τ of the photons are
scattered and for each scattered photon roughly half of γ
ray’s energy is transferred to an electron via a single scat-
tering process at energies of ∼ 1 MeV. ϵγ is approximately
given by

ϵγ(t) ≈
ȷ

1 −
`

1
2

´N
(τγ ! 1),

1
2N (τγ < 1),

(9)

where N = max(τγ , τ2
γ ) is the number of the scatterings

that a photon undergoes before escaping. Figure 3 shows the
heating rate (left) and the thermalization efficiency (right).
Here the heating rate is normalized by a simple power law
heating Q̇1.3(t) = 1010t−1.3

day erg/s/g (Korobkin et al. 2012),
where tday is time in unit of day. The thick (thin) lines in
the left panel show the heating rate taking the neutrino and
gamma-ray escape (only the neutrino escape) into account.
To calculate ϵγ(t), an ejecta mass of 0.01M⊙ is assumed. The
velocities of the ejecta is set to be 0.3c for NSM-solar and
NSM-fission and 0.05c for NSM-wind. For NSM-solar and
NSM-fission, at 0.5 days, γ-rays start to escape from the
ejecta so that the thermalization efficiency drops from 0.7
to 0.2 – 0.3. The heating rate and thermalization efficiency
of NSM-wind are larger than the other cases since γ-rays
are well scattered. For NSM-fission, the thermalization ef-
ficiency turns to increase due to the spontaneous fission of
transuranic nuclei and it reaches ≈ 0.5 around 10 days.

The ejecta have non-spherical geometry. The tidal tails
are ejected mostly in the binaries’ orbital planes while the
wind ejecta expand into higher latitudes. The timescale that
γ-rays escape from non-spherical ejecta is slightly shorter

than that from spherical ejecta. As a result, the thermaliza-
tion efficiency starts to decrease at earlier times. Note that,
however, the optical depth to γ-rays measured in tdiff,o is
almost independent of the ejecta geometry because the ge-
ometrical factor that arises in τγ equals to a similar factor
that appears in τopt and hence it doesn’t appear in Eq. (7).

In reality, ejecta are likely composed of dynamical ejecta
and wind components. In high latitudes " 30◦ from the
binary orbital plane, the wind component may dominate (see
e.g., Martin et al. 2015). Since different components of ejecta
have different thermalization efficiencies, this effect should
be taken into account when one calculates macronova light
curves of merger ejecta composed of different components.

4 IMPLICATION TO THE POSSIBLE
MACRONOVA EVENTS

For GRB 130603B, Tanvir et al. 2013; Berger et al. 2013
obtain the range of the ejecta mass as 0.03 – 0.08M⊙ based
on the light curves of Barnes & Kasen (2013)3, where a
thermalization efficiency is ≈ 0.4. Independently, the mini-
mal mass of the ejected r-process material is estimated as
≈ 0.02M⊙ (Hotokezaka et al. 2013a; Piran et al. 2014),
where a constant thermalization efficiency of 0.5 is assumed.
In these estimates, the large opacity of lanthanide is taken
into account (Kasen et al. 2013; Tanaka & Hotokezaka
2013). For GRB 060614, a larger mass of ≈ 0.1M⊙ is re-
quired (Yang et al. 2015), where again a thermalization ef-
ficiency of 0.5 is assumed.

These estimates change once we use the thermaliza-
tion efficiencies that we obtained here. The IR detections
were done at 7 days for GRB 130603B and at 12 days for
GRB 060614 after the bursts in the GRBs’ rest frames.
For NSM-solar, the heat is provided only through electrons
so that the thermalization efficiency at this timescale is

3 Barnes & Kasen (2013) take γ-ray escape into account and
assume a constant energy partition among the different decay
products The γ-ray heating is negligible at the macronova peak
timescale and the resulting thermalization efficiency is ≈ 0.4.
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Spontaneous fission and alpha decay may  
contribute to the heating rate at late time. 
(KH+16, Barnes+16)
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GRB 060614

This work is structured as follows: in Section 2 we first
review the basic assumptions made in Y15. Next, we discuss
the necessity/feasibility of relaxing these assumptions and then
extract the light curve of the associated macronova. The rate of
macronova/compact-object mergers is estimated in Section 3,
and our results and discussion are presented in Section 4.

2. EXTRACTING THE LIGHT CURVE OF MACRONOVA
ASSOCIATED WITH GRB 060614

To robustly establish the existence of a distinct HST F814W-
band excess in the late afterglow of GRB 060614, Y15
assumed that all of the VLT data were due to the FS and
subsequently fitted the VRI data at >t 1.7 days with the same
decline rate. In such an approach, only one F814W-band point
at about 13.6 days was found to be more than 3σ in excess of
the fitted FS emission. However, the fitted residuals in Figure 1
of Y15 display an interesting general trend: the earlier data

( <t 4 days) were usually negative (with respect to the FS
afterglow model), while the later data were positive, indicating
that the intrinsic FS emission decline was likely steeper than
that assumed in their model, and there was likely to be an
excess of emission at times earlier than 13.6 days. On the other
hand, in numerical simulations, macronova optical emission
usually peaks in a few days to a week (rest frame) after the
merger event, and its subsequent contribution to the afterglow
emission can be non-negligible (e.g., Barnes & Kasen 2013;
Tanaka & Hotokezaka 2013; Tanaka et al. 2014). After having
solidly established the existence of an excess of flux in the
analysis performed by Y15, we sought to improve the analysis
by considering a possible time evolution of the macronova
component and modeling the entire afterglow data set
accordingly.
GRB afterglows are expected to be powered by FSs that

produce synchrotron emission. Such GRBs have a power-law
like behavior in both time and frequency where the temporal
and energy spectral indices, α and β, respectively, are defined
by nµn

a b- -f t , where t is the time since the GRB was first
detected by a satellite (e.g., Piran 2004; Kumar & Zhang 2015).
For SGRBs, the afterglow emission emitted after several hours
should consist of radiation coming from both the FS and the
associated macronova. Hence a macronova light curve can, in
principle, be “self-consistently” obtained through a joint fit of
the observational data. A key outstanding problem is that
current theoretical macronova calculations still suffer from
significant uncertainties. For example, the role of radioactive
heating due to the fission of heavy r-process nuclei to the
energy deposition rate at, for example, ~t 10 days after the
merger, is still poorly understood (e.g., Korobkin et al. 2012;
Wanajo et al. 2014; K. Hotokezaka 2015, private communica-
tion). Moreover, the poorly constrained electron fraction (Ye),
the escape velocity distribution and the anisotropy of the
outflow play additional roles in shaping the macronova
emission (Tanaka et al. 2014; Lippuner & Roberts 2015); all
of these are caveats that should be considered when interpreting
our results.
In this work we extracted the possible macronova emission

by decomposing the FS emission from the observational data.
A reliable estimate of the FS emission is very crucial, so the
following facts were taken into account: (i) there was a jet
break around 1.4 days (Della Valle et al. 2006; Mangano
et al. 2007; Xu et al. 2009), hence only data after this time need
to be considered, (ii) at ~t 1.7 1.9– days after the burst, the
optical to X-ray spectrum is well described by a single power-
law (Della Valle et al. 2006; Mangano et al. 2007; Xu
et al. 2009), suggesting that any macronova contribution to the
observed flux is negligible, and (iii) in the interval of
1.7–3.0 days after the burst, there were two measurements in
VLT VI bands and three measurements in the VLT R band,
allowing us to obtain a relatively reliable estimate of the FS
emission decline. Therefore, in this work we adopt the VLT
and HST observational data reduced in Y15, but we assume
that only the VLT data in the interval of 1.7–3.0 days are due
solely to FS emission, and we use these data to determine the
single power-law decline of the afterglow.
The observed magnitudes were first corrected to the

magnitudes in the R band, assuming a Galactic extinction of
AV = 0.07 mag (Schlegel et al. 1998; Schlafly & Finkbei-
ner 2011). The extinction of the host galaxy is SMC-like,
AV = 0.05 mag, and the intrinsic afterglow spectrum is well

Figure 1. Observed light curves of the macronova associated with GRB
060614. Top: the data points are adopted from Y15 but only the VLT data in
the time interval of 1.7–3.0 days are assumed to arise solely from FS emission;
the solid lines represent the fit (µ -t 2.55). The simultaneous X-ray emission,
retrieved from the UK Swift Science Data Centre (Evans et al. 2009), can be
fitted by -t 2.55 plus a constant flux. A constant X-ray flux of

o ´ - - -8 4 10 erg cm s15 2 1( ) was obtained by Mangano et al. (2007) and
was interpreted as the emission from a possible active galactic nucleus, or it
was simply a statistical fluctuation because of the low measured flux that was
very close to the detection threshold of Swift XRT. Simultaneous with the very
late/weak “plateau-like” X-ray emission, the HST F814W-band flux drops as
-t ,3.2 ruling out a possible energy injection mechanism. Bottom: significant
excess appears at late times. Note that the data are not corrected for any
extinction and only “macronova” emission points with a significance above s2
were kept. The dashed lines, adopted from Y15, are macronova model light
curves generated from a numerical simulation for the ejecta from a BH–NS
merger, with a velocity of~ c0.2 and a mass ~ :M M0.1ej (Tanaka et al. 2014).
The green and red lines are in R and I bands, and shadows represent a possible
uncertainty of 0.5 mag (K. Hotokezaka 2015, private communication). The
macronova model is in agreement with the observed data, including those with
large uncertainties (i.e., significance below s2 , see Table 1).
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described by a single power-law with b = o0.81 0.08, as
based on the optical and UV data at 150 ks fitted by Mangano
et al. (2007) and confirmed by Xu et al. (2009). The fit to the
VLT data collected in the time interval of 1.7–3.0 days yields
a = o2.55 0.09. This is steeper than the decay index of
a = o2.30 0.03 obtained in Y15 by assuming all VLT data
were FS emission. Such a difference is reasonable/expected
since the “underlying” macronova emission contributes to
observations at later epochs, thus causing the LCs to appear to
decay at a slower rate. In the slow cooling of a jetted outflow
with significant sideways expansion, when the observational
frequency is between the so-called typical synchrotron
radiation frequency nm and the cooling frequency n ,c the
decline and spectral indices are expected to be a = p (after the
jet break; Sari et al. 1999) and b = -p 1 2( ) (Piran 2004;
Kumar & Zhang 2015). Interestingly the observed
b = o0.81 0.08 and our inferred a = o2.55 0.09 are in
good agreement with the standard afterglow model (i.e., they
both predict an electron index of »p 2.6).

When we subtracted this FS component from the observa-
tional data we found a significant excess in multi-wavelength
bands at >t 3 days, which may constitute the first multi-
epoch/band light curve of a macronova ever recorded. The
results are shown in Table 1 and Figure 1, where the errors
include the uncertainties of the observed magnitudes and the
FS model uncertainties. Although the data set is still relatively
sparse, there is an indication that the macronova emission
likely peaked at 1t 4 days after the merger event,6 which is
consistent with current numerical simulations (e.g., Kasen
et al. 2013; Tanaka & Hotokezaka 2013; Tanaka et al. 2014). In
comparison, among GRB-associated SNe, SN 2010bh had the
most rapid rise to maximum brightness, peaking at
= ot 8.5 1.1 days after GRB 100316D (Cano et al. 2011;

Bufano et al. 2012; Olivares et al. 2012), which is significantly
later than that found here. Therefore, in addition to the
remarkably soft spectrum at about 13.6 days after the burst

noticed by Y15, the rather early peak of the excess components
found in this work strongly disfavors an SN interpretation. In
the NS–NS merger scenario, Metzger & Fernández (2014)
found that some regions of the outflow may be Lanthanide-free,
and such material will become optically thin within a few days
after the merger, giving rise to optical/UV emission that lasts
for a day or so. Such a scenario can, at least in part, explain the
early peak in the macronova observed here. A successful
interpretation of the very significant F814W-band excess
emission at ~t 13.6 days is, however, a challenge for
theoretical NS–NS merger models.
There are five epochs that consist of two or more filters,

which we have combined into five SEDs, and these are
displayed in Figure 2. An excess of flux (i.e., relative to a single
power-law spectrum) is clearly visible in the three latter
epochs. Blackbody spectra provide a reasonable fit to the
observed SEDs (see Figure 2). At ~t 13.6 days after the burst,
the temperature is estimated to be +

-2700 700
500 K. At other times,

the temperatures are poorly constrained (i.e., <4200 K and
3100−19,000 K at 3.86 and 7.83 days, respectively). Due to
the large errors, it is impossible to draw any conclusions
regarding a possible temperature evolution.
As pointed out in Y15, the progenitor system was likely a

BH–NS binary, as these types of mergers are expected to give
rise to “bluer,” longer, and brighter macronova emission than
NS–NS mergers due to greater ejecta mass and a highly
anisotropic distribution of the ejecta material (see Tanaka
et al. 2014; Kyutoku et al. 2015 and the references therein). For
GRB 060614, to account for the distinct F814W-band excess at
~t 13.6 days, a simple estimate based on the generation of the

macronova light curve in one BH–NS merger model presented
in Tanaka et al. (2014) suggests that the ejected material from
the merger was~ :M0.1 and moved at a velocity~ c0.2 . In this
paper, the F814W-band excess is just a bit brighter and the
parameters of the ejecta are likely similar to those in a previous
estimate. The peak emission of VLT/I-band (R-band) excess is
as bright as ~24th mag (~25th mag), in agreement with the

Table 1
The Macronova Component of GRB 060614

Time from GRB Filter Magnitudea

(days) (Vega)

7.828 VLT V (25.6 ± 0.6)
3.869 VLT R (25.3 ± 0.6)
4.844 VLT R 24.9 ± 0.3
6.741 VLT R 25.3 ± 0.3
10.814 VLT R (26.5 ± 0.8)
14.773 VLT R (27.2 ± 1.0)
3.858 VLT I 23.7 ± 0.4
7.841 VLT I 24.6 ± 0.4
13.970 HST F606W 26.9 ± 0.4
13.571 HST F814W 25.05 ± 0.12

Note.
a The magnitudes of the extracted macronova component. The observations
with errors larger than 0.5 mag have been bracketed.

Figure 2. Observed SED evolution of GRB 060614. From top to bottom are
the SEDs at =t 1.73, 2.84, 3.86, 7.83, 13.6( ) days, respectively. Solid
circles are from Y15, red crosses are VLT data from Della Valle et al.
(2006), and purple crosses are Swift UVOT data from Mangano et al. (2007);
all data have not been corrected for extinction. In two early observations the
SEDs can be fitted with a single power-law spectrum with extinction of the
Galaxy and the host galaxy, where the dash–dot line is the intrinsic spectrum
and dashed lines are extincted. The remaining three observations are fitted by a
single power-law and a blackbody spectrum (T = 2700 K, dotted line) where
extinction has been taken into account.

6 After extracting the possible macronova emission from the data, we find that
the macronova was always much fainter than the afterglow between 1.7 and
3.0 days after the burst and its contribution was smaller than the afterglow
uncertainties. Hence our assumption that in the time interval of 1.7–3.0 days
the emission is due solely to FS is reasonable. However, due to the -t 2.55

decline of the FS emission and the shallow decay of the macronova, at .t 4
days the contribution of a macronova to the total flux cannot be ignored any
longer.
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Spectrum evolution

Redding with time is not expected in afterglows. 
It is consistent with a macronova.
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FIG. 1. The optical observations of sGRB 050709
(a) and a comparison of the data with a theoreti-
cal macronova light curve (b). (a): The fits to the R-
band emission (green dashed line) and to the I-band observa-
tions from the VLT I-band data as well as the first two HST
F814W-band data points (red dash-dotted line) yield the de-
clines of t−1.63±0.16 and t−1.12±0.09, respectively. The dotted
lines represent the “suggested”-afterglow emission lightcurves
of the GRB outflow after the jet break (i.e., t−2.5 for the
energy distribution index of the shock-accelerated electrons
p ∼ 2.5). (b): Shown are the residuals of the optical emis-
sion after the subtraction of a suggested fast-declining forward
shock afterglow after t = 1.4 days (dotted lines in the upper
panel). The simulated I/R/V -band macronova light curves
[17] are for the ejecta from a black hole−neutron star merger,
corresponding to an ejection mass of Mej ∼ 0.05 M⊙ and a
velocity of Vej ∼ 0.2c. An uncertainty of ∼ 0.75 mag (the
shaded region) has been adopted following Hotokezaka et al
[32]. (c): The SED of the macronova signal of sGRB 050709
measured by VLT on July 12, 2005 compared with a possi-
ble Iron line-like spectral structure adopted from Kasen et
al. [13]. Note that all errors are 1σ statistical errors and the
upper limits are at the 3σ confidence level.
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Macronova interpretation of a red bump of GRB 050709

It can be a macronova.
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FIG. 2: Absolute Vega magnitudes versus rest frame time of the macronova candidates in sGRB 050709, long-short GRB
060614 [20] and sGRB 130603B [18]. The red dashed line is the same as the dynamical ejecta macronova model I-band
emission presented in Fig.1 (the green dashed line represents the H-band emission) while the red solid line is the disk-wind
ejecta macronova model I-band emission light curve for Mej = 0.03 M⊙ and Vej = 0.07c (the green dotted line represents the
H-band emission).

Table 1. Physical properties of GRBs/macronovae/afterglows with known redshifts.
GRB 050709a GRB 060614b GRB 130603Bc

Eγ,iso (1051 erg) 0.069 2.5 2.1
z 0.16 0.125 0.356
Durationd (s) 0.5 (+130) 5 (+97) 0.18
Classification sGRB + extended X-rays long-short GRB sGRB
Identifying macronova in I/F814W in I/F814W in F160W
Macronova peak luminosity ∼ 1041 erg s−1 (I) ∼ 1041 erg s−1 (I) ∼ 1041 erg s−1 (F160W)
Mej ∼ 0.05 M⊙ ∼ 0.1 M⊙ ∼ 0.03 M⊙
RMN/X ∼ 1 ∼ 0.1 ∼ 0.6

Note: a. Villasenor et al.[22] and this work; b. Gehrels et al. [44], Yang et al. [21] and Jin et al. [20]; c. Tanvir et al. [18],
Berger [19] and Hotokezaka et al. [27]; d. The durations include that of the hard spike and the “extended emission” (in the
bracket); e. RMN/X denotes the ratio between the macronova “peak” luminosity and the simultaneous X-ray luminosity. The
Mej is estimated from the dynamical ejecta model and the value can change by a factor of a few due to uncertainties in the

opacity, nuclear heating, and ejecta morphology.

different Mej and Vej, or merger types, or different observations angles in different events.
Within this context it is interesting to mention also GRB 080503. It is not in our sample as its redshift is unknown

[41]. Though no I-band/F814W-band or redder emission had been measured (see Fig.3, where the upper limits on
the infrared luminosity are for a redshift z ∼ 0.25, as assumed/adopted in Kasen et al. [42]), in optical bands the
afterglow were detected in the time interval of ∼ 1.08 − 5.36 days after the GRB trigger. Hence the emission is
quite blue, which is at odds with the dynamical ejecta macronova model but may be consistent with the disk-wind
macronova model [42]. The potential challenge for this model is the non-identification of a nearby host galaxy as close
as z ∼ 0.25 in the deep HST/WFPC2 observation data of GRB 080503 [41].
It is interesting to compare now the observed features of this three macronova candidates. As far as the prompt

emission is concerned, GRB 050709, a short burst with extended soft X-ray emission, bridges the gap between the
canonical sGRB 130603B and the long-short lsGRB 060614 (see Table 1). The isotropic-equivalent prompt emission
energy Eγ,iso of sGRB 050709 is about 30 times smaller than that of lsGRB 060614 and sGRB 130603B, while the
macronova emission of sGRB 050709 is similar to that of lsGRB 060614 (see Fig.2). The high energy transients

1041 erg/s

1040 erg/s

Three macronova candidates

• Peak luminosity ~ 10^41 erg/s. 
• The I-band light curves of 050709 and 060614 are quite similar.

130603B

050709
060614



Macronova Summary

Redshift T90 (s)
Eiso 

(10^51 erg)
Macronova 

(erg/s) Note

GRB 050709 0.16
0.1 

(+130) 0.07
10^41 

(I-band)
very small 

host

GRB 060614 0.125 5 
(+97)

2.5 10^41 
(I-band)

not really 
 a short 

burst

GRB 130603B 0.356 0.18 2.1 10^41 
(H-band)

the first 
candidate

GRB 150101B 
no detection

0.134 0.012 0.013 <10^42 
(H-band)

Early type 
host

Note that the detections rely on a few data points. 



Outline

• Back of envelope calculation of beta decay heating 

• “Historical” Kilonova/Macronova candidates 

• Radio remnant  

• Discussion

(1) After short GRB afterglows 
(2) Radio GW counterparts



Relativistic Explosions & Radio emission

Time Scale log10(E) v/c Detected

SNe II >10 year 51 0.01 yes

SNe Ibc 1 month 48 0.3 yes

SNe  Ia >10 year 51 0.01 yes (galactic)

GRBs 1 month 51 1 yes

TDEs (jet) a few year 52 1 yes

optical TDEs 1 year 48 0.1 yes

Magnetar GF 1 month 45 0.3 yes (galactic)

NS mergers a few year 50.5 0.3 no
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Radio Macronovae & Supernovae

Ref: Nakar & Piran 11, KH & Piran 15, KH+16 



No radio remnant is found
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Fig. 2.— Predicted radio light curves in the magnetar scenario when both relativistic effects and synchrotron self-absorption are
included. The light curves are calculated assuming kinetic energy of Ek = 3 × 1052 erg and a range of ISM densities (see legend). Solid
triangles represent the late-time radio observations (see § 2).

tions from spherical symmetry, that are expected, would
reduce somewhat the signal and delay the peak time
(Margalit & Piran, 2015). However this amounts only
to about 10% difference in peak luminosity and a factor
of∼ 2 in peak time. We cannot rule out a magnetar with
a large mass ejection (> 0.1M⊙), in low density envi-
ronment, by the absence of radio emission. The velocity
of this large ejecta mass will be non-relativistic and is
expected to produce weak emission below our detection
limits (Figure 2). Other cases where the radio emis-
sion can be highly suppressed is an even more extreme
case, where a minute amount of energy is converted in
the shock to magnetic fields, i.e., ϵB ≪ 0.001. Atypical
high ISM density will also lead to a suppression of the
radio signal as the optical depth will increase.

5. SUMMARY

Compact binary mergers are expected to be followed
by a macronova emission and long-lasting radio emis-
sion. In this paper we have searched for this radio sig-
nal including the one which is predicted specifically by
the magnetar scenario. In this latter case, a merger re-
sults in highly magnetized ns that deposits energy into
a small amount of ejecta mass that becomes relativistic.
If this relativistic ejecta interacts with an ISM that is
not too dilute, it is expected to produce a bright radio
emission which will peak over time scales of months to
years.
Our search was focused on two GRBs (GRB130603B

& GRB060614) that were the first to exhibit a
macronova-like emission, thus indicating the ejection of
a small amount of mass, a condition needed for the late
production of a radio flare. Therefore, we have observed
these GRB positions at late times with the VLA and
the ATCA telescopes. Our radio observations resulted
in null-detections. Comparing the predicted radio emis-

sion with our upper limits, we can rule out a wide range
of kinetic energies, ejecta masses, ISM densities and mi-
crophysical parameters. As shown in Figures 1, 2, and 3,
the range of parameters we rule out includes the canon-
ical magnetar model.
A previous search for magnetar radio emission from

sGRBs has been performed by Metzger & Bower (2013).
They observed 7 sGRBs within 1− 3 years after discov-
ery with the VLA but did not detect any emission. They
used their non-detections to constrain the merger mag-
netar scenario as well. However, their work is different
from ours in several ways. First, they have used the
Newtonian calculations following Nakar & Piran (2011)
but with β = 0.8 and kinetic energy of 3 × 1052 erg/s.
Thus, they have not accounted for relativistic effects and
did not explore a wide range of ejecta masses. Given
these limitations and the lower observational sensitivi-
ties (due to the old capabilities of the VLA), Metzger
& Bower (2013) only ruled out magnetar scenarios with
densities above n = 0.03 cm−3. Our observed sample is
also different since the sGRBs that we observed have
been associated with macronova emission, previously
not observed in other sGRBs.
As discussed above, our conclusion is limited by sev-

eral factors. While, we use a wide range of values for
the model parameters, there are still extreme parame-
ters under which the magnetar model is consistent with
our observations. This includes, extremely high (or low)
ISM density, extremely low values (< 0.001) of ϵB, and
extremely small ejecta mass. Given these limitations
and the fact that we studied only two macronova events,
provides further motivation to undertake a large cam-
paign of carefully designed late-time radio observations
of sGRBs.

GRB 130603B

GRB 060614Fong+14

Horesh+16
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tions from spherical symmetry, that are expected, would
reduce somewhat the signal and delay the peak time
(Margalit & Piran, 2015). However this amounts only
to about 10% difference in peak luminosity and a factor
of∼ 2 in peak time. We cannot rule out a magnetar with
a large mass ejection (> 0.1M⊙), in low density envi-
ronment, by the absence of radio emission. The velocity
of this large ejecta mass will be non-relativistic and is
expected to produce weak emission below our detection
limits (Figure 2). Other cases where the radio emis-
sion can be highly suppressed is an even more extreme
case, where a minute amount of energy is converted in
the shock to magnetic fields, i.e., ϵB ≪ 0.001. Atypical
high ISM density will also lead to a suppression of the
radio signal as the optical depth will increase.

5. SUMMARY

Compact binary mergers are expected to be followed
by a macronova emission and long-lasting radio emis-
sion. In this paper we have searched for this radio sig-
nal including the one which is predicted specifically by
the magnetar scenario. In this latter case, a merger re-
sults in highly magnetized ns that deposits energy into
a small amount of ejecta mass that becomes relativistic.
If this relativistic ejecta interacts with an ISM that is
not too dilute, it is expected to produce a bright radio
emission which will peak over time scales of months to
years.
Our search was focused on two GRBs (GRB130603B

& GRB060614) that were the first to exhibit a
macronova-like emission, thus indicating the ejection of
a small amount of mass, a condition needed for the late
production of a radio flare. Therefore, we have observed
these GRB positions at late times with the VLA and
the ATCA telescopes. Our radio observations resulted
in null-detections. Comparing the predicted radio emis-

sion with our upper limits, we can rule out a wide range
of kinetic energies, ejecta masses, ISM densities and mi-
crophysical parameters. As shown in Figures 1, 2, and 3,
the range of parameters we rule out includes the canon-
ical magnetar model.
A previous search for magnetar radio emission from

sGRBs has been performed by Metzger & Bower (2013).
They observed 7 sGRBs within 1− 3 years after discov-
ery with the VLA but did not detect any emission. They
used their non-detections to constrain the merger mag-
netar scenario as well. However, their work is different
from ours in several ways. First, they have used the
Newtonian calculations following Nakar & Piran (2011)
but with β = 0.8 and kinetic energy of 3 × 1052 erg/s.
Thus, they have not accounted for relativistic effects and
did not explore a wide range of ejecta masses. Given
these limitations and the lower observational sensitivi-
ties (due to the old capabilities of the VLA), Metzger
& Bower (2013) only ruled out magnetar scenarios with
densities above n = 0.03 cm−3. Our observed sample is
also different since the sGRBs that we observed have
been associated with macronova emission, previously
not observed in other sGRBs.
As discussed above, our conclusion is limited by sev-

eral factors. While, we use a wide range of values for
the model parameters, there are still extreme parame-
ters under which the magnetar model is consistent with
our observations. This includes, extremely high (or low)
ISM density, extremely low values (< 0.001) of ϵB, and
extremely small ejecta mass. Given these limitations
and the fact that we studied only two macronova events,
provides further motivation to undertake a large cam-
paign of carefully designed late-time radio observations
of sGRBs.

Magnetar Models

Upper limits are still consistent with the merger radio remnant. 
Exclude the existence of a powerful magnetar after these short GRBs. 
Please do not neglect relativistic effects for magnetars (not use Nakar & Piran 11).

Horesh, KH + 16 
see also Fong+16
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Fig. 1.— Predictions of the radio flux from a macronova (including the magnetar model). The predictions are for the macronova
candidates GRB060614 (top panel) and GRB130603B (bottom panel) at the times we performed our radio observations (see §2 for
details). The radio flux of each event is calculated for a different combination of the kinetic energy and ISM density. We assume here
the fiducial value of the ejecta mass in the magnetar model of Mej = 0.01M⊙. We also assume ϵe = 0.1 and use both ϵB = 0.1 (left
panel) and ϵB = 0.01 (right panel). The dashed white line represent the fiducial value of the kinetic energy in the magnetar model,
Ek = 3× 1052 erg. The solid white lines represent our observational limits. The arrows represent the ISM density value (or value range)
measured based on the observed afterglow properties (see §4).

this density and other afterglow parameters (in particu-
lar with ϵB). For example, Fong et al. (2014) analyzed
X-ray, optical and radio observations of the afterglow of
GRB130603B. They find that the possible circumburst
density ranges from 0.005 to 30 cm−3. This large range
of uncertainty demonstrates the difficulty in estimating
the density even when afterglow information is avail-
able in three bands. Xu et al. (2009) have analyzed the
afterglow of GRB060614. They find that a density of
0.04 cm−3 is consistent with the data but they do not
try to bracket it. The range of values of the ISM densi-
ties for both GRB130603B and GRB060614 are within
the range that we have discussed here, and are both suf-
ficiently large to rule out the canonical magnetar model.
In light of the uncertainty in the ISM density and

the microphysical parameters, we present in Figure 3
different areas in the Mej - E phase space that can be

ruled out for various ISM density and ϵB values. This
large phase space, as in Figure 1, accounts not only for
the magnetar scenario (discussed below) but also for the
cases where there is no additional energy injection such
as the “standard” non-relativistic macronova scenario
presented in Nakar & Piran (2011).
Assuming that a magnetar output energy is 3 ×

1052 erg, then even for a very low ISM density n =
0.001 cm−3 and for a relatively low energy conversion of
shockwave energy to magnetic fields, ϵB ∼ 0.01, the ex-
pected radio signal at the time of our radio observations
for both events are above our detection limits. Given
that we did not detect any radio emission, this rules
out the fiducial magnetar model for macronova events
associated with GRBs.
It is worth mentioning that the above conclusion is

based on the assumption of spherical symmetry. Devia-
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Fig. 1.— Predictions of the radio flux from a macronova (including the magnetar model). The predictions are for the macronova
candidates GRB060614 (top panel) and GRB130603B (bottom panel) at the times we performed our radio observations (see §2 for
details). The radio flux of each event is calculated for a different combination of the kinetic energy and ISM density. We assume here
the fiducial value of the ejecta mass in the magnetar model of Mej = 0.01M⊙. We also assume ϵe = 0.1 and use both ϵB = 0.1 (left
panel) and ϵB = 0.01 (right panel). The dashed white line represent the fiducial value of the kinetic energy in the magnetar model,
Ek = 3× 1052 erg. The solid white lines represent our observational limits. The arrows represent the ISM density value (or value range)
measured based on the observed afterglow properties (see §4).

this density and other afterglow parameters (in particu-
lar with ϵB). For example, Fong et al. (2014) analyzed
X-ray, optical and radio observations of the afterglow of
GRB130603B. They find that the possible circumburst
density ranges from 0.005 to 30 cm−3. This large range
of uncertainty demonstrates the difficulty in estimating
the density even when afterglow information is avail-
able in three bands. Xu et al. (2009) have analyzed the
afterglow of GRB060614. They find that a density of
0.04 cm−3 is consistent with the data but they do not
try to bracket it. The range of values of the ISM densi-
ties for both GRB130603B and GRB060614 are within
the range that we have discussed here, and are both suf-
ficiently large to rule out the canonical magnetar model.
In light of the uncertainty in the ISM density and

the microphysical parameters, we present in Figure 3
different areas in the Mej - E phase space that can be

ruled out for various ISM density and ϵB values. This
large phase space, as in Figure 1, accounts not only for
the magnetar scenario (discussed below) but also for the
cases where there is no additional energy injection such
as the “standard” non-relativistic macronova scenario
presented in Nakar & Piran (2011).
Assuming that a magnetar output energy is 3 ×

1052 erg, then even for a very low ISM density n =
0.001 cm−3 and for a relatively low energy conversion of
shockwave energy to magnetic fields, ϵB ∼ 0.01, the ex-
pected radio signal at the time of our radio observations
for both events are above our detection limits. Given
that we did not detect any radio emission, this rules
out the fiducial magnetar model for macronova events
associated with GRBs.
It is worth mentioning that the above conclusion is

based on the assumption of spherical symmetry. Devia-

Obs. limit
allowed

Horesh, KH+16
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Fig. 1.— Predictions of the radio flux from a macronova (including the magnetar model). The predictions are for the macronova
candidates GRB060614 (top panel) and GRB130603B (bottom panel) at the times we performed our radio observations (see §2 for
details). The radio flux of each event is calculated for a different combination of the kinetic energy and ISM density. We assume here
the fiducial value of the ejecta mass in the magnetar model of Mej = 0.01M⊙. We also assume ϵe = 0.1 and use both ϵB = 0.1 (left
panel) and ϵB = 0.01 (right panel). The dashed white line represent the fiducial value of the kinetic energy in the magnetar model,
Ek = 3× 1052 erg. The solid white lines represent our observational limits. The arrows represent the ISM density value (or value range)
measured based on the observed afterglow properties (see §4).

this density and other afterglow parameters (in particu-
lar with ϵB). For example, Fong et al. (2014) analyzed
X-ray, optical and radio observations of the afterglow of
GRB130603B. They find that the possible circumburst
density ranges from 0.005 to 30 cm−3. This large range
of uncertainty demonstrates the difficulty in estimating
the density even when afterglow information is avail-
able in three bands. Xu et al. (2009) have analyzed the
afterglow of GRB060614. They find that a density of
0.04 cm−3 is consistent with the data but they do not
try to bracket it. The range of values of the ISM densi-
ties for both GRB130603B and GRB060614 are within
the range that we have discussed here, and are both suf-
ficiently large to rule out the canonical magnetar model.
In light of the uncertainty in the ISM density and

the microphysical parameters, we present in Figure 3
different areas in the Mej - E phase space that can be

ruled out for various ISM density and ϵB values. This
large phase space, as in Figure 1, accounts not only for
the magnetar scenario (discussed below) but also for the
cases where there is no additional energy injection such
as the “standard” non-relativistic macronova scenario
presented in Nakar & Piran (2011).
Assuming that a magnetar output energy is 3 ×

1052 erg, then even for a very low ISM density n =
0.001 cm−3 and for a relatively low energy conversion of
shockwave energy to magnetic fields, ϵB ∼ 0.01, the ex-
pected radio signal at the time of our radio observations
for both events are above our detection limits. Given
that we did not detect any radio emission, this rules
out the fiducial magnetar model for macronova events
associated with GRBs.
It is worth mentioning that the above conclusion is

based on the assumption of spherical symmetry. Devia-
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Fig. 1.— Predictions of the radio flux from a macronova (including the magnetar model). The predictions are for the macronova
candidates GRB060614 (top panel) and GRB130603B (bottom panel) at the times we performed our radio observations (see §2 for
details). The radio flux of each event is calculated for a different combination of the kinetic energy and ISM density. We assume here
the fiducial value of the ejecta mass in the magnetar model of Mej = 0.01M⊙. We also assume ϵe = 0.1 and use both ϵB = 0.1 (left
panel) and ϵB = 0.01 (right panel). The dashed white line represent the fiducial value of the kinetic energy in the magnetar model,
Ek = 3× 1052 erg. The solid white lines represent our observational limits. The arrows represent the ISM density value (or value range)
measured based on the observed afterglow properties (see §4).

this density and other afterglow parameters (in particu-
lar with ϵB). For example, Fong et al. (2014) analyzed
X-ray, optical and radio observations of the afterglow of
GRB130603B. They find that the possible circumburst
density ranges from 0.005 to 30 cm−3. This large range
of uncertainty demonstrates the difficulty in estimating
the density even when afterglow information is avail-
able in three bands. Xu et al. (2009) have analyzed the
afterglow of GRB060614. They find that a density of
0.04 cm−3 is consistent with the data but they do not
try to bracket it. The range of values of the ISM densi-
ties for both GRB130603B and GRB060614 are within
the range that we have discussed here, and are both suf-
ficiently large to rule out the canonical magnetar model.
In light of the uncertainty in the ISM density and

the microphysical parameters, we present in Figure 3
different areas in the Mej - E phase space that can be

ruled out for various ISM density and ϵB values. This
large phase space, as in Figure 1, accounts not only for
the magnetar scenario (discussed below) but also for the
cases where there is no additional energy injection such
as the “standard” non-relativistic macronova scenario
presented in Nakar & Piran (2011).
Assuming that a magnetar output energy is 3 ×

1052 erg, then even for a very low ISM density n =
0.001 cm−3 and for a relatively low energy conversion of
shockwave energy to magnetic fields, ϵB ∼ 0.01, the ex-
pected radio signal at the time of our radio observations
for both events are above our detection limits. Given
that we did not detect any radio emission, this rules
out the fiducial magnetar model for macronova events
associated with GRBs.
It is worth mentioning that the above conclusion is

based on the assumption of spherical symmetry. Devia-

Obs. limit
allowed

Fong+15, 130603B 
 afterglow

EK . 4 · 1051 erg this is still consistent with the dynamical ejecta.

Horesh, KH+16
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Dynamical ejecta, Wind, GRB jet…

Central remnant: BH or NS + accretion disk

Short GRB 
jet Fast n component

Cocoon

Dynamical ejecta
Wind

KH & Piran 2015



Model: Energy, velocity, ISM density
Mass ejection and radio signals from NS mergers 3

Figure 1. Left panel: the kinetic energy and the four-velocity of the different components of the ejecta. Also marked are the deceleration
timescales of Eq. (2) assuming an external density of 1 cm−3. The star in each component shows the fiducial model. Right panel: a
schematic picture of the morphology of the different components of the ejecta on the meridional plane. The distribution of the dynamical
ejecta is taken from a merger simulation (Hotokezaka et al. 2013). Other components are added schematically.

2 DIFFERENT COMPONENT OF EJECTA

AND THEIR PROPERTIES

As material is ejected in different processes the different
components will have different masses, kinetic energies, ve-
locities, and electron fractions. The first three quantities
determine the radio flare signals while all four are impor-
tant for macronova estimate. Table 1 summarizes the values
of these quantities as taken from the recent literature. The
properties of the different components of the ejecta are also
shown in Fig. 1. The left panel of the figure depicts the pos-
sible range of the kinetic energy, E, and the four velocity,
Γβ. Here Γ is a Lorentz factor and β is a velocity in units
of the speed of light c. Also shown in the figure are the
deceleration timescales due to the interaction with the ISM,
which are discussed later. This timescale gives the character-
istic peak time of the radio flares from each component. The
right panel of the figure shows schematically the expected
morphology of the ejecta.

In the following, we briefly describe the properties of
the different components. In each case we focus on the to-
tal mass, energy, and the corresponding velocities. We also
mention the expected distribution of energy as a function
of velocity, which is essential in order to estimate the ra-
dio flares from these components. For completeness we also
mention the electron fraction Ye. This is not needed for the
radio estimate but it is a critical quantity that determines
the composition of the ejected material as well as the heating
rate that is essential for macronova estimates.

2.1 The dynamical ejecta

Gravitational and hydrodynamical interactions produce the
dynamical ejecta. In many senses it is the easiest to calcu-
late and as such it is the most robust element. It was investi-
gated using Newtonian simulations (e.g., Davies et al. 1994;
Ruffert et al. 1997; Rosswog et al. 1999; Rosswog 2013) and
using general relativistic simulations (e.g., Oechslin et al.
2007; Hotokezaka et al. 2013; Bauswein et al. 2013). Ac-

cording to these numerical simulations, the mass and ki-
netic energy of the dynamical ejecta are expected to be in
the range 10−4 ! Mej ! 10−2M⊙ and 1049 ! E ! 1051 erg,
respectively. The median value of E in the general relativis-
tic simulations is a few times 1050 erg. The properties of the
dynamical ejecta are as follows.

The tidal ejecta. A fraction of the material obtains suffi-
cient angular momentum and is ejected via tidal interaction
due to non-axisymmetry of the gravitational forces. This
matter is ejected even before the two stars collide with each
other and it lasts as long as the gravitational field is not
axisymmetric (about 10 ms after the merger in the case
that the remnant is a MNS). This tidal component is mostly
ejected into the equatorial plane of the binary within an an-
gle about 20◦ (see e.g., Fig. 17 in Hotokezaka et al. 2013).

The electron fraction of the dynamical ejecta and
the resulting nucleosynthesis have been studied in the
literature (e.g. Goriely et al. 2011; Korobkin et al. 2012;
Wanajo et al. 2014). The tidally ejected material has ini-
tially a low electron fraction Ye ≪ 0.1 as this matter
does not suffer from shock heating and neutrino irradia-
tion (Wanajo et al. 2014). This is particularly important
concerning the possibility that this is the source of heavy
(high atomic number) r-process nuclides, but it is not so rel-
evant for our discussion that is concerned mostly with the
radio flare. This fraction can increase by electron neutrino
absorption or by positron absorption. The tidal component
ejected at late times has higher Ye values.

The shocked component. A shock is formed at the in-
terface of the merging neutron stars. The shock sweeps up
the material in the envelope of the merging neutron stars.
Furthermore, a shock is continuously produced around the
envelope of a remnant MNS as long as the MNS has ra-
dial oscillation. As a result, a fraction of the shocked ma-
terial obtains sufficient energy and is ejected from the sys-
tem. Recent general relativistic simulations show that this
component can dominate over the tidal component in the
case of a nearly equal mass binary (e.g., Hotokezaka et al.
2013; Bauswein et al. 2013). The shocked component is

c⃝ 2015 RAS, MNRAS 000, 1–??

Energy 
GRB jet: 10^48, 10^49 erg 
(e.g., Nakar 2007, Fong et al 2015) 

Ejecta: 0.2c, 10^50 erg 
            0.25c, 3*10^50 erg 
            0.3c, 10^51 erg 

ISM density: 0.01~1 cm^-3 

Miscrophys parameters: 
p=2.5, e_b = e_e = 0.1 (fixed)
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Figure 1. Expected radio light curves at 1.4 GHz (upper panels) and 150 MHz (lower panels) of a DNS merger at 200 Mpc (left panels)
and a BH-NS merger at 300 Mpc (right panels). The circum-merger density is set to be 0.1 cm−3. The blue, green, and magenta curve in
the blue shaded region correspond to DNSh, DNSm, and DNSl model, respectively. Also shown are the orphan radio afterglows assuming
a canonical-jet (red shaded region: jet-c) and a strong-jet (green shaded region: jet-s) with viewing angles of 30◦ (dotted), 45◦ (solid), and
60◦ (dashed). The horizontal solid bars represent the detection limits (7-σ noise rms with integration of one hour) of the different radio
facilities. The radio flux densities of the galaxies, M82 are the Milky Way, are shown as the horizontal dashed bars assuming a distance
of 200 Mpc for DNS and of 300 Mpc for BH-NS systems. For the Milky Way, the peak flux density in the edge-on case for an angular
resolution of 7′′ is shown (see Sec. 5.1).

compute the jet dynamics, we derive the afterglow syn-
chrotron radiation at each observer’s time (Sari et al.
1998; Granot et al. 1999). We choose the jet parameters,
the initial jet half-opening angle and the jet’s kinetic en-
ergy based on the observations of sGRBs. The initial jet’s
half-opening angle is measured from the chromatic break
in the afterglow light curves. While there are significant
uncertainties in estimates of θj from observations, we set
the initial jet half-opening angle to be 10◦ (Fong et al.
2014).
As with the long-lasting radio remnant, we choose two

different jet models: the canonical-jet model as a ki-
netic energy of 1048 erg and the strong-jet model has a
corresponding value of 1049 erg (see Table 2). We choose
the values for the kinetic energies because the isotropic
equivalent γ-ray energy of sGRBs is in the range from
1049 to 1051 erg (Nakar 2007). Assuming that the kinetic
energy of the jet is comparable to the γ-ray energy and
taking into account a jet beaming angle of 10◦, the jets’
kinetic energies are 1047 ∼ 1050 erg. We choose 1048 erg
as a canonical value since there are more events in the
lower energy range according to the luminosity function
of sGRBs (Wanderman & Piran 2015).

3.3. Radio light curves

In this section, we explicitly show the expected light
curves for our radio counterpart models assuming differ-
ent circum-merger densities n = 1.0, 0.1 cm−3, 0.01 cm−3

and 0.001 cm−3 .

Figure 1 shows the radio light curves of the DNS
models (left panels) and BH-NS models (right pan-
els) at 1.4 GHz (upper panels) and 150 MHz (lower
panels). Also shown are the light curves of strong-
jet and canonical-jet sGRB models with three differ-
ent viewing angles of 30◦, 45◦, and 60◦. We set
the luminosity distances to be 200 Mpc and 300 Mpc
for DNS and BH-NS respectively (e.g., NKG13 and
The LIGO Scientific Collaboration et al. 2013b). In ad-
dition, as we discuss in Sec. 4, we show the 7-σ root-
mean-square (rms) noise level of the radio facilities con-
sidered with integration of one hour and the flux densi-
ties at 1.4 GHz of fiducial galaxies: the Milky Way and
M82, assuming an observer at a distance of 200 Mpc for
DNS mergers and 300 Mpc for BH-NS mergers. Here we
show the peak flux density of the edge-on Milky Way for
ASKAP (see Sec. 5.1).
The radio peak flux density of each model is in the

range of ∼ 0.01 mJy to a few mJy. However, the long-
lasting radio remnants and orphan afterglows have dif-
ferent timescales. The orphan afterglows peak at early
times, between a week and a month, depending on the
viewing angle, on the jets’ kinetic energy, and on the
circum-merger density. The long-lasting radio remnants
peak at late times (a few hundred days). Roughly speak-
ing, for generic observers θv ∼ 45◦, the strong-jet and
canonical-jet afterglows are as bright as DNSm and DNSl
at 1.4 GHz respectively. At 150 GHz, the peak flux densi-
ties from the long-lasting radio remnants are higher than

Expected Radio Light Curves after a GW event
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Figure 1. Expected radio light curves at 1.4 GHz (upper panels) and 150 MHz (lower panels) of a DNS merger at 200 Mpc (left panels)
and a BH-NS merger at 300 Mpc (right panels). The circum-merger density is set to be 0.1 cm−3. The blue, green, and magenta curve in
the blue shaded region correspond to DNSh, DNSm, and DNSl model, respectively. Also shown are the orphan radio afterglows assuming
a canonical-jet (red shaded region: jet-c) and a strong-jet (green shaded region: jet-s) with viewing angles of 30◦ (dotted), 45◦ (solid), and
60◦ (dashed). The horizontal solid bars represent the detection limits (7-σ noise rms with integration of one hour) of the different radio
facilities. The radio flux densities of the galaxies, M82 are the Milky Way, are shown as the horizontal dashed bars assuming a distance
of 200 Mpc for DNS and of 300 Mpc for BH-NS systems. For the Milky Way, the peak flux density in the edge-on case for an angular
resolution of 7′′ is shown (see Sec. 5.1).

compute the jet dynamics, we derive the afterglow syn-
chrotron radiation at each observer’s time (Sari et al.
1998; Granot et al. 1999). We choose the jet parameters,
the initial jet half-opening angle and the jet’s kinetic en-
ergy based on the observations of sGRBs. The initial jet’s
half-opening angle is measured from the chromatic break
in the afterglow light curves. While there are significant
uncertainties in estimates of θj from observations, we set
the initial jet half-opening angle to be 10◦ (Fong et al.
2014).
As with the long-lasting radio remnant, we choose two

different jet models: the canonical-jet model as a ki-
netic energy of 1048 erg and the strong-jet model has a
corresponding value of 1049 erg (see Table 2). We choose
the values for the kinetic energies because the isotropic
equivalent γ-ray energy of sGRBs is in the range from
1049 to 1051 erg (Nakar 2007). Assuming that the kinetic
energy of the jet is comparable to the γ-ray energy and
taking into account a jet beaming angle of 10◦, the jets’
kinetic energies are 1047 ∼ 1050 erg. We choose 1048 erg
as a canonical value since there are more events in the
lower energy range according to the luminosity function
of sGRBs (Wanderman & Piran 2015).

3.3. Radio light curves

In this section, we explicitly show the expected light
curves for our radio counterpart models assuming differ-
ent circum-merger densities n = 1.0, 0.1 cm−3, 0.01 cm−3

and 0.001 cm−3 .

Figure 1 shows the radio light curves of the DNS
models (left panels) and BH-NS models (right pan-
els) at 1.4 GHz (upper panels) and 150 MHz (lower
panels). Also shown are the light curves of strong-
jet and canonical-jet sGRB models with three differ-
ent viewing angles of 30◦, 45◦, and 60◦. We set
the luminosity distances to be 200 Mpc and 300 Mpc
for DNS and BH-NS respectively (e.g., NKG13 and
The LIGO Scientific Collaboration et al. 2013b). In ad-
dition, as we discuss in Sec. 4, we show the 7-σ root-
mean-square (rms) noise level of the radio facilities con-
sidered with integration of one hour and the flux densi-
ties at 1.4 GHz of fiducial galaxies: the Milky Way and
M82, assuming an observer at a distance of 200 Mpc for
DNS mergers and 300 Mpc for BH-NS mergers. Here we
show the peak flux density of the edge-on Milky Way for
ASKAP (see Sec. 5.1).
The radio peak flux density of each model is in the

range of ∼ 0.01 mJy to a few mJy. However, the long-
lasting radio remnants and orphan afterglows have dif-
ferent timescales. The orphan afterglows peak at early
times, between a week and a month, depending on the
viewing angle, on the jets’ kinetic energy, and on the
circum-merger density. The long-lasting radio remnants
peak at late times (a few hundred days). Roughly speak-
ing, for generic observers θv ∼ 45◦, the strong-jet and
canonical-jet afterglows are as bright as DNSm and DNSl
at 1.4 GHz respectively. At 150 GHz, the peak flux densi-
ties from the long-lasting radio remnants are higher than

Expected Radio Light Curves after a GW event

Large E
Medium E

Low E

GRB afterglow  
10^49 erg

GRB afterglow 10^48 erg



Radio Survey Facilities (in this 5 yrs)

Frequency 
(GHz)

SEFD 
(Jy)

FoV 
(deg^2)

Survey 
Speed 

(deg^2/hr)

Angular 
resolution 

(arcsec)

LOFAR 0.15 31 11.35
8.2 

(240) 10

JVLA 1.4 13 0.25 14 4.3

ASKAP 1.4 87 30 20 7

MeerKAT 1.4 7.7 0.86 140 5.25

Survey Speed at a noise rms of 100 micro Jy. 



Radio Transient Sky & Upcoming Surveys
20

Figure 22. Top: The phase space of slow extragalactic transients. The panel shows the upper limits to the transient rates from previous radio surveys (colored
wedges; 95% confidence), the rates derived from radio transient detections (2� errorbars), and the expected transient rates. The transient detection labeled as
’Le+02’ represents a Type II supernova having a peak radio luminosity of 3 ⇥ 1027 erg s�1 Hz�1 and an evolution timescale of ⇠15 years (Levinson et al.
2002; Gal-Yam et al. 2006). The one labeled ’Ba+11’ is a nuclear transient, SUMSS J060938-333508, with a peak radio luminosity of 6⇥ 1029 erg s�1 Hz�1

and an evolution timescale of <5 years (Bannister et al. 2011a,b, K. Bannister, private communication). All observed quantities are color-coded according to
the observing frequency. The solid gray line is the rate claimed by Bower et al. (2007), plotted for reference. The upper limit to the extragalactic transient
rate from our pilot survey (this work) and the phase space probed by the full CNSS survey are shown as thick green wedges. The phase space probed by the
VLA Sky Survey all-sky tier (VLASS) is also shown. The solid red line denotes the source counts from the FIRST survey, and the dashed red line denotes the
approximate counts for strong variables at 1.4 GHz (1% of the persistent sources). Bottom: The Galactic transient phase space. Symbols have similar meanings
as in the top panel. Black solid lines denote the source counts from the FIRST and the MAGPIS 1.4 GHz surveys. The source counts for variable Galactic sources
approximated from Becker et al. (2010) are shown as a blue dashed line. The transient rate for active binaries resulting from our pilot survey is shown by the
green errorbar and the upper limit for the rate of all other classes of Galactic transients is denoted by a thick green wedge. See §7.2 for more details.
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as in the top panel. Black solid lines denote the source counts from the FIRST and the MAGPIS 1.4 GHz surveys. The source counts for variable Galactic sources
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Fig. 1.— Expected radio light curves at 1.4 GHz (upper panels) and 150 MHz (lower panels)

of NS2 merger at 200 Mpc (left panels) and BHNS merger at 300 Mpc (right panels). The

circum-merger density is set to be 0.1 cm−3. The blue, green, and red curve in the blue

shaded region correspond to high, medium, and low ejecta model, respectively. Also shown

are the orphan radio afterglows of Jet-canonical (red shaded region) and Jet-high (green

shaded region) with a viewing angle of 30◦ (dotted), 45◦ (solid), and 60◦ (dashed). The

horizontal solid bars represent the sensitivity (7 sigma noise rms with integration of one

hour) of the radio facilities. The radio fluxes at 1.4 GHz of the galaxies, M82, Milky way,

and M33, is shown as the horizontal dashed bars assuming a distance of 200 Mpc for NS2

and of 300 Mpc for BHSN.
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GRB afterglow  
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Figure 3. The peak flux densities of long-lasting radio remnants as a function of the 2-σ GW localization areas using GW Net 3
for DNS mergers (left panels) and BH-NS mergers (right panels). We set the circum-merger densities to be 1.0 cm−3 (upper panels),
0.1 cm−3 (middle panels), and 0.01 cm−3 (lower panels). The blue filled squares, green filled circles, and red filled triangles show the high,
medium, low ejecta models within a distance of 200 Mpc, respectively. The open ones show those events that occur greater than 200 Mpc.
The lines show the 7-σ noise levels of the radio facilities assuming that the total observation time of each epoch is 30 hr with a survey speed
given in Sec 4.1. As examples, the radio flux densities at 1.4 GHz of the galaxies, M82 and the Milky Way, are shown as the horizontal
dashed bars assuming a distance of 200 Mpc in the case of DNS and of 300 Mpc for BH-NS mergers. For the Milky Way, the peak flux
density in the edge-on case for an angular resolution of 7′′ is shown (see Sec. 5.1).

ferent flavours of supernovae, long GRBs to active galac-
tic nuclei (AGN). In this section we now discuss the chal-
lenges posed first by the host galaxy contamination and
second by the astrophysical false positive transients. We
then provide strategies to overcome them.

5.1. Host galaxy contamination

The host galaxies of DNS and BH-NS mergers ex-
hibit radio emission, which may contaminate the emis-
sion from the radio counterparts of GW events. For ex-

ample, the 1.4 GHz radio luminosities of M33, the Milky
Way, and M82 are 1027.5, 1028.5, and 1029 erg/s/Hz
(Beuermann et al. 1985; Condon et al. 1990) and these
values are comparable or even brighter than the expected
luminosities of the radio counterparts (see Table 2). Here
we discuss what is the probability that host galaxy con-
tamination may prevent identifying GW-radio counter-
parts.
Galaxies bright in the radio band are either star-

forming galaxies or those associated with AGN. Since
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Figure 6. The same as Fig. 3 but for the 5-detector network.

to ∼ 1′′. For such a galaxy at 200 Mpc, the fractions
that radio counterparts are contaminated by the bright
cores are estimated as 0.1, 0.3, and 0.7 for the JVLA
A configuration (θ = 1.3′′), B configuration (4.3′′), and
ASKAP (7′′) respectively. Here we use the distribution
of projected physical offsets of sGRBs (Berger 2014).
Now we turn to estimate the population of galaxies

that have peak flux densities brighter than a range of
GW-radio counterparts. Based on the local radio lumi-
nosity function of star forming galaxies (Condon et al.
2002), the number densities of galaxies brighter than
L1.4 (erg/s/Hz) ≃ (1027, 1028, 1029) are estimated
as n>L (Mpc−3) ≃ (7 · 10−3, 3 · 10−3, 3 · 10−4), re-
spectively. Using the number density of galaxies of
ngal ≃ 0.01 Mpc−3, the estimated fractions of star form-

ing galaxies brighter than L1.4 = (1027, 1028, 1029) are
f>L ≃ (0.7, 0.3, 0.03), respectively. The same estimates
can be done for AGNs using the AGNs’ radio luminosity
function (Mauch & Sadler 2007). The number densities
of radio bright AGNs are n>L ≃ (10−3, 3 · 10−4, 10−4)
and the fractions are f>L ≃ (0.1, 0.03, 0.01). Therefore
the majority of merger events likely take place in star-
forming galaxies fainter than the Milky Way, for which
host contamination will not be a serious problem. 5–
10% of events may occur in bright star bursts and AGNs.
Even for such cases, telescopes with high angular reso-
lution can identify the radio counterparts by separating
them from the radio bright regions of hosts.
We can also estimate the population of radio bright

star forming galaxies hosting merger events based on
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Identifying GW-Radio counterparts: 
Astrophysical False Positives 

1. Extragalactic radio transients (supernovae, GRB etc) 
2. radio variables (Active Galactic Nuclei)

Radio False Positives:

Optical-IR false positives: ~ 60 deg^-2 at 24th mag.
Nissanke et al 2013

“Radio transient sky is very quiet compared to the optical sky”
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Table 5
Astrophysical False Positive Transients.

Transients R [Gpc−3yr−1] L1.4GHz [erg s−1Hz−1] T [yr] Ref.
Type II radio SN 3 · 104 1027.5 10 [1]
Type Ib/c SN 5000 1027 0.3 [2]
LLGRB 500 5 · 1027 0.1 [3]
Orphan LGRB 15 2 · 1029 3 [4]
TDE (strong jets) 1 1031 3 [5]
TDE 200 1028 0.5 [6]

References;
[1] Levinson et al. (2002); Gal-Yam et al. (2006); Chevalier (1998);

Weiler et al. (2002), [2] Berger et al. (2003); Soderberg et al. (2006a),
[3] Soderberg et al. (2006b); Barniol Duran et al. (2015), [4]

van Eerten et al. (2010); Ghirlanda et al. (2014), [5] Zauderer et al.
(2011); Burrows et al. (2011); Berger et al. (2012), [6]

van Velzen et al. (2016); Holoien et al. (2015); Alexander et al.
(2015).

parts or can be filtered by identifying their host galaxies
since the typical distance of these events is far beyond
the detectable distance of the GW networks.
A certain fraction of type II supernovae have bright

radio luminosities of 1026 – 1028 erg/s/Hz on timescales
of 100 – 1000 days (Chevalier 1998; Weiler et al. 2002).
According to the identification of a radio supernova
in a radio survey without any other counterparts
(Levinson et al. 2002; Gal-Yam et al. 2006), the areal
density of radio supernovae is roughly estimated as
0.1 deg−2 at 0.1 mJy. Thus there will be a few to
tens of type II radio supernovae in a GW localization
field. There are several ways to identify radio supernovae.
First, they can be clearly identifiable as supernovae if
the associated supernovae are observable in the optical
bands. The ongoing and upcoming optical transient sur-
veys are powerful methods to ensure prior optical iden-
tification of such supernovae. A fraction of supernovae,
however, will be missed in optical surveys due to strong
dust extinction. Indeed, a supernova SN 2008iz in M82
is discovered only in the radio bands (Brunthaler et al.
2009, 2010). Even if associated supernovae are not iden-
tifiable, they can be distinguished from merger events
using timescale arguments, which are significantly longer
than those of GW-radio counterparts, and radio spectral
properties. Because radio bright supernovae take place
in high circumstellar densities, their radio spectra are af-
fected strongly by synchrotron self-absorption and free-
free absorption. Such strong absorption features should
be absent in the radio signals arising from compact bi-
nary mergers at frequencies above 1 GHz.
Variable radio sources: The observed flux densities

of persistent extragalactic radio sources vary with time
due to either intrinsic variabilities or interstellar scin-
tillation. If the variability of these sources are large
enough (! 30%) on timescales between days and a few
years, such sources will be detected as false positives. Ac-
cording to radio variable studies (e.g., Ofek et al. 2011;
Thyagarajan et al. 2011; Mooley et al. 2013, 2016), the
population of radio variables on these timescales with
flux densities at 1.4 GHz between 0.3 mJy and 100 mJy
is about 1 % or less of the total persistent radio sources
and these variables are mainly AGNs. The areal density
of persistent radio point sources with flux densities larger
than 0.1 mJy is ∼ 1000 deg−2 (Huynh et al. 2005) and
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Figure 8. The areal densities of radio transients with flux den-
sities brighter than 0.1 mJy as a function of the source distance
including: type II SNe (solid; Levinson et al. 2002; Gal-Yam et al.
2006; Chevalier 1998; Weiler et al. 2002), type Ibc SNe (dot-
ted; Berger et al. 2003; Soderberg et al. 2006a), low luminosity
GRBs (dot-dashed; Soderberg et al. 2006b; Barniol Duran et al.
2015), off-axis long GRBs (double dotted; van Eerten et al. 2010;
Ghirlanda et al. 2014), strong jet TDEs (dashed; Zauderer et al.
2011; Burrows et al. 2011; Berger et al. 2012; TDEs (long-dashed;
van Velzen et al. 2016; Holoien et al. 2015; Alexander et al. 2015).
Also shown are the maximum detectable distances of the GW net-
works for DNS and BH-NS mergers.

roughly half of them are AGNs, therefore hundreds to
thousands of radio variables are expected to be in GW
localization areas. Most variable AGNs can be rejected
by using their redshift information that will be beyond
their GW localization volumes. However, some fraction
of them will remain as false positives and they are di-
vided into two groups: (i) AGNs inside the GW localiza-
tion volumes and (ii) AGNs outside the GW localization
volumes but behind the host galaxy candidates. In what
follows, we discuss these two cases of AGN false positives
separately.
As discussed in Sec. 5.1, the number of AGNs

inside the GW localization volumes can be esti-
mated based on the local radio luminosity func-
tion of AGNs (Mauch & Sadler 2007), which gives ∼
3 deg−2 (D/450 Mpc)3 at 0.1 mJy. Given a fraction
of variable sources " 1%, the number of false pos-
itives due to radio variables inside the GW localiza-
tion volumes is " 3 (D/450 Mpc)3(∆ΩGW/100 deg2)
at 0.1 mJy. Figure 9 shows the number of these false
positives as a function of the flux densities (blue-solid
lines) for two examples using GW Net 3: a well-localized
merger event (an optimistic case) at D = 140 Mpc with
∆ΩGW = 19.5 deg2 (left panel) and a poorly-localized
one (a pessimistic case) at D = 390 Mpc and with
∆ΩGW = 480 deg2 (right panel). Here we assume 1%
of AGNs are variable. Also shown are the flux densities
of DNSh, DNSm, and DNSl with a circum-binary den-
sity of 0.1 cm−3. At the flux densities of these mod-
els, the expected number of the false positives is 6 –
40 for the poorly localizable GW events. On the con-
trary, this number is significantly reduced as 0.02 – 0.1
for the well-localizable GW event because of a relatively
small GW localization volume: ∆ΩGW = 19.5 deg2 and
D = 139+79

−21 Mpc.
AGNs outside the GW localization volumes but behind

the host galaxy candidates of the GW merger events will
prove more problematic. Assuming each galaxy has a

For GW events, the localization say ~100 sq. deg. 
=> ~10 type II supernovae may be found.
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Figure 9. The number of radio variables behind the galaxies within a GW localized volume at 1.4 GHz as a function of the flux densities.
Two specific cases for DNS mergers using GW Net 3 are shown: a merger at a distance of 140 Mpc with a localization area of 19.5 deg2 (an
optimistic case; left panel) and that at 390 Mpc with 480 deg2 (a pessimistic case; right panel). Also shown are the flux densities of DNSh,
DNSm, and DNSl with a circum-binary density of 0.1 cm−3. Note that this analysis does not incorporate the degree of variability. In
reality, less AGNs contribute to false positives for brighter radio counterparts (see the text for details).

disk shape with a diameter of 50 kpc, ∼ 1% of the sky
is covered by galaxies inside a distance of 450 Mpc so
that we expect the number of the false positives due to
AGNs behind those galaxies as ∼ 5 (∆ΩGW/100 deg2) at
0.1 mJy. The expected number of radio variables behind
galaxies inside of the GW localization volumes as a func-
tion of the flux densities is shown in Fig. 9 (dashed lines).
Here the population of the background radio sources de-
rived by Huynh et al. (2005) is used. The sky areas cov-
ered by the host galaxy candidates within the GW lo-
calization volumes are estimated using the number den-
sity of galaxies 0.01 Mpc−3. The number of the false
positives linearly declines with the flux densities around
0.1 mJy. For the poorly-localizable case, the expected
numbers of these variables are 1, 20, and 50 at the flux
densities of DNSh, DNSm, and DNSl with n = 0.1 cm−3

respectively. For the well-localizable case, these values
are 6 · 10−3, 0.03, and 0.2.
Some of false positives due to AGNs are removable

by using multi-epoch observations if they do not fade
away. In addition, there are several ways to identify
AGNs using: (i) radio source catalogs which will be avail-
able thanks to existing and upcoming radio all-sky sur-
veys, (ii) the locations of the radio counterparts in the
host galaxies compared to the AGN central cores, and
(iii) AGNs have flat radio spectra around 1 GHz, which
is different from those of the radio counterparts. Here
the method (ii) is valid only for AGNs inside the GW
localization volumes. Note that the analysis here does
not incorporate the degree of variability. The population
of variable AGNs decreases with the modulation index
∆S/S = 2|S1 − S2|/(S1 + S2), where S1 and S2 are the
flux densities in two epochs. For instance, Mooley et al.
(2016) find that only one out of 3700 radio sources is
highly variable as ∆S/S ≈ 1, thereby the number of
false positives due to radio variables is significantly re-
duced for brighter radio counterparts. Note that, how-
ever, the population of radio variable sources depends on
the sensitivity, observed frequency, time scale, and direc-
tion of the sky and such analysis still remains unqualified
at the flux densities of GW-radio counterparts. There-
fore a critical understanding of the properties of radio

variable sources is necessary to identify GW radio coun-
terparts, especially in the era of GW astronomy where
we may have tens of GW detections per year.

6. DISCUSSION

We begin by comparing our radio counterpart de-
tectability results with previous works. To do so we
translate the detection likelihood to a detection rate
for a given merger rate density R. For DNSm with
n = 0.1 cm−3, the expected radio detection rates are
∼ 7 and 20 yr−1 (R/500 Gpc−3 yr−1) for the JVLA
and MeerKAT in GW Net 3 (see Eqn. (7) in NKG13).
Metzger et al. (2015b) studied the detectability of extra-
galactic radio transients and found the expected detec-
tion rate of long-lasting radio remnants arising from the
DNS merger ejecta is ! 0.03 yr−1 (R/500 Gpc−3 yr−1)
for a three-year survey with ASKAP and JVLA. This
rate is much lower than the one we find for a number
of reasons. Our work focuses on the follow-up surveys of
GWmerger events so that the observations are optimized
and can reach the sensitivity as deep as ∼ 0.1 mJy. On
the contrary, Metzger et al. (2015b) considered blind sur-
veys that can detect radio transients with much higher
flux densities of 1 – 5 mJy. Moreover, many events are
missed in Metzger et al. (2015b) due to the variability
criterion for detections because the peak timescale of
the signals is too long compared to the duration of the
surveys, i.e, one cannot recognize the radio signals as
transients. This reduces the detection rate by an or-
der of magnitude. Note also that the ejecta model of
Metzger et al. (2015b) is an outflow with a single veloc-
ity component with v = 0.2c, which gives a longer peak
timescale and a fainter peak flux density than an outflow
with multi-velocity components as given by Eqn. (7). If
one takes the ejectas’ multi-velocity components into ac-
count, the detectability of neutron star binary mergers
in blind surveys may increase.
The detectable radio signals at 150 MHz appear at

later times (∼ 3 years or later) and the sensitivity of
wide-field searches may be limited by the confusion noise.
However, it is quite important to search for the radio
counterparts at low frequency since the spectral prop-
erties at low frequency of radio counterparts are quite

A nearby event

Assuming 1% of AGNs are variables.

(1) AGNs inside the GW localization volume. 
(2) AGNs behind the host galaxy candidates.
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A distant event

Assuming 1% of AGNs are variables.

(1) AGNs inside the GW localization volume. 
(2) AGNs behind the host galaxy candidates.18
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Figure 9. The number of radio variables behind the galaxies within a GW localized volume at 1.4 GHz as a function of the flux densities.
Two specific cases for DNS mergers using GW Net 3 are shown: a merger at a distance of 140 Mpc with a localization area of 19.5 deg2 (an
optimistic case; left panel) and that at 390 Mpc with 480 deg2 (a pessimistic case; right panel). Also shown are the flux densities of DNSh,
DNSm, and DNSl with a circum-binary density of 0.1 cm−3. Note that this analysis does not incorporate the degree of variability. In
reality, less AGNs contribute to false positives for brighter radio counterparts (see the text for details).

disk shape with a diameter of 50 kpc, ∼ 1% of the sky
is covered by galaxies inside a distance of 450 Mpc so
that we expect the number of the false positives due to
AGNs behind those galaxies as ∼ 5 (∆ΩGW/100 deg2) at
0.1 mJy. The expected number of radio variables behind
galaxies inside of the GW localization volumes as a func-
tion of the flux densities is shown in Fig. 9 (dashed lines).
Here the population of the background radio sources de-
rived by Huynh et al. (2005) is used. The sky areas cov-
ered by the host galaxy candidates within the GW lo-
calization volumes are estimated using the number den-
sity of galaxies 0.01 Mpc−3. The number of the false
positives linearly declines with the flux densities around
0.1 mJy. For the poorly-localizable case, the expected
numbers of these variables are 1, 20, and 50 at the flux
densities of DNSh, DNSm, and DNSl with n = 0.1 cm−3

respectively. For the well-localizable case, these values
are 6 · 10−3, 0.03, and 0.2.
Some of false positives due to AGNs are removable

by using multi-epoch observations if they do not fade
away. In addition, there are several ways to identify
AGNs using: (i) radio source catalogs which will be avail-
able thanks to existing and upcoming radio all-sky sur-
veys, (ii) the locations of the radio counterparts in the
host galaxies compared to the AGN central cores, and
(iii) AGNs have flat radio spectra around 1 GHz, which
is different from those of the radio counterparts. Here
the method (ii) is valid only for AGNs inside the GW
localization volumes. Note that the analysis here does
not incorporate the degree of variability. The population
of variable AGNs decreases with the modulation index
∆S/S = 2|S1 − S2|/(S1 + S2), where S1 and S2 are the
flux densities in two epochs. For instance, Mooley et al.
(2016) find that only one out of 3700 radio sources is
highly variable as ∆S/S ≈ 1, thereby the number of
false positives due to radio variables is significantly re-
duced for brighter radio counterparts. Note that, how-
ever, the population of radio variable sources depends on
the sensitivity, observed frequency, time scale, and direc-
tion of the sky and such analysis still remains unqualified
at the flux densities of GW-radio counterparts. There-
fore a critical understanding of the properties of radio

variable sources is necessary to identify GW radio coun-
terparts, especially in the era of GW astronomy where
we may have tens of GW detections per year.

6. DISCUSSION

We begin by comparing our radio counterpart de-
tectability results with previous works. To do so we
translate the detection likelihood to a detection rate
for a given merger rate density R. For DNSm with
n = 0.1 cm−3, the expected radio detection rates are
∼ 7 and 20 yr−1 (R/500 Gpc−3 yr−1) for the JVLA
and MeerKAT in GW Net 3 (see Eqn. (7) in NKG13).
Metzger et al. (2015b) studied the detectability of extra-
galactic radio transients and found the expected detec-
tion rate of long-lasting radio remnants arising from the
DNS merger ejecta is ! 0.03 yr−1 (R/500 Gpc−3 yr−1)
for a three-year survey with ASKAP and JVLA. This
rate is much lower than the one we find for a number
of reasons. Our work focuses on the follow-up surveys of
GWmerger events so that the observations are optimized
and can reach the sensitivity as deep as ∼ 0.1 mJy. On
the contrary, Metzger et al. (2015b) considered blind sur-
veys that can detect radio transients with much higher
flux densities of 1 – 5 mJy. Moreover, many events are
missed in Metzger et al. (2015b) due to the variability
criterion for detections because the peak timescale of
the signals is too long compared to the duration of the
surveys, i.e, one cannot recognize the radio signals as
transients. This reduces the detection rate by an or-
der of magnitude. Note also that the ejecta model of
Metzger et al. (2015b) is an outflow with a single veloc-
ity component with v = 0.2c, which gives a longer peak
timescale and a fainter peak flux density than an outflow
with multi-velocity components as given by Eqn. (7). If
one takes the ejectas’ multi-velocity components into ac-
count, the detectability of neutron star binary mergers
in blind surveys may increase.
The detectable radio signals at 150 MHz appear at

later times (∼ 3 years or later) and the sensitivity of
wide-field searches may be limited by the confusion noise.
However, it is quite important to search for the radio
counterparts at low frequency since the spectral prop-
erties at low frequency of radio counterparts are quite



Galaxy targeted search in O2 run
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Summary
• Macronova/Kilonova powered by r-process nuclei: 22-25th 

mag at the I-band with a few days to 1 week.  

• Three macronova candidates. 

• Radio counterparts: 0.01 - 1 mJy at 100 - 1000 days after 
merger. 

• There will be a number of false positives due to radio 
transients (mainly supernovae) and variables (AGNs). 

=> It will be quite important to qualify radio variable statistics 
     at 0.1 mJy level.  
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problem? Galactic DNS, SGRB, r-process, Theory

(1) Macronova/kilonova mass estimate <=> theory 

(2)  Late-time activity in SGRB <=> theory 

(3)  The galactic DNSs <=> SGRB offsets 

(4)  The galactic DNSs & SGRB <=> r-process 

Too much material?

What does produce the late X-ray emission?

Why we see DNSs only in the galactic disk?

Is there delay time?



Some deviations from our approximations
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Figure 3. Energy and half-life of beta unstable r-process nu-
clides. Each curve depicts the theoretical expectation with a con-
stant nuclear matrix element of each type of transitions: the al-
lowed (red solid), the first parity forbidden (magenta dashed and
dot-dashed), the first unique forbidden (blue dotted), and the sec-
ond parity forbidden (green). Here we adopt |MN |2 = 0.05 and
hZi = 50 for all analytic models but |MN |2 = 0.01 for the first
unique transition.

as a function of the chains’ lifetime is shown in Fig. 4. The
number of the chains starts to decrease slowly as / T�0.1

1/2

at ⇠ 100 s until a few days. Then it decreases slightly faster
as / T�0.2

1/2 .
In summary, the contribution of forbidden transitions to

the heating rate slightly increases the heat generation at late
times. On the contrary, at the same time, the termination of
the beta decay chains slightly decreases it. As a result, these
e↵ects somehow cancel out with each other in the heating
rate. Note that these corrections to the heating rate depend
on the actual abundance distribution of the chains.

4.3 Macronova light curves

The macronova bolometric light curves have a peak at
the time when the di↵usion time of photons in the ejecta
is comparable to the ejecta’s expansion time: tpeak ⇡
5 days

1
2
10M

1
2
�2, v

� 1
2

0.2 , where 10 = 10 cm2/g is the opac-
ity, M�2 = 0.01M� is the ejecta mass, and v0.2 = 0.2c
is the ejecta velocity. Note that the large opacity is due to
bound-bound absorptions of r-process atoms (Kasen et al.
2013; Barnes & Kasen 2013; Tanaka & Hotokezaka 2013).
Using the non-relativistic Coulomb regime of Eq. (14), we

get the bolometric luminosity as L(t) ⇡ 1040 erg/s t
� 4

3
5dayM�2

after the peak time. Measuring this behavior can be obser-
vational evidence of an r-process driven macronova. How-
ever, confirming this behavior by observation may be di�-
cult because the light curve may have large fluctuation due
to the temperature and density dependent opacity (Barnes
& Kasen 2013; Tanaka & Hotokezaka 2013). As suggested
in the context of supernovae (Katz et al. 2013; Nakar et al.
2016), the time-weighted integral of the bolometric luminos-
ity after the peak is more robust to estimate the radioactive
power in the ejecta:
Z t

0

dt0t0L(t0) ⇡ M ·
Z t

0

dt0t0Q̇(t0) / M · t
2
3
. (15)
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Figure 4. Cumulative distribution of the lifetime of decay chains.
Here the x-axis T1/2 is the sum of the half-life of beta unstable
nuclides of a decay chain.

By measuring the left-hand side of this equation, the to-
tal amount of r-process nuclei ejected by a merger can be
estimated.

Note that the bolometric luminosity shown here is the
total radioactive power emitted in the electrons. This power
is not necessarily to be thermalized in the ejecta in particu-
lar at late times (see Barnes et al. 2016 for a detailed study).
The ine�ciency of the electron thermalization may reduce
the bolometric luminosity by a factor of 2 on the macronova
timescale. We also do not consider additional heats due to
�-rays, ↵-particles, and fission fragments. The role of these
decay products in the macronova heating is still under de-
bate. For instance, the heat generation by spontaneous fis-
sion and ↵-decay can be comparable to or even larger than
the beta decay (see Hotokezaka et al. 2016; Barnes et al.
2016).

5 CONCLUSION

We derive an analytic form of the macronova heating rate
by considering statistical assembly of radioactive r-process
nuclides and Fermi’s theory of beta decay. The resulting an-
alytic formula reproduces the heating rate derived from the
nuclear database remarkably well. Within the assumption
that the ideal decay chains of allowed beta transitions gener-
ate radioactive heats, we show that the heating rate evolves
as / t�6/5 at early times and / t�4/3 at late times. The
overall magnitude of heating rate is determined by the mean
value of the nuclear matrix elements, mass and atomic num-
ber of beta unstable nuclides involved in the decay chains.
These values hardly change by an order of magnitude.

We discuss the role of forbidden transitions and the
deviation from the ideal-chains approximation. The former
slightly increases the heating rate at late times and the latter
slightly decreases it. As a result, these corrections somehow
cancel out with each other. The robust and simple form of
the heating rate suggests that measuring the evolution of the

late-time bolometric light curve / t�
4
3 or the time weighted

integrated bolometric luminosity / t
2
3 can be observational

evidence of a r-process driven macronova and useful to es-

c� 2015 RAS, MNRAS 000, 1–??

Metzger et al 2010 show the slope of the heating with a different assumption  
from ours, disappearing chains. In reality, it is between the two assumptions. 

Note that forbidden transitions and the decrease of the total  
number of radioactive nuclei slightly change our formula. 



Model: Energy, velocity, ISM density
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Figure 1. Left panel: the kinetic energy and the four-velocity of the different components of the ejecta. Also marked are the deceleration
timescales of Eq. (2) assuming an external density of 1 cm−3. The star in each component shows the fiducial model. Right panel: a
schematic picture of the morphology of the different components of the ejecta on the meridional plane. The distribution of the dynamical
ejecta is taken from a merger simulation (Hotokezaka et al. 2013). Other components are added schematically.

2 DIFFERENT COMPONENT OF EJECTA

AND THEIR PROPERTIES

As material is ejected in different processes the different
components will have different masses, kinetic energies, ve-
locities, and electron fractions. The first three quantities
determine the radio flare signals while all four are impor-
tant for macronova estimate. Table 1 summarizes the values
of these quantities as taken from the recent literature. The
properties of the different components of the ejecta are also
shown in Fig. 1. The left panel of the figure depicts the pos-
sible range of the kinetic energy, E, and the four velocity,
Γβ. Here Γ is a Lorentz factor and β is a velocity in units
of the speed of light c. Also shown in the figure are the
deceleration timescales due to the interaction with the ISM,
which are discussed later. This timescale gives the character-
istic peak time of the radio flares from each component. The
right panel of the figure shows schematically the expected
morphology of the ejecta.

In the following, we briefly describe the properties of
the different components. In each case we focus on the to-
tal mass, energy, and the corresponding velocities. We also
mention the expected distribution of energy as a function
of velocity, which is essential in order to estimate the ra-
dio flares from these components. For completeness we also
mention the electron fraction Ye. This is not needed for the
radio estimate but it is a critical quantity that determines
the composition of the ejected material as well as the heating
rate that is essential for macronova estimates.

2.1 The dynamical ejecta

Gravitational and hydrodynamical interactions produce the
dynamical ejecta. In many senses it is the easiest to calcu-
late and as such it is the most robust element. It was investi-
gated using Newtonian simulations (e.g., Davies et al. 1994;
Ruffert et al. 1997; Rosswog et al. 1999; Rosswog 2013) and
using general relativistic simulations (e.g., Oechslin et al.
2007; Hotokezaka et al. 2013; Bauswein et al. 2013). Ac-

cording to these numerical simulations, the mass and ki-
netic energy of the dynamical ejecta are expected to be in
the range 10−4 ! Mej ! 10−2M⊙ and 1049 ! E ! 1051 erg,
respectively. The median value of E in the general relativis-
tic simulations is a few times 1050 erg. The properties of the
dynamical ejecta are as follows.

The tidal ejecta. A fraction of the material obtains suffi-
cient angular momentum and is ejected via tidal interaction
due to non-axisymmetry of the gravitational forces. This
matter is ejected even before the two stars collide with each
other and it lasts as long as the gravitational field is not
axisymmetric (about 10 ms after the merger in the case
that the remnant is a MNS). This tidal component is mostly
ejected into the equatorial plane of the binary within an an-
gle about 20◦ (see e.g., Fig. 17 in Hotokezaka et al. 2013).

The electron fraction of the dynamical ejecta and
the resulting nucleosynthesis have been studied in the
literature (e.g. Goriely et al. 2011; Korobkin et al. 2012;
Wanajo et al. 2014). The tidally ejected material has ini-
tially a low electron fraction Ye ≪ 0.1 as this matter
does not suffer from shock heating and neutrino irradia-
tion (Wanajo et al. 2014). This is particularly important
concerning the possibility that this is the source of heavy
(high atomic number) r-process nuclides, but it is not so rel-
evant for our discussion that is concerned mostly with the
radio flare. This fraction can increase by electron neutrino
absorption or by positron absorption. The tidal component
ejected at late times has higher Ye values.

The shocked component. A shock is formed at the in-
terface of the merging neutron stars. The shock sweeps up
the material in the envelope of the merging neutron stars.
Furthermore, a shock is continuously produced around the
envelope of a remnant MNS as long as the MNS has ra-
dial oscillation. As a result, a fraction of the shocked ma-
terial obtains sufficient energy and is ejected from the sys-
tem. Recent general relativistic simulations show that this
component can dominate over the tidal component in the
case of a nearly equal mass binary (e.g., Hotokezaka et al.
2013; Bauswein et al. 2013). The shocked component is

c⃝ 2015 RAS, MNRAS 000, 1–??

Energy 
GRB jet: 10^48, 10^49 erg 
(e.g., Nakar 2007, Fong et al 2015) 

Ejecta: 0.2c, 10^50 erg 
            0.25c, 3*10^50 erg 
            0.3c, 10^51 erg 

ISM density: 0.01~1 cm^-3 

Miscrophys parameters: 
p=2.5, e_b = e_e = 0.1 (fixed)

Hotokezaka & Piran 2015
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Figure 10. The variability statistic, Vs, as a function of the modulation index, m, for sources in the PSC for the various timescales considered in this work.
The dashed red lines indicate our selection criteria for variables. Filled gray circles denote sources that are not variable while red circles have been selected as
variables. The sizes of the circles indicate the mean flux densities of the sources in the two epochs being compared. We find 38, 31, and 96 variable sources
on timescales of one week, one month, and 1.5 years respectively, amounting to a total of 142 variable sources. The upper x-axis in each of the three panels
represents the fractional variability as given by equation 3. See §5 for details.

±2.5 in spectral index is somewhat arbitrary; it is motivated
by our need for filtering out most of the sources and select-
ing only a few, extreme, objects. Our search resulted in 11
unique objects. Two candidates are resolved out (closely-
separated radio lobes) in our data; one candidate is identified
as such due to its erroneously absent in VLA-Stripe 82 catalog
(but present in the image); and one candidate, VTC220456-
000147, is identified as a variable also on a timescale of 1
month. Accordingly, out of the eight genuine variables22,
seven have been listed in Table 3 in the timescale <20 years
section.

Below, we discuss five candidates23 in detail, that are meant
to be broadly representative of our complete sample of 142
variables and transients. Additionally, we discuss about two
transients found serendipitously. A summary of all the vari-
able and transient sources found in this work is given in Ta-
ble 3, and a summary of radio follow-up observations is given
in Table 4.

5.3. Transients On Timescales <1 Week
5.3.1. VTC225411-010651: AGN flare

This variable source has flux densities 0.644±0.063,
0.782±0.050, 0.300±0.056, and 0.300±0.052 mJy in epochs
E1 to E4, and in the first two epochs it has spectral indices
�1.68 ± 0.95 and 0.39 ± 0.68 respectively at 3 GHz. At
the location of VTC225411-010651, the 1.4 GHz peak pixel
values from the FIRST and Hodge et al. (2011) surveys are
0.30 ± 0.17 and 0.12 ± 0.10 mJy, respectively. To investi-
gate further, we obtained follow-up observations of this ob-
ject between 1–15 GHz in two epochs (on 02 Sep and 17 Sep
2012; 10 days and 25 days respectively after the epoch E3R2)
with the VLA. The continuum radio spectra are shown in Fig-
ure 12. The first follow-up observation reveals a flat spectrum
source in the 2–15 GHz frequency range. The second obser-
vation indicates a spectrum peaked at about 1.5 GHz with the
optically thin part having a spectral index of �0.99 ± 0.16.

22 Note that any extragalactic source variable on a timescale even as large
as a decade will be a point source for an angular resolution of 100, given the
light travel distance. Here, we have presented only isolated point sources in
our final list of variables.

23 We adopt the following naming convention for our variable and tran-
sient sources: VTChhmmss + ddmmss, where “VTC” stands for “VLA
transient candidate” and the right ascension and declination are both rounded
at the least significant digit.

Figure 11. A comparison of the 3 GHz peak flux densities of sources in the
PSC with the 1.4 GHz peak flux densities from the FIRST (top) and VLA-
Stripe 82 (bottom) surveys. these two surveys (Figure 11). Triangles denote
upper limits to the peak flux density. Red color denotes sources selected as
variable candidates by our search criteria. See §5.2 for details.

The spectrum is flat beyond 4 GHz. Sub-mm (100 GHz)
follow-up observations on 09 Sep 2012 with CARMA24 gave
a non-detection with a 3� upper limit of 2.1 mJy.

There is no optical counterpart in PTF, but a faint SDSS
DR7 (Abazajian et al. 2009) source having r ' 23.3 mag.
lies 1.800 away from the radio source position of VTC225411-
010651. The photometric redshift from SDSS is 0.64± 0.14.
Assuming a 1.4 GHz quiescent flux density of 0.2 mJy, we

24 All CARMA data were reduced with MIRIAD and VLA follow-up data
with the NRAO CASA pipeline 1.2.0



Discussion: Circum-Merger density664 P. D. Kiel, J. R. Hurley and M. Bailes

Figure 5. Aitoff projection of a subset of NS–NSs (circles) within |z| < 5 kpc of the Galactic plane and R < 30 kpc of the Galactic Centre. The NS–NS systems
shown all have Porb < 1 d. Black circles represent systems with eccentricity greater than 0.5, the grey less than 0.5. Here a longitude of zero is the Galactic
Centre. For simplicity, this figure has been made from Model C, i.e. the number of underlying systems used to produce this plot is a factor of 100 less than in
Model C′′ ′. We include the nine detected NS–NS systems as black stars as found in the ATNF Pulsar Catalogue (the detected system enclosed in a large black
circle is B2127+11C).

Unfortunately for observational predictions the populations with
low and high eccentricities trace each other quite well. We provide
the nine detected NS–NS systems as a guide.

4 C OA L E S C I N G D O U B L E C O M PAC T
B INA R IES

We now examine the population of double compact systems that
coalesce within the simulations (i.e. within the assumed age of
the Galaxy). The scaleheights of these merger events are given in
Table 3. The most interesting aspect of Table 3 is the scaleheight
of coalescing NS–NSs compared to coalescing BH–NSs. It is sur-

Table 3. Model scaleheights (kpc) and relative numbers
for all DCBs that have coalesced for the four models.

Model System Scaleheight Relative
type (kpc) number

C′′ ′ NS–NS 0.51 0.239
NS–BH 0.11 0.029
BH–NS 0.69 0.041
BH–BH 0.05 0.691

αCE = 1 NS–NS 0.40 0.051
NS–BH 0.06 0.001
BH–NS 0.05 0.055
BH–BH 0.05 0.893

BH kicks NS–NS 0.53 0.536
NS–BH 1.06 0.049
BH–NS 0.69 0.029
BH–BH 0.66 0.386

BH kicks and NS–NS 0.82 0.827
EC SNe NS–BH 1.07 0.018

BH–NS 0.67 0.011
BH–BH 0.65 0.144

prising that the systems which typically receive greater combined
recoil velocities (from both SN events) have a lower scaleheight.
This scaleheight difference does not arise from low number statistics
but rather from the shorter merger time-scales of NS–NS systems
compared to BH–NSs. Once a close NS–NS is formed, if it is to
coalesce within a Hubble time, it will generally coalesce after a few
Myr (see also Chaurasia & Bailes 2005). Whereas after BH–NS for-
mation coalescence typically occurs after a few Gyr. Of course, this
story changes somewhat when we include EC SN into the models.
Now the scaleheight for merging double NSs increases owing to an
increase in the typical merger time-scale. Including kicks to BHs
obviously helps to increase the scaleheight and decrease the merger
time-scale. Assuming αCE = 1 causes NS–NS systems to be closer
after the final SN explosion, which allows these systems to merge
faster and decreases their merger scaleheight.

The coalescence times for the four system types in Model C′′ ′

are given in Fig. 6 with each distribution normalized to unity. The
coalescence times shown in Figs 6–8 are for those systems that
merged during the simulation and represent the time each system
took to coalesce (the length of time the DCBs lived). We note that
there are in fact many more BH–BH and NS–NS systems than
NS–BH and BH–NSs (an order of magnitude), and also we do
not include the projected coalescence times for these systems that
do not merge within our model. A model selection effect is then
introduced at large times, where a turnover in the curves occurs.
Much can be gleaned from the incidence of the merger time-scale
peaks between each system type. The peaks of NS–NS and NS–BH
systems correlate well, as do the peaks for BH–BH and BH–NSs.
From this alone we see the importance of the first SN on the final
system merger time-scale. The systems in which an NS forms from
the first SN – imparting an asymmetric kick into the system –
typically merge faster than those in which a BH is formed from
the first SN. Also, those systems that pass through multiple CEs
merge fastest. In DCB formation, mass transfer prior to any SN is

C⃝ 2010 The Authors. Journal compilation C⃝ 2010 RAS, MNRAS 406, 656–672

NSNS with T_merge < a few Gyr

In the galactic disk (Draine 2010 ): 
1) warm neutral gas, ~0.5 cm^-3,   volume filling 40 % 
2) warm ionized gas, ~0.3-10^4 cm^-3,                10 % 
3) hot ionized gas,    ~0.004 cm^-4,                      50 %

Kiel et al 2010



Spontaneous Fission and Alpha-decay?

Radioactive decay products in NS merger ejecta 3
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Figure 1. Energy generation rate in each type of particles (left) and its fraction to the total one (right) for NSM-solar (90 ! A ! 238),
NSM-fission (90 ! A ! 280), and NSM-wind (90 ! A ! 140) from the top to the bottom. Each curve shows the total rate (black long-
dashed), those in the forms of γ-rays (red solid), neutrino (green dashed), electrons (blue dotted), fission fragments (violet dash-dotted),
and α particles (magenta dash-two dotted).

Brennecka et al. 2010) and 244Pu is found in the Earth’s
material at present (Wallner et al. 2015). Furthermore, nu-
cleosynthesis studies of merger ejecta show that very heavy
nuclei up to mass numbers of ∼ 280 exist at the r-process
freezeout (see, e.g., Goriely et al. 2013; Eichler et al. 2015).
The spontaneous fission of such very heavy nuclei is also
suggested to affect the heating rate (Metzger et al. 2010;
Wanajo et al. 2014). In this work, we study three cases:
r-process nuclear distributions of (i) NSM (Neutron Star
Merger)-solar: 90 ! A ! 238 (fiducial), (ii) NSM-fission:
90 ! A ! 280, and (iii) NSM-wind: 90 ! A ! 140. The last
case, NSM-wind corresponds to the conditions within a pos-

sible lanthanide-free composition (from the wind, see below).
For NSM-fission, we add transuranic nuclei by assuming a
constant YA of 3.6 · 10−4 for 206 ! A ! 280. This value is
taken so that the solar abundance of 209Bi is reproduced af-
ter nuclear decay. Note that the bulk of 206,207,208Pb, 209Bi,
232Th, and 235,238U are the (α and β) decayed products of
actinides with 209 < A < 254. The reaction network in-
cludes the channels for (β-delayed and spontaneous) fission
and α-decay in addition to β-decay for this mass region.

To study the heating efficiencies and resulting γ-ray line
fluxes, one needs to specify the ejecta properties, e.g., the
mass Mej and expansion velocity v. In this work, we con-

c⃝ 2015 RAS, MNRAS 000, 1–??
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where t
ine↵

is the ine�ciency timescale defined in the
previous section.

It is now straightforward to calculate the ratio f
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thermalized to emitted energy for a massive particle of
type p,
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Eq. 34 can be used to estimate the thermalization
e�ciencies of massive particles, where the relevant
timescales t

ine↵,p are given by Eq.s 22 (�-particles), 26
(↵-particles), and 27 (fission fragments).

For �-rays, the thermalization e�ciency is approxi-
mately equal to the interaction probability: f�(t) ⇡

1 � e�⌧ . We can estimate the optical depth ⌧ ⇡ ⇢�Rej

using ̄� , the �-ray opacity averaged over the emission
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Figure 9 shows our analytic thermalization functions
for M

ej

= 5 ⇥ 10�3M�, and v
ej

= 0.2c, using the expres-
sions for t

ine↵

derived in §3. For massive particles, we
used E�,0 = 0.5 MeV, E↵,0 = 6 MeV, and E

↵,0 = 125
MeV. For �-rays, we take ̄ = 0.1 cm2 g�1, which gives
t
ine↵,� ⇡ 1.4 days.
As we will see in §5, the approximate analytic expres-

sions Eq.s 34 and 35 agree fairly well with our numerical
results.

5. NUMERICAL RESULTS

In this section, we present numerical calculations
of thermalization e�ciencies as determined by model-
ing the 3-dimensional transport of �-rays, fission frag-
ments, and ↵- and �-particles in a magnetized expand-
ing medium. Our calculations used the time-evolving
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Figure 9. Analytic thermalization e�ciencies, calculated with
Eq.s 34 and 35. We use t

0

= 1 day, and ⇢
0

= 7.9 ⇥ 10�15 cm�3,
corresponding to a uniform density ejecta with the same mass and
energy as our fiducial model. For ↵’s, �’s, and fission fragments
we take E

0

= 6, 1, and 125 MeV, respectively.

emission spectra introduced in §2.5, accounted for the
time-dependent partition of radioactive energy among
di↵erent decay products, and incorporated the detailed,
energy-dependent energy loss rates derived in §3. The
flux tube approximation was used to model charged par-
ticle transport, allowing us to explore the sensitivity of
our results to the architecture of the ejecta’s magnetic
field. Additional details of our transport method are
given in the Appendix.

5.1. Thermalization e�ciencies

Figure 10 presents the numerically calculated thermal-
ization e�ciency, f(t), of all particles for the fiducial
ejecta model (M

ej

= 5 ⇥ 10�3M� and v
ej

= 0.2c.) Fission
fragments thermalize most e�ciently, having f(t) & 0.5
out to t ⇠ 15 days. Alpha- and �-particle thermaliza-
tion is slightly lower, reaching f(t) = 0.5 around a week
post-merger, while f(t) for �-rays is much lower, falling
below 0.5 by t ⇠ 1 day.

For massive particles, we show f(t) for radial (dot-
ted lines), toroidal (solid lines), and lightly tangled (� =
0.25; dashed lines) magnetic field geometries. The mag-
netic field configuration a↵ects thermalization in three
ways:

1. Di↵usion: Radial or lightly tangled fields allow
particles to di↵use outward into regions of lower
density, and lead to lower f(t).

2. Escape: Radial fields that allow charged parti-
cles to escape before they have completely ther-
malized will lower f(t). This is most important for
�-particles, which move faster than the ejecta.

3. Frame-to-frame e↵ects: Particles in a homolo-
gous flow lose energy, as measured in the co-moving
frame (cmf), as they move through the ejecta.
These frame-to-frame losses reduce the amount of
kinetic energy a particle has to thermalize, and
therefore reduce f(t). Radial fields and lightly
tangled fields, which allow particles to move fairly

Hypothetical assumption:  
2% of the ejecta mass is composed of nuclei with A>250.

The thermalization efficiency of fission fragments is high. 
Fission may dominate the late time heating???


