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missing satellite problem: paucity of Milky Way satellites ���
compared to CDM expectations	


high-velocity clouds =	
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Fig. 1.— Projected dark matter density-square map of our simulated elliptical-sized halo (“1e8Ell”) at z = 0.47. The image covers an
area of 980 × 980 physical kpc, and the projection goes through a 980 kpc-deep cuboid containing a total of 120 million particles and
25,000 identified subhalos. The logarithmic color scale covers 24 decades in density-square.

In the range 200mp < Msub < 0.01Mhost, the best-fit
slope of the differential distribution, dN/dMsub ∝ Mα

sub,
is α = −1.86 ± 0.02 for 1e8Ell and α = −1.90 ± 0.02
for Via Lactea. In the same mass range the cumulative
mass function has slope −0.92 for 1e8Ell and −0.97 for
Via Lactea. Both simulations are therefore characterized
by steeply rising subhalo counts that, in the case of Via
Lactea, correspond to approximately equal mass per sub-
structure mass decade: most subhalos are of low mass.
Figure 3 (left panel) depicts the fraction of the host halo
mass within a sphere of radius r200 that is bound up
in substructure less massive than Msub, fsub(< Msub)
as a function of Msub/Mhost. We measure a total mass
fraction in substructure that is about 5% in Via Lactea
and exceeds 9% in 1e8Ell: its radial distribution can be
approximated as fsub(< r) ∝ r for 0.1 < r/r200 < 1.
Because of the steepness of the cumulative mass func-
tion, these fractions appear to be converging rather
slowly at the small-mass end: more than 1% of the

host mass is found in clumps with Msub/Mhost < 10−5.
The amount of massive substructure is expected to in-
crease with host halo mass since more massive hosts form
later and dynamical friction and tidal-stripping have less
time to operate (Gao et al. 2004; Zentner et al. 2005;
van den Bosch et al. 2005). For the same reason, par-
ent halos of a given mass will have a larger abundance
of subhalos at higher redshifts than their present-day
counterparts. However, when comparing z = 0 clus-
ters with galaxy halos these effects are smaller than
the observed halo-to-halo scatter in subhalo abundance
(Diemand et al. 2004; Reed et al. 2005). Variation in
the slope and normalization of the power spectrum can
also affect the amount of subhalos significantly, espe-
cially their circular velocity function (Zentner & Bullock
2003).

It is conventional to discuss the substructure popula-
tion of galaxy halos in terms of the circular velocity func-
tion. Figure 3 (right panel) shows the cumulative max-
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Fig. 5.— Cumulative number of Via Lactea subhalos within r200 (solid curve) as well as all Milky Way satellite galaxies within 420 kpc
(filled squares), as a function of circular velocity. The data points are from Mateo (1998), Simon & Geha (2007), Munoz et al. (2006), and
Martin et al. (2007), and assume a maximum circular velocity of Vmax =

√
3σ (Klypin et al. 1999). The short-dashed curve connecting

the empty squares shows the expected abundance of luminous satellites after correcting for the sky coverage of the SDSS. Dash-dotted
curve: circular velocity distribution for the 65 largest Vmax,p subhalos before accretion (LBA sample). Long-dashed curve: circular velocity
distribution for the “fossil of reionization” EF sample. This includes the 61 largest (sub)halos at z = 13.6 [Vmax(z = 13.6) > 4 kms−1]
plus the 4 (sub)halos that reach a Vmax,p > 38 km s−1 after the epoch of reionization and are not in the largest 61 at z = 13.6.

ure 5: interestingly, this sample includes 12 of the 14
subhalos above Vmax = 20 km s−1 identified today, and
26 of the 35 identified above Vmax = 15 km s−1, i.e. the
most massive today and LBA subpopulations basically
coincide at large values of Vmax.5 Therefore a solution
to the substructure problem in which only the largest 50-
100 Vmax,p subhalos at all epochs were able to form stars
efficiently would automatically place the luminous Milky
Ways dwarfs in the most massive subhalos at the present
epoch. To match the circular velocity function of the
LBA sample, however, the observed dwarf spheroidals
(dSphs) must have circular velocity profiles that peak
at values well in excess of the stellar velocity disper-
sion (see Fig. 5 and discussion below). Note that the
cut in Vmax,p instead of Vmax of the LBA sample re-
quires star formation to be inhibited in all subhalos with

5 Note that the same is not true for the top 10 LBA subhalos
(Kravtsov et al. 2004; Diemand et al. 2007b; Strigari et al. 2007a),
as the largest Vmax,p systems suffer the largest mass loss and are
removed from the top ten list of more massive systems at z = 0.

Vmax,p < 21.9 km s−1 or virial temperature

Tvir =
µmpV 2

max,p

2kB

< 17, 000 K. (6)

4. SUPPRESSING DWARF GALAXY FORMATION

The two thresholds for efficient star formation given in
equations (5) and (6) provide the correct total number of
luminous Milky Way satellites (assumed to be around 60-
70), not a match to the observed circular velocity func-
tion. A careful look at Figure 5 suggests two possible
solutions to the mismatch problem:

1. stars in the Milky Way dSphs are deeply embedded
within their dark matter halos. The halo circu-
lar velocity profiles peak well beyond the luminous
radius at speeds significantly higher that expected
from the stellar line-of-sight velocity dispersion, i.e.
Vmax ∼ 3σ as suggested by Stoehr et al. (2002) and
Peñarrubia et al. (2007). This scenario would shift
the data points in Figure 5 by about a factor

√
3

further to the right, making the mass distribution
of the luminous Milky Way dwarf spheroidals agree
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unID extragalactic radio burst	
 Lorimer+ Science 07	


DM=375 pc cm-3 >>DMGal	

-> D~0.5 Gpc (z~0.1)	


Sν~30 Jy @1.4GHz!	
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fast radio bursts	
 Thornton+ Science 13	


signal-to-noise ratios (SNRs) to yield astrophysi-
cally interesting constraints for either parameter
and show no evidence of scattering.

Our FRBs were detected with DMs in the
range from553 to 1103 cm−3 pc. Their highGalactic
latitudes (jbj > 41○, Table 1) correspond to lines
of sight through the low column density Galactic
ISM corresponding to just 3 to 6% of the DM
measured (10). These small Galactic DM con-
tributions are highly supportive of an extragalac-
tic origin and are substantially smaller fractions
than those of previously reported bursts, which
were 15% of DM= 375 cm−3 pc for FRB 010724
(4) and 70% of DM = 746 cm−3 pc for FRB
010621 (5).

The non-Galactic DM contribution, DME, is
the sum of two components: the intergalactic
medium (IGM; DMIGM) and a possible host gal-
axy (DMHost). The intervening medium could be
purely intergalactic and could also include a con-
tribution from an intervening galaxy. Two op-
tions are considered according to the proximity
of the source to the center of a host galaxy.

If located at the center of a galaxy, this may be
a highly dispersive region; for example, lines
of sight passing through the central regions of
Milky Way–like galaxies could lead to DMs in
excess of 700 cm−3 pc in the central ~100 pc (11),
independent of the line-of-sight inclination. In
this case, DME is dominated by DMHost and re-
quires FRBs to be emitted by an unknownmecha-
nism in the central region, possibly associated
with the supermassive black hole located there.

If outside a central region, then elliptical host
galaxies (which are expected to have a low electron
density) will not contribute to DME substantially,
and DMHost for a spiral galaxy will only contrib-
ute substantially to DME if viewed close to edge-
on [inclination, i > 87○ for DM > 700cm−3pc;
probabilityði > 87○Þ ≈ 0:05]. The chance of all
four FRBs coming from edge-on spiral galaxies
is therefore negligible (10−6). Consequently, if the
sources are not located in a galactic center, DMHost

would likely be small, and DMIGM dominates.
Assuming an IGM free-electron distribution, which
takes into account cosmological redshift and as-
sumes a universal ionization fraction of 1 (12, 13),
the sources are inferred to be at redshifts z = 0.45
to 0.96, corresponding to comoving distances of
1.7 to 3.2 Gpc (Table 1).

In principle, pulse scatter-broadening mea-
surements can constrain the location and strength
of an intervening scattering screen (14). FRBs
110627, 110703, and 120127 are too weak to
enable the determination of any scattering; how-
ever, FRB 110220 exhibits an exponential scat-
tering tail (Fig. 1). There are at least two possible
sources and locations for the responsible scatter-
ing screens: a host galaxy or the IGM. It is pos-
sible that both contribute to varying degrees.

For screen-source, Dsrc, and screen-observer,
Dobs, distances, themagnitude of the pulse broad-
ening resulting from scattering is multiplied by
the factor DsrcDobs=ðDsrc + DobsÞ2. For a screen
and source located in a distant galaxy, this effect

probably requires the source to be in a high-
scattering region, for example, a galactic center.

The second possibility is scattering because
of turbulence in the ionized IGM, unassociated
with any galaxy. There is a weakly constrained
empirical relationship betweenDM andmeasured
scattering for pulsars in the MW. If applicable to
the IGM, then the observed scattering implies
DMIGM > 100cm−3 pc (2, 15). With use of the
aforementioned model of the ionized IGM, this
DM equates to z > 0:11 (2, 12, 13). The prob-
ability of an intervening galaxy located along the
line of sight within z ≈ 1 is ≤0.05 (16). Such a
galaxy could be a source of scattering and dis-
persion, but the magnitude would be subject to
the same inclination dependence as described for
a source located in the disk of a spiral galaxy.

It is important to be sure that FRBs are not a
terrestrial source of interference. Observations at
Parkes have previously shown swept frequency
pulses of terrestrial origin, dubbed “perytons.”
These are symmetric W > 20 ms pulses, which
imperfectly mimic a dispersive sweep (2, 8). Al-
though perytons peak in apparent DM near
375 cm−3 pc (range from ~200 to 420 cm–3 pc),

close to that of FRB 010724, the FRBs presented
here have much higher and randomly distributed
DMs. Three of these FRBs are factors of >3
narrower than any documented peryton. Last, the
characteristic scattering shape and strong disper-
sion delay adherence of FRB 110220 make a
case for cold plasma propagation.

The Sun is known to emit frequency-swept
radio bursts at 1 to 3GHz [typeIIIdm (17)]. These
bursts have typical widths of 0.2 to 10 s and
positive frequency sweeps, entirely inconsistent
with measurements of W and a for the FRBs.
Whereas FRB 110220 was separated from the
Sun by 5.6°, FRB 110703 was detected at night
and the others so far from the Sun that any
solar radiation should have appeared in multi-
ple beams. These FRBs were only detected in a
single beam; it is therefore unlikely they are of
solar origin.

Uncertainty in the true position of the FRBs
within the frequency-dependent gain pattern of
the telescope makes inferring a spectral index, and
hence flux densities outside the observing band,
difficult. A likely off-axis position changes the in-
trinsic spectral index substantially. The spectral

Fig. 1. The frequency-integrated flux densities for the four FRBs. The time resolutions match the
level of dispersive smearing in the central frequency channel (0.8, 0.6, 0.9, and 0.5 ms, respectively).
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energy distribution across the band in FRB 110220
is characterized by bright bands ~100 MHz wide
(Fig. 2); the SNRs are too low in the other three
FRBs to quantify this behavior (2). Similar spec-
tral characteristics are commonly observed in the
emission of high-|b| pulsars.

With four FRBs, it is possible to calculate an
approximate event rate. The high-latitude HTRU
survey region is 24% complete, resulting in 4500
square degrees observed for 270 s. This cor-
responds to an FRB rate ofRFRBðF e 3 Jy msÞ ¼
1:0þ0:6

−0:5 % 104sky−1day−1, where the 1-s uncer-
tainty assumes Poissonian statistics. The MW
foreground would reduce this rate, with increased
sky temperature, scattering, and dispersion for
surveys close to the Galactic plane. In the ab-
sence of these conditions, our rate implies that
17þ9

−7 , 7
þ4
−3 , and 12þ6

−5 FRBs should be found in
the completed high- and medium-latitude parts
of the HTRU (1) and Parkes multibeam pulsar
(PMPS) surveys (18).

One candidate FRB with DM > DMMW has
been detected in the PMPS [ jbj < 5○ (5, 19)].
This burst could be explained by neutron star
emission, given a small scale-height error;
however, observations have not detected any
repetition. No excess-DM FRBs were detected in
a burst search of the first 23% of the medium-
latitude HTRU survey [jbj < 15○ (20)].

The event rate originally suggested for
FRB 010724, R010724 ¼ 225 sky−1 day−1 (4), is
consistent with our event rate given a Euclid-
ean universe and a population with distance-
independent intrinsic luminosities (source
count, NºF−3=2) yielding RFRB ðF e 3 Jy msÞ
e 102RFRBðF010724 e 150 Jy msÞ.

There are no known transients detected at
gamma-ray, x-ray, or optical wavelengths or
gravitational wave triggers that can be temporally
associated with any FRBs. In particular there is

Fig. 2. A dynamic spectrum showing the frequency-
dependent delay of FRB 110220. Time is measured relative
to the time of arrival in the highest frequency channel. For clarity
we have integrated 30 time samples, corresponding to the dis-
persion smearing in the lowest frequency channel. (Inset) The
top, middle, and bottom 25-MHz-wide dedispersed subband used
in the pulse-fitting analysis (2); the peaks of the pulses are
aligned to time = 0. The data are shown as solid gray lines and
the best-fit profiles by dashed black lines.

Table 1. Parameters for the four FRBs. The position given is the center of the gain pattern of the beam
in which the FRB was detected (half-power beam width ~ 14 arc min). The UTC corresponds to the arrival
time at 1581.804688MHz. The DM uncertainties depend not only on SNR but also on whether a and b are
assumed (a ¼ −2; no scattering) or fit for; where fitted, a and b are given. The comoving distance was
calculated by using DMHost = 100 cm−3 pc (in the rest frame of the host) and a standard, flat-universe
LCDM cosmology, which describes the expansion of the universe with baryonic and dark matter and dark
energy [H0 = 71 km s−1Mpc−1,WM=0.27,WL =0.73;H0 is the Hubble constant andWM andWL are fractions
of the critical density of matter and dark energy, respectively (29)]. a and b are from a series of fits using
intrinsic pulse widths of 0.87 to 3.5ms; the uncertainties reflect the spread of values obtained (2). The observed
widths are shown; FRBs 110627, 110703, and 120127 are limited by the temporal resolution due to dis-
persion smearing. The energy released is calculated for the observing band in the rest frame of the source (2).

FRB 110220 FRB 110627 FRB 110703 FRB 120127

Beam right
ascension ( J2000)

22h 34m 21h 03m 23h 30m 23h 15m

Beam declination
( J2000)

−12° 24′ −44° 44′ −02° 52′ −18° 25′

Galactic latitude,
b (°)

−54.7 −41.7 −59.0 −66.2

Galactic longitude,
l (°)

+50.8 +355.8 +81.0 +49.2

UTC (dd/mm/yyyy
hh:mm:ss.sss)

20/02/2011
01:55:48.957

27/06/2011
21:33:17.474

03/07/2011
18:59:40.591

27/01/2012
08:11:21.723

DM (cm−3 pc) 944.38 T 0.05 723.0 T 0.3 1103.6 T 0.7 553.3 T 0.3
DME (cm

−3 pc) 910 677 1072 521
Redshift, z (DMHost =

100 cm−3 pc)
0.81 0.61 0.96 0.45

Co-moving distance,
D (Gpc) at z

2.8 2.2 3.2 1.7

Dispersion index, a −2.003 T 0.006 – −2.000 T 0.006 –
Scattering index, b −4.0 T 0.4 – – –
Observed width

at 1.3 GHz, W (ms)
5.6 T 0.1 <1.4 <4.3 <1.1

SNR 49 11 16 11
Minimum peak

flux density Sn(Jy)
1.3 0.4 0.5 0.5

Fluence at 1.3 GHz,
F (Jy ms)

8.0 0.7 1.8 0.6

SnD2 (× 1012 Jy kpc2) 10.2 1.9 5.1 1.4
Energy released, E (J) ~1039 ~1037 ~1038 ~1037
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Sν~0.4-1.3 Jy @1.28-1.52 GHz	

Δt~<5 ms	


DM~550-1100 pc cm-3	


-> D~1.7-3.2 Gpc (z~0.45-0.96)	

-> E~1037-1039 erg	


RFRB~104 day-1~0.1RSN,10RGRB! �

see also Kulkarni+	

arXiv:1402.4766	
Parkes High Time Resolution Universe survey	
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energy distribution across the band in FRB 110220
is characterized by bright bands ~100 MHz wide
(Fig. 2); the SNRs are too low in the other three
FRBs to quantify this behavior (2). Similar spec-
tral characteristics are commonly observed in the
emission of high-|b| pulsars.

With four FRBs, it is possible to calculate an
approximate event rate. The high-latitude HTRU
survey region is 24% complete, resulting in 4500
square degrees observed for 270 s. This cor-
responds to an FRB rate ofRFRBðF e 3 Jy msÞ ¼
1:0þ0:6

−0:5 % 104sky−1day−1, where the 1-s uncer-
tainty assumes Poissonian statistics. The MW
foreground would reduce this rate, with increased
sky temperature, scattering, and dispersion for
surveys close to the Galactic plane. In the ab-
sence of these conditions, our rate implies that
17þ9
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−5 FRBs should be found in
the completed high- and medium-latitude parts
of the HTRU (1) and Parkes multibeam pulsar
(PMPS) surveys (18).

One candidate FRB with DM > DMMW has
been detected in the PMPS [ jbj < 5○ (5, 19)].
This burst could be explained by neutron star
emission, given a small scale-height error;
however, observations have not detected any
repetition. No excess-DM FRBs were detected in
a burst search of the first 23% of the medium-
latitude HTRU survey [jbj < 15○ (20)].

The event rate originally suggested for
FRB 010724, R010724 ¼ 225 sky−1 day−1 (4), is
consistent with our event rate given a Euclid-
ean universe and a population with distance-
independent intrinsic luminosities (source
count, NºF−3=2) yielding RFRB ðF e 3 Jy msÞ
e 102RFRBðF010724 e 150 Jy msÞ.

There are no known transients detected at
gamma-ray, x-ray, or optical wavelengths or
gravitational wave triggers that can be temporally
associated with any FRBs. In particular there is

Fig. 2. A dynamic spectrum showing the frequency-
dependent delay of FRB 110220. Time is measured relative
to the time of arrival in the highest frequency channel. For clarity
we have integrated 30 time samples, corresponding to the dis-
persion smearing in the lowest frequency channel. (Inset) The
top, middle, and bottom 25-MHz-wide dedispersed subband used
in the pulse-fitting analysis (2); the peaks of the pulses are
aligned to time = 0. The data are shown as solid gray lines and
the best-fit profiles by dashed black lines.

Table 1. Parameters for the four FRBs. The position given is the center of the gain pattern of the beam
in which the FRB was detected (half-power beam width ~ 14 arc min). The UTC corresponds to the arrival
time at 1581.804688MHz. The DM uncertainties depend not only on SNR but also on whether a and b are
assumed (a ¼ −2; no scattering) or fit for; where fitted, a and b are given. The comoving distance was
calculated by using DMHost = 100 cm−3 pc (in the rest frame of the host) and a standard, flat-universe
LCDM cosmology, which describes the expansion of the universe with baryonic and dark matter and dark
energy [H0 = 71 km s−1Mpc−1,WM=0.27,WL =0.73;H0 is the Hubble constant andWM andWL are fractions
of the critical density of matter and dark energy, respectively (29)]. a and b are from a series of fits using
intrinsic pulse widths of 0.87 to 3.5ms; the uncertainties reflect the spread of values obtained (2). The observed
widths are shown; FRBs 110627, 110703, and 120127 are limited by the temporal resolution due to dis-
persion smearing. The energy released is calculated for the observing band in the rest frame of the source (2).
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origin?	


FRBs: Models proposed so far 

•  Collapses of supra-massive neutron stars to black holes 
(thousands to million years later after their births), ejecting 
“magnetic hair” (Falcke & Rezzolla 2013) 

•  Magnetospheric interaction during NS-NS mergers (Totani 2013) 
•  Mergers of binary white dwarfs (Kashiyama et al. 2013) 
•  Magnetar radio bursts (Popov et al. 2007, 2013; Kulkarni et al. 

2014) 
•  Cosmic sparks from superconducting strings (Vachaspati 2008) 
•  Evaporation of primordial black holes (Keane et al. 2012) 
•  Flaring stars (Loeb et al. 2013) 
•  Probably just local events, not astrophysical origin (Kulkarni et al. 

2014) 
…… 

as of June 2014�

from B. Zhang’s slides	


a lot more since! �

partial correlation with GRBs possible? �



fast radio bursts: future expectations	
Detecting highly dispersed bursts 377

Figure 2. Expected number of FRBs per hour for various observatories in the high-scattering simulations. The coloured bars show the number of FRBs
detectable in imaging surveys, assuming different spectral indices of 0.0 (white), −1.0, −2.0, −3.0 and −4.0 (darkest grey). The number of FRBs detectable
in beamformed surveys is indicated by the bars with a solid black outline. The DM range used was 0–6000 pc cm−3.

Figure 3. As Fig. 2, but for the no-scattering simulations.

algorithms the difference between imaging and beamformed data
could be reduced), and more stable on long time-scales. In addition,
because the more distant elements of an array are easier to include
in imaging observations, finding FRBs in images could offer a much
better localization of the source, and could help to associate it with
a host galaxy. Unfortunately, producing images which have inte-
gration times shorter than a few minutes is often difficult because
short integrations have reduced UV coverage, which can lead to

difficulties calibrating and cleaning the data correctly. Exceptions
to this include arrays with good instantaneous UV coverage, and
situations where the burst dominates the flux in the field-of-view.
Also, there is a practical limit on the shortest images, which is set
by the shortest possible correlator time, so images are less sensitive
to short bursts, and may be unable to resolve scatter broadening
or dispersion (although this limit has been improved radically; see
Law et al. 2011).
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FRBs as probes of dark energy?	


Zhou+ 14	


We then divide these 1000 simulated FRBs into 40
redshift bins with a uniform bin width of Δz ¼ 0.05, within
each of which we average the DM of the FRBs into DMi,
where i (in a range from 1 to 40) is the number of the bin. In
order to determine the standard deviation of DMi (σDMi

), we
repeat the same simulation for the three uncertainties 10 000
times. Each time, we generate 1000 FRBs, put them into
the same redshift bins, and then obtain the DMi. Using
the same method as we did in Fig. 1 within each bin, we
derive the 68% confidence level of the three components of
the dispersion ofDMi, i.e., σDMi;IGM

, σDMi;fIGM
and σDMi;host

.We

denote σDMi;IGM
as σ2

DMi;IGM
¼ σ2

DMi;IGM
þ σ2

DMi;fIGM

þ σ2
DMi;host

.

The simulated DM − z diagram (similar to the Hubble
diagram) of 1000 FRBs is shown as the inset in Fig. 2.
Now we have acquired 40 “binned FRBs” to constrain the
dark energy equation. The likelihood for the cosmological
parameters can be determined from a χ2 statistic, where

χ2ðΩM; wÞ ¼
X

i

ðDMi − hDMIGM;iiÞ2

σ2
DMi;IGM

þ σ2
DMi;fIGM

þ σ2
DMi;host

: (4)

We constrain the w parameter using the 580 SNe Ia [7] and
the simulated FRBs and BAO data, respectively, and then
using these data together. The BAO data consist of the
SDSS data release 10 and 11 [23] and the “forecasted” data
at z ¼ 1.0; 1.5; 2.0; 2.5; 3.0, as adopted from [24].

By calculating and minimizing the χ2 for a wide range
of the parameters in Eq. (2) and converting each χ2 into a
probability density function, we get the contours, as shown
in Fig. 2, which clearly indicates how effectively the
FRBs can be used as a cosmological tool. We would like
to caution that such tight constraints are obtained under
very optimistic assumptions; i.e., both DMhost and DMsour
are much smaller than hDMIGMi. The validity of such
assumptions will be tested unambiguously in the future if a
group of FRBs with host galaxies is detected. If DMhost and
DMsour are instead found to be comparable to hDMIGMi, the
cosmological studies with FRBs will be hampered unless
proper ways to infer DMhost and DMsour are available.
It may not be unreasonable to expect that as thousands of
FRBs with counterparts/redshift measurements are col-
lected in the future, our understanding of the contribution
of the host galaxies and the FRB sources to the detected
dispersion measures could be revolutionized and their
influence on constraining the cosmological parameters
might be minimized. The other caution is that the covariant
matrix is assumed to be diagonal in Eq. (4). However, if the
uncertainty comes mainly from the cosmological fluc-
tuation, there should be off-diagonal correlations which
would weaken the power of constraining the cosmological
parameters. Specific techniques should be developed to
remove the covariance in future cosmological studies with
real data for FRBs.
In summary, in the optimistic case in which (i) in each

narrow redshift bin, tens of events have been measured,
(ii) the most distant FRBs are at z ≥ 3, and (iii) the
contribution of host galaxies and the FRB sources to the
detected dispersion measures can be ignored, FRBs could
serve as a viable cosmic probe and thus help constrain the
cosmological parameters [for instance, the equation of state
of dark energy (see Fig. 2)]. If some of these assumptions
are invalid, the use of FRBs as a cosmic probe would be
challenged. Though in this work we discuss FRBs only,
these criteria likely apply to any kind of cosmological
radio transients that are used to measure the physical
parameters of the Universe. We note that our main con-
clusions have been confirmed by [25], one work finished
one month later.
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FIG. 2 (color). The contour lines of the constraining of w and
ΩM at 1σ, 2σ, and 3σ confidence levels. The solid yellow lines,
dotted blue lines, and dashed red lines are for the 580 SNe Ia,
BAO data (consisting of real data and forecasted data), and FRBs,
respectively. The shaded contours are the combined result of the
aforementioned three contours. We note that the FRB and BAO
constraints are orthogonal, making this combination of cosmo-
logical probes very powerful for investigating the nature of dark
energy. The insert is the DM − z diagram of the 1000 simulated
FRBs in 40 bins.
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Fast Radio Burst Science Jean-Pierre Macquart

The exact relation between DM and z is (Zhou et al. 2014):

〈DMIGM(z)〉=Ωb
3H0c
8πGmp

∫ z

0

(1+ z′) fIGM
[ 3
4Xe,H(z

′)+ 1
8Xe,He(z

′)
]

[

ΩM(1+ z′)3+ΩDE(1+ z′)3[1+w(z′)]
]1/2 dz

′ (2.2)

where Ωb, ΩM and ΩDE are the baryonic, matter and dark energy densities, respectively, relative to
the critical density, ρc = 3c2H20/8πG. Xe,H and Xe,He are, respectively, the ionization fractions of
Hydrogen and Helium.

The determination of cosmological parameters relies upon the detection of a sufficient number
of FRBs that it is possible to measure the average DM of FRBs as a function of redshift. Figure 2
shows the expected scaling of DM with redshift for a concordance cosmology. The main contam-
inant is the uncertain contribution DMhost and DMFRB to the total dispersion measure. However,
these contributions diminish relative to the local contribution as 1/(1+ z) and rapidly decrease
relative to an IGM whose mean density increases as (1+ z)3. This makes the technique viable for
FRBs at z ! 2. Zhou et al. (2014) estimate that ∼ 103 FRBs must be detected in order to place
significant cosmological constraints on w, as demonstrated in Figure 2.
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Figure 2: The mean DM contribution to the IGM of an FRB as a function of redshift based on eq.(2.2) for
a concordance ΛCDM Universe with ΩM = 0.318,ΩΛ = 0.682,Ωb = 0.049 and H0 = 70 km s−1Mpc−1.

2.3 Intergalactic Magnetic Fields and Turbulence

Two of the seven FRBs reported in the literature so far exhibit clear evidence for temporal
smearing caused by scattering. The observed few-millisecond timescale of the smearing however,
cannot be accounted for by the interstellar medium of the Milky Way, whose maximum expected
contribution is at most microseconds for the lines of sight through which these bursts were detected.
The origin of this scattering therefore lies in the turbulent intergalactic medium, or in the turbulent
interstellar medium of the burst host galaxy. The IGM and host-galaxy scattering scenarios can be
distinguished on the basis of the redshift dependence of the magnitude of the scattering (Macquart
& Koay 2013).
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Figure 1. Top panel: the average number of halos above the specified mass
thresholds that a sightline intersects within 1rvir. Bottom panel: the mean
dispersion measure (solid curve) as well as the standard deviation in its value
for the considered models (other curves).
(A color version of this figure is available in the online journal.)

For this curve and subsequent analytic calculations, we take all
of the cosmic baryons to be in a diffuse, fully ionized phase.

The sightline-to-sightline scatter in DM(z) primarily owes
to scatter in the number of collapsed systems that a sightline
encounters. The top panel of Figure 1 shows the number of
halos above the specified halo mass thresholds that the average
sightline intersects within 1rvir. For a sightline with zs = 1, on
average it intersects N (mh) = 1, 3, 10, and 20 halos with mh
greater than 1013, 1012, 1011, and 1010 M!, respectively. The
fraction of the dark matter that resides in halos above these
masses is f = 0.19, 0.30, 0.39, and 0.46 at z = 0 (f = 0.07,
0.16, 0.26, 0.33 at z = 1). Halos with mh < 1010 M! are
below the Jeans’ mass of the IGM and, therefore, unlikely to be
overdense in gas.

The sightline-to-sightline variance in DM(zs) is given by

σ 2[DM] =
∫ zs

0

c dz1

a1H (z1)

∫ zs

0

c dz2

a2H (z2)
ρ̄2

e (0) 〈δe(z1)δe(z2)〉 ,

≈
∫ zs

0

c dz

H (z)
(1 + z)2ρ̄2

e (0)
∫

d2k⊥

(2π )2
Pe(k⊥, z),

where an = (1 + zn)−1, ρ̄e(z) is the mean electron number
density, δe(z) is the electron overdensity, Pe(k, z) = 〈|δ̃e(k, z)2|〉
is its spatial three-dimensional power spectrum, tildes denote the
Fourier dual in the convention where 2π ’s appear only under
dk’s, and 〈. . .〉 indicates an ensemble average.

To calculate Pe and hence σ 2[DM], we consider three models
(ordered in increasing sophistication) for halos’ gas profile of
the ionized baryons:

1. The baryons associated with mh > 1010 M! halos are
distributed as a top hat with radius Xrvir, which yields for

each halo a DM at R ' Xrvir of

∆DM = 28 (1 + z)
α2/3

X2

(
mh

1012 M!

)1/3

cm−3 pc.

Here, α is the dark matter density within 1rvir in units of 200
times its cosmic mean. The unassociated baryons (or those
associated with less massive halos) in this model and Model
2 are assumed to trace the linear density field. As long as
they are more diffuse than the baryons associated with the
more massive halos, this assumption has little impact on
our results.

2. The baryons trace the dark matter halo profile above a cer-
tain mass threshold, m∗. Our calculations assume NFW halo
profiles (Navarro et al. 1996) and the concentration–halo
mass relation of Bullock et al. (2001). In addition, we use the
case m∗ = 1013 M! to approximate the Sharma et al. (2012)
model for the intrahalo medium. Sharma et al. (2012) find
that halos with mh > 1013 M! have the potential to retain
most of their gas in a virialized intrahalo medium, whereas
lower mass halos cannot as densities would be required that
are thermally unstable.

3. The baryon distribution in the “swinds” 40 h−1 Mpc,
2 × 5123 particle cosmological simulation of Faucher-
Giguère et al. (2011), which was run with the GADGET-3
SPH code (Springel 2005). This simulation uses the
Springel & Hernquist (2003) galactic wind prescription,
with 2 M! ejected in a 342 km s−1 wind for every 1 M!
of star formation. These parameters were chosen to match
observations of the z = 0 stellar mass function.

We use the standard halo model to calculate Pe for Models 1
and 2, but with the specified baryonic profiles rather than NFW
profiles. The standard halo model approximates correlations in
the cosmological density field as a superstition of the linear
density field correlations (convolved with the halos’ profiles)
plus a Poissonian term that results from internal correlations
within each halo. This ansatz has met much success reproducing
the statistics of the nonlinear dark matter field (see Cooray &
Sheth 2002 for a review). For Model 3, we instead trace skewers
through the simulation volume on the light cone.

The curves in the bottom panel of Figure 1 show our estimates
for σ [DM] in the three baryonic profile models. Model 2 with
m∗ = 1010 M!, annotated as “trace the dark matter,” results in
the largest dispersion, with σ [DM] = 400 cm−3 pc at z = 1.
The other models have reduced dispersion, with the 1rvir top
hat model having the smallest with σ [DM] = 180 cm−3 pc. The
dispersion in the case where the baryons trace NFW halos for
mh > 1013 M! (which mimics the Sharma et al. 2012 model) is
only somewhat smaller than the dark matter tracing case, which
we explain in Section 3. These variances are not only a signal,
but set the noise of the stacking analysis discussed in Section 4.

Our models have ignored the contribution of a disky elec-
tronic component to σ [DM]. There are two justifications for
this omission. First, the disky component is unlikely to con-
tribute significantly to σ [DM]. In the Cordes & Lazio (2002)
model for the Milky Way electron distribution, an r = 18 kpc
thick disk contributes a maximum of 60 cm−3 pc for sightlines
perpendicular to the disk plane, and the thick disk is the largest
contributor to the electronic column everywhere except in the
Galactic Center. Consider a toy model motivated by the Milky
Way thick disk in which all galactic disks have a column of
DMdisk = 100 cm−3 pc. If 10% of zs = 1 sightlines intersect
disks (a factor of a few higher than empirical estimates based on

2
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damped Lyα systems; Wolfe et al. 2005),2 the standard deviation
in DM from disks alone would be just σdisk[DM] = 30 cm−3 pc,
which roughly adds in quadrature to the extragalactic compo-
nent of ∼200 cm−3 pc. Second, we show in Section 5 that sight-
lines that intersect interloping disks similar to or denser than the
Milky Way thick disk can be distinguished from other sightlines
owing to scattering.

3. PROBABILITY DISTRIBUTION FUNCTION OF DM

The characteristic function of the DM distribution—the
Fourier transform of the PDF—can be calculated in a manner
that is similar to the derivation in Zhang & Sheth (2007)
concerning the PDF of the Compton y-parameter from galaxy
clusters.3 For a source at redshift zs , the characteristic function
is

P̃ (t |zs) = exp

(∫ χ (zs )

0
dχ

[

A +
B2∆χ σ 2

∆χ

2

])

, (3)

where t is the Fourier dual of DM,

A =
∫

dmh d2R a−2n(mh, z)(e−it∆DM(R,mh) − 1),

B =
∫

dmh d2R a−2n(mh, z)b(mh, z)(e−it∆DM(R,mh) − 1),

σ 2
∆χ =

∫
d2k⊥dk‖

(2π )3
Pδ(k)sinc

[
∆χk‖

2

]2

,

R is the proper impact parameter, ∆DM is a halo’s DM profile
at R, n(mh, z) is the comoving number density of halos per mh,
b(mh, z) their linear bias, and Pδ the linear-theory matter over-
density power spectrum. The PDF of DM, P (DM|zs), is given
by the inverse Fourier transform of P̃ (t |zs). Equation (3) makes
one additional assumption beyond the standard halo model, that
the value of δe for skewers of length ∆χ is uncorrelated between
adjacent slices. This is a decent approximation if we evalu-
ate for ∆χ ! 100 Mpc, which manifests in ∆χσ 2

∆χ being nearly
constant over these ∆χ . In addition, the diffuse baryonic compo-
nent that lies far from halos is just the limit of diffuse profiles in
Equation (3), ∆DM(R,mh) % 1, noting that

∫
dmρ̄−1mnh(m) =

1. The form of ∆DM(R,mh) drops out in this limit.
The curves in Figure 2 show P (DM|1) calculated either using

Equation (3) or tracing skewers through the simulation. These
panels illustrate its dependence on the extent of the gas profile
around halos in the top hat models (top panel), on the specified
m∗ in the NFW profile models (middle panel), and on the
properties of the gas used to tabulate DM in the simulations
(bottom panel). Generically, all the models predict a high–DM
tail to the PDF. This tail is dominated by the most massive
systems with mh ! 1013 M'. In addition, the more diffuse the
gas around halos or the rarer the halos that can hold onto their
gas, the more concentrated is P (DM|zs). This trend simply owes
to each sightline intersecting a more statistically representative
set of structures in the models where the halos’ baryonic profiles

2 The isothermal potential model in Mo et al. (1998) yields a disk cross
section of Σdisk = π (λrvir)2/2 × 2/π = 0.0025rvir

2, where the latter is
evaluated for a halo spin parameter of λ = 0.05 (the rms found in
cosmological simulations). This model produces a scale radius that is ∼0.5 of
the estimated termination radius of the Milky Way’s electronic thick disk. The
Mo et al. (1998) model, in conjunction with Figure 1, predicts that a sightline
to zs = 1 intersects the disk of a >1011 M' halo 3% of the time.
3 This requires the replacement S → ∆DM in Equation (23) of Zhang &
Sheth (2007) and integration over the additional parameter R.

Figure 2. P (DM|zs = 1) in our analytic models (top two panels) and in the
simulation (bottom panel), normalized so that

∫
dDMP (DM) = 1000. The

different curves illustrate the dependence of this statistic on the extent of
the baryonic profile around halos (top panel), on the halo masses that retain
their gas (middle), and on baryonic overdensity and temperature thresholds
used in the tabulation of DM (bottom). The dotted vertical lines show the mean
DM. These lines are slightly offset in the bottom panel owing to star formation
in the simulation and/or the specified cuts.
(A color version of this figure is available in the online journal.)

are more diffuse. Lastly, the core of P (DM|1) asymptotes to a
Gaussian with σ ≈ 100 cm−3 pc that is determined by large-
scale cosmological density correlations in the limit that the
baryonic profiles are very diffuse (e.g., 2rvir case, top panel)
or that most sightlines do not intersect a gaseous halo (e.g.,
>1014 M' case, middle panel).

The simulation allows us to explore how gas at different tem-
peratures and densities contributes to the shape of P (DM|zs).
The dash-dotted curve in the bottom panel of Figure 2 excludes
gas with δe > 300 from the tally of DM. The dashed curve
excludes gas with T > 106 K. The comparison of these curves
with the solid curve, which includes all of the gas, shows that
hot, dense gas (likely associated with >1012 M' halos) con-
tributes to the high-DM tail in the simulations. We have also
examined the simulation in Faucher-Giguère et al. (2011) with
winds turned off: the high-DM tail essentially disappears (and
σ 2 [DM] is halved) in this simulation probably because of overly
efficient star formation.

4. THE DM–GALAXY CROSS CORRELATION

It is not possible to separate the DM contribution that
is intrinsic to the sources from that which is extragalactic.
However, the intrinsic contribution does not contaminate the
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damped Lyα systems; Wolfe et al. 2005),2 the standard deviation
in DM from disks alone would be just σdisk[DM] = 30 cm−3 pc,
which roughly adds in quadrature to the extragalactic compo-
nent of ∼200 cm−3 pc. Second, we show in Section 5 that sight-
lines that intersect interloping disks similar to or denser than the
Milky Way thick disk can be distinguished from other sightlines
owing to scattering.

3. PROBABILITY DISTRIBUTION FUNCTION OF DM

The characteristic function of the DM distribution—the
Fourier transform of the PDF—can be calculated in a manner
that is similar to the derivation in Zhang & Sheth (2007)
concerning the PDF of the Compton y-parameter from galaxy
clusters.3 For a source at redshift zs , the characteristic function
is

P̃ (t |zs) = exp

(∫ χ (zs )

0
dχ

[

A +
B2∆χ σ 2

∆χ

2

])

, (3)

where t is the Fourier dual of DM,

A =
∫

dmh d2R a−2n(mh, z)(e−it∆DM(R,mh) − 1),

B =
∫

dmh d2R a−2n(mh, z)b(mh, z)(e−it∆DM(R,mh) − 1),

σ 2
∆χ =

∫
d2k⊥dk‖

(2π )3
Pδ(k)sinc

[
∆χk‖

2

]2

,

R is the proper impact parameter, ∆DM is a halo’s DM profile
at R, n(mh, z) is the comoving number density of halos per mh,
b(mh, z) their linear bias, and Pδ the linear-theory matter over-
density power spectrum. The PDF of DM, P (DM|zs), is given
by the inverse Fourier transform of P̃ (t |zs). Equation (3) makes
one additional assumption beyond the standard halo model, that
the value of δe for skewers of length ∆χ is uncorrelated between
adjacent slices. This is a decent approximation if we evalu-
ate for ∆χ ! 100 Mpc, which manifests in ∆χσ 2

∆χ being nearly
constant over these ∆χ . In addition, the diffuse baryonic compo-
nent that lies far from halos is just the limit of diffuse profiles in
Equation (3), ∆DM(R,mh) % 1, noting that

∫
dmρ̄−1mnh(m) =

1. The form of ∆DM(R,mh) drops out in this limit.
The curves in Figure 2 show P (DM|1) calculated either using

Equation (3) or tracing skewers through the simulation. These
panels illustrate its dependence on the extent of the gas profile
around halos in the top hat models (top panel), on the specified
m∗ in the NFW profile models (middle panel), and on the
properties of the gas used to tabulate DM in the simulations
(bottom panel). Generically, all the models predict a high–DM
tail to the PDF. This tail is dominated by the most massive
systems with mh ! 1013 M'. In addition, the more diffuse the
gas around halos or the rarer the halos that can hold onto their
gas, the more concentrated is P (DM|zs). This trend simply owes
to each sightline intersecting a more statistically representative
set of structures in the models where the halos’ baryonic profiles

2 The isothermal potential model in Mo et al. (1998) yields a disk cross
section of Σdisk = π (λrvir)2/2 × 2/π = 0.0025rvir

2, where the latter is
evaluated for a halo spin parameter of λ = 0.05 (the rms found in
cosmological simulations). This model produces a scale radius that is ∼0.5 of
the estimated termination radius of the Milky Way’s electronic thick disk. The
Mo et al. (1998) model, in conjunction with Figure 1, predicts that a sightline
to zs = 1 intersects the disk of a >1011 M' halo 3% of the time.
3 This requires the replacement S → ∆DM in Equation (23) of Zhang &
Sheth (2007) and integration over the additional parameter R.

Figure 2. P (DM|zs = 1) in our analytic models (top two panels) and in the
simulation (bottom panel), normalized so that

∫
dDMP (DM) = 1000. The

different curves illustrate the dependence of this statistic on the extent of
the baryonic profile around halos (top panel), on the halo masses that retain
their gas (middle), and on baryonic overdensity and temperature thresholds
used in the tabulation of DM (bottom). The dotted vertical lines show the mean
DM. These lines are slightly offset in the bottom panel owing to star formation
in the simulation and/or the specified cuts.
(A color version of this figure is available in the online journal.)

are more diffuse. Lastly, the core of P (DM|1) asymptotes to a
Gaussian with σ ≈ 100 cm−3 pc that is determined by large-
scale cosmological density correlations in the limit that the
baryonic profiles are very diffuse (e.g., 2rvir case, top panel)
or that most sightlines do not intersect a gaseous halo (e.g.,
>1014 M' case, middle panel).

The simulation allows us to explore how gas at different tem-
peratures and densities contributes to the shape of P (DM|zs).
The dash-dotted curve in the bottom panel of Figure 2 excludes
gas with δe > 300 from the tally of DM. The dashed curve
excludes gas with T > 106 K. The comparison of these curves
with the solid curve, which includes all of the gas, shows that
hot, dense gas (likely associated with >1012 M' halos) con-
tributes to the high-DM tail in the simulations. We have also
examined the simulation in Faucher-Giguère et al. (2011) with
winds turned off: the high-DM tail essentially disappears (and
σ 2 [DM] is halved) in this simulation probably because of overly
efficient star formation.

4. THE DM–GALAXY CROSS CORRELATION

It is not possible to separate the DM contribution that
is intrinsic to the sources from that which is extragalactic.
However, the intrinsic contribution does not contaminate the
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with M> 1013h!1M", the bias is virtually indistinguish-
able from that obtained for CDM. For the case of lower
masses, we see that the bias has a clear dependence on the
mass of the WDM particle. For lower mass particles the

bias of low mass haloes is significantly boosted with
respect to CDM.
The right panel of Fig. 4 shows this last point in more

detail. Here we plot the ratio of the bias in theWDMmodel

FIG. 3 (color online). Left panel: Halo mass function as a function of halo mass. Lines show the theoretical predictions from the ST
model of Eq. (40). The uppermost (black) solid line denotes the result for CDM; from bottom to top, the dot-dash lines denote results
for WDM for our standard set of particle masses (mWDM # mX ¼ f0:25; 0:50:751:0; 1:25g keV) with no cutoff mass applied; the solid
colored lines denote the same, but with a cutoff mass scale as given in Eq. (49), and here we use !logM ¼ 0:5. Right panel: Fractional
difference between the WDM and CDM mass functions, as a function of halo mass scaled in units of the WDM free-streaming mass
scale Mfs. Line styles are the same as in left panel, but this time the mass of the WDM particle increases from top to bottom.

FIG. 4 (color online). Left panel: Halo bias as a function of halo mass for various dark matter models. The lowermost solid (black)
line denotes the results for CDM; from top to bottom, the dot-dashed line denotes the halo bias for our standard set of WDM particle
masses (mWDM # mX ¼ f0:25; 0:5; 0:75; 1:0; 1:25g keV). The dashed lines denote the bias of the smooth component of mass as given
by Eq. (35). Right panel: fractional difference between the bias in WDM and CDMmodels as a function of halo mass scaled in units of
the free-streaming mass scale Mfs. WDM particle mass increases from bottom to top.
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Figure 1. Top panel: the average number of halos above the specified mass
thresholds that a sightline intersects within 1rvir. Bottom panel: the mean
dispersion measure (solid curve) as well as the standard deviation in its value
for the considered models (other curves).
(A color version of this figure is available in the online journal.)

For this curve and subsequent analytic calculations, we take all
of the cosmic baryons to be in a diffuse, fully ionized phase.

The sightline-to-sightline scatter in DM(z) primarily owes
to scatter in the number of collapsed systems that a sightline
encounters. The top panel of Figure 1 shows the number of
halos above the specified halo mass thresholds that the average
sightline intersects within 1rvir. For a sightline with zs = 1, on
average it intersects N (mh) = 1, 3, 10, and 20 halos with mh
greater than 1013, 1012, 1011, and 1010 M!, respectively. The
fraction of the dark matter that resides in halos above these
masses is f = 0.19, 0.30, 0.39, and 0.46 at z = 0 (f = 0.07,
0.16, 0.26, 0.33 at z = 1). Halos with mh < 1010 M! are
below the Jeans’ mass of the IGM and, therefore, unlikely to be
overdense in gas.

The sightline-to-sightline variance in DM(zs) is given by

σ 2[DM] =
∫ zs

0

c dz1

a1H (z1)

∫ zs

0

c dz2

a2H (z2)
ρ̄2

e (0) 〈δe(z1)δe(z2)〉 ,

≈
∫ zs

0

c dz

H (z)
(1 + z)2ρ̄2

e (0)
∫

d2k⊥

(2π )2
Pe(k⊥, z),

where an = (1 + zn)−1, ρ̄e(z) is the mean electron number
density, δe(z) is the electron overdensity, Pe(k, z) = 〈|δ̃e(k, z)2|〉
is its spatial three-dimensional power spectrum, tildes denote the
Fourier dual in the convention where 2π ’s appear only under
dk’s, and 〈. . .〉 indicates an ensemble average.

To calculate Pe and hence σ 2[DM], we consider three models
(ordered in increasing sophistication) for halos’ gas profile of
the ionized baryons:

1. The baryons associated with mh > 1010 M! halos are
distributed as a top hat with radius Xrvir, which yields for

each halo a DM at R ' Xrvir of

∆DM = 28 (1 + z)
α2/3

X2

(
mh

1012 M!

)1/3

cm−3 pc.

Here, α is the dark matter density within 1rvir in units of 200
times its cosmic mean. The unassociated baryons (or those
associated with less massive halos) in this model and Model
2 are assumed to trace the linear density field. As long as
they are more diffuse than the baryons associated with the
more massive halos, this assumption has little impact on
our results.

2. The baryons trace the dark matter halo profile above a cer-
tain mass threshold, m∗. Our calculations assume NFW halo
profiles (Navarro et al. 1996) and the concentration–halo
mass relation of Bullock et al. (2001). In addition, we use the
case m∗ = 1013 M! to approximate the Sharma et al. (2012)
model for the intrahalo medium. Sharma et al. (2012) find
that halos with mh > 1013 M! have the potential to retain
most of their gas in a virialized intrahalo medium, whereas
lower mass halos cannot as densities would be required that
are thermally unstable.

3. The baryon distribution in the “swinds” 40 h−1 Mpc,
2 × 5123 particle cosmological simulation of Faucher-
Giguère et al. (2011), which was run with the GADGET-3
SPH code (Springel 2005). This simulation uses the
Springel & Hernquist (2003) galactic wind prescription,
with 2 M! ejected in a 342 km s−1 wind for every 1 M!
of star formation. These parameters were chosen to match
observations of the z = 0 stellar mass function.

We use the standard halo model to calculate Pe for Models 1
and 2, but with the specified baryonic profiles rather than NFW
profiles. The standard halo model approximates correlations in
the cosmological density field as a superstition of the linear
density field correlations (convolved with the halos’ profiles)
plus a Poissonian term that results from internal correlations
within each halo. This ansatz has met much success reproducing
the statistics of the nonlinear dark matter field (see Cooray &
Sheth 2002 for a review). For Model 3, we instead trace skewers
through the simulation volume on the light cone.

The curves in the bottom panel of Figure 1 show our estimates
for σ [DM] in the three baryonic profile models. Model 2 with
m∗ = 1010 M!, annotated as “trace the dark matter,” results in
the largest dispersion, with σ [DM] = 400 cm−3 pc at z = 1.
The other models have reduced dispersion, with the 1rvir top
hat model having the smallest with σ [DM] = 180 cm−3 pc. The
dispersion in the case where the baryons trace NFW halos for
mh > 1013 M! (which mimics the Sharma et al. 2012 model) is
only somewhat smaller than the dark matter tracing case, which
we explain in Section 3. These variances are not only a signal,
but set the noise of the stacking analysis discussed in Section 4.

Our models have ignored the contribution of a disky elec-
tronic component to σ [DM]. There are two justifications for
this omission. First, the disky component is unlikely to con-
tribute significantly to σ [DM]. In the Cordes & Lazio (2002)
model for the Milky Way electron distribution, an r = 18 kpc
thick disk contributes a maximum of 60 cm−3 pc for sightlines
perpendicular to the disk plane, and the thick disk is the largest
contributor to the electronic column everywhere except in the
Galactic Center. Consider a toy model motivated by the Milky
Way thick disk in which all galactic disks have a column of
DMdisk = 100 cm−3 pc. If 10% of zs = 1 sightlines intersect
disks (a factor of a few higher than empirical estimates based on
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Figure 1. Top panel: the average number of halos above the specified mass
thresholds that a sightline intersects within 1rvir. Bottom panel: the mean
dispersion measure (solid curve) as well as the standard deviation in its value
for the considered models (other curves).
(A color version of this figure is available in the online journal.)

For this curve and subsequent analytic calculations, we take all
of the cosmic baryons to be in a diffuse, fully ionized phase.
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to scatter in the number of collapsed systems that a sightline
encounters. The top panel of Figure 1 shows the number of
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sightline intersects within 1rvir. For a sightline with zs = 1, on
average it intersects N (mh) = 1, 3, 10, and 20 halos with mh
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fraction of the dark matter that resides in halos above these
masses is f = 0.19, 0.30, 0.39, and 0.46 at z = 0 (f = 0.07,
0.16, 0.26, 0.33 at z = 1). Halos with mh < 1010 M! are
below the Jeans’ mass of the IGM and, therefore, unlikely to be
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is its spatial three-dimensional power spectrum, tildes denote the
Fourier dual in the convention where 2π ’s appear only under
dk’s, and 〈. . .〉 indicates an ensemble average.

To calculate Pe and hence σ 2[DM], we consider three models
(ordered in increasing sophistication) for halos’ gas profile of
the ionized baryons:

1. The baryons associated with mh > 1010 M! halos are
distributed as a top hat with radius Xrvir, which yields for
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Here, α is the dark matter density within 1rvir in units of 200
times its cosmic mean. The unassociated baryons (or those
associated with less massive halos) in this model and Model
2 are assumed to trace the linear density field. As long as
they are more diffuse than the baryons associated with the
more massive halos, this assumption has little impact on
our results.

2. The baryons trace the dark matter halo profile above a cer-
tain mass threshold, m∗. Our calculations assume NFW halo
profiles (Navarro et al. 1996) and the concentration–halo
mass relation of Bullock et al. (2001). In addition, we use the
case m∗ = 1013 M! to approximate the Sharma et al. (2012)
model for the intrahalo medium. Sharma et al. (2012) find
that halos with mh > 1013 M! have the potential to retain
most of their gas in a virialized intrahalo medium, whereas
lower mass halos cannot as densities would be required that
are thermally unstable.

3. The baryon distribution in the “swinds” 40 h−1 Mpc,
2 × 5123 particle cosmological simulation of Faucher-
Giguère et al. (2011), which was run with the GADGET-3
SPH code (Springel 2005). This simulation uses the
Springel & Hernquist (2003) galactic wind prescription,
with 2 M! ejected in a 342 km s−1 wind for every 1 M!
of star formation. These parameters were chosen to match
observations of the z = 0 stellar mass function.

We use the standard halo model to calculate Pe for Models 1
and 2, but with the specified baryonic profiles rather than NFW
profiles. The standard halo model approximates correlations in
the cosmological density field as a superstition of the linear
density field correlations (convolved with the halos’ profiles)
plus a Poissonian term that results from internal correlations
within each halo. This ansatz has met much success reproducing
the statistics of the nonlinear dark matter field (see Cooray &
Sheth 2002 for a review). For Model 3, we instead trace skewers
through the simulation volume on the light cone.

The curves in the bottom panel of Figure 1 show our estimates
for σ [DM] in the three baryonic profile models. Model 2 with
m∗ = 1010 M!, annotated as “trace the dark matter,” results in
the largest dispersion, with σ [DM] = 400 cm−3 pc at z = 1.
The other models have reduced dispersion, with the 1rvir top
hat model having the smallest with σ [DM] = 180 cm−3 pc. The
dispersion in the case where the baryons trace NFW halos for
mh > 1013 M! (which mimics the Sharma et al. 2012 model) is
only somewhat smaller than the dark matter tracing case, which
we explain in Section 3. These variances are not only a signal,
but set the noise of the stacking analysis discussed in Section 4.

Our models have ignored the contribution of a disky elec-
tronic component to σ [DM]. There are two justifications for
this omission. First, the disky component is unlikely to con-
tribute significantly to σ [DM]. In the Cordes & Lazio (2002)
model for the Milky Way electron distribution, an r = 18 kpc
thick disk contributes a maximum of 60 cm−3 pc for sightlines
perpendicular to the disk plane, and the thick disk is the largest
contributor to the electronic column everywhere except in the
Galactic Center. Consider a toy model motivated by the Milky
Way thick disk in which all galactic disks have a column of
DMdisk = 100 cm−3 pc. If 10% of zs = 1 sightlines intersect
disks (a factor of a few higher than empirical estimates based on
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C. Warm dark matter

To evaluate the halo mass function in the WDM
cosmology, we utilize the prescription of Smith and
Markovic [47]. For WDM of particle mass mWDM and
density ΩWDM relative to the critical density, the comoving
free streaming scale can be approximated by

λfs ∼ 0.11
!
ΩWDMh2
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½Mpc": ð17Þ

The mass scale below which halo formation is suppressed
is [48]

Mfs ¼
4

3
π

!
λfs
2

"
3

ρ̄m: ð18Þ

The halo mass function in the WDM cosmology is
approximately [47]
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Here σlogM ¼ 0.5, and ½dn=dM"PS is the Press-Schechter
mass function evaluated with a fitting formula for the
matter power spectrum with WDM [49,50]

PWDMðkÞ ¼ PCDMðkÞf½1þ ðαkÞ2μ"−5=μg2; ð20Þ

where α and μ are fitting parameters given by
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and μ ¼ 1.12 [50].
The resulting halo mass functions at z ¼ 10 and 20 for

WDM with different particle masses compared with CDM
are plotted in Fig. 9. As can clearly be seen, WDM
drastically suppresses the mass function below the mass
scaleMfs that depends onmWDM, while remaining identical
to CDM above this scale.
Figure 10 shows the corresponding abundance of 21 cm

absorbers for WDM, which manifest dramatic changes in
accord with the halo mass function at small masses. The
effects at z ¼ 20 are even stronger than at z ¼ 10, for
reasons similar to that discussed above for neutrinos or RSI.
In fact, if mWDM is in the few keV range as is favored to
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to CDM above this scale.
Figure 10 shows the corresponding abundance of 21 cm

absorbers for WDM, which manifest dramatic changes in
accord with the halo mass function at small masses. The
effects at z ¼ 20 are even stronger than at z ¼ 10, for
reasons similar to that discussed above for neutrinos or RSI.
In fact, if mWDM is in the few keV range as is favored to

10-2

10-1

100

101

102

τd
2 N

/d
zd

τ

z=10
(ns, dns/dlnk)

(0.968, 0)
(0.9548, -0.0149)

(0.96, -0.022)

10-4

10-3

10-2

10-1

 0.01  0.1  1

τd
2 N

/d
zd

τ

τ

z=20

FIG. 8 (color online). Abundance of 21 cm absorption features
per redshift interval at z ¼ 10 (top) and z ¼ 20 (bottom), for
various combinations of the spectral index ns and its running
dns=d ln k as indicated in the legend. Note that the case of ns ¼
0.9548 and dns=d ln k ¼ −0.0149 corresponds to the constraints
from PlanckþWMAP polarizationþ high-l CMB data.

10-8

10-6

10-4

10-2

100

102

104

dn
/d

ln
M

 [h
3  M

pc
-3

]

z=10

CDM
mWDM=10keV

mWDM=6keV
mWDM=2keV

10-8

10-6

10-4

10-2

100

102

104

104 105 106 107 108 109 1010 1011 1012

dn
/d

ln
M

 [h
3  M

pc
-3

]

M [h-1 Msun]

z=20

FIG. 9 (color online). Halo mass functions at z ¼ 10 (top) and
z ¼ 20 (bottom) for CDM (red), and WDM with mWDM ¼
10 keV (blue) and 2 keV (green).

SHIMABUKURO et al. PHYSICAL REVIEW D 90, 083003 (2014)

083003-8

C. Warm dark matter

To evaluate the halo mass function in the WDM
cosmology, we utilize the prescription of Smith and
Markovic [47]. For WDM of particle mass mWDM and
density ΩWDM relative to the critical density, the comoving
free streaming scale can be approximated by

λfs ∼ 0.11
!
ΩWDMh2

0.15

"
1=3!mWDM

keV

"−4=3
½Mpc": ð17Þ

The mass scale below which halo formation is suppressed
is [48]

Mfs ¼
4

3
π

!
λfs
2

"
3

ρ̄m: ð18Þ

The halo mass function in the WDM cosmology is
approximately [47]

dn
dM

ðM; zÞ ¼ 1

2

#
1þ erf

$
log10ðM=MfsÞ

σlogM

%&$
dn
dM

%

PS
:

ð19Þ

Here σlogM ¼ 0.5, and ½dn=dM"PS is the Press-Schechter
mass function evaluated with a fitting formula for the
matter power spectrum with WDM [49,50]

PWDMðkÞ ¼ PCDMðkÞf½1þ ðαkÞ2μ"−5=μg2; ð20Þ

where α and μ are fitting parameters given by

α ¼ 0.049
!
mWDM

keV

"−1.11!ΩWDM

0.25

"
0.15

!
h
0.7

"
1.22

h−1 Mpc"

ð21Þ

and μ ¼ 1.12 [50].
The resulting halo mass functions at z ¼ 10 and 20 for

WDM with different particle masses compared with CDM
are plotted in Fig. 9. As can clearly be seen, WDM
drastically suppresses the mass function below the mass
scaleMfs that depends onmWDM, while remaining identical
to CDM above this scale.
Figure 10 shows the corresponding abundance of 21 cm

absorbers for WDM, which manifest dramatic changes in
accord with the halo mass function at small masses. The
effects at z ¼ 20 are even stronger than at z ¼ 10, for
reasons similar to that discussed above for neutrinos or RSI.
In fact, if mWDM is in the few keV range as is favored to

10-2

10-1

100

101

102

τd
2 N

/d
zd

τ

z=10
(ns, dns/dlnk)

(0.968, 0)
(0.9548, -0.0149)

(0.96, -0.022)

10-4

10-3

10-2

10-1

 0.01  0.1  1

τd
2 N

/d
zd

τ

τ

z=20

FIG. 8 (color online). Abundance of 21 cm absorption features
per redshift interval at z ¼ 10 (top) and z ¼ 20 (bottom), for
various combinations of the spectral index ns and its running
dns=d ln k as indicated in the legend. Note that the case of ns ¼
0.9548 and dns=d ln k ¼ −0.0149 corresponds to the constraints
from PlanckþWMAP polarizationþ high-l CMB data.

10-8

10-6

10-4

10-2

100

102

104

dn
/d

ln
M

 [h
3  M

pc
-3

]

z=10

CDM
mWDM=10keV

mWDM=6keV
mWDM=2keV

10-8

10-6

10-4

10-2

100

102

104

104 105 106 107 108 109 1010 1011 1012

dn
/d

ln
M

 [h
3  M

pc
-3

]

M [h-1 Msun]

z=20

FIG. 9 (color online). Halo mass functions at z ¼ 10 (top) and
z ¼ 20 (bottom) for CDM (red), and WDM with mWDM ¼
10 keV (blue) and 2 keV (green).

SHIMABUKURO et al. PHYSICAL REVIEW D 90, 083003 (2014)

083003-8

C. Warm dark matter

To evaluate the halo mass function in the WDM
cosmology, we utilize the prescription of Smith and
Markovic [47]. For WDM of particle mass mWDM and
density ΩWDM relative to the critical density, the comoving
free streaming scale can be approximated by

λfs ∼ 0.11
!
ΩWDMh2

0.15

"
1=3!mWDM

keV

"−4=3
½Mpc": ð17Þ

The mass scale below which halo formation is suppressed
is [48]

Mfs ¼
4

3
π

!
λfs
2

"
3

ρ̄m: ð18Þ

The halo mass function in the WDM cosmology is
approximately [47]

dn
dM

ðM; zÞ ¼ 1

2

#
1þ erf

$
log10ðM=MfsÞ

σlogM

%&$
dn
dM

%

PS
:

ð19Þ

Here σlogM ¼ 0.5, and ½dn=dM"PS is the Press-Schechter
mass function evaluated with a fitting formula for the
matter power spectrum with WDM [49,50]
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The resulting halo mass functions at z ¼ 10 and 20 for

WDM with different particle masses compared with CDM
are plotted in Fig. 9. As can clearly be seen, WDM
drastically suppresses the mass function below the mass
scaleMfs that depends onmWDM, while remaining identical
to CDM above this scale.
Figure 10 shows the corresponding abundance of 21 cm

absorbers for WDM, which manifest dramatic changes in
accord with the halo mass function at small masses. The
effects at z ¼ 20 are even stronger than at z ¼ 10, for
reasons similar to that discussed above for neutrinos or RSI.
In fact, if mWDM is in the few keV range as is favored to
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Figure 1. Top panel: the average number of halos above the specified mass
thresholds that a sightline intersects within 1rvir. Bottom panel: the mean
dispersion measure (solid curve) as well as the standard deviation in its value
for the considered models (other curves).
(A color version of this figure is available in the online journal.)

For this curve and subsequent analytic calculations, we take all
of the cosmic baryons to be in a diffuse, fully ionized phase.

The sightline-to-sightline scatter in DM(z) primarily owes
to scatter in the number of collapsed systems that a sightline
encounters. The top panel of Figure 1 shows the number of
halos above the specified halo mass thresholds that the average
sightline intersects within 1rvir. For a sightline with zs = 1, on
average it intersects N (mh) = 1, 3, 10, and 20 halos with mh
greater than 1013, 1012, 1011, and 1010 M!, respectively. The
fraction of the dark matter that resides in halos above these
masses is f = 0.19, 0.30, 0.39, and 0.46 at z = 0 (f = 0.07,
0.16, 0.26, 0.33 at z = 1). Halos with mh < 1010 M! are
below the Jeans’ mass of the IGM and, therefore, unlikely to be
overdense in gas.

The sightline-to-sightline variance in DM(zs) is given by

σ 2[DM] =
∫ zs

0

c dz1

a1H (z1)

∫ zs

0

c dz2

a2H (z2)
ρ̄2

e (0) 〈δe(z1)δe(z2)〉 ,
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0

c dz

H (z)
(1 + z)2ρ̄2

e (0)
∫

d2k⊥

(2π )2
Pe(k⊥, z),

where an = (1 + zn)−1, ρ̄e(z) is the mean electron number
density, δe(z) is the electron overdensity, Pe(k, z) = 〈|δ̃e(k, z)2|〉
is its spatial three-dimensional power spectrum, tildes denote the
Fourier dual in the convention where 2π ’s appear only under
dk’s, and 〈. . .〉 indicates an ensemble average.

To calculate Pe and hence σ 2[DM], we consider three models
(ordered in increasing sophistication) for halos’ gas profile of
the ionized baryons:

1. The baryons associated with mh > 1010 M! halos are
distributed as a top hat with radius Xrvir, which yields for

each halo a DM at R ' Xrvir of

∆DM = 28 (1 + z)
α2/3

X2

(
mh

1012 M!

)1/3

cm−3 pc.

Here, α is the dark matter density within 1rvir in units of 200
times its cosmic mean. The unassociated baryons (or those
associated with less massive halos) in this model and Model
2 are assumed to trace the linear density field. As long as
they are more diffuse than the baryons associated with the
more massive halos, this assumption has little impact on
our results.

2. The baryons trace the dark matter halo profile above a cer-
tain mass threshold, m∗. Our calculations assume NFW halo
profiles (Navarro et al. 1996) and the concentration–halo
mass relation of Bullock et al. (2001). In addition, we use the
case m∗ = 1013 M! to approximate the Sharma et al. (2012)
model for the intrahalo medium. Sharma et al. (2012) find
that halos with mh > 1013 M! have the potential to retain
most of their gas in a virialized intrahalo medium, whereas
lower mass halos cannot as densities would be required that
are thermally unstable.

3. The baryon distribution in the “swinds” 40 h−1 Mpc,
2 × 5123 particle cosmological simulation of Faucher-
Giguère et al. (2011), which was run with the GADGET-3
SPH code (Springel 2005). This simulation uses the
Springel & Hernquist (2003) galactic wind prescription,
with 2 M! ejected in a 342 km s−1 wind for every 1 M!
of star formation. These parameters were chosen to match
observations of the z = 0 stellar mass function.

We use the standard halo model to calculate Pe for Models 1
and 2, but with the specified baryonic profiles rather than NFW
profiles. The standard halo model approximates correlations in
the cosmological density field as a superstition of the linear
density field correlations (convolved with the halos’ profiles)
plus a Poissonian term that results from internal correlations
within each halo. This ansatz has met much success reproducing
the statistics of the nonlinear dark matter field (see Cooray &
Sheth 2002 for a review). For Model 3, we instead trace skewers
through the simulation volume on the light cone.

The curves in the bottom panel of Figure 1 show our estimates
for σ [DM] in the three baryonic profile models. Model 2 with
m∗ = 1010 M!, annotated as “trace the dark matter,” results in
the largest dispersion, with σ [DM] = 400 cm−3 pc at z = 1.
The other models have reduced dispersion, with the 1rvir top
hat model having the smallest with σ [DM] = 180 cm−3 pc. The
dispersion in the case where the baryons trace NFW halos for
mh > 1013 M! (which mimics the Sharma et al. 2012 model) is
only somewhat smaller than the dark matter tracing case, which
we explain in Section 3. These variances are not only a signal,
but set the noise of the stacking analysis discussed in Section 4.

Our models have ignored the contribution of a disky elec-
tronic component to σ [DM]. There are two justifications for
this omission. First, the disky component is unlikely to con-
tribute significantly to σ [DM]. In the Cordes & Lazio (2002)
model for the Milky Way electron distribution, an r = 18 kpc
thick disk contributes a maximum of 60 cm−3 pc for sightlines
perpendicular to the disk plane, and the thick disk is the largest
contributor to the electronic column everywhere except in the
Galactic Center. Consider a toy model motivated by the Milky
Way thick disk in which all galactic disks have a column of
DMdisk = 100 cm−3 pc. If 10% of zs = 1 sightlines intersect
disks (a factor of a few higher than empirical estimates based on

2
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ABSTRACT

Recently, Thornton and coworkers confirmed a class of millisecond radio bursts likely of extragalactic origin that
is well-suited for estimating dispersion measures (DMs). We calculate the probability distribution of DM(z) in
different models for how the cosmic baryons are distributed (both analytically and with cosmological simulations).
We show that the distribution of DM is quite sensitive to whether the “missing” baryons lie around the virial
radius of 1011–1013 M" halos or further out, which is not easily constrained with other observational techniques.
The intrinsic contribution to DM from each source could complicate studies of the extragalactic contribution. This
difficulty is avoided by stacking based on the impact parameter to foreground galaxies. We show that a stacking
analysis using a sample of ∼100 DM measurements from arcminute-localized, z ! 0.5 sources would place
interesting constraints at 0.2–2 halo virial radii on the baryonic mass profile surrounding different galaxy types.
Conveniently for intergalactic studies, sightlines that intersect intervening galactic disks should be easily identified
owing to scattering. A detectable level of scattering may also result from turbulence in the circumgalactic medium.

Key words: cosmology: theory – intergalactic medium – large-scale structure of universe – radio continuum:
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1. INTRODUCTION

Approximately 5% of the cosmic baryons at z ∼ 0 are
observed to lie within galaxies, 5% are seen as an X-ray coronae
in massive groups and clusters, and 30% reside in a warm
intergalactic phase observed in Lyα absorption (Kauffmann
et al. 2003; Fukugita & Peebles 2004). The constraints on the
locations of the rest (the majority) of the cosmic baryons are
weaker, as they reside at densities and temperatures that do
not afford significant absorption or emission, except sometimes
from highly ionized states of oxygen (Cen & Ostriker 1999;
Bregman 2007; Shull et al. 2012).

Finding these “missing” baryons would inform models for
accretion onto, and feedback within, galactic halos. Half of the
universe’s dark matter resides in halos with mh > 1010 M",
where mh is the halo mass. However, much less than half of the
baryons are observed to lie within these halos: The z = 0 stellar
mass to halo mass ratio for mh = 1012 M" has been estimated
to be 0.2+0.2

−0.1fb (Behroozi et al. 2013), where fb = Ωb/Ωm,
declining sharply towards both lower and higher masses. The
diffuse galactic gas mass to halo mass ratio is even a few times
smaller. Much of fbmh has been observed as hot intrahalo
gas in mh ! 1014 M" halos (Dai et al. 2010). However, for
mh " 1013 M", the bulk of the unseen baryons cannot constitute
a hot atmosphere, as it would be thermally unstable (Sharma
et al. 2012).

Here we consider whether the dispersion measures (DMs) of
extragalactic sources could aid this cosmic census. In contrast
to the other observables, every diffuse ionized baryon along a
sightline contributes equally to the DM. Until recently there
was no reason to think that redshifted sources existed for which
DM could be measured. Thornton et al. (2013) identified a
class of out-of-the-plane, highly dispersed (and hence likely
extragalactic) millisecond radio bursts, confirming previous
indications (Lorimer et al. 2007). The four bursts reported in

1 Hubble fellow.

Thornton et al. (2013) have redshifts of 0.5–1 if their DM were
sourced by the intergalactic medium (IGM). Lorimer et al.
(2013) forecast that widefield radio interferometers that are
presently coming online could detect tens per day of these
events. Unfortunately, DM cannot be measured towards non-
variable sources as had been suggested by several recent studies
(Hirata & McQuinn 2013).

Previous theoretical investigations of the uses of extragalac-
tic DM measurements assumed a homogeneous universe (Ioka
2003; Inoue 2004). Here we consider the effects of inhomo-
geneities, which lead to substantial sightline-to-sightline scatter
around the mean DM(z). In addition to setting the error bar on
measurements of the mean DM(z), the statistics of this scatter
constrain the locations of the “missing” baryons.

The calculations in this Letter assume a flat ΛCDM cosmolog-
ical model, consistent with the recent determinations of Planck
Collaboration et al. (2013), and the Sheth & Tormen (2002) halo
mass function.

2. SIGHTLINE-TO-SIGHTLINE SCATTER IN DM

Photons propagate through the cosmic plasma at a speed that
depends on frequency. The delay between the arrival time of a
photon with observed frequency in units of GHz, νGHz, and one
with a much higher frequency is given by

∆t = 4.2 ν−2
GHz

(
DM

103 cm−3 pc

)
s, (1)

where DM is the “dispersion measure.” For cosmological
distances,

DM(zs) =
∫ χ (zs )

0
dχ

ρe(z, n̂)
(1 + z)2

, (2)

where dχ = c dz/H (z) is the differential of the conformal
distance, χ , ρe(z, n̂) is the electron number density at redshift z
in direction n̂, and zs is the source redshift. In the bottom panel
of Figure 1, the solid curve shows the mean value of DM(z).
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in direction n̂, and zs is the source redshift. In the bottom panel
of Figure 1, the solid curve shows the mean value of DM(z).
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Figure 1. Top panel: the average number of halos above the specified mass
thresholds that a sightline intersects within 1rvir. Bottom panel: the mean
dispersion measure (solid curve) as well as the standard deviation in its value
for the considered models (other curves).
(A color version of this figure is available in the online journal.)

For this curve and subsequent analytic calculations, we take all
of the cosmic baryons to be in a diffuse, fully ionized phase.

The sightline-to-sightline scatter in DM(z) primarily owes
to scatter in the number of collapsed systems that a sightline
encounters. The top panel of Figure 1 shows the number of
halos above the specified halo mass thresholds that the average
sightline intersects within 1rvir. For a sightline with zs = 1, on
average it intersects N (mh) = 1, 3, 10, and 20 halos with mh
greater than 1013, 1012, 1011, and 1010 M!, respectively. The
fraction of the dark matter that resides in halos above these
masses is f = 0.19, 0.30, 0.39, and 0.46 at z = 0 (f = 0.07,
0.16, 0.26, 0.33 at z = 1). Halos with mh < 1010 M! are
below the Jeans’ mass of the IGM and, therefore, unlikely to be
overdense in gas.

The sightline-to-sightline variance in DM(zs) is given by

σ 2[DM] =
∫ zs

0

c dz1

a1H (z1)

∫ zs

0

c dz2

a2H (z2)
ρ̄2

e (0) 〈δe(z1)δe(z2)〉 ,

≈
∫ zs

0

c dz

H (z)
(1 + z)2ρ̄2

e (0)
∫

d2k⊥

(2π )2
Pe(k⊥, z),

where an = (1 + zn)−1, ρ̄e(z) is the mean electron number
density, δe(z) is the electron overdensity, Pe(k, z) = 〈|δ̃e(k, z)2|〉
is its spatial three-dimensional power spectrum, tildes denote the
Fourier dual in the convention where 2π ’s appear only under
dk’s, and 〈. . .〉 indicates an ensemble average.

To calculate Pe and hence σ 2[DM], we consider three models
(ordered in increasing sophistication) for halos’ gas profile of
the ionized baryons:

1. The baryons associated with mh > 1010 M! halos are
distributed as a top hat with radius Xrvir, which yields for

each halo a DM at R ' Xrvir of

∆DM = 28 (1 + z)
α2/3

X2

(
mh

1012 M!

)1/3

cm−3 pc.

Here, α is the dark matter density within 1rvir in units of 200
times its cosmic mean. The unassociated baryons (or those
associated with less massive halos) in this model and Model
2 are assumed to trace the linear density field. As long as
they are more diffuse than the baryons associated with the
more massive halos, this assumption has little impact on
our results.

2. The baryons trace the dark matter halo profile above a cer-
tain mass threshold, m∗. Our calculations assume NFW halo
profiles (Navarro et al. 1996) and the concentration–halo
mass relation of Bullock et al. (2001). In addition, we use the
case m∗ = 1013 M! to approximate the Sharma et al. (2012)
model for the intrahalo medium. Sharma et al. (2012) find
that halos with mh > 1013 M! have the potential to retain
most of their gas in a virialized intrahalo medium, whereas
lower mass halos cannot as densities would be required that
are thermally unstable.

3. The baryon distribution in the “swinds” 40 h−1 Mpc,
2 × 5123 particle cosmological simulation of Faucher-
Giguère et al. (2011), which was run with the GADGET-3
SPH code (Springel 2005). This simulation uses the
Springel & Hernquist (2003) galactic wind prescription,
with 2 M! ejected in a 342 km s−1 wind for every 1 M!
of star formation. These parameters were chosen to match
observations of the z = 0 stellar mass function.

We use the standard halo model to calculate Pe for Models 1
and 2, but with the specified baryonic profiles rather than NFW
profiles. The standard halo model approximates correlations in
the cosmological density field as a superstition of the linear
density field correlations (convolved with the halos’ profiles)
plus a Poissonian term that results from internal correlations
within each halo. This ansatz has met much success reproducing
the statistics of the nonlinear dark matter field (see Cooray &
Sheth 2002 for a review). For Model 3, we instead trace skewers
through the simulation volume on the light cone.

The curves in the bottom panel of Figure 1 show our estimates
for σ [DM] in the three baryonic profile models. Model 2 with
m∗ = 1010 M!, annotated as “trace the dark matter,” results in
the largest dispersion, with σ [DM] = 400 cm−3 pc at z = 1.
The other models have reduced dispersion, with the 1rvir top
hat model having the smallest with σ [DM] = 180 cm−3 pc. The
dispersion in the case where the baryons trace NFW halos for
mh > 1013 M! (which mimics the Sharma et al. 2012 model) is
only somewhat smaller than the dark matter tracing case, which
we explain in Section 3. These variances are not only a signal,
but set the noise of the stacking analysis discussed in Section 4.

Our models have ignored the contribution of a disky elec-
tronic component to σ [DM]. There are two justifications for
this omission. First, the disky component is unlikely to con-
tribute significantly to σ [DM]. In the Cordes & Lazio (2002)
model for the Milky Way electron distribution, an r = 18 kpc
thick disk contributes a maximum of 60 cm−3 pc for sightlines
perpendicular to the disk plane, and the thick disk is the largest
contributor to the electronic column everywhere except in the
Galactic Center. Consider a toy model motivated by the Milky
Way thick disk in which all galactic disks have a column of
DMdisk = 100 cm−3 pc. If 10% of zs = 1 sightlines intersect
disks (a factor of a few higher than empirical estimates based on
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Our models have ignored the contribution of a disky elec-
tronic component to σ [DM]. There are two justifications for
this omission. First, the disky component is unlikely to con-
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model for the Milky Way electron distribution, an r = 18 kpc
thick disk contributes a maximum of 60 cm−3 pc for sightlines
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3 Halo model in pure ⇤CDM cosmology

In this section we briefly review the halo model [53], as it was built for cosmologies without
massive neutrinos.

Simulations showed that the initial smooth dark matter field evolves in a network of
filaments and knots, which are highly non-linear. The halo model provides a description of
the statistical properties of this evolved dark matter field, assuming that all the matter is
bound up in isolated knots, called halos. Let us call ~xi the centers of these halos. Then, the
matter density at position ~x is given by summing up the contribution from each halo

⇢(~x) =
X

i

⇢(~x� ~xi|Mi) (3.1)

=
X

i

Z
dM �(M �Mi)

Z
d

3
x

0
�

3(~x0 � ~xi) M u(~x� ~x

0|M) , (3.2)

where ⇢(~x�~xi|Mi) is the density around the i�th halo and we have assumed that it depends
only on the mass Mi contained in the halo, whereas u(~x� ~xi|Mi) ⌘ ⇢(~x� ~xi|Mi)/Mi is the
normalized profile.
Let us consider the matter density contrast, which is defined as �(~x) = ⇢(~x)/⇢̄� 1, where ⇢̄

is the comoving background matter density, and the power spectrum, which is the Fourier
transform of the two-point correlation function h�(~x1)�(~x2)i, with the average taken over the
ensemble. The fully non-linear matter power spectrum predicted by the halo model is given
by the sum of two terms

P (k) = P1h(k) + P2h(k) . (3.3)

The 1-halo term, P1h(k), counts for the correlations between particles that belong to the
same halo and dominates on small scales, whereas the 2-halo term, P2h(k), describes the
correlation between particles in di↵erent halos and becomes important on large scales. Since
the comoving number density of halos of mass M , per mass unit, at redshift z is defined as

*
X

i

�(M �Mi) �
3(~x0 � ~xi)

+
⌘ n(M, z) , (3.4)

and we assume a spherically symmetric profile u(~x � ~xi|Mi) = u(ri|Mi), the 1- and 2-halo
terms are

P1h(k, z) =

Z 1

0
dM n(M, z)

✓
M

⇢̄

◆2

|u(k|M)|2 (3.5)

P2h(k, z) =

Z 1

0
dM

0
n(M 0

, z)
M

0

⇢̄

u(k|M 0) (3.6)

⇥
Z 1

0
dM

00
n(M 00

, z)
M

00

⇢̄

u(k|M 00)Phh(k|M 0
,M

00
, z),

where Phh(k|M 0
,M

00
, z) is the power spectrum of halos of mass M

0 and M

00 and u(k|M) is
the Fourier transform of the normalized profile

u(k|M) =

Z Rv

0
dr 4⇡r2

sin(kr)

kr

u(r|M) . (3.7)
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Figure 1. Matter power spectrum in a ⇤CDM cosmology. The left and right panels display results
at redshifts z = 0 and z = 1, respectively. Black lines show the matter power spectrum as computed
from the halo model: the dashed line is the 1-halo term, the dot-dashed one is the 2-halo term and the
solid one is the sum of the two terms. Red lines show the linear predictions whereas blue and green
lines are the results from N-boby simulations with box size L = 200 Mpc/h and L = 1000 Mpc/h,
respectively. The bottom panels show the relative di↵erence between the power spectra from the halo
model and from N-body simulations.

which shows that in this case M is actually the mass of the region in the Lagrangian space
with radius R that collapses in a halo with same mass and radius Rv in the evolved field.
Since there is a deterministic relation between M , R, �(M, z) and ⌫, the number density
n(M, z) can be expressed in terms of the peak height ⌫ as

n(M, z) dM =
⇢̄

M

f(⌫) d⌫ , (3.16)

where the mass function f(⌫) is a universal function of ⌫, i.e. independent of redshift and the
shape of the initial power spectrum. For what follows we will use the Sheth-Tormen (ST)
mass function [64], which provides a good fit to the number density of halos in simulations.

Moreover, on large scales, where the 2-halo term dominates, the halo-halo power spec-
trum Phh(k|M 0

,M

00
, z) in (3.6) can be expressed in terms of the linear halo bias b(M, z) with

respect to the matter density field:

Phh(k|M 0
,M

00
, z) = b(M 0

, z)b(M 00
, z)PL(k, z) . (3.17)

Therefore, using (3.16) and (3.17) we can rewrite (3.5) and (3.6) as

P1h(k, z) =

Z 1

0
d⌫f(⌫)

M

⇢̄

|u(k|⌫)|2 , (3.18)

P2h(k, z) =

Z 1

0
d⌫f(⌫)b(⌫)u(k|⌫)

�2
P

L(k, z) . (3.19)

The ST mass function and the halo bias are normalized so that
R1
0 d⌫f(⌫)b(⌫) = 1, and

from (3.11) is easy to show that u(k ! 0,M) = ⇢(k ! 0,M)/M = 1. Therefore, here the
2-halo term tends to the linear power spectrum as k goes to zero, P2h(k ! 0) ! P

L(k),

– 6 –

halo formation in peaks

Gaussian fluctuations on various scales 
(described by the power spectrum)

Peak-Background Split
• Schematic Picture:

3

2

1

0

x

δc

Large Scale "Background"

Enhanced 

"Peaks"

→→

first sites of halo formation

W. Hu

first sites of snowfall

→→

halo bias
• if halos are formed without regard to the underlying 

density, then

• but spherical collapse model indicates that the probability 
of forming a halo depends on the inital density field: large 
scale density acts as a background enhancement

δnh

nh

=

δρ

ρ

Peak-Background Split
• Schematic Picture:

3

2

1

0

x

δc

Large Scale "Background"

Enhanced 

"Peaks"

“peak-background split”
(more on the theory from Zentner)

in general a given model should simultaneously give b(M) and n(M)

halo bias in simulations

see also
Mo & White 1996; Sheth & Tormen 1999, 

Sheth, Mo & Tormen 2001, etc.

Numerical Bias
• Example of halo bias from a simulation (from Hu & Kravstov 2002)
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今後：�mWDMに対する制限の定量化	
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まとめ�
- 銀河スケール以下の揺らぎの性質は未解明	

- 最近発見されたFRBは大きな電波分散を示す	

  -> z~1程度の距離で電波分散は主にIGM起源	

- 将来は大きなサンプルで独立にz測定が期待できる	

  -> z~1までのIGM電離成分の総量＋揺らぎのプローブ	

- WDMに対する新たな制限？	

��missing satellite問題解決の糸口？�
��他の方法と相補的	



