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three-quarters of our binaries have measured or-
bital properties, which allowed us to directly mod-
el the orbital parameter distributions. (iii) The
orbital properties cover the full range of periods
and mass ratios relevant for binary interaction.
Thus, we are better equipped to draw direct con-
clusions about the relative importance of various
binary interaction scenarios.

We find an intrinsic binary fraction of fbin =
0.69 T 0.09, a strong preference for close pairs
(p = –0.55 T 0.2), and a uniform distribution of
the mass ratio (k = –0.1 T 0.6) for binaries with
periods up to about 9 years. Comparison of the
intrinsic, simulated, and observed cumulative dis-
tributions of the orbital parameters shows that
observational biases are mostly restricted to the
longest periods and the most extreme mass ra-
tios (Fig. 1).

Compared with previous works, we find no
preference for equal-mass binaries (22).We obtain
a steeper period distribution and a larger fraction
of short period systems than previously thought
(9–14, 23), resulting in a much larger fraction of
systems that are affected by binary evolution.

Because star-cluster dynamics and stellar evo-
lution could have affected the multiplicity prop-
erties of only very few of the young O stars in
our sample (see supplementary text A.2), our
derived distributions are a good representation
of the binary properties at birth. Thus, it is safe
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Fig. 1. Cumulative number distributions of logarithmic orbital periods (left) and mass ratios (right) for
our sample of 71 O-type objects, of which 40 are identified binaries. The horizontal solid lines and the
associated dark green areas indicate the most probable intrinsic number of binaries (49 in total) and its
1s uncertainty, corresponding to an intrinsic binary fraction fbin = 0.69 T 0.09. The horizontal dashed
lines indicate the most probable simulated number of detected binaries (40 T 4), which agrees very well
with the actual observed number of binaries (40 in total). Crosses denote the observed cumulative
distributions for systems with known periods (34 in total) and mass ratios (31 in total). The lower
dashed lines indicate the best simulated observational distributions and their 1s uncertainties, corre-
sponding to intrinsic distributions with power-law exponents p = –0.55 T 0.22 and k = –0.10 T 0.58,
respectively. The lower solid lines and associated dark blue areas indicate the most probable intrinsic
number distributions and their errors. The latter were obtained from a combination of the uncertainties
on the intrinsic binary fraction and on the power-law exponents of the respective probability density
functions. d, days.

Fig. 2. Schematic representa-
tion of the relative importance
of different binary interaction
processes given our best-fit bi-
nary fraction and intrinsic distri-
bution functions. All percentages
are expressed in terms of the frac-
tion of all stars born as O-type
stars, including the single O stars
and the O stars in binaries, either
as the initially more massive
component (the primary) or as
the less massive one (the second-
ary). The solid curve gives the
best-fit intrinsic distribution of
orbital periods (corresponding to
p = –0.55), which we adopted
as the initial distribution. For the
purpose of comparison, we nor-
malized the ordinate value to
unity at the minimum period
that we considered. The dotted
curve separates the contributions
from O-type primary and second-
ary stars. The colored areas indi-
cate the fractions of systems that
are expected to merge (red), ex-
perience stripping (yellow), or
accretion/common envelope evo-
lution (orange). Assumptions and
uncertainties are discussed in
the text and in supplementary
text C. The pie chart compares
the fraction of stars born as O stars that are effectively single [i.e., single (white) or in wide binaries with little or no interaction effects (light green)—29%
combined] with those that experience significant binary interaction (71% combined).

Cumulative fraction of O stars at birth
0% 26% 71% 75%
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GW170817: Death of neutron stars
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DNS

In the Galaxy, six systems are expected to merge within 
cosmic age (~13.8Gyr=1.38x1010yr) 

Merger time =>1.2x108yr (a0/1011cm)4(m/2.8M⊙)-3 

-> a0<3x1011cm is needed  
NB) The distance of Sun-Earth is 1AU=1.5x1013cm, R⊙=7x1010cm 

Massive stars forming close binary systems must have 
experienced close binary interactions! 

Do they make canonical supernovae? Probably, not.
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1. SNe from binary systems
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How to make close DNSs?: binary evolutions
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also suggest that the envelope was located at r ≤
6 × 1015 cm from the progenitor (12). The flash-
ionized emission lines exhibit complex asym-
metric profiles (Fig. 3) that we attribute to light
travel time effects, given the large size of the
envelope and the high inferred wind velocities
(12, 27).

An ultra-stripped progenitor

The low ejecta mass and explosion energy, as
well as the presence of an extended He-rich en-
velope, indicate an unusual progenitor channel
for iPTF 14gqr. The detection of the early shock-
cooling emission indicates a core-collapse origin
of the explosion, whereas the bright radio-
activity powered emission suggests that this
explosion is associated with the class of iron
core-collapse explosions. The low ejecta mass,
together with the small remaining amount of
He in the progenitor, rules out models of sin-
gle star evolution as well as a nondegenerate
massive star companion for the progenitor of
iPTF 14gqr (12), leaving only the most com-
pact companions (such as a NS, WD, or BH) as
possible explanations of the highly stripped (or
ultra-stripped) progenitor.
Ultra-stripped explosions have been mod-

eled in the case of He star–NS binaries, in
which stripping of the He star by a NS in a
close orbit leads to the subsequent collapse
of an ultra-stripped He star (7, 8, 28). Hence,
we compare theoretical bolometric light curves
for ultra-stripped explosions (28) to those of

iPTF 14gqr in Fig. 5 for a model with Mej ¼
0:2M⊙,MNi ¼ 0:05M⊙, and EK = 2 × 1050 ergs.
To account for the early declining emission,
we also add a component corresponding to
shock cooling of an extended envelope for
Me ¼ 0:01 M⊙ and Re = 6 × 1013 cm. The two-
component light curve matches the light curve
data. We also compare the spectroscopic prop-
erties of iPTF 14gqr to those of ultra-stripped
SN models in Fig. 5. The models (28) assumed
fully mixed ejecta that led to the production of
strong line blanketing features below 4000 Å,
unlike this source. Thus, we recalculated the
models for ejecta with no mixing (as with the light
curve calculations) and were able to match to the
spectra of iPTF 14gqr near the second peak (Fig.
5 and fig. S13).
Our observations indicate the presence of an

extended He-rich envelope around the progeni-
tor at the time of collapse, thus providing insight
into the terminal evolution of the progenitors of
ultra-stripped SNe and, more broadly, the lowest-
mass progenitors of core-collapse SNe. By using
the line widths in our early spectra, we estimate
that the emitting envelope was expanding with a
velocity of ~1000 to 2000 km s−1 at the time of
collapse, consistent with the escape velocity from
a compact He star (12). When consideredwith the
inferred size of the envelope (at least e500R⊙ ),
the velocities suggest that the envelope was
ejected ~8 to 20 days before the explosion.
The temporal coincidence of the ejection with

the final SN suggests that the envelope was like-

ly associated with an intense pre-SN mass-loss
episode of the progenitor (12). Despite the close
stripping, ultra-stripped progenitors are expected
to retain a small amount of He ðe0:01M⊙Þ in
their outer layers. The prominent He and C lines
in the early spectra are consistent with eruptive
mass loss when considering the expected surface
compositions of ultra-stripped progenitors (8).
The time scale of the ejection is similar to that
expected for silicon flashes (~2 weeks before
explosion) in the terminal evolution of low-mass
metal cores (29) that have been suggested to
lead to elevated mass-loss episodes before the
explosion. Such mass-loss episodes are relevant
to ultra-stripped progenitors as well (28–30).
iPTF 14gqr exhibits a projected offset of ~15 kpc

from the nearest spiral arms of its star-forming
host galaxy (12), which is puzzling when com-
pared to the expected locations of ultra-stripped
SNe (8). Although we do not find evidence of an
underlying stellar association or of galaxy emis-
sion features in late-time imaging and spectros-
copy, the limits are not sensitive enough to rule out
the presence of a dwarf galaxy or a star-forming
H II region (characterized by itsH a emission) at or
near the transient location (12). Nonetheless, the
tidally interacting environment of the host galaxy
suggests that outlying star formation in collisional
debris is likely in this system (12, 31), which could
harbor young stellar systems (with ages of ~5 to
100 million years) in the faint tidal tails (fig. S14).
Hence, the discovery of a core-collapse SN in these
outskirts is consistent with our interpretation.
Although a number of previously observed fast

type Ic SNe [e.g., SN 2005ek (21) and SN 2010X
(22)] were suggested to be members of the ultra-
stripped SN class, it has been difficult to confirm
a core-collapse origin for these explosions be-
cause these events were discovered only near
maximum of the radioactively powered peak.
Specifically, without early photometry and spec-
troscopy that can reveal the presence of a shock-
cooling component, these fast transients are also
consistent with variants of models involving ther-
monuclear detonations onWDs (32–34). The early
discovery and prompt follow-up of iPTF 14gqr
establish the presence of a shock-cooling emis-
sion component that requires an extended pro-
genitor consistent with a core-collapse explosion.
In the probable scenario that iPTF 14gqr formed
a NS in the explosion [we find a BH remnant to
be unlikely given the observed properties of the
SN (12)], the low ejecta mass in the system sug-
gests that the SN results in the formation of a
bound and compact NS binary system (12).

Implications for formation of compact
NS binaries

Our interpretation of iPTF 14gqr as an ultra-
stripped SN has implications in the wider context
of stellar evolution. Compact NS binary systems
evolve from binary massive stars that undergo
several phases ofmass transfer over their lifetime
(Fig. 6). The initial phases of such evolution, in
which two massive stars evolve into interacting
binaries consisting of a compact object in orbit
around a massive star (x-ray binaries), have been

De et al., Science 362, 201–206 (2018) 12 October 2018 5 of 6

Zero Age Main 
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Fig. 6. Stellar evolutionary sequence leading from a binary system of massive stars
(starting from the top left) to a NS-NS system. NS-BH systems are expected to arise from
binaries in which the first formed compact object is a BH. NS-WD systems follow a similar
evolutionary sequence starting from the HMXB (high-mass x-ray binary) stage (where the NS is
replaced by the WD) but require additional mass transfer in the earlier stages (52). The
material composition of the stars is indicated by their colors: red, H-rich material; cyan/blue,
He-rich material; gray, CO-rich material; green, degenerate matter (in NS). The specific
phase of the evolution is indicated by the text under each diagram, with black text indicating
previously observed phases, red text denoting phases that have not been previously observed,
and bold red text indicating phases observed in this work. [Adapted from (9)]
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Ultra-stripped supernovae?

“We therefore suggest to define ultra-stripped SNe as 
exploding stars whose progenitors are stripped more than 
what is possible with a non-degenerate companion. In other 
words, ultra-stripped SNe are exploding stars which contain 
envelope masses    0.2 M⊙ and having a compact star 
companion.”
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Ultra-stripped supernovae?
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Small ejecta mass
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Tauris et al. (2013)
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Neutrino-driven explosions of ultra-stripped SN
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[Suwa, Yoshida, Shibata, Umeda, Takahashi, MNRAS, 454, 3073 (2015)]

see also Moriya et al. (2017), B. Müller et al. (2018)

3078 Y. Suwa et al.

Figure 6. Specific entropy (in units of kB baryon−1; left halves of the individual panels) and radial velocity (in units of 104 km s−1; right halves) profiles at 100
(top-left panel), 200 (top-right), 250 (bottom-left), and 350 ms (bottom-right) after the bounce for model CO15. In the entropy plots, bluish (reddish) colours
represent small (large) entropy. In velocity plots, red region is expanding (positive radial velocity) and blue region is accreting (negative radial velocity).

mass accretion rate evolution due to the different envelope structure
(see Fig. 5). The later onset of the explosion leads to larger PNS
mass as shown in Fig. 8. Here we define PNS as the region with
density above 1011 g cm−3. CO145 and CO15 models form a PNS
of baryonic mass ≈1.35 M⊙, while other models give larger PNS
mass.

In Table 2, we summarize results of our hydrodynamics simula-
tions. tfinal denotes the final post-bounce time of each simulation.
The quantities listed in other columns are all measured at tfinal. Rsh

is the angle-averaged shock radius, Eexp is diagnostic explosion
energy, which is defined as the integral of the sum of specific inter-
nal, kinetic, and gravitational energies over all zones with positive
value, MNS, baryon is baryonic mass of the remnant NS calculated by
integration over grid of ρ > 1011 g cm−3, MNS, grav is the corre-
sponding gravitational mass, Mej = MCO − MNS, baryon is the ejecta

mass, M56Ni is mass of 56Ni, and vkick is the estimated kick velocity
of NSs. Note that these quantities are not the final outcome of the
simulations, since all the simulations were terminated before the
system relaxes to a stationary state to save the computational time.
The gravitational mass is calculated by the baryonic mass using the
following relation (Timmes, Woosley & Weaver 1996)

Mbaryon

M⊙
− Mgrav

M⊙
= 0.075

(
Mgrav

M⊙

)2

. (2)

56Ni mass is calculated using tracer particle method (e.g. Nagataki
et al. 1997). We assume that the mass elements with the maximum
temperature being over 5 × 109 K achieve nuclear statistical equi-
librium and synthesize 56Ni completely. This gives just an approx-
imate estimate. For more realistic calculation, we need to perform

MNRAS 454, 3073–3081 (2015)
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Ejecta mass~O(0.1)M⊙, NS mass~1.4 M⊙, explosion energy~O(1050) erg, Ni 
mass~O(10-2) M⊙; everything compatible w/ Tauris+ 2013
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Nucleosynthesis yields and light curves
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NB) This is one-zone model based on Arnett (1982). 
   Detailed radiation transfer calculations will be done.

Nucleosynthesis before neutron star mergers 3

Table 2. 1651 nuclear species adopted in the nuclear reaction
network. Isomeric state of 26Al is taken into account.

Element A Element A Element A

n 1 Ca 33–62 Zr 76–120
H 1–3 Sc 36–64 Nb 80–124
He 3,4,6 Ti 37–68 Mo 81–127
Li 6–9 V 40–71 Tc 84–128
Be 7,9–12 Cr 42–75 Ru 85–129
B 8,10–14 Mn 44–77 Rh 88–130
C 9–18 Fe 45–79 Pd 89–132
N 12–21 Co 47–81 Ag 92–133
O 13–22 Ni 48–83 Cd 94–135
F 17–26 Cu 51–86 In 97–136
Ne 17–29 Zn 52–88 Sn 99–137
Na 18–32 Ga 56–92 Sb 100–138
Mg 19–36 Ge 58–95 Te 114–139
Al 21–40 As 61–98 I 121–141
Si 22–43 Se 62–100 Xe 122–142
P 23–45 Br 66–102 Cs 125–143
S 24–49 Kr 67–107 Ba 126–143
Cl 28–51 Rb 70–110 La 131–143
Ar 29–55 Sr 71–113 Ce 132–143
K 32–58 Y 74–116

3 EXPLOSIVE NUCLEOSYNTHESIS IN THE
ULTRA-STRIPPED SUPERNOVAE

We calculate the explosive nucleosynthesis in the SN ejecta
of CO145 and CO15 models using thermal history of 9968
and 8875 traced fluid particles having positive energy and
positive radial velocity. We use the nuclear reaction network
consisting of 1651 nuclear species listed in Table 2. We deter-
mine the nuclear species to cover the nuclear flow in the fluid
particles having the smallest and largest Ye values using the
reaction network of 5406 nuclear species (Fujibayashi et al.
2015).

We set three cases of initial conditions of the particles
depending on the maximum temperature. For particles of
which temperature exceeds 9× 109 K, we calculate the nu-
cleosynthesis from the time when the temperature decreases
to 9× 109 K. The initial composition is set as the compo-
sition in nuclear statistical equilibrium (NSE) with the Ye
value calculated in the hydrodynamics simulation. For par-
ticles with the maximum temperature of (7–9) ×109 K, we
calculate from the time at the maximum temperature with
the NSE initial composition. For other particles, we calcu-
late the nucleosynthesis from the initial time of the hydrody-
namics simulation with the composition in the O/Ne layer.
We calculate the nucleosynthesis until the temperature de-
creases to 107 K. During the time after the termination of
the hydrodynamics calculation, we pursue the radial motion
and thermal evolution assuming adiabatic expansion with
the constant velocity at the termination of the hydrody-
namics calculation. We take into account the ν-process in a
simple manner. The neutrino luminosity is assumed to de-
crease exponentially with time of τν = 3 s (Woosley et al.
1990). The total neutrino energy is set to be 3× 1053 erg
and are equipartitioned to each flavor. The neutrino energy
distribution obeys the Fermi-Dirac distribution with tem-
peratures (Tνe ,Tν̄e ,Tνµ ,τ ,ν̄µ ,τ ) = (4 MeV, 4 MeV, 6 MeV) and
zero chemical potentials (Yoshida et al. 2008).

Figure 2 shows the mass fraction distribution of isotopes

10-8
10-7
10-6
10-5
10-4
10-3
10-2
10-1
100

 0  20  40  60  80  100  120  140

M
as

s 
Fr

ac
tio

n

Mass Number A

(a) CO145

10-8
10-7
10-6
10-5
10-4
10-3
10-2
10-1
100

 0  20  40  60  80  100  120  140

M
as

s 
Fr

ac
tio

n

Mass Number A

(b) CO15

Figure 2. Mass fraction distribution of isotopes in the ejecta of
ultra-stripped Type Ic SNe. Panels (a) and (b) indicate CO145
and CO15 models, respectively. Red and black lines correspond
to odd-Z and even-Z isotopes.

in the SN ejecta of CO145 and CO15 models. Yields of some
elements and isotopes ejected in CO145 and CO15 models
are listed in Table 3. General features are not different be-
tween CO145 and CO15 models. Elements with the mass of
A<∼90 are broadly produced with the mass fractions up to
0.3. Elements with 90<∼A<∼130 are also produced but their
mass fractions decrease with mass number.

Most of C, O, and intermediate nuclei with A<∼40 are
mainly unburned or synthesized through explosive O burn-
ing. Light iron peak elements, Ti, V, and Cr, are produced in
neutron rich (Ye<∼0.40) materials. Mn and Fe are produced

through explosive Si burning. The 56Ni yield is 9.73× 10−3

and 5.72× 10−3 M⊙ in CO145 and CO15 models, respec-
tively. These values are smaller than the expectation in
Suwa et al. (2015). Some of the materials that experienced
higher than 5×109 K have become neutron rich and are syn-
thesized to be lighter and heavier elements. Heavy neutron-
rich isotopes of A ∼ 60−90 are also produced in the neutrino
irradiated winds containing neutron rich materials.

We consider the contribution to the solar-system com-
position. Figure 3 shows the elemental abundance ratios to
the solar-system composition. The 1st peak r-elements such
as As–Sr indicate large abundance ratios, more than 10%
of the largest abundance ratio. The element of the largest

MNRAS 000, 1–6 (2016)

Nucleosynthesis of ultra-stripped SNe 4279

Figure 4. Abundance ratios of elements in the ejecta of ultra-stripped Type
Ic SNe to the solar abundance. The red and black lines denote the ratios
of the CO145 and CO15 models, respectively. The dashed lines denote the
maximum ratios and the ratios of the 10 per cent of the maximum ratios.

Figure 5. Abundance ratios of isotopes in the ejecta of the (a) CO145 and
(b) CO15 model to the solar abundance. The red and black lines correspond
to odd-Z and even-Z nuclei. The green-hatched region denotes the range of
the abundance ratio between the maximum and one-tenth of that.

is ignored, the peak luminosity is approximately halved. The main
energy source other than 56Ni and 56Co is 57Ni and 66Cu for the
CO145 and the CO15 model, respectively. The decay time of the
luminosity from these elements is about 4 and 8 d in the CO145 and
the CO15 model, respectively. The difference of the contribution
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Figure 6. Light-curves of the ultra-stripped Type Ic SNe. The red and blue
curves denote the CO145 and CO15 models, respectively. The circles denote
the light-curve of SN 2005ek. The orange dashed line denotes the CO145
Ye-B model (see Section 4.2).

from these elements is mainly the result of the difference in the 56Ni
yield.

Recently, a variety of fast-decaying SNe have been found in
survey programs for transient objects. Subluminous SNe have also
been observed as Types Ia and Ib/c SNe (e.g. Foley et al. 2013;
Drout et al. 2014). Some subluminous fast-decaying SNe could be
ultra-stripped SNe. These observed SNe showed spectral features
different from those of normal Types Ia and Ib/c SNe. The ejecta of
the ultra-stripped SNe in our models indicate a higher abundance
ratio of intermediate elements to oxygen compared with the case
for more massive CO cores. These compositional differences could
give distinctive spectral features. The identification of ultra-stripped
SNe from Type I SNe is important for the evaluation of the ultra-
stripped SN rate. Future observations of ultra-stripped SNe could
constrain the rates of ultra-stripped SNe.

We note, as pointed out in Suwa et al. (2015), that it is safe to
consider that our results give a lower limit of the explosion energy
of an ultra-stripped SN. In the case of a stronger explosion of an
ultra-stripped SN, the ejected 56Ni mass could be larger. If so, ultra-
stripped SNe could be observed as fast-decaying SNe such as the
Type Ic SN 2005ek. We also note that the 56Ni mass would be
underestimated because of the missing proton-rich component in
the neutrino-irradiated ejecta. This will be discussed in Section 4.2.

4.2 Uncertainties of the yield of light trans-iron elements in
ultra-stripped SN models

We obtained light trans-iron elements in the ultra-stripped SN mod-
els. However, the production efficiency of the elements depends
on the Ye distribution of the SN ejecta, which in turn depends on
the detailed treatment of neutrino transport. Indeed, Müller (2016)
showed that an approximate treatment of neutrino transport intro-
duces a broader Ye distribution than in a more stringent model
including sophisticated microphysics. On the other hand, an update
of the code can even lead to a smaller Ye distribution. For instance,
an ECSN simulation performed by the Garching group with an up-
dated code showed a smaller minimum value of Ye (0.34) than the
previous result (0.404; Wanajo et al. 2011) (Janka 2016, private

MNRAS 471, 4275–4285 (2017)

[Yoshida, Suwa, Umeda, Shibata, Takahashi, MNRAS, 471, 4275 (2017)]
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Implications
small kick velocity due to small ejecta mass 

small eccentricity (e~0.1), compatible with binary pulsars 
J0737-3039 (e=0.088 now and ~0.11 at birth of second NS) 

event rate (~0.1-1% of core-collapse SN) 
SN surveys (e.g., HSC, PTF/ZTF, Pan-STARRS, and LSST) will give 
constraint on rate
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Piran & Shaviv 05

Tauris+13, 15, Drout+ 13, 14
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Summary of Part1
Ultra-stripped SN might be second explosion in close 
binary forming double NSs 

To test this conjecture, we performed 
stellar evolution calculations of bare C/O cores 
hydrodynamics simulations for neutrino-driven explosions 

Compatible with parameters explaining observations 
Eexp=O(1050) erg 

Mej~O(0.1) M⊙ 
MNi~O(10-2)M⊙ 
MNS~1.2-1.4M⊙ (gravitational)

 14
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De et al., Science 362, 201–206 (2018) 12 October 2018 4 of 6

Fig. 5. Comparison of iPTF 14gqr to theoretical models of
ultra-stripped SNe. (A) Bolometric light curve of iPTF 14gqr shown
with a composite light curve consisting of ultra-stripped type Ic SN
models (28) and early shock-cooling emission (25). The blue dashed
line corresponds to the 56Ni powered peak in the ultra-stripped SN
models for Mej ¼ 0:2 M⊙, MNi ¼ 0:05 M⊙, and EK = 2 × 1050 ergs; the
magenta line corresponds to the early shock-cooling emission; and the

orange line represents the total luminosity from the sum of the two
components. Blackbody (BB) luminosities represent the early emission,
whereas pseudo-bolometric (pB) luminosities are used for the second
peak (12). (B) Comparison of the peak photospheric spectra of iPTF
14gqr [the epoch is indicated by the cyan dashed line in (A)] to that
of the model in (A). The overall continuum shape, as well as absorption
features of O I, Ca II, Fe II, and Mg II, are reproduced (12).

Fig. 4. Bolometric light curve and Arnett modeling of iPTF 14gqr.
(A) Bolometric light curve of iPTF 14gqr.The filled black points indicate
blackbody (BB) luminosities obtained from fitting multicolor photometry,
whereas the magenta points correspond to pseudo-bolometric luminosities
(12).The empty black circles indicate g-band luminosities obtained by
multiplying the g-band flux Flwith the wavelength l of the filter.The inverted

triangles denote estimated predetection 5s upper limits on the respective
luminosities (12).The inset shows the bolometric light curves zoomed into the
region of the first peak. (B) Radius and temperature evolution of the fitted
blackbody functions. (C) Best-fitting Arnettmodel of the pseudo-bolometric light
curve of the main (second) peak of iPTF 14gqr. The 56Ni mass MNi and dif-
fusion time scale tM corresponding to themodel are indicated in the legend (12).
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1FGL J1018.6–5856 & SNR G284.3-1.8   
Williams et al. (2015)

Chandra observations are needed to study this extended
emission and its tentative connection to J1018.

3.1.2. Modeling of Binary Evolution

Although the optical counterpart of J1018 has been found
and the binary nature of this system is firmly established, it
remains unknown whether the compact object is a neutron star
(NS) or a black hole (BH). We use the known binary
properties (orbital period and mass of the donor star) to place
constraints on the compact object. While there is still some
uncertainty about the exact range of masses of progenitors that
end their lives as NSs and those that become BHs, most models
predict that, for solar or lower metallicities, the transition
between NSs and BHs occurs for stars with initial masses
somewhere in the range of 18 25~ - M: (e.g., Fryer 1999;
Heger et al. 2003). For metallicities much larger than solar,
stellar evolution models predict that massive stars develop

substantial winds, which cause enough mass loss that the end
product is an NS rather than a BH (Heger et al. 2003). For our
simulation we assume solar metallicity as the system is in the
Galactic disk. We first use the single star evolution (SSE) code
(Hurley et al. 2000) to study the evolution of stars with solar
metallicity. We find that stars with initial mass of 20 M: and
higher would end up as BHs, in agreement with the above. If
J1018 started and evolved as a detached system (no mass
transfer ever happens), the progenitor star must have burned its
hydrogen faster than the M30 : star and hence it should have
been even more massive. Therefore, in this scenario the
compact object should be a BH. However, the lack of mass
transfer would require a much larger than the currently
observed (16.6 day) initial orbital period, which could only
increase (since the binary is assumed wide and there is no
interaction to cause spiraling in) after the progenitor explodes
as an SN. Thus we conclude that the system must have started
as a tight binary and undergone mass transfer.

Figure 1. Left: Chandra image of G284, with 0.5–1.2 keV emission in red, 1.2–2.0 keV in green, and 2.0–7.0 keV in blue. Right: XMM-Newton EPIC-MOS 2 image
of the remnant, with identical color bands. Overlaid are the extraction regions, with the “north” region in cyan, the “west” in white, and the backgrounds in green.

Figure 2. Left: ACIS-I merged image of J1018 (pixel size 0. 25). Small black circle shows the best-fit centroid position. The black sectors show the location of the
known Chandra mirror artifact. A slight excess is seen within the white ellipse, see text for details. North is up; east is to the left. Right: observed surface brightness
radial profile of J1018 (black) and modeled PSF (red) with account for pile-up; see Section 3.1.1 for details.

3

The Astrophysical Journal Letters, 808:L19 (5pp), 2015 July 20 Williams et al.SS433 & SNR W50A 
Dubner et al. (1998)

(c) Image courtesy of NRAO/AUI
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2. Minimum NS mass from binary systems

 18



諏訪雄大 @ 大阪大学理学研究科談話会 /332019/5/24

Pulsar number is increasing
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pulsar

millisecond pulsar pulsar w/ presise mass

compiled data from ATNF pulsar catalog and P. Freire’s table 
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NS mass measurements

>2600 pulsars have been found 
in the Galaxy 
10% in the binary system  
→mass measurement possible 

15 double NSs so far [Tauris+ 2017]
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Figure 2
The most recent measurements of neutron-star masses. Double neutron stars (magenta), recycled pulsars
( gold ), bursters ( purple), and slow pulsars (cyan) are included.
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Figure 3
The inferred mass distributions for the different populations of neutron stars.

parameters for these distributions are the following: M 0 = 1.33 M⊙ and σ = 0.09 M⊙ for
the DNSs, M 0 = 1.54 M⊙ and σ = 0.23 M⊙ for the recycled NSs, and M 0 = 1.49 M⊙ and
σ = 0.19 M⊙ for the slow pulsars. A recent study also raised the possibility of two peaks within
the recycled MSP population, with the first peak at M = 1.39 M⊙ and a dispersion σ = 0.06 M⊙

and a second peak appearing at M = 1.81 M⊙ with a dispersion of σ = 0.18 M⊙ (Antoniadis
et al. 2016).

Among these inferred distributions, the narrowness of the DNS distribution stands out.
Although clearly not representative of NSs as a whole, as it was once thought (Thorsett &
Chakrabarty 1999), it probably points to a particular evolutionary mechanism that keeps the
masses of NSs in these systems in a narrow range. Recent discoveries, such as the DNS J0453+1559
(Deneva et al. 2013), indicate that the range of masses in DNS systems may also be wider than
previously believed: the recycled pulsar has a mass of 1.559 (5) M⊙, the heaviest known in any DNS
(Martinez et al. 2015), whereas the companion has a mass of 1.174 (4) M⊙, the smallest precisely
measured mass of any NS (we infer that the companion is an NS from the orbital eccentricity of
the system, e = 0.11251837(5), which would not arise if it had slowly evolved to a massive WD
star).

2.6. Maximum Mass of Neutron Stars
Finding the maximum mass of NSs is of particular interest in mass measurements because of its
direct implications for the NS EoSs and NS evolution. The largest NS mass can rule out the EoSs
that have maximum masses and fall below this value. The current record holder on this front is
J0348+0432 with a mass of 2.01 ± 0.04 M⊙ (Antoniadis et al. 2013).

There are also some studies of a particular class of MSPs called black widows (and their cousins
redbacks) that have suggested higher NS masses (e.g., van Kerkwijk et al. 2011). These MSPs
irradiate and ablate their very low-mass companions. Although the pulsar timing provides the
Keplerian parameters for the orbit, all other information about the masses in these systems is
obtained from the modeling of the optical light curves (to determine orbital inclination) and the
spectroscopy (to measure the mass ratio) of the companion star. Unfortunately, there are many
difficulties in obtaining accurate measurements from these ablated companions. Even when using
a model of an irradiated companion, the short timescale variability, the unevenly heated surface,

www.annualreviews.org • Neutron-Star Masses and Radii 415
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common feature of models that include the appearance of ‘exotic’
hadronic matter such as hyperons4,5 or kaon condensates3 at densities
of a few times the nuclear saturation density (ns), for example models
GS1 and GM3 in Fig. 3. Almost all such EOSs are ruled out by our
results. Our mass measurement does not rule out condensed quark
matter as a component of the neutron star interior6,21, but it strongly
constrains quark matter model parameters12. For the range of allowed
EOS lines presented in Fig. 3, typical values for the physical parameters
of J1614-2230 are a central baryon density of between 2ns and 5ns and a
radius of between 11 and 15 km, which is only 2–3 times the
Schwarzschild radius for a 1.97M[ star. It has been proposed that
the Tolman VII EOS-independent analytic solution of Einstein’s
equations marks an upper limit on the ultimate density of observable
cold matter22. If this argument is correct, it follows that our mass mea-
surement sets an upper limit on this maximum density of
(3.74 6 0.15) 3 1015 g cm23, or ,10ns.

Evolutionary models resulting in companion masses .0.4M[ gen-
erally predict that the neutron star accretes only a few hundredths of a
solar mass of material, and result in a mildly recycled pulsar23, that is
one with a spin period .8 ms. A few models resulting in orbital para-
meters similar to those of J1614-223023,24 predict that the neutron star
could accrete up to 0.2M[, which is still significantly less than the
>0.6M[ needed to bring a neutron star formed at 1.4M[ up to the
observed mass of J1614-2230. A possible explanation is that some
neutron stars are formed massive (,1.9M[). Alternatively, the trans-
fer of mass from the companion may be more efficient than current
models predict. This suggests that systems with shorter initial orbital
periods and lower companion masses—those that produce the vast
majority of the fully recycled millisecond pulsar population23—may
experience even greater amounts of mass transfer. In either case, our
mass measurement for J1614-2230 suggests that many other milli-
second pulsars may also have masses much greater than 1.4M[.
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Figure 3 | Neutron star mass–radius diagram. The plot shows non-rotating
mass versus physical radius for several typical EOSs27: blue, nucleons; pink,
nucleons plus exotic matter; green, strange quark matter. The horizontal bands
show the observational constraint from our J1614-2230 mass measurement of
(1.97 6 0.04)M[, similar measurements for two other millisecond pulsars8,28

and the range of observed masses for double neutron star binaries2. Any EOS
line that does not intersect the J1614-2230 band is ruled out by this
measurement. In particular, most EOS curves involving exotic matter, such as
kaon condensates or hyperons, tend to predict maximum masses well below
2.0M[ and are therefore ruled out. Including the effect of neutron star rotation
increases the maximum possible mass for each EOS. For a 3.15-ms spin period,
this is a =2% correction29 and does not significantly alter our conclusions. The
grey regions show parameter space that is ruled out by other theoretical or
observational constraints2. GR, general relativity; P, spin period.
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NB) mass estimation was 
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as 1.908±0.016M⊙ 

Another massive NS was 
reported by Antoniadis+ (2013), 

J0348+0432, 2.01±0.04M⊙
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Figure 2
The most recent measurements of neutron-star masses. Double neutron stars (magenta), recycled pulsars
( gold ), bursters ( purple), and slow pulsars (cyan) are included.
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Figure 2
The most recent measurements of neutron-star masses. Double neutron stars (magenta), recycled pulsars
( gold ), bursters ( purple), and slow pulsars (cyan) are included.

414 Özel · Freire

A
nn

u.
 R

ev
. A

st
ro

n.
 A

st
ro

ph
ys

. 2
01

6.
54

:4
01

-4
40

. D
ow

nl
oa

de
d 

fr
om

 w
w

w
.a

nn
ua

lre
vi

ew
s.o

rg
 A

cc
es

s p
ro

vi
de

d 
by

 K
yo

to
 U

ni
ve

rs
ity

 - 
M

ul
ti-

si
te

 o
n 

05
/2

2/
17

. F
or

 p
er

so
na

l u
se

 o
nl

y.

concentrating within a small range

Özel & Freie 2016



諏訪雄大 @ 大阪大学理学研究科談話会 /332019/5/24

First asymmetric DNS system

 24

4. DISCUSSION AND CONCLUSIONS

The accretion episode in DNS systems is very short-lived
and therefore the mass of the recycled pulsar is only slightly

larger than its mass at birth (Tauris et al. 2015). Until now,
most well-measured NS masses in DNS systems fell in a
narrow range between 1.23 and 1.44 Me (Weisberg et al. 2010
and Faulkner et al. 2005, see Table 1). This has led to
speculation that all NSs might be born within this narrow band,
and that the large masses observed in some MSPs like PSR
J1903+0327 (Freire et al. 2011), PSR J1614−2230 (Demorest
et al. 2010), and PSR J0348+0432 (Antoniadis et al. 2013) are
due to accretion. However, from an analysis of the evolution of
PSR J1614–2230, Tauris et al. (2011) had already suggested
that at least some NSs must be born more massive than 1.44
Me. The mass of PSR J0453+1559—the largest ever measured
in a DNS system (see Table 1)—and that of its companion—
the smallest precisely measured for any NS—shows that the
range of NS birth masses is indeed substantially wider than
earlier studies indicated (Thorsett & Chakrabarty 1999 and
Özel et al. 2012).
It is interesting to speculate on how the companion might

have formed. Its mass is lower than the 1.24 M: measured for
the companion of J1756−2251 (Ferdman et al. 2014) and PSRs
J1802−2124 (Ferdman et al. 2010) and J0737−3039B
(Kramer et al. 2006) that are thought to have formed in
electron capture supernovae (ECSN). It is possible that the
companion formed instead in an iron core collapse SN, where
the core of the progenitor of the companion was stripped of its
envelope (Tauris et al. 2015).

Figure 3. Current constraints from the timing of PSR J0453+1559. Each triplet of lines corresponds to the nominal and ±1σ uncertainties of the post-Keplerian
parameters measured using the DDH model in TEMPO2 (see Table 2), which are the rate of advance of periastron ,ẇ the orthometric ratio of the Shapiro delay ς, and the
orthometric amplitude of the Shapiro delay, h3 (Freire & Wex 2010). The contour levels contain 68.27% and 95.45% of the 2D probability density functions (pdfs)
derived from the quality of the timing solution at each point of the Mc– icos plane using only the Shapiro delay (black) and Shapiro delay plus the assumption that the
ẇ is due only to the effects of GR (red). Left: Mc– icos plane. The gray region is excluded by the physical constraint M 0.p > Right: Mc–Mp plane. The gray region is
excluded by the mathematical constraint isin 1.- Top and right panels: pdfs for icos , Mp, and (on the right) Mc, derived from marginalizing the 2D pdf in the main
panel for these quantities. When ẇ is taken into account (red), the precision of the mass estimates improves by two orders of magnitude.

Figure 4. Estimated minimum mean flux density of the companion if
detectable with an S/N = 10, as a function of its spin period Pcom at 1.4 GHz
(black lines) and 327 MHz (blue lines). For each frequency, the cases of an
intrinsic duty cycle wcom of 1% (solid line), 5% (dashed line), and 10% (dotted–
dashed line) of Pcom are shown. In the L band, the parameters used were
t 6300 s,obs = T 30sys = K, G = 10 K Jy−1, f 600 MHz;D = at 327 MHz they
were t 240 s,obs = Tsys = 113 K, G = 11 K Jy−1, Δ f = 60 MHz; at both
frequencies β = 1 and np = 2. Because the companion was not detected, its
mean flux density must be out of our line of sight.

6
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MNS=1.174M⊙! (NB, it ‘s gravitational mass, baryonic mass is ~1.28M⊙) 
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a large eccentricity (e=0.112) is difficult to explain by slow 
evolution into a WD 
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3.2. Core Masses

Fig. 5 shows the helium, carbon-oxygen (CO), and
iron-core masses for all our presupernova models with
ṀN and ṀN/2. The dispersion in helium and CO
core masses for a given main sequence mass is small,
much less than the hydrogen envelope masses inferred
in Fig. 3. This implies that the helium and CO core
masses are only slightly a↵ected by the assumed mass
loss rate and are probably not very sensitive to metal-
licity, at least for non-trivial values of metallicity. The
helium core mass as a function of main sequence mass is
approximately MHe ⇡ 6.46 (MZAMS/20)1.27 which can
be combined with the previous relation in §3.1 to give
LpreSN ⇡ 6.5 ⇥ 1038 (MZAMS/20 M�)1.92 ergs s�1. Since
presupernova core compactness is chiefly a function of
helium core mass (Sukhbold & Woosley 2014), these re-
sults suggest a near universal dependence of presuper-
nova core structure on initial mass, provided mass loss
does not remove the entire hydrogen envelope.

Iron core masses increase, on the average with increas-
ing stellar mass reaching maximum of about 2.0 M� for
the most massive stars studied (> 40 M�). Still larger
iron cores, up to about 2.5 M� characterize more mas-
sive stars in the pulsational-pair instability range (70 -
140 M�; Woosley 2017). For stars below 23 M�, the
iron core mass is markedly multi-valued for stars with
nearly the same initial mass. This reflects the operation
of multiple shells of carbon and oxygen burning as will
be discussed further in §4. The two major branches of
iron core masses below 20 M�, which are most of the
stars that leave neutron star remnants might result in
bimodality in the neutron star mass function.

3.3. Core Structure

3.3.1. Measures of “Explodability”

Early theoretical studies of supernovae noted a strong
correlation of a rapidly declining density outside the iron
core with the degree of di�culty encountered in trying
to explode the star using the neutrino energy transport
(e.g., Burrows & Lattimer 1987; Fryer 1999). O’Connor
& Ott (2011) introduced a simple, single parameter mea-
sure of this density decline called the “compactness pa-
rameter”:

⇠M =
M/M�

R(Mbary = M)/1000 km

���
t
bounce

, (3)

where R(Mbary = M) is the radius of the Lagrangian
mass shell enclosing mass M in the presupernova star.
The fiducial mass is often chosen as the innermost 2.5
M� so that for a wide range of initial masses it not
only encloses the iron-core but samples enough of the
overlying shell material around it. Though the param-
eter is defined to be evaluated at the time of bounce,
it is more often measured at the time of presupernova
(when the collapse begins), since the systematics are in-
sensitive to slightly di↵erent fiducial choices (Sukhbold
& Woosley 2014). Subsequent studies by Ugliano et al.
(2012), O’Connor & Ott (2013), and Sukhbold et al.
(2016) showed strong correlation between the ease with
which model stars exploded and the ⇠ parameter, in the
sense that stars with small ⇠, i.e., steep density gradients
outside the iron core were easier to explode using a stan-
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ṀN
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Fig. 5.— Helium core, CO core, and Fe core masses for all pre-
supernova stars from sets with ṀN and ṀN/2. Despite significant
variations in mass loss (Fig. 3), the final helium and carbon-oxygen
cores are well determined by the star’s initial mass and a standard
choice of stellar physics. Note multiple branches for the iron core
mass below 19 M�.

dard, albeit approximate, set of supernova physics. Al-
though this is a useful starting point, a single parameter
conveys limited information about the structure of the
core and more physics-based representations followed.

In particular, Ertl et al. (2016) suggested an alternative
two-parameter characterisation based upon M4, the mass
coordinate, in solar masses, where the entropy per baryon
reaches 4.0 kB , and the radial gradient, µ4, of the density
at that point. In practice, µ4, was obtained by evaluating
the change in mass over the change in radius between
several mass shells separated by 0.3 M� in the vicinity
of M4, i.e.,

µ4 =
dm/M�

dr/1000 km
(4)

where dm = 0.3 M�. Smaller values of µ4 thus imply
steeper density gradients (less change in enclosed mass
when the radius changes). The quantity M4 has long
been used to locate the the steep density decline often
associated with a strong oxygen-burning shell in the pre-
supernova star (e.g., Woosley & Heger 2007). Where the
entropy per baryon abruptly rises at nearly constant tem-

Sukhbold+ 2018
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[Suwa+, MNRAS, 454, 3073 (2015); Yoshida+, MNRAS, 471, 4275 (2017)]

1.4. Résumé of DNS Formation

Previous theoretical works on the physics of DNS formation
includes (here disregarding general population synthesis studies)
Bisnovatyi-Kogan & Komberg (1974), Wheeler et al. (1974),
Flannery & van den Heuvel (1975), Srinivasan & van den Heuvel
(1982), van den Heuvel (1994), Ivanova et al. (2003), Dewi &
Pols (2003), Podsiadlowski et al. (2004), van den Heuvel (2004),
and Dewi et al. (2005). From these papers, a standard scenario12

has emerged (e.g., Bhattacharya & van den Heuvel 1991; Tauris
& van den Heuvel 2006), which we now summarize in more
detail.

In Figure 1, we show an illustration of the formation of a DNS
system. The initial system contains a pair of OB-stars that are
massive enough13 to terminate their lives in a core-collapse SN
(CCSN). To enable the formation of a tight DNS system in the end,
the two stars must initially be in a binary system close enough to
ensure interactions via either stable or unstable mass transfer. If the
binary system remains bound after the first SN explosion (which is
of Type Ib/c; Yoon et al. 2010), the system eventually becomes
observable as a HMXB. Before this stage, the system may also be
detectable as a radio pulsar orbiting an OB-star, e.g., as in
PSRsB1259−63 (Johnston et al. 1992) and J0045−7319 (Kaspi
et al. 1994). When the secondary star expands and initiates full-
blown Roche-lobe overflow (RLO) during the HMXB stage, the
system eventually becomes dynamically unstable. For wide
systems, where the donor star has a deep convective envelope at
the onset of mass transfer (i.e., during the so-called Case B RLO,
following the termination of core hydrogen burning), the timescale
on which the system becomes dynamically unstable might be as
short as a few 100yr (Savonije 1978). This leads to the formation
of a CE (Paczyński 1976), where the dynamical friction of the
motion of the NS inside the giant star’s envelope often causes

extreme loss of orbital angular momentum and (in some cases)
ejection of the hydrogen-rich envelope. If the binary system
survives the CE phase, it consists of a NS orbiting a helium star
(the naked core of the former giant star). Depending on the orbital
separation and the mass of the helium star, an additional phase of
mass transfer (Case BB RLO; Habets 1986; Tauris et al. 2015)may
be initiated. This stage of mass transfer is important since it enables
a relatively long phase of accretion onto the NS, whereby the NS is
recycled, and it allows for extreme stripping of the helium star prior
to its explosion (as a so-called ultra-stripped SN; Tauris et al. 2013,
2015; Suwa et al. 2015; Moriya et al. 2017). Whether or not the
system survives the second SN depends on the orbital separation
and the kick imparted onto the newborn NS (Flannery & van den
Heuvel 1975; Hills 1983; Tauris & Takens 1998). As we shall
argue in this paper, we expect most systems to survive the second
SN explosion. If the post-SN orbital period is short enough (and
especially if the eccentricity is large), the DNS system will
eventually merge due to GW radiation and produce a strong high-
frequency GW signal and possibly a shortGRB (e.g., Eichler et al.
1989). The final remnant is most likely a BH, although, depending
on the EoS, a NS (or, at least, a metastable NS) may be left behind
instead (Vietri & Stella 1998).

1.5. Major Uncertainties in DNS Formation

Aside from the pre-HMXB evolution, which is discussed in
Section 3.1, the most important and uncertain aspects of our
current understanding of DNS formation are related to

Table 1
Observed Ranges of Key Properties of DNS Systems

Properties of Recycled (Old) NSs:
Spin period, P 23 185 ms–
Period derivative, Ṗ 0.027 18 10 s s18 1´ - -( – )
Surface dipole B-field, B 0.29 18 10 G9´( – )
Mass, MNS,1 1.32–1.56 Me

a

Properties of Young NSs:
Spin period, P 144 2773 ms–
Period derivative, Ṗ 0.89 20 10 s s15 1´ - -( – )
Surface dipole B-field, B 2.7 5.3 10 G11´( – )
Mass, MNS,2 M1.17 1.39 :–

Orbital Properties:
Orbital period, Porb 0.10 45 days–
Eccentricity, e 0.085 0.83–
Merger time, gwrt 86 Myr ¥
Systemic velocity, vsys 25 240 km s 1-–

Note. Data taken from the ATNF Pulsar Catalogue (Manchester et al. 2005)—
see Table 2 for further details. Only DNS systems in the Galactic disk are
listed. The systemic recoil velocity, v vsys

LSR= , is quoted with respect to the
local standard of rest (Section 2.2).
a 1.32 Me Mark an upper limit to the lowest mass of the first-born NS.

Figure 1. Illustration of the formation of a DNS system that merges within a
Hubble time and produces a single BH, following a powerful burst of GWs and
a shortGRB. Acronyms used in this figure—ZAMS: zero-age main sequence;
RLO: Roche-lobe overflow (mass transfer); He-star: helium star; SN:
supernova; NS: neutron star; HMXB: high-mass X-ray binary; CE: common
envelope; BH: black hole.

12 See brief discussion given in Section 4.2 for an alternative “double core
scenario” (Brown 1995; Dewi et al. 2006) in which CE evolution with a NS is
avoided.
13 The secondary (initially less massive) star may be a M5 7 :– star which
accretes mass from the primary (initially more massive) star to reach the
threshold limit for core collapse at M8 12~ :– (Jones et al. 2013; Woosley &
Heger 2015; see also Section 3.1).

3
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Figure 7. Evolutions of the radius of shocks.

Figure 8. Time evolutions of PNS mass (defined by ρ > 1011 g cm−3).

detailed nucleosynthesis calculation, which is beyond the scope of
this paper. The NS kick velocity is estimated by assuming the linear
momentum conservation of the whole progenitor star, i.e. assuming
that anisotropic mass ejection leads to NS kick (e.g. Wongwatha-
narat, Janka & Müller 2013). The linear momentum of ejecta is
calculated by

Pej =
∫

ρ<1011 g cm−3,vr>0
ρvdV , (3)

where v is the velocity vector and vr is its radial component. The NS
kick velocity is then given by vkick = −Pej/MNS,baryon. Since the
axial symmetry is assumed in our simulations, the kick velocity may
be overestimated due to the existence of preferable direction of NS
kick, i.e. symmetry axis. Additionally, the stochastic nature of post-
shock turbulent flow would also change the degree of asymmetry
of ejecta so that the initial small perturbation could change the kick
velocity significantly (Scheck et al. 2006). More statistical study is
needed to pin down this issue. It can be argued that small envelope,
not small iron core itself, which can rapidly accelerate shock, would
generally lead to small kick velocity due to too short time for SASI
to build up (see also, e.g., Podsiadlowski et al. 2004; Bogomazov,
Lipunov & Tutukov 2007).

4 SU M M A RY A N D D I S C U S S I O N

We have performed both stellar evolution simulations of bare CO
cores and explosion simulations for the end product of the CO cores
for modelling ultra-stripped Type Ic SNe. We have found that all
CO cores with mass from 1.45 to 2.0 M⊙ resulted in explosion
with energy of O(1050) erg, which left NSs with gravitational mass
from ∼1.24 to 1.44 M⊙ and ejecta from ∼0.1 to 0.4 M⊙ with
synthesized 56Ni of O(10−2) M⊙. These values are compatible with
observations of ultra-stripped SN candidates (Drout et al. 2013;
Tauris et al. 2013, 2015). For SN 2005ek, Mej ≈ 0.2–0.7 M⊙ and
MNi ≈ 0.02–0.05 M⊙ are appropriate to fit its light curve. The
event rate of these SNe is estimated as ∼1 per cent of core-collapse
SN rate (Drout et al. 2013, 2014), which is also compatible with an
NS merger rate estimation (Abadie et al. 2010).

We took a different approach from previous studies on ultra-
stripped SNe (Tauris et al. 2013, 2015). In previous works, they
self-consistently performed stellar evolutionary simulations until
oxygen burning phase with self-consistent mass-loss driven by wind
but explosion calculations were based on phenomenological mod-
elling with three free parameters: kinetic energy of SN, Ni mass,
and mass cut (i.e. NS mass). Based on this model, they found that
ultra-stripped SN model could account for the light curve of SN
2005ek quite well. In our work, on the other hand, we performed
stellar evolutionary simulations until the last phase of evolution, i.e.
iron core collapse, but for initially bare CO cores without mass-loss.
For the explosion phase, we performed neutrino-radiation hydrody-
namics simulations to calculate explosion energy, Ni mass, and NS
baryon mass in self-consistent manner. In this sense, this work is

Table 2. Summary of simulation results.

Model tfinal
a Rsh

b Eexp
c MNS, baryon

d MNS, grav
e Mej

f MNi
g vkick

h

(ms) (km) (B) (M⊙) (M⊙) (10−1 M⊙) (10−2 M⊙) (km s−1)

CO145 491 4220 0.177 1.35 1.24 0.973 3.54 3.20
CO15 584 4640 0.153 1.36 1.24 1.36 3.39 75.1
CO16 578 3430 0.124 1.42 1.29 1.76 2.90 47.6
CO18 784 2230 0.120 1.49 1.35 3.07 2.56 36.7
CO20i 959 1050 0.0524 1.60 1.44 3.95 0.782 10.5

Notes. aThe final time of simulations measured by post-bounce time.
bThe angle-averaged shock radius at tfinal.
cThe explosion energy in units of B (=1051 erg) at tfinal, which is still increasing.
dThe baryonic mass of NS at tfinal.
eThe gravitational mass of NS computed by equation (2) at tfinal.
fThe ejecta mass at tfinal.
gThe Ni mass at tfinal.
hThe kick velocity at tfinal.
iNote that this model is marginally exploding.

MNRAS 454, 3073–3081 (2015)
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Figure 4. Abundance ratios of elements in the ejecta of ultra-stripped Type
Ic SNe to the solar abundance. The red and black lines denote the ratios
of the CO145 and CO15 models, respectively. The dashed lines denote the
maximum ratios and the ratios of the 10 per cent of the maximum ratios.

Figure 5. Abundance ratios of isotopes in the ejecta of the (a) CO145 and
(b) CO15 model to the solar abundance. The red and black lines correspond
to odd-Z and even-Z nuclei. The green-hatched region denotes the range of
the abundance ratio between the maximum and one-tenth of that.

is ignored, the peak luminosity is approximately halved. The main
energy source other than 56Ni and 56Co is 57Ni and 66Cu for the
CO145 and the CO15 model, respectively. The decay time of the
luminosity from these elements is about 4 and 8 d in the CO145 and
the CO15 model, respectively. The difference of the contribution

-17

-16

-15

-14

-13

-12

-11
 0  5  10  15  20  25  30  35  40

1040

1041

1042

Ab
so

lut
e M

ag
nit

ud
e Luminosity [erg s -1]

Days since explosion

CO145
CO15

CO145: Ye-B
SN2005ek

Figure 6. Light-curves of the ultra-stripped Type Ic SNe. The red and blue
curves denote the CO145 and CO15 models, respectively. The circles denote
the light-curve of SN 2005ek. The orange dashed line denotes the CO145
Ye-B model (see Section 4.2).

from these elements is mainly the result of the difference in the 56Ni
yield.

Recently, a variety of fast-decaying SNe have been found in
survey programs for transient objects. Subluminous SNe have also
been observed as Types Ia and Ib/c SNe (e.g. Foley et al. 2013;
Drout et al. 2014). Some subluminous fast-decaying SNe could be
ultra-stripped SNe. These observed SNe showed spectral features
different from those of normal Types Ia and Ib/c SNe. The ejecta of
the ultra-stripped SNe in our models indicate a higher abundance
ratio of intermediate elements to oxygen compared with the case
for more massive CO cores. These compositional differences could
give distinctive spectral features. The identification of ultra-stripped
SNe from Type I SNe is important for the evaluation of the ultra-
stripped SN rate. Future observations of ultra-stripped SNe could
constrain the rates of ultra-stripped SNe.

We note, as pointed out in Suwa et al. (2015), that it is safe to
consider that our results give a lower limit of the explosion energy
of an ultra-stripped SN. In the case of a stronger explosion of an
ultra-stripped SN, the ejected 56Ni mass could be larger. If so, ultra-
stripped SNe could be observed as fast-decaying SNe such as the
Type Ic SN 2005ek. We also note that the 56Ni mass would be
underestimated because of the missing proton-rich component in
the neutrino-irradiated ejecta. This will be discussed in Section 4.2.

4.2 Uncertainties of the yield of light trans-iron elements in
ultra-stripped SN models

We obtained light trans-iron elements in the ultra-stripped SN mod-
els. However, the production efficiency of the elements depends
on the Ye distribution of the SN ejecta, which in turn depends on
the detailed treatment of neutrino transport. Indeed, Müller (2016)
showed that an approximate treatment of neutrino transport intro-
duces a broader Ye distribution than in a more stringent model
including sophisticated microphysics. On the other hand, an update
of the code can even lead to a smaller Ye distribution. For instance,
an ECSN simulation performed by the Garching group with an up-
dated code showed a smaller minimum value of Ye (0.34) than the
previous result (0.404; Wanajo et al. 2011) (Janka 2016, private

MNRAS 471, 4275–4285 (2017)

MC/O=1.45M⊙

MC/O=2.0M⊙

lower MC/O
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Chandrasekhar mass without temperature correction 

Chandrasekhar mass with temperature correction 

To make a small core, low Ye and low entropy are necessary
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Baron+ 1990; Timmes+ 1996

MCh0(Ye) = 1.46M⊙ ( Ye

0.5 )
2

MCh(T ) = MCh0(Ye) 1 + ( se

πYe )
2

se = 0.5ρ−1/3
10 (Ye/0.42)2/3TMeV
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input: ρ(r), T(r), Zi(r), vr(r)
stellar evolution

Gravity
general relativity
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Nuclear equation of state
strong interaction

Numerical table based on nuclear physics 
e.g.) 103 g cm-3 < ρ < 1015 g cm-3 

0.1 MeV < T < 100 MeV 
0.03 < Ye <0.56

Neutrino transfer
weak interaction

Number of interactions; 
pe- <-> nνe, ne+ <-> pνe̅ 

νe± <-> νe±, νA <-> νA, νN <-> νN 
νν ̅<-> e-e+, NN <-> ννN̅N, νν ̅<->νν̅

as first-principles as possible. 
parameter free simulation!

(Magneto-)hydrodynamics
electro-magnetic interaction
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Explosion simulations and NS masses

 31

Model MCO (M⊙) MZAMS (M⊙) MNS,b (M⊙) MNS,g (M⊙)

CO137 1.37 9.35 1.289 1.174

CO138 1.38 9.4 1.296 1.179

CO139 1.39 9.45 1.302 1.184

CO140 1.4 9.5 1.298 1.181

CO142 1.42 9.6 1.287 1.172

CO144 1.44 9.7 1.319 1.198

CO145 1.45 9.75 1.376 1.245

MNS,b-MNS,g=0.084M⊙(MNS,g/M⊙)2 

(Lattimer & Prakash 2001)

[Suwa, Yoshida, Shibata, Umeda, Takahashi, MNRAS, 481, 3305 (2018)]
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Discussion
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MNS,g 
 (M⊙)

MCO (M⊙)~1.37 ~1.42

~1.20

~1.17

ONeMg core -> electron-capture SN

Fe core -> core-collapse SN

MNS,b 
 (M⊙)

~1.28

~1.32

[Suwa, Yoshida, Shibata, Umeda, Takahashi, MNRAS, 481, 3305 (2018)]
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Summary 

A low-mass NS of MNS,g=1.174M⊙ was found 

Q: Is it possible to make such a low-mass NS with standard 
modeling of SN? 

A: Yes, it is.  
The minimum mass is ~1.17M⊙. 
If a new observation finds even lower mass NS, we cannot make 
it. Something wrong.
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