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!Link to slides

中性子星形成と超新星
諏訪雄大 

（京都大学 基礎物理学研究所 重力物理学研究センター）

諏訪雄大 @ ～中性子星の観測と理論～研究活性化ワークショップ /3623/11/2017

Agenda

Observable of NS: 
1. mass 
2. spin 
3. magnetic !elds 

Can we calculate them w/ supernova simulations?

5

https://indico2.riken.jp/event/2545/contributions/7651/attachments/4912/5751/171123_NS_suwa.pdf
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諏訪雄大 @ ～中性子星の観測と理論～研究活性化ワークショップ /3623/11/2017

Summary

36

1.   mass

2.   spin

3.   magnetic !elds

Can we calculate them w/ supernova simulations?

yes w/ stellar evolution 
Si/Si-O interface at collapse is important

probably yes w/ stellar evolution 
post-explosion evolution is important

no, origin is highly uncertain 
crust formation might be important

!Link to slides

https://indico2.riken.jp/event/2545/contributions/7651/attachments/4912/5751/171123_NS_suwa.pdf
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Magnetic fields of NSs
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Review

10

Hereafter, the dependence on Mns and Rns is omitted for sim-
plicity, assuming the !ducial values of Mns = 1.4M! and 
Rns = 12 km in equation (23). The loss rate of this rotational 
energy (equation (8)) is

Lsd ∼ 6.35 × 1035 erg s−1P−3
0 Ṗ−11. (25)

In the case of magnetic dipole radiation (equation (9)), the 
loss rate is

Lmd ∼ 2.88 × 1035 erg s−1B2
d,14P4

0 sin
2 χ. (26)

The parameters P and Bd are the primary fundamental physi-
cal parameters that lead to diversity in the !ve basic param-
eters discussed in section 1.

2.2. Thermally-powered neutron stars

The latent internal heat of NSs makes them thermal x-ray 
sources (see NS-cooling curves in !gure  4). Assuming iso-
tropic radiation from the surface of a NS at temperature T, the 
surface luminosity is

Lth = 4πR2
nsσT4 (27)

∼1.5 × 1035 erg s−1
(

kT
0.3 keV

)4

, (28)

where k is Boltzmann constant. This equation (27) gives mea-
surable parameters of T and Rns for this class, as a very rough 
estimate. In reality, the radius Rns depends on the assumed 
models for the surface emission of the star, atmosphere, con-
densed phase, magnetic !eld, and also the surface temperature 
distribution (e.g. [663]).

2.3. Accretion-powered neutron stars

Several types of x-ray binaries with various types of compan-
ion stars are classi!ed into this class (!gure 7). Accretion-
powered NSs release the gravitational potential energy of 
mass accretion #ow from a companion star and radiate mainly 
x-rays. In this class, P and Ṁ are observationally important 
parameters.

The gravitational energy for accretion is

!Egrav =
GMns!M

Rns
 (29)

Figure 9. Number histograms of the magnetic !eld strength of NSs (bottom) and magnetic WDs (top). This plot is practically the projected 
pro!le of !gure 5 to its y -axis. The magnetic !elds of magnetars, XINSs, and pulsars are estimated with the P–Ṗ  method, and those of NSs 
in accretion powered x-ray binaries are measured from the cyclotron resonance scattering features (CRSFs). Those of magnetic WDs are 
taken from [247].

Rep. Prog. Phys. 82 (2019) 106901

Enoto, Kisaka, Shibata (2019)
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Origin of dichotomy between magnetars and radio pulsars 

Two di!erent physical processes to sustain magnetic "elds 
magnetic induction by electric current 
remanent (residual) magnetization left behind after magnetic-!eld decay 

Magnetar 
strong internal current ? 
dynamo ? fossil ?  

Radio pulsar 
remanent !elds in crust of NS ?

8
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Origins of magnetic fields of planets & satellites
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B (G) origin

Mercury 2x10-3 ?

Venus <10-4 remanence

Earth 0.5 core dynamo

Moon 10-5-10-3 (patchy) remanence

Mars 10-5-1 (patchy) strong 
remanence

Jupiter 4.2 dynamo

Saturn 0.2 dynamo

B (G) origin

Uranus 0.2 dynamo

Neptune 0.2 dynamo

Io <10-2 complex

Europa 10-3 Induction 
response

Ganymede 2x10-2 likely dynamo

Callisto 4x10-5 Induction 
responce

Titan <10-3 need more data

Stevenson (2010)
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Lunar crust formation
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https://www.planetary.org/space-images/lunar-crust-formation
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Neutron stars also have crust
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652 9 Neutron Stars and Nucleosynthesis

Fig. 9.11 Structure of a neutron star. The radius of the neutron star is about 10 ∼ 12 km, while the
weight is almost the same as that of the sun. Models for neutron stars explore exotic structure of
the crust and the core. See Sects. 9.5.1 and 9.5.4 for details

When supplemented with an equation of state, which relates density to pressure,
the TOV equation completely determines the structure of a spherically symmetric
neutron star.

Problem

9.1 Derive the Newtonian hydrostatic equation for a spherically symmetric body
of isotropic material from TOV Eq. (9.26) in the non-relativistic limit and obtain a
relation between the pressure and the height difference from the reference point.

The TOV equation is solved for a static spherical non-rotating star with different
J values in Fig. 9.12. The predicted mass and radius relation is plotted for different
symmetry energy value Esym(≡J ). The estimated radius for a neutron star with the
mass 1.4M# varies depending on the value of the symmetry energy. The uncertainty

Obertelli and Sagawa (2021)
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Crust formation

NS crust forms as it cools down by neutrino emission. WHEN? 
Is building up of magnetic "elds faster than crust formation?

12

ν

(C)NASA
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Crust formation = crystallization = phase transition

13

What holds particles together in liquids and solids? 

•  Gas:	widely	spaced,	rapid	random	mo3on,	low	
density	

•  Liquid:	closer	together,	randomly	arranged	
•  Solid:	Closely	packed,	fixed	posi3on,	rigid,	high	
density	

https://laney.edu/huisunkim/wp-content/uploads/sites/407/2017/08/30A-Ch12-Liquids-Solids-Intermol-Forces.pdf

What holds particles together in liquids and solids? 

•  Gas:	widely	spaced,	rapid	random	mo3on,	low	
density	

•  Liquid:	closer	together,	randomly	arranged	
•  Solid:	Closely	packed,	fixed	posi3on,	rigid,	high	
density	

What holds particles together in liquids and solids? 

•  Gas:	widely	spaced,	rapid	random	mo3on,	low	
density	

•  Liquid:	closer	together,	randomly	arranged	
•  Solid:	Closely	packed,	fixed	posi3on,	rigid,	high	
density	gas liquid solid

cool down cool down
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L1-4 Publications of the Astronomical Society of Japan, (2014), Vol. 66, No. 2

Fig. 2. Time evolution of the density (left top), the temperature (left bottom), the entropy (right top), and the electron fraction (right bottom). The
density and the temperature are given as functions of the radius and the entropy and the electron fraction are functions of the mass coordinate. The
corresponding times measured from the bounce are 10 ms (red solid line), 1 s (green dashed line), 10 s (blue dotted line), 30 s (brown dot-dashed
line), and 67 s (grey dot-dot-dashed line), respectively. (Color online)

Fig. 3. The time evolution in the ρ–T plane. The color and type of lines
are as in figure 2. Three thin solid black lines indicate the critical lines
for crust formation. See text for details. (Color online)

where Z is the typical proton number of the compo-
nent of the lattice, e is the elementary charge, " is
a dimensionless factor describing the ratio between the
thermal and Coulomb energies of the lattice at the melting
point, kB is the Boltzmann constant, xa is the mass fraction
of heavy nuclei, and mu is the atomic mass unit, respectively.
The critical lines are drawn using parameters of " = 175
(see, e.g., Chamel & Haensel 2008), Ye = 0.1, and xa = 0.3.
As for the proton number, we employ Z = 26, 50, and 70
from bottom to top. Although the output for the typical
proton number by the equation of state is between ∼ 30 and
35, there is an objection that the average proton number
varies if we use the NSE composition. Furusawa et al.
(2011) represented the mass fraction distribution in the
neutron number and proton number plane and implied that
even larger (higher proton number) nuclei can be formed

in the thermodynamic quantities considered here. There-
fore, we here parametrize the proton number and show the
different critical lines depending on the typical species of
nuclei. In addition, there are several improved studies con-
cerning " that suggest the larger value (e.g., Horowitz et al.
2007), which leads to a lower critical temperature corre-
sponding to later crust formation, although the value is still
under debate.

The critical lines imply that the lattice structure is formed
at the point with the density of ∼ 1013−14 g cm−3 and at the
post-bounce time of ∼ 70 s. Of course these values (espe-
cially the formation time) strongly depend on the parame-
ters employed, but the general trend would not change very
much even if we included more sophisticated parameters.

4 Summary and discussion
In this letter, we performed a very long-term simulation of
the supernova explosion for an 11.2 M# star. This is the
first simulation of an iron core starting from core collapse
and finishing in the PNS cooling phase. We focused on the
PNS cooling phase by continuing the neutrino-radiation-
hydrodynamic simulation up to ∼ 70 s from the onset of
core collapse. By comparing the thermal energy and the
Coulomb energy of the lattice, we finally found that the
temperature decreases to ∼ 3 × 1010 K with the density
ρ ∼ 1014 g cm−3, which almost satisfies the critical condi-
tion for the formation of the lattice structure. Even though
there are still several uncertainties for this criterion, this
study could give us useful information about the crust for-
mation of a NS. We found that the crust formation would
start from the point with ρ ≈ 1013−14 g cm−3 and that it pre-
cedes from inside to outside, because the Coulomb energy

 at M
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Crust formation!

Numerical simulation of  (close-to) crust formation of NSs
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Suwa (2014)

HEAVY NUCLEI AS THERMAL INSULATION FOR … PHYSICAL REVIEW C 97, 035804 (2018)

FIG. 2. Snapshots of PNS profiles in the baryon mass density versus temperature plane. The left, central, and right panels are for the Togashi
EOS, T+S EOS, and Shen EOS, respectively. The lines correspond, from top to bottom, to the times listed in each panel in ascending order. The
profiles at t = 20 s and 50 s are shown in dashed lines. The nonuniform phase, where inhomogeneous nuclear matter including heavy nuclei
resides, is shown by thick (red) lines and the uniform phase is shown by thin (black) lines.

is t = 120.1 s, 78.9 s, and 56.6 s for Togashi EOS, T+S
EOS, and Shen EOS, respectively. The Togashi EOS has a
longer time scale of neutrino emission than the Shen EOS.
This is due to the fact that the Togashi EOS is softer and
has a more compact PNS. While the baryon mass of the PNS
investigated in this study is 1.47M! for both cases, the radius
of the PNS at t = 50 s is 11.8 km for the Togashi EOS and
14.1 km for the Shen EOS. Meanwhile, the central density of
the PNS is ρB = 7.73 × 1014 g cm−3 for the Togashi EOS
and 4.87 × 1014 g cm−3 for the Shen EOS. Therefore, in
the case of the Togashi EOS, the neutrino mean free path is
shorter and it takes more time for neutrinos to escape from
the PNS. Furthermore, the total energy emitted by neutrinos
(time-integrated neutrino luminosity) is larger for Togashi
EOS. This is again due to the compactness of the PNS. The
energy emitted by neutrinos becomes larger for the EOS with
a more compact PNS because it corresponds to the binding
energy released by the cooling and shrinkage of the PNS.

According to Fig. 1, the neutrino luminosities for the To-
gashi EOS and T+S EOS are similar until t ∼ 70 s. This means
that the evolutionary histories of the PNS structure are similar
for both cases. Since the main part of the PNS is a high-density
region, the energy emitted as neutrinos mainly originates from
there. Therefore, the evolution of the PNS is mainly determined
by the high-density nuclear matter, for which the T+S EOS is
the same as the Togashi EOS. In fact, at t = 50 s, the baryon
mass coordinate with ρB = 2 × 1014 g cm−3 is 1.42M! for
both the Togashi EOS and the T+S EOS.

In contrast to the preceding argument, from as early as t ∼
20 s, a difference appears in the neutrino mean energy between
the cases with the Togashi EOS and T+S EOS (Fig. 1). For the
matter in the PNS, we show the relation between the baryon
mass density and temperature at different times in Fig. 2, in
which the behaviors in the low-density region with ρB ! 2 ×
1014 g cm−3 can be seen clearly. We can recognize that the
case with the Togashi EOS has a higher temperature than that
with the T+S EOS at any given time. Furthermore, the critical
temperature and transition density between the uniform and
nonuniform phases of the Togashi EOS are higher than those
of the T+S EOS. For the T+S EOS, the nonuniform phase

appears only in the region with ρB < 1014 g cm−3, where the
T+S EOS and the Shen EOS are the same. The difference
between the Togashi EOS and Shen EOS is described later in
Sec. IV.

The properties of heavy nuclei can account for the difference
in the neutrino mean energy stated above. Heavy nuclei have
a large scattering cross section with neutrinos owing to the
coherent effects. The cross section is proportional to ∼A2.
Meanwhile, the number density of heavy nuclei in a PNS is
proportional to ρBXA/A, where XA is defined by the fraction
of the number of nucleons in heavy nuclei to the total baryon
number. Therefore, the local neutrino mean free path due to
neutrino-nucleus scattering is proportional to ∼1/(ρBXAA).
The values of A and XA near the surface of the PNS are shown
in Fig. 3. For the Togashi EOS, the high critical temperature
hastens the appearance of heavy nuclei and the high transition
density shortens the neutrino mean free path. Furthermore,
as described in [11], the Togashi EOS has large values of A
(Fig. 3), which enhances the impact of heavy nuclei. As a
result, neutrinos efficiently interact with the matter and keep
the matter hot near the PNS surface. Reflecting the temperature
there, the neutrino mean energy remains higher for the case
with the Togashi EOS. In addition, for the Togashi EOS, hot
matter near the PNS surface affects the neutrino luminosity
after t ∼ 70 s, where a difference from the T+S EOS is seen,
and increases the duration of neutrino emission.

IV. DISCUSSION AND CONCLUSION

As stated above, the interactions between the matter and
neutrinos are enhanced near the surface of the PNS owing to the
coherent effects of neutrino-nucleus scattering. Since neutrinos
have a low energy in a PNS, they are isoenergetically scattered
off heavy nuclei. It may appear strange that the isoenergetic
scattering affects the state of matter, particularly the temper-
ature. This is interpreted as follows. Owing to isoenergetic
scattering, neutrinos follow a zigzag path and the probabilities
of other reactions with energy exchange, such as neutrino-
electron scattering, increase. Let λth be the mean free path for
thermalization processes, which associates energy exchange,

035804-3

Nakazato+ (2018)
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What do we need?

Long-term simulations of PNS cooling 
(Nakazato+ 2013, Mori+ 2021, etc.) 

but, need a better neutrino transfer than di!usion-based/truncated momentum methods 

approx. methods have considerable errors around decoupling 

SN? Monte-Carlo? variable Eddington method? any suggestion? 

Multicomponent nuclear EOS 
(Hempel+ 2010, Furusawa+ 2011, etc.) 

phase transition btw. uniform and non-uniform matter? nuclear pasta? 

Better understanding of crust formation 
(Sonoda+ 2007, etc.) 

(Q)MD simulations? any other modern way?

15
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Simulations crush due to emergence of heavy nuclei before crust formation

16
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Finding a solution of neutrino transport fails → change the mind

coherent scattering of neutrinos
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the total energy emitted by all flavors of neutrinos Etot. Note that the boosting factor

β is time-dependent because the heavy nuclei in the crust are absent for the early phase

and appear later once the temperature decreases below the Coulomb energy of the lattice

structure [11]. Therefore, we propose a two-component model to reproduce numerical models

of neutrino-light curves. The first component represents the early time without coherent

scattering (β = 3) and the second component represents the late time with the opacity boost

by the coherent scattering (β ! 1). The neutrino luminosity is given by the total luminosity

of two components, L1 + L2, and the average energy is estimated by the harmonic mean,
L1 + L2

L1/ 〈E1〉+ L2/ 〈E2〉
, where Li and 〈Ei〉 give the luminosity and average energy of i-th

components.
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Fig. 1 Luminosity (red) and average energy (blue) evolution for a flavor of neutrinos. The

first component is a model with β = 3 and Etot = 4× 1052 erg and the second component

is a model with β = 40 and Etot = 1× 1053 erg. For both components, MPNS = 1.5M!,

RPNS = 12 km, and g = 0.04. Grey lines are luminosity and average energy of ν̄e of the

model 147S in Ref. [12].

Figure 1 shows a comparison of the analytic model given here (colored lines) and the

numerical model 147S presented in Ref. [12] (grey lines), which is a numerical solution of

PNS cooling calculation that solves neutrino transfer equation with a nuclear-physics based

equation of state as well as the general relativistic hydrostatic equation. For the analytic

model, we employ the early-time solution (dashed lines) and the late-time solution (dotted

lines). The early-time solution indicates the cooling curve without the solid crust composed

of heavy nuclei (i.e., low β), while the late-time solution includes it (i.e., high β). The solid

red line is the total luminosity of the early-time and the late-time solutions, and the solid blue

line is the harmonic mean of the two average energies. The general profiles of the detailed

numerical solutions are reproduced well by the simple analytic solutions presented in this

paper. In the very early phase (t ! 1 s), the PNS contracts so that the gravitational energy
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numerical 
(Suwa+ 2019)

analytic 
w/ 2 components 
• early: free nucleons 
• late: heavy nuclei

Analytic solutions for neutrino emission

Solve neutrino transport eq. analytically  
Neutrino luminosity 

  

Neutrino average energy   

  

two-component model  
early cooling phase (β=3, free p and n) 
late cooling phase (β=O(10), heavy 
nuclei)

L = 3.3 × 1051 erg s−1 ( MPNS
1.4M⊙ )

6

( RPNS
10 km )

−6

( gβ
3 )

4

( t + t0
100 s )

−6

⟨Eν⟩ = 16 MeV ( MPNS
1.4M⊙ )

3/2

( RPNS
10 km )

−2

( gβ
3 ) ( t + t0

100 s )
−3/2

17

[Suwa, Harada, Nakazato, Sumiyoshi, PTEP, 2021, 0130E01 (2021)]



Yudai Suwa (UT&YITP) @ NS Workshop 2023 (Kyoto) /206/9/2023

Evolution in ρ-T plane
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What holds particles together in liquids and solids? 

•  Gas:	widely	spaced,	rapid	random	mo3on,	low	
density	

•  Liquid:	closer	together,	randomly	arranged	
•  Solid:	Closely	packed,	fixed	posi3on,	rigid,	high	
density	

What holds particles together in liquids and solids? 

•  Gas:	widely	spaced,	rapid	random	mo3on,	low	
density	

•  Liquid:	closer	together,	randomly	arranged	
•  Solid:	Closely	packed,	fixed	posi3on,	rigid,	high	
density	

gas

solid

NS crust forms at 
~100 s after SN
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Relaxation time scales

Turbulent B-"elds would be relaxed to some equilibrium  
con"guration (Braithwaite & Cantiello 2013) 

tequil ~ tAlfven2/P ~ 10 s (Bequil/1015G)-2(P/1ms)-1

19

B (G) P (ms) tequil

magnetar 1015 103 0.01 s

ms-magnetar 1015 1 10 s

pulsar 1012 30 3 days

CCO 1010 300 1000 years
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Fig. 6. The initial evolution of the field, plotted with IRIS Explorer. Plotted top left at t = 0 is the computational box, with field lines, the axis M
and (only in this frame) the surface of the star. Also plotted in this frame, as in all of the frames, is a surface of constant radius (r = 0.3 R∗),
which helps to make it easier to see the field lines in the foreground. However, in this frame this is difficult to see. Therefore, the other frames
are zoomed-in somewhat, so that only the r = 0.3 R∗ surface is visible and not the surface of the star. Top right is also at t = 0, but viewed from
a different angle, and zoomed-in. Middle left, middle right and bottom left are snapshots taken at times t = 0.18, 0.54 and 5.4 days. Bottom right
is the last of these, looking down the magnetic axis.

7.2. The characteristic size of the initial field
configuration

The evolution is found to depend on the initial state of the mag-
netic field, or at least, on the initial length scale rm (cf. Eq. (2))
of the field. For small rm, the field configuration is concentrated
more towards the centre of the star. Runs were done with differ-
ent values of rm but with the same total magnetic energy. The
field finds the torus configuration only if rm is below a certain
value, so that if rm is smaller than this value, the torus pro-
duced diffuses gradually outwards until at some point it starts

the “tennis ball” distortion described above. The smaller rm

is, the smaller the torus produced is, and the longer this diffu-
sive phase lasts. If rm is above the critical value, the field goes
straight into the distorted state without ever reaching the regu-
lar torus shape. So its value has no effect on the final state of
the field, i.e. one of fast decay caused by dynamic instability. In
the runs described above, we used rm = 0.25 R∗. To look at the
effect of rm, we did otherwise identical runs at resolution 723

with rm = 0.14 R∗, 0.25 R∗, 0.39 R∗ and 0.57 R∗. These runs can
be compared by looking at the poloidal field energy as a pro-
portion of the total energy – see Fig. 13. It can be seen that the

J. Braithwaite and Å. Nordlund: Stable magnetic fields in stellar interiors 1085

Fig. 6. The initial evolution of the field, plotted with IRIS Explorer. Plotted top left at t = 0 is the computational box, with field lines, the axis M
and (only in this frame) the surface of the star. Also plotted in this frame, as in all of the frames, is a surface of constant radius (r = 0.3 R∗),
which helps to make it easier to see the field lines in the foreground. However, in this frame this is difficult to see. Therefore, the other frames
are zoomed-in somewhat, so that only the r = 0.3 R∗ surface is visible and not the surface of the star. Top right is also at t = 0, but viewed from
a different angle, and zoomed-in. Middle left, middle right and bottom left are snapshots taken at times t = 0.18, 0.54 and 5.4 days. Bottom right
is the last of these, looking down the magnetic axis.

7.2. The characteristic size of the initial field
configuration

The evolution is found to depend on the initial state of the mag-
netic field, or at least, on the initial length scale rm (cf. Eq. (2))
of the field. For small rm, the field configuration is concentrated
more towards the centre of the star. Runs were done with differ-
ent values of rm but with the same total magnetic energy. The
field finds the torus configuration only if rm is below a certain
value, so that if rm is smaller than this value, the torus pro-
duced diffuses gradually outwards until at some point it starts

the “tennis ball” distortion described above. The smaller rm

is, the smaller the torus produced is, and the longer this diffu-
sive phase lasts. If rm is above the critical value, the field goes
straight into the distorted state without ever reaching the regu-
lar torus shape. So its value has no effect on the final state of
the field, i.e. one of fast decay caused by dynamic instability. In
the runs described above, we used rm = 0.25 R∗. To look at the
effect of rm, we did otherwise identical runs at resolution 723

with rm = 0.14 R∗, 0.25 R∗, 0.39 R∗ and 0.57 R∗. These runs can
be compared by looking at the poloidal field energy as a pro-
portion of the total energy – see Fig. 13. It can be seen that the

J. Braithwaite and Å. Nordlund: Stable magnetic fields in stellar interiors 1085

Fig. 6. The initial evolution of the field, plotted with IRIS Explorer. Plotted top left at t = 0 is the computational box, with field lines, the axis M
and (only in this frame) the surface of the star. Also plotted in this frame, as in all of the frames, is a surface of constant radius (r = 0.3 R∗),
which helps to make it easier to see the field lines in the foreground. However, in this frame this is difficult to see. Therefore, the other frames
are zoomed-in somewhat, so that only the r = 0.3 R∗ surface is visible and not the surface of the star. Top right is also at t = 0, but viewed from
a different angle, and zoomed-in. Middle left, middle right and bottom left are snapshots taken at times t = 0.18, 0.54 and 5.4 days. Bottom right
is the last of these, looking down the magnetic axis.

7.2. The characteristic size of the initial field
configuration

The evolution is found to depend on the initial state of the mag-
netic field, or at least, on the initial length scale rm (cf. Eq. (2))
of the field. For small rm, the field configuration is concentrated
more towards the centre of the star. Runs were done with differ-
ent values of rm but with the same total magnetic energy. The
field finds the torus configuration only if rm is below a certain
value, so that if rm is smaller than this value, the torus pro-
duced diffuses gradually outwards until at some point it starts

the “tennis ball” distortion described above. The smaller rm

is, the smaller the torus produced is, and the longer this diffu-
sive phase lasts. If rm is above the critical value, the field goes
straight into the distorted state without ever reaching the regu-
lar torus shape. So its value has no effect on the final state of
the field, i.e. one of fast decay caused by dynamic instability. In
the runs described above, we used rm = 0.25 R∗. To look at the
effect of rm, we did otherwise identical runs at resolution 723

with rm = 0.14 R∗, 0.25 R∗, 0.39 R∗ and 0.57 R∗. These runs can
be compared by looking at the poloidal field energy as a pro-
portion of the total energy – see Fig. 13. It can be seen that the

J. Braithwaite and Å. Nordlund: Stable magnetic fields in stellar interiors 1085

Fig. 6. The initial evolution of the field, plotted with IRIS Explorer. Plotted top left at t = 0 is the computational box, with field lines, the axis M
and (only in this frame) the surface of the star. Also plotted in this frame, as in all of the frames, is a surface of constant radius (r = 0.3 R∗),
which helps to make it easier to see the field lines in the foreground. However, in this frame this is difficult to see. Therefore, the other frames
are zoomed-in somewhat, so that only the r = 0.3 R∗ surface is visible and not the surface of the star. Top right is also at t = 0, but viewed from
a different angle, and zoomed-in. Middle left, middle right and bottom left are snapshots taken at times t = 0.18, 0.54 and 5.4 days. Bottom right
is the last of these, looking down the magnetic axis.

7.2. The characteristic size of the initial field
configuration

The evolution is found to depend on the initial state of the mag-
netic field, or at least, on the initial length scale rm (cf. Eq. (2))
of the field. For small rm, the field configuration is concentrated
more towards the centre of the star. Runs were done with differ-
ent values of rm but with the same total magnetic energy. The
field finds the torus configuration only if rm is below a certain
value, so that if rm is smaller than this value, the torus pro-
duced diffuses gradually outwards until at some point it starts

the “tennis ball” distortion described above. The smaller rm

is, the smaller the torus produced is, and the longer this diffu-
sive phase lasts. If rm is above the critical value, the field goes
straight into the distorted state without ever reaching the regu-
lar torus shape. So its value has no effect on the final state of
the field, i.e. one of fast decay caused by dynamic instability. In
the runs described above, we used rm = 0.25 R∗. To look at the
effect of rm, we did otherwise identical runs at resolution 723

with rm = 0.14 R∗, 0.25 R∗, 0.39 R∗ and 0.57 R∗. These runs can
be compared by looking at the poloidal field energy as a pro-
portion of the total energy – see Fig. 13. It can be seen that the

Br
ai

th
w

ai
te

 &
 N

or
dl

un
d 

(2
00

6)



Yudai Suwa (UT&YITP) @ NS Workshop 2023 (Kyoto) /206/9/2023

Summary

Origin of dichotomy of magnetic "elds in neutron stars remains puzzling 
An idea 

Magnetars have strong magnetic !elds, sustained by internal currents originating from 
dynamos 
Radio pulsars have weaker magnetic !elds, which are remnant "elds embedded in the 
neutron-star crust 

Impacts of crust formation 
Two di"erent timescales, crust formation and relaxation of turbulent motion 

If crust forms earlier than relaxation → radio pulsars 

If crust forms later than relaxation → magnetars
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