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暗黒時代から宇宙再電離

Image credit : K Hasegawa

宇宙の夜明け(Cosmic Dawn)と呼ばれる時代, 初代星の誕生とともに水素ガスの冷却-加熱が引き起こされる
(主に)銀河の電離光子によって水素ガスは電離、z=6には宇宙のほぼ全ての場所で電離が完了する

中性水素ガスで満たされていた暗黒時代
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当時のことを探査するために → 中性水素由来の21cm線観測
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21cm線 : 中性水素の超微細構造線
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21cm線
21cm線は宇宙膨張により赤方偏移する 
- z=6, 1420/(1+6) ~ 200 MHz 
- z=10, 130 MHz 
- z=20, 67 MHz

中性なところで明るく、電離したところで暗い

McQuinn et al 2007

さまざまな時代のIGMの様子を明らかにすることができる



式（3.2.5）から CMBの温度を引けば良い。

δT
′
b(ν) = Tb − Tγ(z) (3.4.10)

= TS(1− exp(−τν)) + Tγ exp(−τν)− Tγ(z) (3.4.11)

= (TS − Tγ(z))[1− exp(−τν)] (3.4.12)

今、背景電波源としてCMBを考えているので、式（3.2.5）で、TR = Tγ(z)とした。ここで、
δT

′
b は、赤方偏移が z のガス雲での静止系で測った値であり、宇宙膨張の効果を考慮に入れ

て、我々が観測する値に換算すると
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となる。この式を見て分かる様に、スピン温度とCMBの温度の関係によって、δTbの見え方
は異なってくる。TS # Tγのときは、δTbは温度依存性を持たない量になる一方で、TS $ Tγ

のときは、負の大きな値を持つ。δTb > 0時は、輝線として観測され、δTb < 0の時は吸収線
として観測される。輝度温度がどのように観測されるかはスピン温度や中性水素の割合や、バ
リオンの密度揺らぎに依っており、スピン温度を決める物理過程は 2.3節で見た通りである。

3.4.3 CMB以外を背景電波源とする場合

3.4.2では、CMBに対する相対的な輝度温度を見た。CMBの温度揺らぎ δTγ は 10−5程度
であるので、CMBに対する輝度温度の揺らぎはCMBのスペクトルのゆがみとして観測する
事が出来る。異なる周波数で観測を行えば、異なる赤方偏移空間での観測が可能なため、CMB

を背景電波源とするのは３次元的な情報を得る事が可能であるという利点がある [42, 13]。そ
の一方で、背景電波源としてCMB以外を用いる方法もある。例えば、背景電波源として、大
量な電波を発する点源、例えばクェーサーや、超新星、ガンマ線バーストなどがある。これら
の電波源は、広い範囲に分布している IGMとは異なり、点源として観測される。これら点源
からの光が我々に届くまでの間に、IGMやミニハローにより吸収を受けるため、吸収線とし
て観測される。観測されるスペクトル線の様子があたかも、森（forest）の様なため、このよ
うな観測を Lyman-α forestとの類似で、” 21cm forest ”と呼ぶ。この様子は図 1.2に示した
通りである。シミュレーションによって得られた” 21cm forest ”の様子を 3.5示す [8]。21cm

forestを用いた探査の最大の利点は、～kpcスケールの小スケールまで探査する事が可能であ
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21cm線輝度温度

ガスの揺らぎ中性率 スピン温度

スピン温度(中性水素原子の励起温度)がCMB温度よりも低い時は吸収線、高い時は輝線として観測される
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21cm線は背景放射(CMB)に対する水素ガスの放射・吸収として観測



スピン温度 & 21cmグローバルシグナル

CMB ∝ (1+z)

Gas ∝ (1+z)2

X-ray加熱

Messinger et al 2010
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TMT8 may provide a glimpse of the Universe at z ! 12
they peer through a narrow field of view and are unlikely
to touch upon redshifts z ! 20. As we will show, 21
cm global experiments could potentially provide crude
constraints on even higher redshifts at a much lower cost.
The structure of this paper is as follows. In §II, we

begin by describing the basic physics that drives the evo-
lution of the 21 cm global signature and drawing atten-
tion to the key observable features. We follow this in §III
with a discussion of the foregrounds, which leads into our
presenting a Fisher matrix formalism for predicting ob-
servational constraints in §IV. In §V and §VI we apply
this formalism to the signal from reionization and the
first stars, respectively. After a brief discussion in §VII
of the prospects for detecting the signal from the dark
ages before star formation, we conclude in §VIII.
Throughout this paper where cosmological parameters

are required we use the standard set of values Ωm = 0.3,
ΩΛ = 0.7, Ωb = 0.046, H = 100h km s−1Mpc−1 (with
h = 0.7), nS = 0.95, and σ8 = 0.8, consistent with the
latest measurements [14].

II. PHYSICS OF THE 21 CM GLOBAL SIGNAL

The physics of the cosmological 21 cm signal has been
described in detail by a number of authors [15, 16] and
we focus here on those features relevant for the global
signal. It is important before we start to emphasise our
uncertainty in the sources of radiation in the early Uni-
verse, so that we must of necessity extrapolate far beyond
what we know to make predictions for what we may find.
Nonetheless the basic atomic physics is well understood
and a plausible understanding of the likely history is pos-
sible.
The 21 cm line frequency ν21 cm = 1420MHz redshifts

for z = 6 − 27 into the range 200-50 MHz. The signal
strength may be expressed as a differential brightness
temperature relative to the CMB

Tb = 27xHI

(

TS − Tγ

TS

)(

1 + z

10

)1/2

× (1 + δb)

[

∂rvr
(1 + z)H(z)

]

−1

mK, (1)

where xHI is the hydrogen neutral fraction, δb is the over-
density in baryons, TS is the 21 cm spin temperature, Tγ

is the CMB temperature, H(z) is the Hubble parameter,
and the last term describes the effect of peculiar velocities
with ∂rvr the derivative of the velocities along the line
of sight. Throughout this paper, we will neglect fluctua-
tions in the signal so that neither of the terms δb nor the
peculiar velocities will be relevant. Fluctuations in xH

8 http://www.tmt.org/

and δb will be relevant for the details of the signal, but
are not required to get the broad features of the signal,
on which we focus here.

FIG. 1: Evolution of the 21 cm global signal for different
scenarios. Solid blue curve: no stars; solid red curve: TS !
Tγ ; black dotted curve: no heating; black dashed curve: no
ionization; black solid curve: full calculation.

The evolution of Tb is thus driven by the evolution of
xH and TS and is illustrated for redshifts z < 100 in
Figure 1. Early on, collisions drive TS to the gas temper-
ature TK , which after thermal decoupling (at z ≈ 1000)
has been cooling faster than the CMB leading to a 21 cm
absorption feature ([TS − Tγ ] < 0). Collisions start to
become ineffective at redshifts z ∼ 80 and scattering of
CMB photons begins to drive TS → Tγ causing the sig-
nal to disappear. In the absence of star formation, this
would be the whole story [17].
Star formation leads to the production of Lyα photons,

which resonantly scatter off hydrogen coupling TS to TK

via the Wouthysen-Field effect [18, 19]. This produces
a sharp absorption feature beginning at z ∼ 30. If star
formation also generates X-rays they will heat the gas,
first causing a decrease in Tb as the gas temperature is
heated towards Tγ and then leading to an emission sig-
nal, as the gas is heated to temperatures TK > Tγ . For
TS & Tγ all dependence on the spin temperature drops
out of equation (1) and the signal becomes saturated.
This represents a hard upper limit on the signal. Finally
reionization will occur as UV photons produce bubbles
of ionized hydrogen that percolate, removing the 21 cm
signal.
We may thus identify five main events in the history

of the 21 cm signal: (i) collisional coupling becoming in-
effective (ii) Lyα coupling becoming effective (iii) heat-
ing occurring (iv) reionization beginning (v) reionization

Lyman-α 
(WF effect)

X-ray加熱

再電離

Pritchard & Loeb 2012

初代星のLyman-α 
によるカップリング

スピン温度の進化 21cm線のグローバルな進化
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として観測される。輝度温度がどのように観測されるかはスピン温度や中性水素の割合や、バ
リオンの密度揺らぎに依っており、スピン温度を決める物理過程は 2.3節で見た通りである。

3.4.3 CMB以外を背景電波源とする場合

3.4.2では、CMBに対する相対的な輝度温度を見た。CMBの温度揺らぎ δTγ は 10−5程度
であるので、CMBに対する輝度温度の揺らぎはCMBのスペクトルのゆがみとして観測する
事が出来る。異なる周波数で観測を行えば、異なる赤方偏移空間での観測が可能なため、CMB

を背景電波源とするのは３次元的な情報を得る事が可能であるという利点がある [42, 13]。そ
の一方で、背景電波源としてCMB以外を用いる方法もある。例えば、背景電波源として、大
量な電波を発する点源、例えばクェーサーや、超新星、ガンマ線バーストなどがある。これら
の電波源は、広い範囲に分布している IGMとは異なり、点源として観測される。これら点源
からの光が我々に届くまでの間に、IGMやミニハローにより吸収を受けるため、吸収線とし
て観測される。観測されるスペクトル線の様子があたかも、森（forest）の様なため、このよ
うな観測を Lyman-α forestとの類似で、” 21cm forest ”と呼ぶ。この様子は図 1.2に示した
通りである。シミュレーションによって得られた” 21cm forest ”の様子を 3.5示す [8]。21cm

forestを用いた探査の最大の利点は、～kpcスケールの小スケールまで探査する事が可能であ
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21cm線グローバルシグナルの観測

EDGESの結果は普通のモデルでは説明できない
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-500mK

2018年にEDGES(Bowman+2018)によって 
報告された非常に強い吸収線 (-500mK, z=17.8)

装置由来の誤差が指摘されるなど議論は未だ続いている(e.g. Hill+2018)

∝

エキゾチックな物理を要請 
(例) 
・バリオン-ダークマター相互作用 
→ TSを下げる 
・CMB以外の電波背景放射 
→ Tγを上げる



21cm線輝度温度

FIGURE 9: Evolution of 21 cm line signal calculated by using 21cmFAST [105]. The redshift

range is from 5.6 to 33 from left to right.

3.3 The 21 cm global signal

For exploring the thermal history during the EoR, the EoX and the cosmic dawn, the 21 cm

global signal is useful. The 21 cm global signal is sky averaged brightness temperature of the

21 cm line. Same as the Eq. 3.5, global signal is proportional to xHI and (1-TCMB/TS). The

density fluctuation vanishes since the signal is averaged in wide field of view.

The Fig. 10 shows an example of global signal. The 21 cm signal reaches to zero at z ∼ 25

since the gas collisions become ineffective and the spin temperature approaches to the CMB

temperature. Once first stars emit Lyman-α photons, the spin temperature couples with cold

gas temperature via the WF effect. Then, the 21 cm signal is drastically cooled until X-ray

heating. Thus, this first drop is useful indicator to study the character of infant stars.

During the epoch of X-ray heating, the gas is heated by luminous sources such as X-ray binary,

and the spin temperature also increases. Then, the global signal shows an absorption trough

because TS ≤ TCMB.

The 21 cm signal becomes positive when TS ≥ TCMB, and observed as emission against to the

CMB spectrum. Typically, the reionization happened at z ≤ 10, and the global signal becomes

weak as ionization processes. In many articles, the spin temperature is sufficiently larger than

the CMB temperature, and term of 1−TCMB/TS is saturated. Then, the peak at z ≤ 10 depends

only on xHI(1 + z)1/2. The evolution of ionization fraction will be directly revealed by precise

observation.

We mention that the evolution of the global signal, as shown in Fig. 10, is uncertain and de-

pends on models, and there are various articles predicting global signal (e.g. [37, 27]). There is no

consensus on the scenario, and this uncertainty can be solved by observations. In the following,

we introduce future and ongoing observations of the global signal and current constraints.

3.3.1 Observation

For the global signal, we do not need resolution, but a large field of view (FoV) is required.

Thus, a single small dipole antenna is used for the observation of 21 cm global signal. There are

some ongoing experiments such as EDGES[16], SARAS[127], SCI-HI[164], LEDA [133].

Expected thermal noise can be written as [135],

σ2
N =

T 2
sys

Btint
, (3.18)
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理想的には3次元で観測できる(天球面+周波数) 例として, 21cmFASTによるシミュレーション

low-z (200MHz) high-z (70MHz)

Epoch of R
eio

niza
tio

n

Cosm
ic D

awn

Epoch of H
eatin

g

Dark Age

暗黒時代の構造形成 
＋ 

宇宙初期の揺らぎ

初代星がいつ生まれたのか 
その量や性質は？

何がガスを加熱したか 
X線連星?初期のAGN?

いつ電離が始まったのか 
何が宇宙を再び電離したのかいつ電離が終わったのか
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21cm線パワースペクトル
揺らぎの統計量としてパワースペクトルによる解析が主流
観測される輝度温度を3次元フーリエ変換 ( 天球面方向 + 視線方向(=周波数) )

パワースペクトルの定義

k) as the characteristic size of bubbles increases,16 until the
overall global neutral fraction has decreased sufficiently for the
power to drop to zero on all scales. Power spectrum
measurements can be used to constrain the underlying
parameters of a model, and in Section 13 we outline how (in
general) one can go about performing this data analysis step.
Power spectra can also be used to select between models, and
we discuss this in Section 13.3.

In addition to the basic power spectrum that we have defined
above, there exist variations that can be useful in specific data
analysis contexts. If one is dealing not with a three-dimensional
volume of data but instead with observations on the surface of a
sphere, it is more appropriate to construct an angular power
spectrum. Here, one decomposes maps into spherical harmonic
modes rather than Fourier modes, so that17
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where Yℓm denotes a standard spherical harmonic basis function
and aℓm its expansion coefficient. In analogy to Equation (16),
we may define the angular power spectrum Cℓ as
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and the analog to Equation (21) is
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The angular power spectrum has been the workhorse statistic
for decades in the CMB community, since the CMB resides on
a two-dimensional surface on the sky. It has been less
commonly used in 21 cm cosmology because of the three-
dimensional nature of 21 cm surveys. One option would be to
create a separate angular power spectrum for each frequency.
However, since each frequency is treated in a way that is
independent of all others, this method is unable to capture
valuable information on correlations in the 21 cm data along
the line of sight. An alternative is to compute all possible
angular cross-power spectra between frequency channels, i.e.,
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where aℓm (ν) is the spherical harmonic expansion coefficient
for mode Yℓm of the map at frequency ν (Santos et al. 2005;
Datta et al. 2007; Bharadwaj et al. 2019). This is essentially a
hybrid statistic, being a harmonic space quantity in the angular
directions but a correlation function in the frequency/line of
sight direction. An alternative to Cℓ (ν, ν′) that retains its
spherical geometry in the angular direction but is expressed in
harmonic space in all three directions is the spherical Fourier-
Bessel power spectrum (Liu et al. 2016). To compute it, one
decomposes the sky into spherical Bessel functions in the radial
direction and spherical harmonics in the angular direction to
obtain
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where jℓ is the ℓth order spherical Bessel function of the first
kind. The spherical Fourier-Bessel power spectrum Sℓ(k) is then
computed as
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where for clarity we have omitted constants of proportionality.
These constants depend on one’s survey volume, just like with
the analogous expression for the power spectrum in
Equation (21). If the constants are included, then one can
show that averaging Sℓ(k) over all ℓ yields P(k).
Although Sℓ(k) ultimately just gives P(k) when averaged over

ℓ, it is extremely useful as an intermediate data product because
it explicitly indexes data by ℓ. In other words, Sℓ(k) explicitly

Figure 4. Example 21 cm power spectra from the reionization epoch, when the
global neutral fraction xH I decreases from ~x 1H I to ~x 0H I . These were
generated using 21cmFAST (Mesinger et al. 2011), and for the particular set of
theoretical parameters chosen, most of reionization happens over the redshift
range 6<z<10. Although power spectra do not contain the full information
content of an image when non-Gaussianities are present, they do capture many
important features of the underlying physics. We note that these curves are
intended to be for reference only, as there are considerable modeling
uncertainties both within models (due to uncertain values of free parameters)
and between models.
(A color version of this figure is available in the online journal.)

16 This may be a reasonable story for explaining the trends seen in the
evolution of the power spectrum, but it is not one that is rigorous. See
Furlanetto & Oh (2016) for a considerably more well-defined and subtle view
of how ionized bubbles grow during reionization.
17 For simplicity, here we assume that one has surveyed the entire sky. A full
discussion of the more general case for incomplete sky coverage is a little more
involved than it was for rectilinear power spectrum, and so we omit it here.
Interested readers may wish to consult resources such as Alonso et al. (2019).
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Publications of the Astronomical Society of the Pacific, 132:062001 (89pp), 2020 June Liu & Shaw
Liu&Shaw2020 using 21cmFAST (Mesinger+2010)

モデル次第で波数k, 赤方偏移zごとにさまざまに変化(右図)

ただしパワースペクトルは未検出...



前景放射
6.1. WHAT ARE THE FOREGROUNDS? 3

Figure 6.1: An illustration of different foreground components in the redshifted 21 cm ex-
periments. The images are based on Jelić simulations of the foregrounds [68, 69] and 21cm-
FAST simulations [89].

only once the new low-frequency instruments came online (e.g. EDGES, LO-
FAR, MWA and PAPER) our knowledge of the foregrounds started to grow
extensively. In the following sections a more comprehensive overview of the
foregrounds is given both in total intensity and polarization.

6.1.1 Galactic foregrounds in total intensity

Galactic diffuse synchrotron emission is a dominant foreground component
from a few tens of MHz to a few tens of GHz. It is non-thermal in its nature,
produced mostly by the relativistic cosmic-ray electrons and to some extent
positrons that spiral around the interstellar magnetic field lines and emit radi-
ation. Above a few tens of GHz free-free emission from diffuse ionized gas
and thermal dust emission start to dominate over the synchrotron emission
(see Fig. 6.2).

For a fairly complete theory of the synchrotron emission please refer to

Chapman & Jelic 2019

21cm線の検出を妨げているのは、銀河系や系外銀河由来の前景放射(シンクロトロン放射が主) 
21cm線よりも3~4桁大きな揺らぎを持っている

電波天体のスペクトル例 
PKSB0310-150 (Hurley-Walker+2016)

前景放射は非常に滑らかなスペクトルを持っている
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Figure 5. A qualitative picture of the region of Fourier space
that are accessible to radio interferometers. The largest scale
(lowest k? wavenumber) angular Fourier modes are limited
by the extent of the survey region. The smallest scales are
limited by one’s array configuration, since higher k? are
probed by longer baselines, and the number of baselines even-
tually thins out as one goes to longer baselines, even for ar-
rays with a large number of elements. In the line of sight
direction, high kk modes are limited by one’s spectral res-
olution. The low kk (large scale) modes are dominated by
cosmic variance, the radial extent of one’s survey (i.e., one’s
instrumental bandwidth), and foregrounds (see Sections 7
and 12). In addition, the inherent chromaticity of interfer-
ometers results in a further leakage of foregrounds to higher
kk, leading to the foreground wedge (see Section 12.1.5). The
remaining region in Fourier space is sometimes termed the
Epoch of Reionization window, and is a promising region in
which to pursue a first detection of the 21 cm power spec-
trum.

leads to some instrument designs for 21 cm cosmology
that may seem counterintuitive at first. Consider two
qualitatively di↵erent scenarios. One where the inter-
ferometer is designed to be as compact as possible, with
many short baselines, and another where the interfer-
ometer has a more spread out configuration. If one
were conducting a two-dimensional mapping of the sky
at a particular frequency, the latter configuration would
have its sensitivity spread out over a greater variety of
k? modes (or equivalently, uv modes). This also en-
ables one to reach modes with higher k, i.e., finer spa-
tial scales, since a more spread out distribution of k?
modes will inevitably push sensitivity to higher k? val-
ues. However, since we are primarily interested in a
three-dimensional mapping, there is another way to ac-
cess small-scale information. Even with a single short

Figure 6. Maximum k? (as a function of redshift) acces-
sible to interferometers with baselines of various lengths,
compared to the maximum kk accessible to an interferom-
eter with 10 kHz spectral resolution. At very high redshifts,
the only practical way to measure Fourier modes with high
wavenumber k is to measure small scale modes along the line
of sight (i.e., those with high kk).

baseline that probes low values of k? (large angular
scales), one can access small-scale information along the
line-of-sight direction. Said di↵erently, if one assumes
statistical isotropy, then the power spectrum depends
only on k ⌘ (k2? + k2k)

1/2, and one can access a wide va-
riety of length scales despite only sampling a very narrow
range of k?.
With two qualitatively di↵erent ways to access the

same Fourier modes, it is natural to ask if one strat-
egy is preferable over the other. In some scenarios, one
does not have a choice. For instance, suppose one were
interested in measuring fine spatial scales (high k) at
very high redshifts (e.g., the Dark Ages) using a hypo-
thetical futuristic interferometer. Such a measurement
will necessarily require reaching high k values by ac-
cessing high kk modes. To see this, consider Figure 6,
where we plot the relations given in Equation (40). One
sees that the cosmological scalings are such that to mea-
sure Fourier modes of any appreciable wavenumber in
the perpendicular direction requires impractically long
baselines. This is especially true when one accounts for
the fact that measuring ultra high redshift signals will
require extremely high sensitivity, so one needs a very
large number of long baselines, and not just the small
handful that are often used in very long baseline inter-
ferometry.
At lower redshifts where the baseline lengths are not

prohibitive, one’s strategy should be informed by the
signal-to-noise ratio. In the low signal-to-noise regime
one is limited by sensitivity, and the optimal strategy is
to observe with a compact interferometer with antennas
that are as closely packed as possible. The reason for
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天球面方向の波数 Liu et al 2014

EoR Window
前景放射が滑らかなスペクトルを持っている。 
その特性を利用して前景放射のパワーを下げる。

この戦略を使いつつ、さまざまな望遠鏡が 
21cm線の検出に向けて観測を行なっている



これまでの21cm線観測

MWA LOFAR

Credit : LOFAR/AstronCredit : Natasha Hurley-Walker 

再電離以前の21cm線パワースペクトルを観測するために 
さまざまな低周波電波望遠鏡が観測を進めているが、未検出

他にも PAPER, GMRT, LWAなど



最近始まった : HERA

南アフリカに密に配置される 
dish型のアンテナ群 10%の装置で最新の結果が報告されたimage from http://reionization.org

HERA collab 2021a

最終的には350台

http://reionization.org


将来 : SKA1 Low

Credit: Michael Goh and ICRAR/Curtin.

単純な感度はMWA, LOFAR, (full)HERAの120, 12, 8倍

256のアンテナで構成されたタイルを512台 = 13万台のアンテナ群 @ 豪州

今年から建設が始まった



0.05 ≤ k ≤ 0.5 Mpc−1

EoR
Cosmic  
Dawn

パワースペクトル観測の現状 (主にこの5年)

Shimabukuro, SY+inprep



21cm線観測の困難

これから若干マニアックな話が続きます

系統誤差要因の例 
人口電波(RFI) 
電離層 
装置 
アンテナビーム 
前景放射フィルタ 
前景放射除去 
電波天体モデル 

など

以下、いくつかの問題点について最近の進展を簡単に紹介



Radio Frequency Interference (RFI)6 A. R. Offringa et al.
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Figure 2.: RFI occupancy per subband, calculated over all observation nights except GLEAM 2014-03-17. The latter has been
left out because it is affected by DTV. The horizontal gray line represents the false-positives rate of the RFI detection. The
RFI fractions are consistently higher than the false-positives rate because of transient broad-band RFI.

2014-03-17. The latter is the only night affected by inter-
ference from digital TV (DTV), and will be analysed later in
this section. RFI occupancy is calculated as the percentage of
discrete visibilities that are detected as RFI by the flagger at
the resolution of the correlator output. The FM bands around
100 MHz and the ORBCOMM bands around 138 MHz are
clearly present in the data. Excluding the RFI from DTV, the
EoR high band is slightly cleaner than the EoR low band,
and its worst subband at 188.2 MHz has 1.03% occupancy.
The sub-bands at 145.9 and 149.8 MHz in the EoR low band
have both 2.1% occupancy.

The residual noise levels after flagging can be used to val-
idate whether the flagged data are free of RFI. In Fig. 3, the
residual noise levels are plotted per high-resolution channel
for each of the observations. Observation ‘GLEAM 2014-
03-17’ shows residual DTV interference, both in the fre-
quency range 174–195 MHz (radio frequencies (RF) 6, 7
and 8) and 216–230 MHz (RF 11 and 12), and it is clear that

this RFI has not been adequately flagged. Therefore, DTV
interference has to be detected with another method. Addi-
tionally, some channels in the FM radio band show higher
standard deviations as a result of the smaller amount of avail-
able data after flagging and possibly because of RFI leakage.
Nevertheless, because the effect is small these frequencies
can be calibrated and imaged without a problem. FM-band
RFI is noticeably worse when pointing at the southern hori-
zon, however beyond this we do not have sufficient data to
explore any correlation between pointing direction and RFI.
The subband at 137 MHz that is occupied by ORBCOMM is
hard to calibrate because of the small amount of residual data
per channel, and possibly also because of residual RFI. With
the exception of the ORBCOMM frequencies and DTV af-
fected nights, the RFI detection employed in COTTER is suf-
ficient to allow calibration and imaging without further RFI
mitigation efforts. This has been verified by early imaging
results from the GLEAM survey and the MWA commission-

PASA (2015)
doi:10.1017/pas.2015.xxx

SKA1 LowやMWAの建設される 
Murchison Radio Observatory(MRO)は 
RFI的に非常にCleanで数%程度の汚染 
(Offringa+2015)

10

(a) (b)

(c)

[]
(d)

Figure 8. The SSINS of a DTV example after applying aoflagger (a), alongside the mean-subtracted spectrm (b), as well as
the results of single-sample iterative flagging (c), and frequency-matched flagging (d). From the flags reported by aoflagger,
we know it was caught on some baselines, however there is clearly leftover DTV corresponding to DTV channel 7. Several
features emerge after single-sample flagging in (c). First, it appears that there is a broadband streak (§3.1) simultaneous with
the DTV interference. Second, it appears there may have been a second DTV interference event later in the observation and
much fainter. Third, the DTV interference seems to have associated outliers that span more than the advertised 7 Mhz, which
is a pre-processing artifact described in the main text. With the frequency-matched flagger we can search for DTV, broadband
streaks, single-sample outliers, and the pre-processing artifact simultaneously. The results are shown in (d), where all notable
features are excised.

contaminants in a baseline by an amount proportional
to the algorithm’s user-set aggression threshold. Indeed,
summing the aoflagger flags for this observation over
the set of baselines does show overflagging of this event
in frequency by an amount similar to the feature we
see in the incoherent noise spectrum. A feature of this
size manifests in the incoherent noise spectrum due to
the fact that visibilities have been averaged in time
and frequency relative to the operating time-frequency
resolution of aoflagger. Flags are applied before
averaging, so time-frequency bins with fewer samples
entering them will have noise that has not been aver-
aged down as much compared to those bins in which all

possible contributing samples were averaged together.
The overflagged bins contributing to the incoherent
noise spectrum are then brighter than the surrounding
uncontaminated ones, thus appearing like RFI to our
statistical test. We can adapt the frequency-matched
flagger with a custom sub-band to identify this pre-
processing artifact. The results of frequency-matched
flagging are shown in Figure 8(d).
This type of DTV interference is extremely common in

MWA EoR Highband Observations. Roughly one third
of the observations included in the EoR limit in Beard-
sley et al. (2016) had some trace of DTV RFI according
to the frequency-matched flagger. These observations

SSINS (Wilensky et al 2019) 
全基線を足し上げて感度を上げ暗いRFIを検出 
暗いRFIもパワースペクトル観測に影響する
(Wilensky et al 2020, 2021)



電離層

Ionospheric characterisation over the MRO using the MWA 5
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Figure 1. Scatter plot for the dominant eigenvalue determined by PCA vs. median ionospheric o↵set for each observation. Each of the
types of ionospheric activity described in Section 4.1 are highlighted here; examples of each type can be seen in Fig. 2. The fractional
size of each population is approximately 74, 15, 2.3 and 8.4 per cent for types 1 through 4, respectively. The contour levels indicate the
density of observations, and are at 90, 60 and 30 per cent.

4.2 Spatial structure

Mevius et al. (2016) used the LOFAR radio telescope to
characterise ionospheric structure by tracking a single source
over a large amount of time. This statistic allows an under-
standing of the spatial correlation lengths by tracing the
celestial-frame source as it pierces a track through the iono-
sphere. They diagnose spatial correlation in terms of the
phase structure function:

D(r) =
D�
�(r 0) � �(r 0 + r)

�2E

where r is the baseline length, �(r) is the phase at baseline
length r, and D(r) is the variance. In the work described,
the ensemble average is conducted over the temporal phase
of the source of each LOFAR baseline. It is possible to con-
duct this type of analysis with our MWA observations, with
the addition of using many sources rather than a single
one. With the high spatial and temporal resolution of the
MWA data, and the co-temporal phase estimation of many
sources, the ensemble average may be conducted over either
dimension. In the limit of the frozen flow model (van der Tol
et al. 2007), both approaches should yield the same struc-
ture function. Deviations from this outcome may indicate
the non-stationary nature of ionospheric structure over the

wide MWA field-of-view. In the following subsections, we
discuss both approaches, but firstly define the reconstructed
phase, �, on a baseline (u, v), as:

� = 2⇡(u�l + v�m),

where �l, �m denote the measured source o↵set vector com-
ponents.

4.2.1 Phase variance of a spatial ensemble

The phase variance is computed across all sources used for
ionospheric pierce points, representing the structure of the
approximate 25-by-25 degree field-of-view of the MWA. This
mode takes a snapshot view of the ionosphere above the ar-
ray. Fig. 4 displays reconstructed phase variance estimates
across all 8128 baselines of the MWA for Type 1 and 4 iono-
spheres, while their estimated scales are rdi� = 6.3 � 7.3 km
and rdi� = 2.9 � 4.5 km, respectively.

Due to the large field of view of the MWA, it is possi-
ble that this analysis exacerbates di↵erences between STEC
(which we measure) and VTEC (which is elevation depen-
dent). When performing our spatial ensemble analysis, we
considered this point, but found no significant e↵ect that
would cause a bias in the phase variance.

MNRAS 000, 1–14 (2017)

(左)電離層の活動性の分類(Jordan et al 2017) 
(右)DDCalによる補正の精度を解析的, 数値的に確認 (Trott+2018, Chege+2021) 
既存の手法(Peeling)+活動性の分類をすればパワースペクトルへの影響は少ない? 
超低周波では追加の補正が必要かもしれない (SY+2021)

電離層は低周波電波観測の主要系統誤差 (位相に誤差。見かけの位置のずれ) 
補正はDirection Dependent Calibration(DDCal)が必要 (e.g. Peeling : Intema+2009)

correction here is marginally adequate to be able to use these
data for the EoR experiments.

At both redshifts, the ionospheric bias from including 8% of
data from ionospherically active nights (assuming that the
foregrounds are not treated with knowledge of the activity and

that no correction is applied) leads to systematic biases in the
21 cm parameter estimation. Note that both of these cases show
extreme biases, implying that there are large fractions of
k-space where the ionosphere makes the experiment impos-
sible. However, these are for the extreme case where almost

Figure 9. Spherically averaged dimensionless power spectrum for a simulated 21 cm EoR signal at z=8.5 (150 MHz), when no ionospherically active data are
included (green) and when 8% of data contain anisotropic activity (black=uncorrected; purple=corrected). Linear fits to the logarithmic slope in S/N>1 regions
are also displayed (orange, blue).

Figure 10. Spherically averaged dimensionless power spectrum for a simulated 21 cm EoR signal at z=13.2 (100 MHz), when no ionospherically active data are
included (green) and when 8% of data contain anisotropic activity (black=uncorrected; purple=corrected). Linear fits to the logarithmic slope in S/N>1 regions
are also displayed (orange, blue).

11

The Astrophysical Journal, 867:15 (14pp), 2018 November 1 Trott et al.

電離層によるズレの強度
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6 J. L. B. Line et al.

Figure 2. MS CLEANed images of the WODEN simulation of Fornax A.
Top: All phase I configuration, imaged with briggs 0 weighting
to balance the large number of short baselines present in phase
I data with a reasonable resolution. Bottom: A combination of
both phase I and phase II configurations. These are imaged with
uniform weighting to take advantage of the higher resolution phase
II data.

During modelling we found the choice of location
of the zero pixel x, y = 0, 0 of the basis functions
severely a�ected the quality of fit. We found that for
a very extended, double-lobed radio galaxy like For-
nax A, the best solution was to split the galaxy into two
lobes, and fit each lobe separately. To avoid double-
fitting flux, we divided the image in two by fitting
each lobe with a normalised two-dimensional Gaus-
sian, which we label N1(x, y), N2(x, y), and then ap-
plying weights w1(x, y), w2(x, y) to each pixel such that
w1 = N1/(N1 + N2) , w2 = N2/(N1 + N2). Figure 3
shows an example of fitting for „ and the grid-search op-
timising for —1, —2. The fitting results for the simulated
phase I data are shown in Figure 4.

As is also prescribed in the LOFAR cookbook, we
found it necessary to subtract any compact point source-
like emission from the images including phase II data,
which reduced the number of higher order shapelets
required for a good fit. We do this manually by sub-
tracting image-based Gaussian components, as we found
traditional source finders struggle to deal with the com-
plexity of Fornax A to successfully isolate the point-like
details in the image. A full example of the image prepa-

Figure 3. Left: Example of initial Gaussian fit used to set „PA
of the basis functions for one of the simulated phase 1+2 lobe
images. The red line shows the FWHM, with the white lines
demonstrating the PA found. Right: Example of the grid based
approach for fitting —1 and —2. The colour scale here represents
the residuals in (Jy/pixel)2 left after fitting the image in the left
panel with all basis functions up to pmax = 86.

ration needed to model Fornax A is given in Section 6.1.
We note the tools to split a radio galaxy into Gaussian
masked regions, and manually subtract Gaussians, are
included in the SHAMFI package.

5 SIMULATED PEELING RESULTS

The main motivation behind this paper is to understand
how modelling Fornax A might impact a PS estimation of
the EoR through residuals left after peeling. We therefore
only test peeling on phase I data here, as the phase
II layout does not have the necessary short baselines
required to detect the EoR signal. To mimic peeling, we
simulate the full point source model from Section 4.1,
the MS CLEAN component models from the images in
Figure 2, and the fitted shapelet models described in
Section 4.2, with the same time and frequency cadence
(8 s, 80 kHz), all phase-centred on Fornax A, for a single
2 minute observation. We then fit a complex gain per tile
(as we simulate no beam, we have no polarisation, and
so only need to fit a single complex gain) for each set of
MS CLEAN and shapelet visibilities to the full simulation,
apply the gains to the model, and subtract from the
full simulated visibilities. While no antenna gains were
ever added during the simulation, real peeling includes a
calibration step, so we include that step in our analysis.
We reiterate that we have also not added thermal noise
to the simulations, making this a strongly idealised case.

5.1 Peeling method on simulated data

To fit the gains, we follow the calibration scheme im-
plemented in YANDAsoft10. As this scheme has yet to
be published we detail the formalism here. We label the
ideal visibility model for baseline ij as Iij . The visibility
model Mij (over the range of time and frequency that

10https://github.com/ATNF/yandasoft
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Figure 4. Comparison of the noise bias removed residual power spectra
produced by the removal techniques: FastICA, GMCA, and GPR. We have
also included the power spectrum of the injected cosmological signal and
the noise estimates produced by Stokes I and Stokes V. One can see the com-
parison to recent upper limits produced by LOFAR HBA: Patil et al. (2017)
and Mertens et al. (2020). Within figures involving the BSS techniques, we
shall refer to the number of components used to model the foregrounds as
‘nc’.

Mertens et al. (2020). In our analysis we compare FastICA, GMCA,
and GPR . For FastICA and GMCA, we modelled the foregrounds
with a number of di�erent components ranging from 1 to 37; the
maximum number of components is set by the dimensionality of the
dataset - the number of frequency channels. Here, we present only
the result from the best performing number of components, which
we find to be 6. We see signal suppression at component num-
bers higher then this. This is in line with the component number
used in Patil et al. (2017)’s upper limit. For GPR, to model kernels
of the data, we apply the reasoning within Mertens et al. (2020):
The astrophysical foregrounds, dubbed intrinsic foregrounds, are
expected to be smooth, with respect to frequency. Thus their fre-
quency coherence-scale will be long, and in this case we have given
GPR a uniform prior for the coherency range, this is between be-
tween 10-100 MHz, from which to optimise, with a Matern kernel
with [<8G = 5/2. The Bayesian optimisation finds the optimised co-
herency length for the intrinsic foregrounds to be 46.23 MHz. The
second ‘foreground’, comes from instrumentation e�ects. We have
given the frequency coherence-scale, used for a Matern kernel with
[<8G = 3/2, a range 1-10 MHz. The Bayesian optimisation finds the
optimised coherency length for this instrumental foreground to be
2.64 MHz. For the simulated 21cm signal, we use an exponential
kernel, with a coherency length range between 0.1-1.2 MHz. The
Bayesian optimisation finds the optimised coherency length for the
21cm signal to be 0.73 MHz.

We can see the results of the foreground removal techniques
application on the 10 nights of LOFAR data in Fig. 4, where we
have removed the noise bias from the results of the removal tech-
niques. Tables 1, 2, and 3 show the power spectrum results at a
given :-bin, as well as the 2f upper limit (�2

21,2f), for GMCA,

FastICA, and GPR. We see for the smaller : bins, : < hcMpc�1,
the three removal methods perform similarly. In fact, we recover the
recent upper limit presented in Mertens et al. (2020), with our use
of GPR replicating the upper limit. The BSS techniques of FastICA
and GMCA reproduce the upper limit at the same k-scale, k = 0.075
hcMpc�1, with a 2f value of �2

21 < (73)2 mK2. This is interest-
ing, as neither of the two assume anything about the data a-priori,

: �2
21 �2

21,4AA �2
21,2f

(hcMpc�1) (mK2) (mK2) (mK2)

0.075 (58.30)2 (31.01)2 (72.95)2

0.085 (100.22)2 (54.93)2 (126.80)2

0.098 (112.64)2 (59.88)2 (140.92)2

0.112 (222.53)2 (89.71)2 (256.16)2

0.130 (262.13)2 (101.36)2 (298.77)2

0.151 (435.36)2 (137.00)2 (476.52)2

0.172 (516.08)2 (150.06)2 (558.01)2

0.199 (769.19)2 (196.27)2 (817.74)2

0.230 (960.30)2 (221.44)2 (1010.07)2

0.263 (1230.90)2 (272.06)2 (1289.63)2

0.303 (1444.84)2 (326.61)2 (1516.87)2

0.351 (1541.69)2 (341.94)2 (1615.75)2

0.406 (1809.92)2 (388.27)2 (1884.69)2

0.466 (2058.63)2 (445.30)2 (2152.80)2

Table 1. Showing the �2
21 upper limit at 2f (�2

21,2f), and error (�2
21,4AA ),

at a given :-bin for GMCA.

: �2
21 �2

21,4AA �2
21,2f

(hcMpc�1) (mK2) (mK2) (mK2)

0.075 (58.24)2 (31.10)2 (72.98)2

0.085 (100.32)2 (54.98)2 (126.92)2

0.098 (112.00)2 (59.57)2 (140.14)2

0.112 (224.05)2 (90.30)2 (257.89)2

0.130 (262.41)2 (101.46)2 (299.07)2

0.151 (436.77)2 (137.43)2 (478.06)2

0.172 (516.43)2 (150.16)2 (558.39)2

0.199 (769.99)2 (196.21)2 (817.52)2

0.230 (959.09)2 (221.16)2 (1008.80)2

0.263 (1228.46)2 (271.53)2 (1287.08)2

0.303 (1443.43)2 (326.29)2 (1514.40)2

0.351 (1540.83)2 (341.75)2 (1614.85)2

0.406 (1803.51)2 (388.39)2 (1885.29)2

0.466 (2059.14)2 (445.41)2 (2153.33)2

Table 2. Showing the �2
21 upper limit at 2f (�2

21,2f), and error (�2
21,4AA ),

at a given :-bin for FastICA.

whilst GPR requires additional information about the data it is fit-
ting. As we move to k-scales larger than hcMpc�1, both FastICA
and GMCA begin to deviate away from GPR, which consistently
stays close to the noise limit (shown in grey). In fact, for each ad-
jacent :-bin, at k-scales larger than hcMpc�1, FastICA and GMCA
produce progressively larger powers. FastICA and GMCA perform
near identically, with their power over the range of :-scales, shown
in Fig. 4, being near-identical.

4.2 Simulated Observation

From the results in Fig. 4, we see that both FastICA and GMCA
begin to diverge from the result of GPR at k-scales larger than
hcMpc�1. To better understand why, we further explore the perfor-
mance of both GMCA and FastICA, with the performance scales :
> hcMpc�1 being the motif throughout the analysis.

Within our plots we have a few graphical convention: Any k-
bins where the power of the residuals, before noise bias removal, is
below that of the noise are omitted. This leads to an unphysical neg-
ative power for the residual once the noise bias has been removed;

MNRAS 000, 1–15 (2020)

どちらかといえばGPRが良い結果を見せている



観測装置や系統誤差の理解が日々進歩し 
新たな手法・ソフトウェアが活発に開発され 
パワースペクトルの上限も年々下がっている

波数 0.05 < k < 0.5 Mcp-1 , 赤方偏移 : 6.5 < z < 10 (下部)、13<z<20 (上部)

EoR

Cosmic Dawn

EoR fiducial

CD fiducial

EDGES?

Cold IGM

?

In progress...



0.04<k<0.5 Mpc-1

14 Trott et al.

� (mK)

Redshift k (hMpc�1) EoR0 (mK) EoR1 (mK) EoR2 (mK)

z = 6.5 0.142 43.1 183.8 87.1
0.212 70.2 254.4 147.1
0.283 93.3 403.5 189.0
0.354 209.5 1060.5 361.3
0.425 183.5 876.1 305.5
0.495 125.5 455.3 232.3
0.566 210.1 694.7 270.7
0.637 214.1 671.6 304.7
0.708 384.6 1148.5 1037.8

z = 6.8 0.142 60.1 199.9 114.3
0.212 90.0 304.2 160.6
0.283 114.1 455.7 217.7
0.354 243.9 1161.5 436.2
0.425 221.3 1024.7 407.2
0.495 169.0 541.7 323.6
0.566 255.4 840.3 327.3
0.637 260.3 842.8 340.8
0.708 383.1 1280.9 1214.7

z = 7.1 0.142 77.7 305.0 176.3
0.212 117.4 433.5 248.0
0.283 152.3 605.1 252.9
0.354 281.5 1111.4 434.1
0.425 263.3 1736.6 817.0
0.495 231.9 1032.4 322.2
0.566 310.9 883.3 296.9
0.637 333.8 1001.3 410.2
0.708 437.9 1316.2 515.2

z = 7.8 0.142 229.6 571.5 154.2
0.212 318.2 853.3 247.5
0.283 415.5 1119.4 314.5
0.354 417.4 1179.6 460.1
0.425 822.2 2343.2 804.4
0.495 1146.6 3289.9 466.8
0.566 577.4 1574.4 484.4
0.637 566.6 1436.5 501.0
0.708 667.6 1787.7 613.4

z = 8.2 0.142 223.5 787.8 167.7
0.212 376.3 1166.0 430.3
0.283 421.8 1520.2 422.2
0.354 524.2 1678.9 540.9
0.425 763.8 3102.9 772.8
0.495 1421.0 4165.7 1402.6
0.566 981.7 2256.5 1109.9
0.637 723.2 2112.2 739.1
0.708 719.1 2455.4 781.1

z = 8.7 0.142 353.4 1047.3 249.6
0.212 544.7 1586.2 569.9
0.283 607.9 1949.3 562.5
0.354 725.1 2087.2 688.1
0.425 826.9 3772.3 963.2
0.495 1341.0 5214.3 1854.5
0.566 1146.4 2754.8 1546.0
0.637 950.7 2604.1 962.3
0.708 906.6 3078.2 947.6

Table 3. Two sigma upper limits on the amplitude of the EoR
signal (temperature units: square-root of dimensionless power) for
each observing field and redshift. At each redshift, the best limit
is bold-faced.

Figure 22. Measured 1D power spectrum (solid lines) and mea-
sured plus 2� thermal+sample variance uncertainty (dashed lines)
for the best 3,340 observations (110 hours) from EoR0 high-band
at z = 6.5 (red), mid-band at z = 6.8 (blue), and low-band at
z = 7.1 (green).

Figure 23. Measured 1D power spectrum (solid lines) and mea-
sured plus 2� thermal+sample variance uncertainty (dashed lines)
for the best 1,140 observations (38 hours) from EoR0 low-band at
z = 7.8 (red), mid-band at z = 8.2 (blue), and low-band at z = 8.7
(green).

3.3 Comparison of fields

The results of combining data from di↵erent pointings for
EoR0 and EoR2 demonstrate better performance in EoR0
at low redshift and EoR2 at high redshift. Given that the
distributions of ionospheric activity and EoRWindow Power
are comparable between the fields, this is likely due to the
di↵erent Galactic and extended structures drifting through
the primary beam sidelobes as a function of frequency. The
MWA primary beam introduces strong spectral gradients in
the beam nulls, amplifying any e↵ect of mis-modelling of

MNRAS 000, 1–19 (2020)
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Figure 13. Final 10 nights Stokes I spherically averaged power
spectra after GPR residual foreground removal and noise bias
removal (orange). The green and blue dashed lines represent, re-
spectively, the estimated frequency-uncorrelated noise and ther-
mal noise power of the 10 nights dataset. The black dashed line
represents the 2 � � upper limit theoretically achievable if the
residual of the 10 nights dataset were thermal noise dominated.

pecially on shorter baseline lengths, although the excess is
much smaller than found in Patil et al. (2017) due to the
signal-processing improvements presented in this paper.

5.3 Upper limit on the 21-cm signal power
spectrum

The spherically-averaged power spectrum is computed in-
side seven k-bins logarithmically spaced between kmin =
0.06h cMpc�1 and kmax = 0.5h cMpc�1, with a bin size of
dk/k ⇡ 0.3. Assuming that (a) the GPR foregrounds have
limited impact on the power spectra of the 21-cm signal (see
Appendix A), and that (b) the power spectra of the noise
VN(u, v, ⌫), estimated as part of the GP covariance model
optimization, are a good representation of the spectrally-
uncorrelated noise power in our data set, we can compute
the spherically-averaged noise subtracted power spectrum of
the residual and its associated error as:

�2

21 = �2

I ��2

N (32)

�2

21,err =
q�

�2

I,err

�
2

+
�
�2

N,err

�
2

. (33)

The resulting power spectrum is presented in Figure 13. It
significantly exceeds both the thermal noise power �2

th and
the estimated noise power �2

N , because on large scales it is
dominated by the excess power described in previous sec-
tions. Although the value of �2

21 for the combined data sets
is significantly larger than zero, we do not consider it a de-
tection. The reason is that the residuals are only partially
correlated between nights whereas the 21-cm signal would
be fully correlated (assuming it dominates the noise), and it
is not isotropic (i.e. constant power for all modes of a given
k). Conservatively, we therefore consider it to be an upper
limit on the 21-cm signal and report the 2� � upper limits
in Table 4.

Table 4. �2

21
upper limit at the 2-� level (�2

21,UL
) and theoreti-

cal thermal noise sensitivity (�2

th,err) from the 10 nights data set,
at given k bins.

k �2

21
�2

21,err �2

21,UL
2�2

th,err

h cMpc�1 mK2 mK2 mK2 mK2

0.075 (58.96)2 (30.26)2 (72.86)2 (13.10)2

0.100 (95.21)2 (33.98)2 (106.65)2 (14.30)2

0.133 (142.17)2 (39.98)2 (153.00)2 (18.73)2

0.179 (235.80)2 (51.81)2 (246.92)2 (25.16)2

0.238 (358.95)2 (64.00)2 (370.18)2 (31.54)2

0.319 (505.26)2 (87.90)2 (520.33)2 (44.60)2

0.432 (664.23)2 (113.04)2 (683.20)2 (67.76)2

The deepest upper limit �2

21 < (72.86)2 mK2, is ob-
served at k = 0.075h cMpc�1. Despite it being the deepest
upper limit at this redshift, this is still a factor ⇠ 30 higher
in power than the upper limit that could theoretically be
achieved if the residual would be consistent with thermal
noise. To make a comparison with the previous upper limits
based on 13 h of data (Patil et al. 2017), we note that in the
present work we discard the smallest kk modes when com-
puting the spherically averaged power spectra while this was
not the case in Patil et al. (2017), limiting the smallest mea-
surable k mode20. We also use di↵erent foregrounds-removal
and power spectrum estimation methods. Nevertheless, at
k = 0.1h cMpc�1, the upper limit on �2

21 is improved by a
factor 7.7. Most of this improvement can be attributed to
the improved DD calibration.

6 DISCUSSION

In this section, a number of checks of the results of our
processing pipeline are discussed. Further improvements to
the upper limit by investigating potential sources for the
still large excess power and mitigation methods are also dis-
cussed.

6.1 Data-processing cross-checks

A critical assessment of the full processing pipeline is es-
sential to ensure a reliable upper limit on the 21-cm signal.
Such a complex experiment uses advanced signal processing
techniques that may potentially remove or alter the signal
if not applied properly (and sometimes even if they are ap-
plied properly). A number of such scenarios have been docu-
mented as a result of biases in the calibration (e.g. Patil et al.
2016; Barry et al. 2016; Ewall-Wice et al. 2017), foregrounds
mitigation (e.g. Paciga et al. 2013) and power spectra esti-
mation (e.g. Cheng et al. 2018; Kolopanis et al. 2019). To
ensure limited signal loss or bias of the 21-cm signal power
spectra, a number of checks were performed at various steps
in the processing pipeline.

Calibration — Direction-dependent calibration has the po-
tential to modify the signal when solving for too many
parameters (Patil et al. 2016). Our calibration scheme
strictly limits this possibility by discarding the baselines

20 The smallest k bin in Patil et al. 2017 was 0.053h cMpc�1.
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Figure 6. Posteriors with and without the H21 limits. The 1D and 2D marginalized posteriors are shown in the bottom left,
while the corresponding UV LFs, EoR histories, global 21-cm signal, evolution of the power spectrum at k = 0.13 cMpc�1,
and the CMB optical depth are shown in the top right (clockwise from the top middle). The without HERA posterior (tan) is
computed using previous observations: (i) galaxy UV LFs from z = 6 � 10 (filled squares in LF panels); (ii) upper limit on
x̄Hi from the QSO dark fraction (filled square at z = 5.9 in the EoR history panel); and (iii) CMB optical depth from Planck

(shaded region in the ⌧e panel). The with HERA posterior (purple) uses the HERA limits from Fig. 1 in addition to (i) – (iii).
Although we use all data points in the HERA likelihood, we show the two deepest limits from Band 1 (k = 0.17 cMpc�1) and
Band 2 (k = 0.13 cMpc�1) in the PS evolution inset panel. Here for comparison we also show the recent 1� limits at k = 0.1
cMpc�1 from MWA (pentagons; Trott et al. 2020) and k ⇡ 0.1 (0.05) cMpc�1 from LOFAR (upper/lower circle; Mertens et al.
2020); the MWA and LOFAR limits are not included in the likelihood. We assume flat priors over the astrophysical parameter
ranges shown in the subpanel axes. This figure illustrates two important points: (i) current observations already exclude a large
majority of our prior volume; (ii) HERA limits constrain the X-ray luminosities of the first galaxies.
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Figure 7. The marginalized 1D PDFs of the soft band X-
ray luminosity to SFR, LX<2keV/SFR, from the with HERA

and without HERA posteriors. The highest posterior density
(HPD) 68% (95%) confidence intervals are denoted under
the with HERA posterior with dark (light) shading. The
left vertical line denotes the average value of this quantity
observed from HMXBs in the sample of local, star-forming
galaxies from Mineo et al. (2012). The right vertical line cor-
responds to the theoretical result from Fragos et al. (2013) for
a metal-free HMXB population, expected to be more repre-
sentative of the first galaxies. HERA is the first observation
to constrain the X-ray luminosities of Cosmic Dawn galaxies
over this range, disfavoring the values seen in local, metal-
enriched galaxies at > 1�.

HERA). As discussed in detail in Park et al. (2019), we
see that current observations (without HERA) already
rule out a significant fraction of our prior volume, which
highlights the power of our 21cmMC approach’s inclusion
of complementary galaxy observations. Observations
of high-z UV luminosity functions shown in the top-
middle sub-panels of Figure 6 constrain the stellar-to-
halo mass relation and its scaling with halo mass (f⇤,10

and ↵⇤), as well as place an upper limit on the char-
acteristic turnover scale (Mturn). On the other hand,
observations of the EoR timing through the CMB opti-
cal depth (c.f. bottom-right sub-panel) and the Lyman
forest dark fraction (c.f. upper limit in the EoR history
sub-panel) constrain the ionizing escape fraction nor-
malization (fesc,10) to within 1 dex and place very weak
constraints on its evolution with halo mass (↵esc). Us-
ing such complementary observations in the likelihood is
especially important when sampling from a high dimen-
sional parameter space with flat priors, for which most
of the prior volume is sourced by “extreme” corners of
parameter space that are already ruled out by existing
observations (as is immediately evident from Fig. 6).

Comparing the without HERA and with HERA poste-
riors, we see that the H21 limits do not have a notable

impact over most of the astrophysical parameter space.
The new models that HERA rules out, discussed in the
previous section, occupy a modest prior volume.11

However, note that the three X-ray parameters
(LX<2keV/SFR, E0, ↵X) are largely unconstrained by
the complementary observations over our prior ranges,
because none of the without HERA observations are
sensitive to the IGM temperature, the observable most
strongly a↵ected by the X-ray emissivity. In this part
of parameter space, HERA does have a notable im-
pact by ruling out models with weak X-ray heating,
which in our parametrization is predominately deter-
mined by the integrated soft-band X-ray luminosity to
SFR, LX<2keV/SFR. The exclusion of these models is
also evident in the 21-cm panels at the upper right,
where the recovered signal ranges decrease significantly
when including HERA data.

We show a zoom-in of the marginalized 1D PDFs of
LX<2keV/SFR in Figure 7. The marginalized without
HERA posterior is consistent with the flat prior over
the range shown. Current observations do not constrain
this quantity aside from disfavoring extreme values of
LX<2keV/SFR ⇠> 1042 erg s�1

M
�1

� yr, which is so large
that X-rays can significantly contribute to reionization
(e.g. Mesinger et al. 2013), making it too early in many
models. However, the with HERA posterior is able to
rule out the lower end of this range, resulting in a 68%
highest posterior density (HPD) confidence interval of
LX<2keV/SFR = {1040.2

, 1041.9} erg s�1
M

�1

� yr. H21 is
the first observation to place constraints over this range;
the analogous analysis of MWA and LOFAR observa-
tions (c.f. Fig. 1 in Greig et al. 2021b and Fig. 2 in
Greig et al. 2021a) disfavored models with lower lumi-
nosities.12

In Figure 7 we also compare the with HERA lim-
its with estimates based on high-mass X-ray binaries
(HMXBs), thought to be the dominant X-ray sources in
high-z galaxies (e.g. Fragos et al. 2013). The left vertical
line denotes the average value observed from HMXBs in
local, metal-enriched, star-forming galaxies (Mineo et al.
2012; see also e.g. Lehmer et al. 2010). Because the
HMXB luminosity increases with decreasing metallicity
(e.g. Basu-Zych et al. 2013; Douna et al. 2015; Brorby

11 We use a narrower prior range on LX<2keV/SFR and Mturn in
Fig. 6 compared to Fig. 4. This is because Fig. 6 is a true
posterior requiring physically reasonable prior ranges, which we
discuss further below when presenting galaxy inference. In con-
trast, Fig. 4 is only meant to illustrate where HERA-disfavored
models are expected to reside in our parameter space.

12 This comparison is only approximate, because the earlier analy-
ses were based on the inverse likelihood rather than the proper
marginalized posterior shown here.

Constraints on X-ray

LocalなHigh Mass X-ray Binaries (HMXBs) 
よりも高いX線光度/SFRが好ましい (95%)

(ii) 輝度温度の大きさはスピン温度(~ガス温度)で決まる 
→ 冷えすぎたIGMモデルは許されず、 
z=8で多少IGMが加熱されていることを要請

(i) 21cm線輝度温度の揺らぎに制限

HERA collaboration+2021b
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Figure 6. Posteriors with and without the H21 limits. The 1D and 2D marginalized posteriors are shown in the bottom left,
while the corresponding UV LFs, EoR histories, global 21-cm signal, evolution of the power spectrum at k = 0.13 cMpc�1,
and the CMB optical depth are shown in the top right (clockwise from the top middle). The without HERA posterior (tan) is
computed using previous observations: (i) galaxy UV LFs from z = 6 � 10 (filled squares in LF panels); (ii) upper limit on
x̄Hi from the QSO dark fraction (filled square at z = 5.9 in the EoR history panel); and (iii) CMB optical depth from Planck

(shaded region in the ⌧e panel). The with HERA posterior (purple) uses the HERA limits from Fig. 1 in addition to (i) – (iii).
Although we use all data points in the HERA likelihood, we show the two deepest limits from Band 1 (k = 0.17 cMpc�1) and
Band 2 (k = 0.13 cMpc�1) in the PS evolution inset panel. Here for comparison we also show the recent 1� limits at k = 0.1
cMpc�1 from MWA (pentagons; Trott et al. 2020) and k ⇡ 0.1 (0.05) cMpc�1 from LOFAR (upper/lower circle; Mertens et al.
2020); the MWA and LOFAR limits are not included in the likelihood. We assume flat priors over the astrophysical parameter
ranges shown in the subpanel axes. This figure illustrates two important points: (i) current observations already exclude a large
majority of our prior volume; (ii) HERA limits constrain the X-ray luminosities of the first galaxies.
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となる。この式を見て分かる様に、スピン温度とCMBの温度の関係によって、δTbの見え方
は異なってくる。TS # Tγのときは、δTbは温度依存性を持たない量になる一方で、TS $ Tγ

のときは、負の大きな値を持つ。δTb > 0時は、輝線として観測され、δTb < 0の時は吸収線
として観測される。輝度温度がどのように観測されるかはスピン温度や中性水素の割合や、バ
リオンの密度揺らぎに依っており、スピン温度を決める物理過程は 2.3節で見た通りである。

3.4.3 CMB以外を背景電波源とする場合

3.4.2では、CMBに対する相対的な輝度温度を見た。CMBの温度揺らぎ δTγ は 10−5程度
であるので、CMBに対する輝度温度の揺らぎはCMBのスペクトルのゆがみとして観測する
事が出来る。異なる周波数で観測を行えば、異なる赤方偏移空間での観測が可能なため、CMB

を背景電波源とするのは３次元的な情報を得る事が可能であるという利点がある [42, 13]。そ
の一方で、背景電波源としてCMB以外を用いる方法もある。例えば、背景電波源として、大
量な電波を発する点源、例えばクェーサーや、超新星、ガンマ線バーストなどがある。これら
の電波源は、広い範囲に分布している IGMとは異なり、点源として観測される。これら点源
からの光が我々に届くまでの間に、IGMやミニハローにより吸収を受けるため、吸収線とし
て観測される。観測されるスペクトル線の様子があたかも、森（forest）の様なため、このよ
うな観測を Lyman-α forestとの類似で、” 21cm forest ”と呼ぶ。この様子は図 1.2に示した
通りである。シミュレーションによって得られた” 21cm forest ”の様子を 3.5示す [8]。21cm

forestを用いた探査の最大の利点は、～kpcスケールの小スケールまで探査する事が可能であ
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∝

(iii)high-zの天体のX線光度(加熱源)に下限を与える
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Figure 16. HERA constraints on models with a smooth synchrotron extra radio background, with analogous notation to
Figure 14. Dotted and dashed lines indicate 68% and 95% confidence contours, the background shows the histogram of the 2D
posterior. The grey areas and orange solid lines show the 1D 68% percent limits on fX and Ar individually, the combination of
the latter approximately corresponds to the 95% combined exclusion region, our main result. The upper right inset shows the
prior (orange) and posterior (blue) distributions of the derived model parameters TK and T rad at z = 8, with the dashed lines
indicating the respective 95% confidence limits on log

10
(T rad/TK).

21cmFASTとは異なるシミュレーション 
(e.g. Reis+2021)

24 The HERA Collaboration

the onset of the first stellar population, the extra heat-
ing processes raise the IGM temperature above the adi-
abatic limit even in the absence of X-ray heating, re-
ducing the 21-cm background at the relevant redshifts
in some scenarios by a factor of a few (see Reis et al.
2021, for more details).

The process of reionization is implemented using the
excursion set formalism (Furlanetto et al. 2004a) and
is described by two parameters: the ionizing e�ciency
of sources ⇣, which is normalized via the total CMB
optical depth ⌧ , and the horizon of ionizing photons,
Rmfp. Although the latter parameter does a↵ect the
intensity of the 21-cm fluctuations at the end of the EoR,
we fix it at 40 Mpc here as it plays a secondary role in
our constraints.

Finally, we explore two types of radio backgrounds
(beyond the CMB):

1. A fluctuating, time-variable radio background gen-
erated by galaxies, parameterized by fr. We as-
sume that the galaxy radio luminosity per unit
frequency in units of W Hz�1 is proportional to
the SFR (following Mirocha & Furlanetto 2019)

Lr,⌫

SFR
= 1022

⇣
⌫

150MHz

⌘�↵r

fr

W Hz�1

M�yr�1
(18)

where ↵r is the spectral index in the radio band,
which we set to 0.7 (as in Gürkan et al. 2018;
Mirocha & Furlanetto 2019). We calculate Trad at
redshift z by summing up over the past light-cone
contribution of all the radio galaxies (see Reis
et al. 2020, for more details).

2. A smooth synchrotron background that decays
with time, for which we replace TCMB by

Trad = TCMB(1 + z)


1 + Ar

⇣
⌫obs

78MHz

⌘�
�

(19)

where ⌫obs is the observed frequency, Ar is defined
relative to the CMB temperature and � = �2.6
is the spectral index in agreement with the AR-
CADE2 (Fixsen et al. 2011) and LWA1 (Dow-
ell & Taylor 2018) observations. Here we treat
this background as phenomenological, but it could
have been produced by exotic radio sources, e.g.
radiative decay of relic neutrinos into sterile neu-
trinos (Chianese et al. 2018), light dark mat-
ter decays (Fraser et al. 2018; Pospelov et al.
2018) and superconducting cosmic strings (Bran-
denberger et al. 2019).

In this work, we allow a broad range of fr and Ar param-
eters. However, as we discuss later (and as was shown

by Fialkov & Barkana 2019; Reis et al. 2020) models
with strong radio backgrounds, e.g. fr ⇥ f⇤ > 103 � 104

for the radio from galaxies, are constrained by AR-
CADE2/LWA1 data.

To summarize, the models considered here include an
extra radio background in addition to the CMB either
produced by radio galaxies or emitted by exotic sources.
Our models build on the following parameters: Vc var-
ied between 4.2 and 100 km s�1, f⇤ between 0.001 and
0.5, fX in the range between 10�4 and 103, ⌧ between
0.035 and 0.088, fr from 1 to 105, and Ar between 10�2

and 105. Owing to the large dynamic ranges, we as-
sume uniform priors on the parameters log

10
f⇤, log

10
Vc,

log
10

fX , ⌧ , and log
10

fr or log
10

Ar. For completeness
we also include our constraints on the standard models
(i.e. with no extra radio background above the CMB).

Although similar in spirit to the 21cmFAST simulation
suite described in section 5, there are di↵erences between
the two sets of simulations. We refer the reader to the
relevant papers for details on the physics and implemen-
tation di↵erences. Broadly, the simulations described in
this section include some additional heating processes,
such as Lyman-↵ heating (which can a↵ect the IGM
temperature when it is very cold in some models) and
(of course) radio emission, but they have a more pre-
scriptive source model with fewer free parameters (and
they are not constrained by ancillary observations such
as the galaxy luminosity functions). A detailed code
comparison is beyond the scope of this paper; instead,
we focus on how these distinct codes can address the
issues to which they are each best suited.

8.3. Parameter estimation

We explore the parameter space of models compatible
with the HERA upper limits based on the likelihood Lm

defined in equation (9). We also decimate the power
spectra as described in Section 3.2.1, using the even
wave numbers (k = 0.086, 0.17, ... cMpc�1) of Band
1 and odd wave numbers (k = 0.13, 0.21, ... cMpc�1) of
Band 2. Note that we only compute the power spectrum
up to k = 1.1 cMpc�1, limited by the simulation reso-
lution. Larger wavenumbers (smaller scales), however,
are irrelevant as the HERA limits rise much steeper at
small scales than realistic models so those scales do not
contribute towards the constraints.

Because individual simulations take a few hours to
complete, we instead use an emulator to interpolate the
power spectra from ⇠ 104 existing simulation runs (for
each of the two types of radio background that we inves-
tigate here). We implement the emulator using neural
networks: taking the astrophysical parameters as an in-
put, a network predicts the logarithm of the power spec-

(EDGESの結果を受けて注目されている) 
CMB以外の電波背景放射を仮定

→ Cold IGMで21cm線の強度が上がる

Cold IGMかつ 
超過電波背景放射あり 
のモデルを排除

#Simulationの計算が大変なので 
Neural Networkを使ったエミュレータを活用



EDGES

Fialkov & Barkana 2019

- SKA sensitivity 
- Standard cosmology limit 
- b-DM scattering limit  
- Radio backgrounds

今回のHERAの結果からはEDGESの結果を否定も肯定もすることはできなかった (zが違いすぎる) 
→ HERA Phase II?

EDGESの結果が本物だと予想されるパワースペクトルも強くなる (<106mK2)

他の望遠鏡で超低周波(14<z<28)の観測・解析が進んでいる → 次ページ



Cosmic Dawnの観測
MWAによる再電離以前(超低周波75-100MHz, 13<z<18)の観測 (SY+2021)
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Figure 2. Percentage of samples flagged by AOFlagger as a function of
observational frequency for EoR0. Bottom panel shows median occupancy,
middle panel shows mean occupancy and top panel focuses on median
occupancy below 89 MHz.

the 2014 EoR0 and EoR1 data, respectively. Unsurprisingly, there is
frequent contamination in the FM band with many channels show-
ing persistent contamination above 10%. Below the FM band, the
occupancy is typically at the ⇠ 0.5 per cent level and clearly shows
evidence of the coarse band shape modulating the rate of flagging
false positives. Spectral structure introduced by such systematic
flagging e�ects may eventually limit 21 cm observations (O�ringa
et al. 2019). Also notable is the clearly higher ensemble occupancy
of EoR1 with respect to EoR0; possibly owing to a change in the
underlying visibility statistics caused by the brightness of Fornax A.
In future, fine-tuning of the flagging algorithm is likely warranted
but here we note that trials of ignoring the AOFlagger flags below
the FM band did not produce improved results indicating that these
e�ects are not limiting our current analysis.

We further considered the flagging occupancy of individual
observations so as to select data with low RFI for power spectrum
measurement. Figures 4 and 5 show the mean AOFlagger occu-
pancy averaged over the top and bottom half of our band for each
observation of EoR0 and EoR1 respectively. There is no obvious
correlation between the RFI below (75-87 MHz) and in the FM
band (87-99 MHz). Based on these distributions we selected low
RFI data as having occupancy < 3% in the FM band and < 1%
below.

3.1.2 SSINS Occupancy

We also searched for RFI using SSINS. Unlike AOFlagger which
operates on individual baselines, SSINS considers the statistics of
an incoherent sum over baselines as a function of time and fre-
quency. In the EoR high band (168 - 198 MHz), SSINS has proven
to be particularly sensitive to faint broadband intererence such as
digitial television (DTV). Barry et al. (2019) found that using a
SSINS-based matched filter to excise observations contaminated by

Figure 3. Percentage of samples flagged by AOFlagger as a function of
observational frequency for EoR1. Bottom panel shows median occupancy,
middle panel shows mean occupancy and top panel focuses on median
occupancy below 89 MHz.

Figure 4. Percentage of samples flagged by AOFlagger for each EoR0 ob-
servation. Dotted lines indicate the selection criteria described in the text.
All EoR0 observations pass the cut on RFI below the FM band. Colours
represent observations from the same night.

MNRAS 000, 1–15 (2021)
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Figure 7. Ionosphere condition at ultralow frequency. The PCA value and
the median o�set are calculated by using cthulhu from log files of RTS
with fiducial setting. Colour indicates di�erent dates of the observation. We
set the median o�set of 0.15 arcmin as the threshold of ionosphere activity,
indicating with vertical dashed line.

Figure 8. The visibility amplitude vs the ionosphere median o�set. Di�erent
colours indicate di�erent dates of observation. Top and bottom panels show
the result of EoR0 and EoR1. The o�set correlates with visibility amplitude
when the o�se is larger than 0.15 arcmin indicated as vertical dashed line.

Figure 9. Ratio of gain amplitude with ionosphere patch calibration update
and the gain without the update. We calculate median gain amplitude among
all tiles at 75 MHz. The ratio shows clear correlation with median ionosphere
o�set. These are all zenith observation. Threshold of the ionosphere median
o�set is indicated as vertical dashed line.

model, we repeat the usual patch (DI) calibration with the RTS for
each obsid.

Fig. 9 shows the ratio between the median value of the DI
gain result with ionosphere patch calibration and without the up-
date. While the ratio is consistent with one for the data with quiet
ionosphere, the gain tends to be underestimated for data with active
ionosphere. This result indicates that due to the o�set of the apparent
position of the brightest sources, the patch catalogue cannot model
the sky correctly, and the error of the calibration model results in
biased gains.

The 2D power spectrum is useful to evaluate the e�ect of
ionosphere correction in 2D Fourier space. In the power spectrum
regime, we compare three strategies of ionospheric calibration : (i)
fiducial RTS ionosphere correction with original source list, (ii)
without ionosphere correction, (iii) RTS with updating the source
list. In Fig. 10, we plot the logarithm of ratio of each power spectrum.
Compared to fiducial correction, peeling without ionosphere cor-
rection leaves residuals at all scales as shown in left panel of Fig. 10.
The right panel of Fig. 10 shows that the updating source list method
slightly improves the power spectrum in the EoR window even in
data with good ionospheric conditions. This result indicates that the
error of DI calibration results in unwanted frequency structure in
gain which propagates the foreground power into the EoR window.
The e�ect is more prominent for data with active ionosphere, but
we omit such data from deep integration to reduce systematic errors
as similar to previous works (e.g. CT20).

We mention that introducing ionospheric o�sets in DI calibra-
tion is a new procedure in this work. While we show the method can
improve the calibration at ultralow frequency, this strategy might
be not e�ective at high band. This is because the improvements
are not prominent for quiet data even at the ultralow frequency and
ionosphere o�set at the high bands will be 4 times lower than the
o�set at ultralow frequency. This work focus on ultralow frequency,
and we leave more quantitative discussion at higher band for future
works.

MNRAS 000, 1–15 (2021)
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Figure 16. Measured two dimensional power spectrum of the best clean data set for E-W polarization for the EoR0 (left) and the EoR1 (right). The frequency
range is 75 MHz to 87 MHz. Right panel is the logarithm of the ratio between the EoR0 and the EoR1. Red indicates that the power spectrum for the EoR0 is
lower than the power spectrum for the EoR1.

Table 4. Two sigma upper limits on the amplitude of the 21 cm signal in units of mK2 for each EoR field, polarization and redshift. The result of DI calibration
is used, and the RTS setting for the limit is listed in Table 3. There is a possibility of a few % of signal loss due to DI calibration for the EoR0 field.

k[ h Mpc�1] redshift EoR0 E-W EoR0 N-S EoR1 E-W EoR1 N-S

9.7e-02 I=16.5 (15.2<z<17.9) 1.5e+07 6.0e+07 3.4e+07 4.0e+07
1.3e-01 I=16.5 (15.2<z<17.9) 1.3e+07 2.7e+07 4.4e+07 5.0e+07

1.0e-01 I=15.2 (14.1<z<16.4) 1.0e+07 9.9e+07 2.0e+07 2.7e+07
1.4e-01 I=15.2 (14.1<z<16.4) 6.3e+06 3.0e+07 2.1e+07 2.4e+07

1.0e-01 I=14.2 (13.1<z<15.2) 1.0e+07 2.5e+07 1.7e+07 1.3e+07
1.4e-01 I=14.2 (13.1<z<15.2) 1.0e+07 1.4e+07 3.4e+07 1.2e+07

Figure 17. Measured power spectrum of the best clean data sets for each redshift. The solid, dashed, dot-dashed and dotted lines are the EoR0 for E-W
polarization, EoR0 N-S, EoR1 E-W and EoR1 N-S respectively. Thick lines show two sigma thermal uncertainties.
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Figure 1. Sky map of EoR0 and EoR1. The EoR0 and EoR1 is centered at (RA, Dec = 0h, -27deg) and (RA, Dec = 4h, -30deg). The contours are MWA’s
beam response at 87 MHz. As an example, coloured circles indicate the radio sources brighter than 10 Jy at 87 MHz and listed in our calibration source list.
The redder (bluer) color indicates bright (faint) source. The background di�use emission is improved Haslam map at 408 MHz. The five star marks indicate
examples of direction dependent calibrators for zenith observation.

residual visibilities which are used for power spectrum estimation
as described below.

2.3.2 Power Spectrum Estimation

The cylindrical power spectrum (2D power spectrum) is described in
2D Fourier space (kk , k?), where k? corresponds to angular scales
perpendicular to the line of sight and kk to those the line of sight.
Since the foreground has smooth spectrum, the foreground contami-
nation is e�ectively reduced at higher kk modes while mode mixing
caused from interferometer’s chromaticity propagates foreground
containation to higher kk called foreground (FG) wedge. In the rest
of scale at high kk and low k?, the 21 cm signal has possibility
to dominate the foreground contamination and the scales are called
the EoR window Datta et al. (2010); Morales et al. (2012); Trott
et al. (2012). The spherically averaged power spectrum (1D power
spectrum) at k is evaluated by averaging the 2D power spectrum
within the corresponding k-bins.

The power spectrum is calculated by using the Cosmological
HI Power Spectrum estimator (CHIPS; Trott et al. 2016, hereafter,
CT16). CHIPS has been used in various previous works to analyse
MWA data at higher frequencies (e.g. Trott et al. 2020, hereafter,
CT20). We mention some recent modifications here. The inverse
co-variance weighting method is replaced by an inverse variance
estimator as explained in CT20. This implementation is introduced
to avoid signal loss due to mis-modelling of foregrounds. Frequency
modes were transformed by regular Fast Fourier Transformation
(FFT). Although a Least Squares Spectral Analysis (LSSA) was sug-
gested for the frequency transform in CT16, more recently CHIPS
omits LSSA to avoid signal loss.

Due to aliasing from the polyphase filterbank used in the signal
processing chain of MWA, 40 kHz and 80 kHz fine channels at
centre and edges, respectively, of each 1.28 MHz coarse bands are
always flagged. Thus, the spectral behaviour of the output visibilities
has a comb structure, and this results in foreground contamination

seen as spectral harmonics in the EoR window. To mitigate this
e�ect, a Gaussian processing based kriging method was introduced
in CHIPS (CT20). However, we do not use kriging in this work
because the kriging does not show clear improvements on the power
spectrum at large scales in CT20.

3 SYSTEMATIC ERRORS AND MITIGATION

In order to assess their quality, we examined several variable as-
pects of our data. Three main sources of systematic error, namely
RFI, the ionosphere and the wide field of view, were evaluated.
Here we describe the data quality thresholds implemented based on
these evaluations, and the modifications to the standard MWA EoR
calibration strategy that were used to improve our power spectrum
results.

3.1 RFI

Although the MRO is an extremely radio-quiet site, RFI is unavoid-
able in the ultralow data, particularly in the FM band (87-108 MHz)
where bright terrestrial signals can come over the horizon, be ducted
through the troposphere, or be reflected o� aircraft or even the Moon
(McKinley et al. 2013). We investigated the RFI environment in the
ultralow band by considering the flagging statistics of AOFlagger
as well as SSINS (Wilensky et al. 2019), a di�erent RFI detection
algorithm developed for EoR data.

3.1.1 AOFlagger Occupancy

AOFlagger returns a boolean flagging value for every time, fre-
quency and baseline sample to indicate the suspected presence of
RFI. For each MWA observation we average these flags in time to
determine the flagging occupancy as a function of observing fre-
quency. Figures 2 and 3 show the mean and median occupancy of
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観測の簡易的なイメージ 
銀河系放射+系外電波源 
各点は10Jy(!)の電波天体 
MWAビームも巨大になる

データの数10%が 
強いRFI(FMラジオ)で汚染

電離層が強いと 
較正がうまくいかない

最終的なパワースペクトルは 
・データの選別(使えるのは3割) 
・電離層補正のアップデート 
・強い天体への較正をやめる

特に明るい天体への較正自体が 
余計な誤差を作る

以前より上限が5~10倍改善
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Figure 23. Dimensionless 1 d power spectra derived by Integrating spherical shells excluding the foreground contaminated wedge region with a 0.1 h Mpc−1

buffer. Black dots indicate the mean estimated from the weighted average in each bin. Vertical error bars denote the 2σ uncertainties while horizontal error bars
indicate the width of window functions. We also shade regions of k-space that we expect to have some level of foreground contamination due to uncalibrated
cable reflection structure. Grey shaded regions clearly correspond to regions in which our power spectrum measurements are not consistent with thermal noise.
We note that where our upper limits do agree with thermal noise, the power spectrum is on the order of ∼100 times larger than the upper limits set with the
MWA at ≈180 MHz(D15). This factor is reasonable given that the sky noise (noise power spectrum) scales with ∼f−2.6 (f −5.2) and the primary beam solid
angle increases as ∼f 2.

regions are consistent with miscalibrated cable reflections. We are
able to obtain an order of magnitude improvement on removing the
worst of these features using fits to autocorrelations, however they
still limit our sensitivity at the 2σ–5σ level. In addition, since auto-
correlations are generally contaminated by RFI and digital artefacts,
it is likely that in reducing the dominant obstacle in our data, we
have introduced additional features that are below the noise level
of this analysis. Since the reflections occupy the regions of k-space
where we would otherwise expect the greatest cosmological sensi-
tivity, our best upper limits are a factor of a few larger than the limits
we would obtain if we were thermal noise limited. Cable reflections
are especially pernicious at higher redshifts because the increasing
primary beam width adds foreground power to delays ever closer to
the horizon. While supra horizon emission off of the wedge moves
up in k‖, the modes occupied by cable reflections move down, in-
creasing in width. The EoR window is crushed between the shortest
reflection mode and the top of the wedge.

While our observations on the MWA will not integrate down be-
low ≈108 mK2 at k ! 0.5 h Mpc−1 and is limited by the intrinsic
spectral structure of the instrument, the systematics encountered
in this analysis do not prevent 21 cm observations at high redshift
in general. A robust source catalog, that includes emission all the
way down to the horizon along with precise models of the primary
beam will lead to less foreground power bleeding from the edge
of the wedge, (Thyagarajan et al. 2015a,b; Pober et al. 2016) and
potentially open up a foreground free region under the first cable
reflection. Resolving the question of cosmological signal loss and
mixing of foreground spectral structure from large to short baselines
may enable us to calibrate with more free parameters, better captur-
ing the spectral structure of the bandpass. More robust calibration

of these features may also be obtainable with a redundant array
(Wieringa 1992; Liu et al. 2010; Zheng et al. 2014). The 128-tile
MWA has very little redundancy by design, however an additional
128 tile expansion is expected to introduce two highly redundant,
hex-packed, subarrays (Tingay, private commmunication). The final
plan for HERA, which is currently under construction, is dominated
by 331 hexagonally packed dishes. Its layout is designed to take ad-
vantage of redundant calibration as well (Pober et al. 2014). Finally,
calibration using injected signals (Patra et al. 2015) can also be em-
ployed to make high precision measurements of the bandpass.

The most sure way of eliminating reflection features is to remove
them in hardware either by ensuring better impedance matching on
the cable connections, changing the cable lengths to move reflec-
tions out of the window, or early digitization. The current HERA
design employs cables no longer than 35 m in length, translating to
k‖ = 0.09 h Mpc−1 at z = 16 and ensures that reflections within the
dish are below an acceptable level (Ewall-Wice et al. 2016b; Patra
et al., in preparation; Thyagarajan et al. 2016), while the planned
MWA phase III upgrade and the SKA are considering digitization
at the beamformers (Tingay, private communication), eliminating
reflections altogether.

While measurements of the 21 cm line at EoR frequencies can
teach us about the nature of UV photon sources and constrain cool
thermal histories, a significant number of scenarios predict satu-
ration of heating’s contribution to brightness temperature fluctu-
ations during reionization. In order to learn of the detailed prop-
erties of the sources that heated the IGM and to exploit the full
potential of the 21 cm line as a cosmological and astrophysical
probe, we will invariably want to extend our search to as low a fre-
quency as possible. In this work we have obtained a first look at the
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Figure 16. Measured two dimensional power spectrum of the best clean data set for E-W polarization for the EoR0 (left) and the EoR1 (right). The frequency
range is 75 MHz to 87 MHz. Right panel is the logarithm of the ratio between the EoR0 and the EoR1. Red indicates that the power spectrum for the EoR0 is
lower than the power spectrum for the EoR1.

Table 4. Two sigma upper limits on the amplitude of the 21 cm signal in units of mK2 for each EoR field, polarization and redshift. The result of DI calibration
is used, and the RTS setting for the limit is listed in Table 3. There is a possibility of a few % of signal loss due to DI calibration for the EoR0 field.

k[ h Mpc�1] redshift EoR0 E-W EoR0 N-S EoR1 E-W EoR1 N-S

9.7e-02 I=16.5 (15.2<z<17.9) 1.5e+07 6.0e+07 3.4e+07 4.0e+07
1.3e-01 I=16.5 (15.2<z<17.9) 1.3e+07 2.7e+07 4.4e+07 5.0e+07

1.0e-01 I=15.2 (14.1<z<16.4) 1.0e+07 9.9e+07 2.0e+07 2.7e+07
1.4e-01 I=15.2 (14.1<z<16.4) 6.3e+06 3.0e+07 2.1e+07 2.4e+07

1.0e-01 I=14.2 (13.1<z<15.2) 1.0e+07 2.5e+07 1.7e+07 1.3e+07
1.4e-01 I=14.2 (13.1<z<15.2) 1.0e+07 1.4e+07 3.4e+07 1.2e+07

Figure 17. Measured power spectrum of the best clean data sets for each redshift. The solid, dashed, dot-dashed and dotted lines are the EoR0 for E-W
polarization, EoR0 N-S, EoR1 E-W and EoR1 N-S respectively. Thick lines show two sigma thermal uncertainties.
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Figure 15. The spherically averaged Stokes I , V and excess noise bias corrected Stokes V power spectra. Left panel: �2
I and �2

V for the
3C220 field before (blue and orange curves respectively) and after (red and purple curves respectively) foreground removal. Right panel :
�2
I and �2

V for the NCP field using the same colour scheme as in the left panel. The dashed grey and dashed black curves represent

noise bias corrected Stokes V power spectrum �2
I ,n and noise power spectrum estimate �2

N , respectively, for the corresponding fields.
The errorbars represent the 2� errors on the power spectra.

Figure 16. Noise bias corrected spherically averaged Stokes I
power spectra (�2

I � �2
I ,n) for the 3C220 and NCP fields. Blue

circles represent the 3C220 field and red crosses represent the
NCP field. The errorbars correspond to the 2� errors on the power
spectra.

subtraction and plan to incorporate them in future analy-
ses.

7 SUMMARY AND OUTLOOK

In this work, we have explored the possibility of statistical
measurement of the redshifted 21-cm signal of neutral hy-
drogen from the Cosmic Dawn using the LOFAR-Low Band
Antenna system. We have presented the first upper limits on
the power spectrum of the 21-cm signal in the high redshift
range of z = 19.8 � 25.2 using LOFAR-LBA data with dual-
pointing setup pointed at the NCP and the radio galaxy
3C220.3 simultaneously. Our main conclusions are:

(i) For the 3C220 field, after 14 hours of integration, a 2�
upper limit of �2

21 < (14561 mK)2 at k = 0.038 h cMpc�1 is
reached on the power spectrum of 21-cm brightness temper-
ature fluctuations. Similarly, for the NCP field, we reach a
2� upper limit of �2

21 < (14886 mK)2 at k = 0.038 h cMpc�1

in the redshift range z = 19.8 � 25.2. Both upper limits are
consistent with each other within 2% level. Upper limits for
both the 3C220 and the NCP fields are still dominated by
the systematics.

(ii) We demonstrate the application of a multiple point-
ing method to calibrate LOFAR-LBA dual pointing obser-
vations.

(iii) We observe an excess of noise in the ratio of Stokes
I and V noise spectra over short time-scales (12 seconds) in
baseline-frequency space, derived from the Stokes I and V

di↵erence image-cubes created from even and odd visibility
samplings at 12-second level. This excess is independent of
frequency and baseline length and is also not a↵ected by
calibration. This excess noise is di↵erent from that intro-
duced during calibration and already exists before DI and
after DD calibration and does not change during those steps.

MNRAS 000, 1–19 (2019)

AARTFAAC Cosmic Explorer 15

Figure 9. Various statistics for residual Stokes � of intermediate datasets with the increasing number of time-slice integration. Left to right: Variance, cylindrical
power spectrum averaged over all :? modes, and spherically averaged power spectrum. Top and bottom rows correspond to LST:23.5h and LST:23.75h bins.
Di�erent colours correspond to the number of nights averaged (in increasing order from yellow to purple) in order of observing dates. The dashed grey line
shows the thermal noise corresponding to 8 time-slices combined in a single LST bin. Note that spherically averaged power spherical power spectra shown
here are not corrected for the noise bias.

Figure 10. Noise bias corrected power spectra �2
21 for the two LST bins

(‘crosses’ correspond LST:23.5h bin and ‘circles’ correspond LST:23.5h
bin). The incoherently averaged power spectrum is shown using Diamond
markers. The dashed line shows the error on the noise power spectrum,
which corresponds to the theoretically achievable 2f upper-limit in 2 h
of coherent averaging. The x-errorbars represent the range of : bins and
y-errorbars represent 2f errors on the power spectra.
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Figure 9. (top) Mollweide projected image of the sky after point source removal and moderate foreground filtering. The
dominant residual feature in the residuals is associated with the Sun. (bottom) The power spectrum estimated without point
source removal (left) and with point source removal (right) at a range of filter strengths. Points correspond to the estimated
power spectrum amplitude and the dashed lines correspond to the computed thermal noise (95% confidence). Mild foreground
filtering is red, moderate foreground filtering is black, and extreme foreground filtering is blue. The shaded region represents
the sensitivity required to detect or rule out optimistic models for the 21 cm power spectrum.

variance estimates of the power spectrum amplitude are

p̂
unwindowed
↵ =

X

�

[FFF�1]↵� (q� � b�) (31)

p̂
min. variance
↵ =

0

@
X

�

F↵�

1

A
�1

(q� � b�) , (32)

where

q↵ = vvv
⇤
CCC

�1 @CCC

@p↵
CCC

�1
vvv (33)

b↵ = tr

✓
CCC

�1 @CCC

@p↵
CCC

�1
CCCnoise

◆
(34)

F↵� = tr

✓
CCC

�1 @CCC

@p↵
CCC

�1 @CCC

@p�

◆
. (35)

Directly computing F↵� from its definition is computa-
tionally expensive, and so we compute an approxima-
tion of the Fisher information matrix using the iterative
Monte Carlo scheme described by Padmanabhan et al.
(2003); Dillon et al. (2013).

We will make exclusive use of the minimum variance
estimator in this paper because it is relatively insensi-
tive to errors in the Fisher information matrix, which are
inevitable due to the Monte Carlo computation. Addi-
tionally, the unwindowed estimator can compound nu-
merical errors when the condition number of FFF is large.2

2 The condition number of a matrix AAA is (AAA) = kAAAk kAAA�1k
and describes the error introduced when solving the linear equa-

上限値は~107~8 mK2 
標準的なモデルより5桁くらい上

MWA

SY et al 2021

再電離以前(13<z<28)の観測 
既存の望遠鏡で進んでいる

OVRO-LWA

Garsden et al 2021

(なぜここまで悪いのか) 
・解析がEoRを主に行われていた 
・系統誤差がより強力になる… 
-電離層の影響は(1/周波数)に比例 
-前景放射スペクトルは負のべき 
-ビームサイズも(~1/周波数^2) 
-ノイズも周波数^-2.6 [K] 
etc



将来計画
MWA Phase III

LOFAR 2.0 (Edler+2021)
Digital Upgrade for Premier LOFAR Low-band Observing 
・receiver units 3倍 → 96LBA + 48HBA 同時観測 
・new clock system  
2022年にstage 1, 2023年に本格運用

receivers (digital system and the analogue signal conditioning)の交換 
・疎チャンネル(1.28MHz)ごとに起きていた信号損失対策 
・低周波を50MHzまで拡張 
・MWAX correlator により256タイルを同時稼働可能に 
2021年以降に本格運用



HERA

and planned telescopes to detect the peak of reionization (as
well as the total collecting area) is shown in Table 1.

These sensitivity calculations done were performed with
21cmSense17 (Pober et al. 2013b, 2014). Foreground
avoidance represents an analysis comparable to Ali et al.
(2015), whereas foreground modeling allows significantly
more k modes of the cosmological signal to be recovered.
For the foreground avoidance approach, several design
optimizations allow HERA to achieve significantly higher
sensitivities than LOFAR and comparable sensitivities to SKA,
despite its modest collecting area. The primary driver is
HERA’s compact configuration. The 21 cm signal is a diffuse
background, with most of its power concentrated on large
scales; therefore, most of an instrument’s sensitivity to the EOR
comes from short baselines. Since HERA is a filled aperture out
to ∼300 m, for a fixed collecting area, one fundamentally
cannot build an array with more short baselines (without using
smaller elements—and HERA’s dishes are already significantly
smaller than either LOFAR or SKA stations). Within a ∼150 m
radius from the center, LOFAR has only 11 stations, amounting
to just over 8000 m2 of collecting. Within this radius, the SKA
is nearly filled, with ∼80% the collecting area of HERA;
however, the SKA underperforms in the foreground avoidance
schema, where long baselines lose more modes of the power
spectrum to foreground contamination (Parsons et al. 2012a).

HERA’s 21 cm measurements can be used in conjunction
with semi-analytic models to constrain the ionization history.
The red band in Figure 3 shows the forecasted 95% confidence
region derived from HERA data after marginalizing over
astrophysical and cosmological parameters. Figure 5 shows the
results of a Markov Chain Monte Carlo (MCMC) pipeline for
fitting models to 21 cm power spectrum data (Greig &
Mesinger 2015), which we have conservatively limited to the
range 8<z<10 (although in practice a much broader
bandwidth will be available; see Section 4.2). Based on
the excursion-set formalism of Furlanetto et al. (2004) and the
21cmFAST code (Mesinger et al. 2011), this code models
the astrophysics of reionization with three free parameters (see
Figure 5 for details). While the existing experiment with the

most collecting area, the LOFAR (van Haarlem et al. 2013;
Yatawatta et al. 2013), provides some ability to constrain these
parameters, HERA’s constraints are significantly more precise
and are comparable to what could be achieved with the SKA.
Additionally, HERA’s constraints enable principal component
parameterizations of the sky-averaged 21 cm signal measure-
ments pursued by experiments such as EDGES, increasing
their signal-to-noise and thus their science return (Liu &
Parsons 2016).

2.2. Secondary Scientific Objectives

2.2.1. Precision Cosmology

By advancing our understanding of reionization astrophysics,
HERA will improve CMB constraints on fundamental cosmo-
logical parameters by removing the optical depth τ as a
“nuisance” parameter. HERA measurements will be able to
break the degeneracy between the constraints on τ and the sum
of the neutrino masses å nm , which has been identified as a
potential problem for Stage 4 CMB lensing experiments (Allison
et al. 2015; Manzotti et al. 2016). A HERA-informed estimate of
τ enables CMB lensing experiments to achieve a 0.012 eV error
on å nm (Liu et al. 2016). This would represent a ∼5σ
cosmological detection of the neutrino masses even under the
most pessimistic assumptions still allowed by neutrino oscilla-
tion experiments (Allison et al. 2015), making HERA key to
understanding neutrino physics. HERA’s estimate of τ would
also break the degeneracy between τ and the amplitude of matter
fluctuations (expressed in Figure 6 as σ8) that arises when using

Table 1
Predicted S/N of 21 cm Experiments for an EoR Model with 50% Ionization at

z = 9.5, with 1080 hr Observation, Integrated over a Δz of 0.8

Collecting Foreground Foreground
Instrument Area (m2) Avoidance Modeling

PAPER 1,188 0.77σ 3.04σ
MWA 3,584 0.31σ 1.63σ
LOFAR NL Core 35,762 0.38σ 5.36σ
HERA-350 53,878 23.34σ 90.97s
SKA1 Low Core 416,595 13.4σ 109.90σ

Figure 5. Projected likelihood contours from an MCMC analysis for
astrophysical parameters of reionization. Model parameters are Tvir

min (minimum
virial temperature of ionizing galaxies); Rmfp (mean free path of ionizing
photons in H II regions); and ζ0 (ionizing efficiency of galaxies). Also shown
are constraints on the derived ionizing escape fraction, fesc. Adapted from Greig
& Mesinger (2015).

17 www.github.com/jpober/ 21cmSense
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パワースペクトルへの感度は(場合によって)SKA以上!!

Another useful feature of the FEM will be an integrated
“Dicke” switching radiometer similar to the EDGES experi-
ment (Rogers & Bowman 2012). The circuit provides the
capability of switching between the output of the antenna, a
calibrated noise source and a 50Ω ambient load. The antenna
measures only a fraction of the sky brightness temperature,
determined by the matching between the antenna and receiver.
Three spectrometer measurements (antenna, ambient load and
noise source) as well as additional lab measurements of its
microwave performance and noise-parameters of the FEM prior
to deployment then allow good calibration of the output
spectrum. An on-board temperature sensor near the noise
source will also aid with the calibration of the receiver chain.
The FEM will be housed in a rugged 5×5×10 cm unit
which is water and dust resistant.

Post-Amplifier Module (PAM). The PAMs consists of further
amplification and filtering of the RF signals received from the
FEMs. They are designed to provide the anti-aliasing filtering
(DC-250MHz) prior to the ADCs on the SNAP board. These
modules also feed the DC voltage supply to the FEMs on the
antennas and relay the control and monitoring signals using a
1-Wire interface. Each PAM will provides a controllable digital
attenuator to allow the input levels into the ADC to be set. All
the controllable circuits such as RF switches and attenuators
will have a unique address. It is envisaged that most of the
lower level control signals which are not data critical will be
achieved though the node computer. The phase switch,
however, is a data critical control signal sent directly by the
SNAP boards. Each PAM will be rack mountable (3U, 5HP)
and will control a single antenna containing two polarizations.

5.5. Digital Signal Path

Although in the past, correlator development has been one of
the most expensive and complex aspects of building a large
array or radio interferometers, this is no longer generally the
case. The Collaboration for Astronomy Signal Processing and
Electronics Research (CASPER; Parsons et al. 2006, casper.
berkeley.edu) is a community of astronomers and engineers
who work to reduce the cost and complexity of radio
astronomy signal processing systems through the development
of open-source, general-purpose hardware and software.
CASPER currently has several hundred members at 73
institutions, and has developed six generations of FPGA-based
signal processing hardware, shown in Figure 22. PAPER has
applied CASPER technology to develop and deploy new
correlators annually for five years running, each quadrupling
the computational capacity of its predecessor. Key to the
upgradability of the PAPER correlator is the use of modular
processing engines, and industry-standard digital interconnect
based on off-the-shelf Ethernet switches (Parsons et al. 2008) to
perform the antenna/frequency data transpose required by FX
correlators.
HERA will maintain both PAPER’s well-proven digital

system architecture along with the simple scheme of real-
sampling and channelizing the entire analog passband at once.
However, in order to meet the 35 m specification for maximum
analog signal path length, as well as ensure future scalability of
the system, HERA-350 will adopt an architecture of field-
deployed amplification, digitization, and channelization nodes,
building on MWA and Allen Telescope Array (Welch et al.
2009) heritage. Digital data streams from multiple nodes will

Figure 21. HERA’s elements are divided between a 320-element, hexagonally packed core and 30 outriggers (left). This produces instantaneous uv coverage at triple
the element packing out to 250λ at 150 MHz, supressing grating lobes in the synthesized beam (middle). All 350 elements can be redundantly calibrated using the Liu
et al. (2010) technique, yielding calibration errors that are a small fraction of the residual noise per antenna (right). See Dillon & Parsons (2016) for discussion.
(A color version of this figure is available in the online journal.)
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HERAは21cm線パワースペクトルに特化した干渉計 
EoR windowを基軸に特定のスケールに感度を集中 
(2021年時点でアンテナは330台できている) 

分解能が悪かったり見えるスケールに限りがあったり 
弱点もあるが...

content may change prior to final publication. Citation information: DOI 10.1109/TAP.2021.3083788
This article has been accepted for publication in IEEE Transactions on Antennas and Propagation. This is the author’s version which has not been fully edited and

© 2021 IEEE. Personal use is permitted, but republication/redistribution requires IEEE permission. See https://www.ieee.org/publications/rights/index.html for more information.

2 IEEE TRANSACTIONS ON ANTENNAS AND PROPAGATION, VOL. XX, NO. XX, MONTH YEAR

contamination. By analysing this portion, it is possible to
retrieve partial but essential information about the reionization
associated to specific spatial scales. However, in this approach
the separation between the delay spectra of the foreground
and of the EoR greatly depends on the smoothness of the
system response [10]. Instrumental chromatic effects such as
reflections can cause the foreground contribution to spread at
high delays, which may jeopardise the detection of the EoR.

In HERA Phase I, the feed consists of two orthogonal 1.3-
m dipoles surrounded by a metal cage to taper the beam (cf.
Fig. 1). It was initially designed along with a receiver for
the telescope PAPER [11], the precursor of HERA. From this
project, the dipoles were recycled, optimised, and combined
with a dish [12] in order to reach the sensitivity required
for a robust detection of the EoR. By using computer sim-
ulations, measurements, and data analysis, [13]–[16] studied
the chromatic effects in the array and their impact on the
detection. The HERA Phase I system is affected by reflections
occurring between the feed and the dish, inside the cage,
within the coaxial cables connecting the front-end to the back-
end module, and by mutual coupling between the dishes.
Therefore, a new feed and a receiver have been developed
to improve the performance in terms of response, bandwidth,
and sensitivity. In HERA Phase II, the dipoles are replaced by
wideband Vivaldi feeds [17], [18] which cover the 50 – 250
MHz band to study the Cosmic Dawn and confirm the end
of the EoR. As for the new receiver, it uses a radio-over-fibre
system to mitigate the reflections caused by the coaxial cables.

HERA is not the only interferometer designed to detect
the EoR. Let us mention PAPER [19], LOFAR [20], [21],
MWA [22], [23], and the SKA Low-Frequency Aperture Array
(LFAA) [24], [25]. Table I presents their main characteristics.
Before the SKA LFAA is fully operational with more than
130,000 elements after the mid-2020s, our new solution stands
out with an excellent collecting area ensuring a high sensitivity
to the EoR signal [26], and over a wide bandwidth. Note that
LOFAR uses two different antennas to cover the low (LBA)
and the high (HBA) frequencies. The low-band stations are
also divided into an ”inner” and an ”outer” section, which
cannot be simultaneously operated due to technical limitations.
In this comparison, we only consider the ”core stations” in the
Netherlands, which are designed for the study of the EoR.

This paper describes the development of this new Vivaldi
feed, and details its performance in the framework of the
EoR signal detection with the foreground avoidance method.
Section II presents the electromagnetic and mechanical design
of the feed. Section III explains how the front-end module
(FEM) and the cables are integrated into the Vivaldi feed with
a minimal influence on its performance. Lastly in Section IV,
by combining the electromagnetic model of the antenna with
the parameters of the receiver, the performance of the Phase
II system is assessed and compared with HERA Phase I.

II. ELECTROMAGNETIC SIMULATIONS AND MECHANICAL
DESIGN

A. Scientific requirements and goals

The scientific context and the method used to detect the
EoR signal impose stringent requirements on the design. The

(a)

(b)

Fig. 1. Pictures of the HERA array under construction in the Karoo desert
(South Africa). The top picture shows the array with the former Phase I dipole
feeds, and the bottom picture the new Vivaldi feeds which are being deployed.

top priority is to extend the bandwidth to 50 – 250 MHz
while minimising the instrument chromaticity. From the delay
spectrum of the received signal, the delay power spectrum
of the redshifted 21-cm signal can be computed. This power
spectrum is averaged over a cylindrical cosmic volume. Its
transverse size depends on the baseline length and is limited
by the antenna beamwidth. Shorter baselines are advantageous
since they are associated with larger spatial scales. Its depth
along the line-of-sight corresponds to the observation band-
width centred on the frequency of the studied redshift. In
practice, this bandwidth is limited by the cosmic evolution
of the signal, and it is assumed that its characteristics do not
significantly change over an 8-MHz bandwidth (�z ⇡ 0.5).
In the delay domain, deep cosmic volumes correspond to
low delays. Therefore, if the foreground contribution in the
delay spectrum spreads at high delays, then the size of the
spatial scales over which the EoR signal can be characterised
is reduced. However, this signal is more intense and so more
easily detectable when it is measured over large volumes [27].

The instrument chromaticity can be quantified by studying
the system response. It is obtained by combining the antenna
impedance, the beam pattern, and the receiver Z-parameters
(cf. Equation (5)). As a goal, the system time response should
be attenuated by a factor 105 as quick as possible, and ideally
after 150 ns [10] in order to limit the foreground leakage in
the delay spectrum. In the frequency domain, this implies that
the antenna and receiver parameters need to be ”smooth”.
The antenna impedance should be as flat as possible and
close to 100 ⌦ in order to make the matching with the FEM
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256のアンテナで構成されたタイルを512台 
 = 13万台のアンテナ!! @ 豪州

今年から建設が始まった!
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Figure 122. Top Left: Full array configuration. Each dot is a cluster of 6 stations. Top Right: Inner 4 
km diameter array configuration. Each dot is a station. Bottom: Station beamformers, the 
correlator-(array) beamformer and the pulsar processors which transmit output data to the science 
data processors and VLBI terminals in Perth. 
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最大基線長70km 
MWAPhase Iは3km 
LOFARは100km

・高分解能高感度を活かした高精度な電波カタログ
SKA1 Lowへの期待

・究極の目標は21cm線の直接撮像

・EoR + Cosmic Dawnのパワースペクトル検出が 
100-1000時間規模の観測で実現できる

from SKA Phase 1 Construction Proposal 

単純な感度は 
MWA, LOFAR, (full)HERAの120, 12, 8倍
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Figure 3. The 21-cm signal together with the UV LFs corresponding to our fiducial model parameters. The top three panels show
a ⇠ 1 Mpc slice through the 3D light-cone of 21-cm signal, the average brightness temperature o↵set and the PS at k = 0.1 Mpc

�1,
respectively. The left four panels in the middle show corresponding LFs with observations from Bouwens et al. (2016) for z ⇠ 6,
Bouwens et al. (2015a) for z ⇠ 7 � 8 and Oesch et al. (2017) for z ⇠ 10, respectively. The rightmost panel in the middle shows the
stellar mass per halo mass (left axis) and the escape fraction (right axis) as functions of halo mass. Toggles on the bottom represent
the fiducial parameter values. For movies showing how these observables change with changes in the astrophysical parameters, see
http://homepage.sns.it/mesinger/Videos/parameter_variation.mp4

has a reduced minimum, as the heating commences before
all of the IGM has its spin temperature coupled to the gas
kinetic temperature. Similarly, the peak in the power spec-
trum associated with the EoH is reduced, as the cross-terms
from the coupling coe�cient and gas temperature have a
negative contribution to the power amplitude (see the dis-
cussion in Pritchard & Furlanetto 2007 and Mesinger et al.
2016).

5 SAMPLING ASTROPHYSICAL
PARAMETER SPACE WITH 21CMMC

In this section we provide a summary of 21cmmc (Greig
& Mesinger 2015) used to constrain the astrophysical pa-
rameters described in section 2.4. For further details, inter-
ested readers are referred to Greig &Mesinger (2015, 2017b);
Greig & Mesinger (2018).

21cmmc is an MCMC sampler of 3D reionzation sim-
ulations. To explore the astrophysical parameter space of
cosmic dawn and reionization, 21cmmc adopts a massively
parallel MCMC sampler cosmohammer (Akeret et al. 2013)
that uses the emcee python module (Foreman-Mackey
et al. 2013) based on the a�ne invariant ensemble sampler

(Goodman & Weare 2010). At each proposed MCMC step,
21cmmc calculates an independent 3D light-cone realization
of the 21-cm signal, using an optimized version of 21cm-
fast. Then, it calculates a likelihood by comparing PS of
the sampled 21-cm signal against the mock observation (see
Appendix B), defined as
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where �21(x, z) ⌘ �T̄b(x, z)/�T̄b(z)�1. Note that we limit the k

space range from 0.1 to 1.0, corresponding roughly to limits
on the foreground noise and the shot noise, respectively

As in previous works, we adopt a modeling uncertainty,
accounting for inaccuracies in our semi-numerical models.
We take a constant uncertainty of 20 per cent on the sam-
pled 21-cm PS, motivated by comparisons to RT simulations
(Zahn et al. 2011; Ghara et al. 2015; Hutter 2018). We note
that with further comparisons, these modeling uncertain-
ties can be better characterized and accounted for. More-
over, we include Poisson uncertainties on the sampled 21-cm
PS, roughly consistent with cosmic variance for these scales
(Mondal et al. 2015). These two uncertainties are added in
quadrature with the total noise PS in equation 25.

We account for redshift space distortions along the line
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観測のsystematics



装置の理解

mutual coupling :  
アンテナ同士の相互作用でアンテナのビームが変動 
Cable reflection :  
ケーブル-受信機間などで反射すると対応するk||で波が生じる

装置を理解・正確にモデル化する(e.g. Fagnoni+2021)

HERA Phase I dish

アンテナのシミュレーション

較正方法も開発されている(e.g. Kern+2020)

装置由来で信号に周波数依存性が生じる → 前景放射と21cm線を分離できなくなる

信号の予測



ビームのモデリング
Dual polarization MWA beam measurements 11

Figure 10. A set of beam maps measured for tile S08. The first row (i)-(iii) are maps of the XX polarization of tile S08, while the second row (iv)-(vi) represent
the ratios between the beam maps and the corresponding FEE models. The three columns represent maps at the zenith, 2 and 4 pointing of the MWA. The last
two rows (vii)-(xii) are an identical analysis for the YY polarization of tile S08.

MNRAS 000, 1–16 (2020)

衛星を使ったビームの測定でMWA beam model検証 (Line+2018, Chokshi et al 2021)
相互作用込みのモデル化FEE beam model (Sutinjo et al. 2015; Sokolowski et al. 2017) 

Dual polarization MWA beam measurements 13

Figure 12. North-South(NS) and East-West(EW) slices of beam maps (S08) presented in Figure. 10. The first row (i)-(iii) displays NS slices of tile S08
compared to corresponding slices of the FEE model, in the XX polarization and at three pointings. The lower panels show the residuals between the measured
tile maps and the FEE models, with the cyan shaded regions representing errors which can be attributed to the reference antennas. The second row (iv)-(vi)
display EW slices of S08XX. The bottom two rows (vii)-(xii) represent an identical analysis for the YY polarization of tile S08.

MNRAS 000, 1–16 (2020)

Chokshi+2021で計測されたビーム モデル(赤)と実測値(緑)



Filtering
前景放射を21cm線と分離するには 
適切なフィルターを選ぶ必要がある 
(Blackman-Harris window function) 
(e.g. Thyagarajan + 2013, 2016)

16 A. Ewall-Wice et al.

Figure 14. Power spectra estimated from a -29 m east-west oriented base-
line over 10 MHz noise equivalent bandwidth centered at 150 MHz and
eight hours of LST. Vertical error bars are 68 % confidence regions com-
puted from the diagonal of ⌃̂ and arise from the sample-variance in 8-hours
of sky observations (§ 4.3.1). Horizontal errorbars are the 68 % confidence
intervals derived from estimates of the window-function matrix Ŵ (§ 4.3.2)
and points are plotted at 50 % point of each Ŵ row. With only a Blackman-
Harris apodization filter applied, power-spectrum estimates are heavily con-
taminated by flagging side-lobes of the foregrounds (pink points). Filtering
with DAYENUREST and a Blackman-Harris both interpolates the flagged
channels and removes power associated with the sharp edges of our finite
sample bandwidth (blue points), resulting in a measurement that is in gen-
eral agreement with an unflagged Blackman-Harris tapered DFT (purple
points). Tapered DFT methods that leave the foregrounds in must contend
with those foreground’s sidelobes. Over 10 MHz NEB, these sidelobes ex-
tend to⇠ 0.2 ⌘Mpc�1, rendering measurements of larger scale modes highly
contaminated by foreground bias. DAYENU is a filter that targets and removes
foregrounds. But unintentional attenuation of the signal also occurs beyond
the edge of the attenuation region (vertical grey filled region) specified by
gF . If we apply DAYENU over 10 MHz then this attenuation is significant
in our single baseline power spectrum out to 0.2 ⌘Mpc�1 (orange points).
Applying DAYENU across 60 MHz before estimating our bandpowers from
the central 10 MHz subband allows us to measure bandpowers down to
⇠ 0.1 ⌘Mpc�1 with relatively small bias which can be further mitigated
using more sophisticated normalization.

4.3.3 Power Spectrum Results.

Having explained the source of our vertical and horizontal 68% con-
fidence regions, we dicuss the results of Fig. 14. The presence of
RFI gaps introduces window-function side-lobes at the�35 dB level
(Fig. 16). Thus, if our R filter does not attenuate foregrounds before
applying Q"

DFT, all bandpowers will be heavily contaminated by

foregrounds. This is indeed the case for our Blackman-Harris model
(pink points). If no flags are present, these flagging side-lobes do
not exist and our estimator eventually recovers 21 cm. However, the
smallest : k that we can access is limited by the Blackman-Harris
side-lobes of foregrounds which extend to : k ⇠ 0.2 ⌘Mpc�1. The
same is true for the DAYENU Restored scenario (blue points). The
primary accomplishment of foreground interpolation is to remove
the bleed from flagging gaps but we must still contend with the
Blackman-Harris sidelobes. DAYENU Narrowband (orange points)
eliminates foregrounds but also severely attenuates signal out to
⇡ 0.2 ⌘Mpc�1. Thus, we are still restricted to : k & 0.2 ⌘Mpc�1

and samples that would otherwise be foreground contaminated at
smaller : k are instead primarily contributed to by power just outside
the attenuation region, leading to the handful of points with very
large horizontal error bars piled up at : k ⇡ 0.2 ⌘Mpc�1. By using
a larger bandwidth in the filtering step, DAYENU Extended reduces
the region of excessive attenuation down to . 0.1 ⌘Mpc�1 (red
points). Hence, by filtering foreground selectively, we can access
significantly larger co-moving scales then if we only use apodization
tapers. From Fig. 4, we know that our bandpowers are biased low at
the 1 � 10 % level – something that is technically not significantly
detected in our single-baseline analysis due to sample variance er-
rors. However, this bias can have implications for more sensitive
spherically binned power spectra.

5 CONCLUSIONS

In this paper, we introduced a new method for subtracting fore-
grounds with a highly approximated inverse covariance filter that
we call DAYENU. With no flagging, DAYENU e�ectively filters fore-
grounds using DPSSs which are a set of sequences that maximize
power concentration within the wedge. Unlike apodization filters,
which subtract power equally from foregrounds and signal, DAYENU
targets and subtracts low-delay foregrounds with minimal impact
on high delay signal and noise. DAYENU avoids the band edge signal
attenuation that is a feature of multiplicative taper filters. DAYENU is
fast, only requiring that one take the psuedo-inverse of a modestly-
sized analytic covariance for each baseline length and unique flag-
ging pattern while its linearity allows us to propagate its e�ect into
error estimates and other statistical calculations. We have tested
DAYENU on simulated visibilites, but in principal it can also filter
foregrounds from gridded DE data by applying it to each DE cell
instead of each baseline provided that gF is increased su�ciently to
include gridding artifacts. Applying DAYENU to realistic simulations,
we have learned the following:

(i) DAYENU is e�ective at subtracting delay-limited foregrounds
at the . 10�6 level, even in the presence of significant flagging
(Figs. 3 and 12). If applied across a ⇡ 100 MHz band, signal at-
tenuation is kept below ⇡ 1% beyond 300 ns of the delay-space
filter edge. This attenuation can be corrected further in the power-
spectrum normalization step. DAYENU’s e�cacy over filtering with
a DFT arises from the fact that, unlike the DFT, it down-weights
foreground wedge structures that are not harmonices of ⌫�1.

(ii) A combination of DAYENU and least-squares fitting of DPSSs
(DAYENUREST) is a fast, linear alternative to the iterative CLEAN

algorithm whose residuals are significantly smaller than CLEAN’s
given similar computing times (Figs. 11 and 12).

(iii) Applying DAYENU across a ⇠ 60 � 100 MHz band before
estimating bandpowers over the ⇠ 10 MHz necessary for stationary
21 cm statistics allows us to access LoS scales of . .15 ⌘Mpc�1 that,

MNRAS 000, 1–19 (2019)

RFIによるデータの欠損にも 
対応できるようなフィルターの開発 
(Ewall-wise+2020)
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Figure 5. Logarithm of azimuthally averaged foreground power spectrum (in
units of K2 Hz2) with 6 hr of synthesis using a rectangular window. The solid
gray lines are identical to those in Figure 2. The spillover of foreground power
beyond the wedge is due to the response of the rectangular bandpass window.
The spillover into the EoR window around (k⊥, k‖) # (0.01, 0.2) Mpc−1

is ∼103 K2 Hz2. The gray dotted lines denote boundaries of bins of k =
(k2

⊥ + k2
‖ )1/2, inside which the signal and uncertainties are averaged to obtain

sensitivity. The gray-scale color bar used is logarithm units. A slice of the
foreground power spectrum is obtained along the gray dashed line to estimate the
spillover level beyond the wedge. The black vertical segments in the right edge
of the image indicate absence of measurements at the corresponding baselines.

Figure 6. Same as Figure 5 but for an extended Blackman–Nuttall bandpass win-
dow. The spillover into the EoR window around (k⊥, k‖) # (0.01, 0.2) Mpc−1

is ∼10−5 K2 Hz2.

gray dashed lines. In the range 0.2 Mpc−1 ! k‖ ! 5 Mpc−1,
the extended Blackman–Nuttall window produces a foreground
contamination spillover ∼10−6 to 10−5 K2 Hz2, which is about
7–8 orders of magnitude smaller than that from a rectangular
window.

Are there undesirable effects of using an extended
Blackman–Nuttall band shape? A wideband observation might

Figure 7. Comparison of foreground contamination within the wedge and the
spillover beyond for rectangular (solid line) and extended Blackman–Nuttall
(dotted line) bandpass windows. The spillover is estimated along the slices
shown as gray dashed lines in Figures 5 and 6. The spillover due to the latter
is 7–8 orders of magnitude lower in the range 0.2 Mpc−1 ! k‖ ! 5 Mpc−1 at
k⊥ # 0.01 Mpc−1.

be analyzed with a sliding window to examine for any change in
EoR detection with redshift. Thus, bandwidth is not discarded
when an extended Blackman–Nuttall window is deployed. But
such a window uses larger total bandwidth (more channels)
than a nominal rectangular window to achieve the same effec-
tive bandwidth. If there is significant cosmic evolution of the
EoR signal within the band, the assumption of statistical sta-
tionarity of EoR signal could break down and lead to a dilution
of measured signal power.

6. THERMAL NOISE POWER SPECTRUM

The thermal noise component in a sampled visibility mea-
surement in Fourier space, from Equations (5) and (6), is

V N
uvη(u) =

∫
V N

uvf (u, f ) Suv(u) WB
f (f ) e−j2πηf df. (18)

The rms of thermal noise in a measured visibility sample in a
single frequency channel is given by (Morales 2005; McQuinn
et al. 2006)

∆V N
uvf (u, f ) =

λ2 Tsys

Ae
√

∆f tint
, (19)

where tint is the integration time used to obtain visibility samples.
In a natural weighting scheme, the weight of a certain (u, v)-

cell is proportional to the number of baselines (or measurements)
in that cell. When data measured by baselines inside (uv)-cells
are averaged, the thermal noise in the averaged cell visibility is
inversely proportional to the square root of number of baselines
sampling that cell. Thus, the power spectrum uncertainty due to
thermal noise in a spatial frequency mode (u) may be written as
(Morales 2005; McQuinn et al. 2006)

CN(u) =
(

λ2 Tsys

Ae

)2
εBeff

tu
, (20)
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Physics of 21cm



FIGURE 2: Concept of the hyperfine structure of hydrogen atom and the 21 cm line. For

example, when the spins (black arrows) of proton (black ball) and electron (green ball) are

antiparallel, a hydrogen atom is in the singlet state. The triplet state, where the spins are

parallel, has slightly higher energy than the singlet, and wavelength of the energy difference is

21 cm.

where Iν is the specific intensity of a spectral line in units of erg s−1 cm−2 sr−1Hz−1, dl is element

of a proper length, and ni number density of atom. Aij and Bij are the Einstein coefficient

between i and j energy states. The singlet state and triplet state are describe as 0 and 1. The

line profile is normalized as
∫
φ(ν)dν = 1.

In the frequency range desired for 21 cm line observation, the Planck curve shuold be described

by the Rayleigh-Jeans formula. Then, the specific intensity can be converted into the brightness

temperature as Tb(ν) = Iνc2/2kBν2, where kB is Boltzmann ʟs constant. In the limit, we can

re-write the Eq. 3.1 as

Tb = TS(1− e−τν ) + TRe
−τν , (3.2)

where Tb is the brightness temperature of the 21 cm line, TS is the spin temperature, TR is the

temperature of the background radiation and τν is the optical depth along the line of sight.

In the context of the reionization study, the background light is the CMB, and TR is TCMB(z) =
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is worth to mention that the high-z bright quasar can be used as a backlight. Then, we can

detect the 21 cm line forest and study small scale structure in the IGM (e.g. [22, 42, 46, 142]).
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spin temperature is defined as,

n1

n0
=

g1
g0

exp

(
− E10

kBTS

)
, (3.3)

where gi is the statistical weight and E10 is the transition energy between lower and higher state.

The spin temperature relates to complicated processes detailed later.

13
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タインのA係数は、エネルギー準位が高い状態から低い状態へ、自発的な遷移が起こる確率
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A10 =
2hν310
c2

B10 (3.3.3)

B01 = 3B10 (3.3.4)

が成り立つことが知られている。また、今回は 21cm線の物理を考えるので、Raylegh-Jeans

近似を用いることができ、赤方偏移 zでの CMB光子の温度を Tγ = 2.73(1 + z )として、

ICMB =
2ν210
c2

kBTγ (3.3.5)

が成り立つ。また、ガスの力学的温度 TKとすると、詳細釣り合いの条件より、衝突係数C10

、C01の間には、式 (3.3.6)の関係が成り立つ。

C01

C10
=

g1
g0

exp

(
− T∗

TK

)
∼ 3 exp

(
1− T∗

TK

)
(3.3.6)

ここで、T∗ = 0.0682Kであり、典型的なガスの力学的温度よりも十分に小さいという近似を
用いた。同様にして、紫外線光子による色温度 TCを式 (3.3.8)で定義する。

P01

P10
≡ 3

(
1− T∗

Tc

)
(3.3.7)

35

スピン温度
スピン温度はsingletとtripletの水素の数密度の比から定義される励起温度

詳細釣り合いの式より

衝突による遷移 (H-H, pH, eH) ライマンαとの散乱による遷移

自発的遷移 CMBによる誘導遷移



衝突カップリング

What determines the spin temperature?

Absorption (and spontaneous emission) of  CMB photon

Collisions ( HH, He and Hp )

Scattering of Lyα photons 
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peculiar velocity. In the second line, we have substituted the velocity H(z)/(1 + z) appropriate for the uniform Hubble
expansion at high redshifts.

The two applications of Eq. (10) that will be most important here are:
1. The contrast between high-redshift hydrogen clouds and the CMB. Many of the observational strategies for the

21 cm line involve comparison of lines of sight through a cloud6 to (sometimes hypothetical) sightlines with clear
views of the CMB. Thus we hope to measure

!Tb(") = TS − T#(z)

1 + z
(1 − e−$"0 ) ≈ TS − T#(z)

1 + z
$"0 (17)

≈ 9xHI(1 + !)(1 + z)1/2
[

1 − T#(z)

TS

] [
H(z)/(1 + z)

dv‖/dr‖

]
mK. (18)

Note that !Tb saturates if TS?T#, but it can become arbitrarily large (and negative) if TS>T#. The observability of the
21 cm transition therefore hinges on the spin temperature; we will describe below the mechanisms that drive TS either
above or below T#(z), which dictate whether the 21 cm signal will appear in emission, absorption, or not at all.

2. Absorption against high redshift radio sources (Section 10). The brightness temperatures of nonthermal radio
continuum sources (Tsrc ≈ 106.1010 K) far exceed TS and T#, so the flux density received from the direction of a high
redshift radio source is S" ≈ Ssrc exp(−$"). High-redshift radio-loud quasars or radio galaxies would make superb
probes of cloud structure in the neutral or partially reionized IGM through their absorption line spectra.

Three competing processes determine TS : (1) absorption of CMB photons (as well as stimulated emission); (2)
collisions with other hydrogen atoms, free electrons, and protons; and (3) scattering of UV photons. We let C10 and P10
be the de-excitation rates (per atom) from collisions and UV scattering, respectively; they will be examined in detail
in the following sections. We also let C01 and P01 be the corresponding excitation rates. The spin temperature is then
determined in equilibrium by7

n1(C10 + P10 + A10 + B10ICMB) = n0(C01 + P01 + B01ICMB), (19)

where B01 and B10 are the appropriate Einstein coefficients and ICMB is the energy flux of CMB photons. With the
Rayleigh–Jeans approximation, Eq. (19) can be rewritten as [67]

T −1
S =

T −1
# + xcT

−1
K + x%T

−1
c

1 + xc + x%
, (20)

where xc and x% are coupling coefficients for collisions and UV scattering, respectively, and TK is the gas kinetic
temperature. Here we have used detailed balance through the relation

C01

C10
= g1

g0
e−T!/TK ≈ 3

(
1 − T!

TK

)
. (21)

We have then defined the effective color temperature of the UV radiation field Tc via

P01

P10
≡ 3

(
1 − T!

Tc

)
. (22)

The goal of the next two sections will be to calculate xc, x%, and Tc. In the limit in which Tc → TK (a reasonable
approximation in most situations of interest, as we will see in Section 2.3), Eq. (20) may be written as

1 − T#

TS
= xc + x%

1 + xc + x%

(
1 − T#

TK

)
. (23)

6 Here we use “cloud” to refer to any patch of the IGM; it need not be physically distinct from the surrounding gas.
7 Note that the relevant time scales are all much shorter than the expansion time, so equilibrium is an excellent approximation.

TK : Gas temperature

: Color temperature
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where xc and x% are coupling coefficients for collisions and UV scattering, respectively, and TK is the gas kinetic
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The goal of the next two sections will be to calculate xc, x%, and Tc. In the limit in which Tc → TK (a reasonable
approximation in most situations of interest, as we will see in Section 2.3), Eq. (20) may be written as

1 − T#

TS
= xc + x%

1 + xc + x%

(
1 − T#

TK

)
. (23)

6 Here we use “cloud” to refer to any patch of the IGM; it need not be physically distinct from the surrounding gas.
7 Note that the relevant time scales are all much shorter than the expansion time, so equilibrium is an excellent approximation.

Tc

(After first astrophysical sources are switched on.)
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6 Here we use “cloud” to refer to any patch of the IGM; it need not be physically distinct from the surrounding gas.
7 Note that the relevant time scales are all much shorter than the expansion time, so equilibrium is an excellent approximation.
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6 Here we use “cloud” to refer to any patch of the IGM; it need not be physically distinct from the surrounding gas.
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determined in equilibrium by7

n1(C10 + P10 + A10 + B10ICMB) = n0(C01 + P01 + B01ICMB), (19)

where B01 and B10 are the appropriate Einstein coefficients and ICMB is the energy flux of CMB photons. With the
Rayleigh–Jeans approximation, Eq. (19) can be rewritten as [67]

T −1
S =

T −1
# + xcT

−1
K + x%T

−1
c

1 + xc + x%
, (20)

where xc and x% are coupling coefficients for collisions and UV scattering, respectively, and TK is the gas kinetic
temperature. Here we have used detailed balance through the relation

C01

C10
= g1

g0
e−T!/TK ≈ 3

(
1 − T!

TK

)
. (21)

We have then defined the effective color temperature of the UV radiation field Tc via

P01

P10
≡ 3

(
1 − T!

Tc

)
. (22)

The goal of the next two sections will be to calculate xc, x%, and Tc. In the limit in which Tc → TK (a reasonable
approximation in most situations of interest, as we will see in Section 2.3), Eq. (20) may be written as

1 − T#

TS
= xc + x%

1 + xc + x%

(
1 − T#

TK

)
. (23)

6 Here we use “cloud” to refer to any patch of the IGM; it need not be physically distinct from the surrounding gas.
7 Note that the relevant time scales are all much shorter than the expansion time, so equilibrium is an excellent approximation.
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expansion at high redshifts.

The two applications of Eq. (10) that will be most important here are:
1. The contrast between high-redshift hydrogen clouds and the CMB. Many of the observational strategies for the

21 cm line involve comparison of lines of sight through a cloud6 to (sometimes hypothetical) sightlines with clear
views of the CMB. Thus we hope to measure
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21 cm transition therefore hinges on the spin temperature; we will describe below the mechanisms that drive TS either
above or below T#(z), which dictate whether the 21 cm signal will appear in emission, absorption, or not at all.

2. Absorption against high redshift radio sources (Section 10). The brightness temperatures of nonthermal radio
continuum sources (Tsrc ≈ 106.1010 K) far exceed TS and T#, so the flux density received from the direction of a high
redshift radio source is S" ≈ Ssrc exp(−$"). High-redshift radio-loud quasars or radio galaxies would make superb
probes of cloud structure in the neutral or partially reionized IGM through their absorption line spectra.

Three competing processes determine TS : (1) absorption of CMB photons (as well as stimulated emission); (2)
collisions with other hydrogen atoms, free electrons, and protons; and (3) scattering of UV photons. We let C10 and P10
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6 Here we use “cloud” to refer to any patch of the IGM; it need not be physically distinct from the surrounding gas.
7 Note that the relevant time scales are all much shorter than the expansion time, so equilibrium is an excellent approximation.
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redshift radio source is S" ≈ Ssrc exp(−$"). High-redshift radio-loud quasars or radio galaxies would make superb
probes of cloud structure in the neutral or partially reionized IGM through their absorption line spectra.
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collisions with other hydrogen atoms, free electrons, and protons; and (3) scattering of UV photons. We let C10 and P10
be the de-excitation rates (per atom) from collisions and UV scattering, respectively; they will be examined in detail
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6 Here we use “cloud” to refer to any patch of the IGM; it need not be physically distinct from the surrounding gas.
7 Note that the relevant time scales are all much shorter than the expansion time, so equilibrium is an excellent approximation.

(excitation rate by collision)

(de-excitation rate by collision)

(excitation rate by Lyα photon)

(de-excitation rate by Lyα photon)

CMB放射の強度を ICMB、C10、P10をそれぞれ、粒子同士の散乱、紫外線光子による散乱
によってエネルギー状態が tripletから singletに遷移する割合、逆にC01、P01を singletから
tripletへ遷移する割合と定義し、アインシュタイン係数をA10、B10、B01とする。アインシュ
タインのA係数は、エネルギー準位が高い状態から低い状態へ、自発的な遷移が起こる確率
を表しており、B係数は放射の強度 Iν をかけた IνBが吸収の起こる確率を表している。この
とき、singlet→ tripletの遷移と triplet→ singletの遷移が平衡状態を保っている条件では、
以下の関係式が成り立つ。

n1(C10 + P10 +A10 +B10ICMB) = n0(C01 + P01 +B01ICMB) (3.3.2)

左辺第一項、第二項はそれぞれ衝突、紫外線光子による散乱による triplet→ singletへの遷
移、第三項は tripletから singletへの自発的遷移、第四項はCMB光子による triplet→ singlet

への誘導遷移を表している。逆に、右辺第一項、第二項はそれぞれ、衝突、紫外線光子によ
る散乱による single→ tripleへの遷移、第三項はCMB光子による triplet→ singletへの誘導
遷移である。ここで、自発的遷移は、エネルギーが高い状態から低い状態へエネルギー差相
当する電磁波を放射して遷移することで、誘導遷移は、入射光子（今回の場合はCMB光子）
による刺激によるエネルギー状態の遷移である。
アインシュタインの関係式より、アインシュタイン係数の間には

A10 =
2hν310
c2

B10 (3.3.3)

B01 = 3B10 (3.3.4)

が成り立つことが知られている。また、今回は 21cm線の物理を考えるので、Raylegh-Jeans

近似を用いることができ、赤方偏移 zでの CMB光子の温度を Tγ = 2.73(1 + z )として、

ICMB =
2ν210
c2

kBTγ (3.3.5)

が成り立つ。また、ガスの力学的温度 TKとすると、詳細釣り合いの条件より、衝突係数C10

、C01の間には、式 (3.3.6)の関係が成り立つ。

C01

C10
=

g1
g0

exp

(
− T∗

TK

)
∼ 3 exp

(
1− T∗

TK

)
(3.3.6)

ここで、T∗ = 0.0682Kであり、典型的なガスの力学的温度よりも十分に小さいという近似を
用いた。同様にして、紫外線光子による色温度 TCを式 (3.3.8)で定義する。

P01

P10
≡ 3

(
1− T∗

Tc

)
(3.3.7)
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peculiar velocity. In the second line, we have substituted the velocity H(z)/(1 + z) appropriate for the uniform Hubble
expansion at high redshifts.

The two applications of Eq. (10) that will be most important here are:
1. The contrast between high-redshift hydrogen clouds and the CMB. Many of the observational strategies for the

21 cm line involve comparison of lines of sight through a cloud6 to (sometimes hypothetical) sightlines with clear
views of the CMB. Thus we hope to measure

!Tb(") = TS − T#(z)

1 + z
(1 − e−$"0 ) ≈ TS − T#(z)

1 + z
$"0 (17)

≈ 9xHI(1 + !)(1 + z)1/2
[

1 − T#(z)

TS

] [
H(z)/(1 + z)

dv‖/dr‖

]
mK. (18)

Note that !Tb saturates if TS?T#, but it can become arbitrarily large (and negative) if TS>T#. The observability of the
21 cm transition therefore hinges on the spin temperature; we will describe below the mechanisms that drive TS either
above or below T#(z), which dictate whether the 21 cm signal will appear in emission, absorption, or not at all.

2. Absorption against high redshift radio sources (Section 10). The brightness temperatures of nonthermal radio
continuum sources (Tsrc ≈ 106.1010 K) far exceed TS and T#, so the flux density received from the direction of a high
redshift radio source is S" ≈ Ssrc exp(−$"). High-redshift radio-loud quasars or radio galaxies would make superb
probes of cloud structure in the neutral or partially reionized IGM through their absorption line spectra.

Three competing processes determine TS : (1) absorption of CMB photons (as well as stimulated emission); (2)
collisions with other hydrogen atoms, free electrons, and protons; and (3) scattering of UV photons. We let C10 and P10
be the de-excitation rates (per atom) from collisions and UV scattering, respectively; they will be examined in detail
in the following sections. We also let C01 and P01 be the corresponding excitation rates. The spin temperature is then
determined in equilibrium by7

n1(C10 + P10 + A10 + B10ICMB) = n0(C01 + P01 + B01ICMB), (19)

where B01 and B10 are the appropriate Einstein coefficients and ICMB is the energy flux of CMB photons. With the
Rayleigh–Jeans approximation, Eq. (19) can be rewritten as [67]

T −1
S =

T −1
# + xcT

−1
K + x%T

−1
c

1 + xc + x%
, (20)

where xc and x% are coupling coefficients for collisions and UV scattering, respectively, and TK is the gas kinetic
temperature. Here we have used detailed balance through the relation

C01

C10
= g1

g0
e−T!/TK ≈ 3

(
1 − T!

TK

)
. (21)

We have then defined the effective color temperature of the UV radiation field Tc via

P01

P10
≡ 3

(
1 − T!

Tc

)
. (22)

The goal of the next two sections will be to calculate xc, x%, and Tc. In the limit in which Tc → TK (a reasonable
approximation in most situations of interest, as we will see in Section 2.3), Eq. (20) may be written as

1 − T#

TS
= xc + x%

1 + xc + x%

(
1 − T#

TK

)
. (23)

6 Here we use “cloud” to refer to any patch of the IGM; it need not be physically distinct from the surrounding gas.
7 Note that the relevant time scales are all much shorter than the expansion time, so equilibrium is an excellent approximation.

TK : Gas temperature

: Color temperature
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peculiar velocity. In the second line, we have substituted the velocity H(z)/(1 + z) appropriate for the uniform Hubble
expansion at high redshifts.

The two applications of Eq. (10) that will be most important here are:
1. The contrast between high-redshift hydrogen clouds and the CMB. Many of the observational strategies for the

21 cm line involve comparison of lines of sight through a cloud6 to (sometimes hypothetical) sightlines with clear
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Note that !Tb saturates if TS?T#, but it can become arbitrarily large (and negative) if TS>T#. The observability of the
21 cm transition therefore hinges on the spin temperature; we will describe below the mechanisms that drive TS either
above or below T#(z), which dictate whether the 21 cm signal will appear in emission, absorption, or not at all.

2. Absorption against high redshift radio sources (Section 10). The brightness temperatures of nonthermal radio
continuum sources (Tsrc ≈ 106.1010 K) far exceed TS and T#, so the flux density received from the direction of a high
redshift radio source is S" ≈ Ssrc exp(−$"). High-redshift radio-loud quasars or radio galaxies would make superb
probes of cloud structure in the neutral or partially reionized IGM through their absorption line spectra.

Three competing processes determine TS : (1) absorption of CMB photons (as well as stimulated emission); (2)
collisions with other hydrogen atoms, free electrons, and protons; and (3) scattering of UV photons. We let C10 and P10
be the de-excitation rates (per atom) from collisions and UV scattering, respectively; they will be examined in detail
in the following sections. We also let C01 and P01 be the corresponding excitation rates. The spin temperature is then
determined in equilibrium by7

n1(C10 + P10 + A10 + B10ICMB) = n0(C01 + P01 + B01ICMB), (19)

where B01 and B10 are the appropriate Einstein coefficients and ICMB is the energy flux of CMB photons. With the
Rayleigh–Jeans approximation, Eq. (19) can be rewritten as [67]
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where xc and x% are coupling coefficients for collisions and UV scattering, respectively, and TK is the gas kinetic
temperature. Here we have used detailed balance through the relation
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We have then defined the effective color temperature of the UV radiation field Tc via
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The goal of the next two sections will be to calculate xc, x%, and Tc. In the limit in which Tc → TK (a reasonable
approximation in most situations of interest, as we will see in Section 2.3), Eq. (20) may be written as
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(
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)
. (23)

6 Here we use “cloud” to refer to any patch of the IGM; it need not be physically distinct from the surrounding gas.
7 Note that the relevant time scales are all much shorter than the expansion time, so equilibrium is an excellent approximation.
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expansion at high redshifts.
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Note that !Tb saturates if TS?T#, but it can become arbitrarily large (and negative) if TS>T#. The observability of the
21 cm transition therefore hinges on the spin temperature; we will describe below the mechanisms that drive TS either
above or below T#(z), which dictate whether the 21 cm signal will appear in emission, absorption, or not at all.

2. Absorption against high redshift radio sources (Section 10). The brightness temperatures of nonthermal radio
continuum sources (Tsrc ≈ 106.1010 K) far exceed TS and T#, so the flux density received from the direction of a high
redshift radio source is S" ≈ Ssrc exp(−$"). High-redshift radio-loud quasars or radio galaxies would make superb
probes of cloud structure in the neutral or partially reionized IGM through their absorption line spectra.

Three competing processes determine TS : (1) absorption of CMB photons (as well as stimulated emission); (2)
collisions with other hydrogen atoms, free electrons, and protons; and (3) scattering of UV photons. We let C10 and P10
be the de-excitation rates (per atom) from collisions and UV scattering, respectively; they will be examined in detail
in the following sections. We also let C01 and P01 be the corresponding excitation rates. The spin temperature is then
determined in equilibrium by7

n1(C10 + P10 + A10 + B10ICMB) = n0(C01 + P01 + B01ICMB), (19)

where B01 and B10 are the appropriate Einstein coefficients and ICMB is the energy flux of CMB photons. With the
Rayleigh–Jeans approximation, Eq. (19) can be rewritten as [67]
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We have then defined the effective color temperature of the UV radiation field Tc via
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The goal of the next two sections will be to calculate xc, x%, and Tc. In the limit in which Tc → TK (a reasonable
approximation in most situations of interest, as we will see in Section 2.3), Eq. (20) may be written as
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6 Here we use “cloud” to refer to any patch of the IGM; it need not be physically distinct from the surrounding gas.
7 Note that the relevant time scales are all much shorter than the expansion time, so equilibrium is an excellent approximation.
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continuum sources (Tsrc ≈ 106.1010 K) far exceed TS and T#, so the flux density received from the direction of a high
redshift radio source is S" ≈ Ssrc exp(−$"). High-redshift radio-loud quasars or radio galaxies would make superb
probes of cloud structure in the neutral or partially reionized IGM through their absorption line spectra.

Three competing processes determine TS : (1) absorption of CMB photons (as well as stimulated emission); (2)
collisions with other hydrogen atoms, free electrons, and protons; and (3) scattering of UV photons. We let C10 and P10
be the de-excitation rates (per atom) from collisions and UV scattering, respectively; they will be examined in detail
in the following sections. We also let C01 and P01 be the corresponding excitation rates. The spin temperature is then
determined in equilibrium by7

n1(C10 + P10 + A10 + B10ICMB) = n0(C01 + P01 + B01ICMB), (19)

where B01 and B10 are the appropriate Einstein coefficients and ICMB is the energy flux of CMB photons. With the
Rayleigh–Jeans approximation, Eq. (19) can be rewritten as [67]

T −1
S =

T −1
# + xcT

−1
K + x%T

−1
c

1 + xc + x%
, (20)

where xc and x% are coupling coefficients for collisions and UV scattering, respectively, and TK is the gas kinetic
temperature. Here we have used detailed balance through the relation

C01

C10
= g1

g0
e−T!/TK ≈ 3

(
1 − T!

TK

)
. (21)

We have then defined the effective color temperature of the UV radiation field Tc via

P01

P10
≡ 3

(
1 − T!

Tc

)
. (22)

The goal of the next two sections will be to calculate xc, x%, and Tc. In the limit in which Tc → TK (a reasonable
approximation in most situations of interest, as we will see in Section 2.3), Eq. (20) may be written as

1 − T#

TS
= xc + x%

1 + xc + x%

(
1 − T#

TK

)
. (23)

6 Here we use “cloud” to refer to any patch of the IGM; it need not be physically distinct from the surrounding gas.
7 Note that the relevant time scales are all much shorter than the expansion time, so equilibrium is an excellent approximation.
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peculiar velocity. In the second line, we have substituted the velocity H(z)/(1 + z) appropriate for the uniform Hubble
expansion at high redshifts.

The two applications of Eq. (10) that will be most important here are:
1. The contrast between high-redshift hydrogen clouds and the CMB. Many of the observational strategies for the

21 cm line involve comparison of lines of sight through a cloud6 to (sometimes hypothetical) sightlines with clear
views of the CMB. Thus we hope to measure
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Note that !Tb saturates if TS?T#, but it can become arbitrarily large (and negative) if TS>T#. The observability of the
21 cm transition therefore hinges on the spin temperature; we will describe below the mechanisms that drive TS either
above or below T#(z), which dictate whether the 21 cm signal will appear in emission, absorption, or not at all.

2. Absorption against high redshift radio sources (Section 10). The brightness temperatures of nonthermal radio
continuum sources (Tsrc ≈ 106.1010 K) far exceed TS and T#, so the flux density received from the direction of a high
redshift radio source is S" ≈ Ssrc exp(−$"). High-redshift radio-loud quasars or radio galaxies would make superb
probes of cloud structure in the neutral or partially reionized IGM through their absorption line spectra.

Three competing processes determine TS : (1) absorption of CMB photons (as well as stimulated emission); (2)
collisions with other hydrogen atoms, free electrons, and protons; and (3) scattering of UV photons. We let C10 and P10
be the de-excitation rates (per atom) from collisions and UV scattering, respectively; they will be examined in detail
in the following sections. We also let C01 and P01 be the corresponding excitation rates. The spin temperature is then
determined in equilibrium by7

n1(C10 + P10 + A10 + B10ICMB) = n0(C01 + P01 + B01ICMB), (19)

where B01 and B10 are the appropriate Einstein coefficients and ICMB is the energy flux of CMB photons. With the
Rayleigh–Jeans approximation, Eq. (19) can be rewritten as [67]
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where xc and x% are coupling coefficients for collisions and UV scattering, respectively, and TK is the gas kinetic
temperature. Here we have used detailed balance through the relation
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We have then defined the effective color temperature of the UV radiation field Tc via

P01

P10
≡ 3

(
1 − T!

Tc

)
. (22)

The goal of the next two sections will be to calculate xc, x%, and Tc. In the limit in which Tc → TK (a reasonable
approximation in most situations of interest, as we will see in Section 2.3), Eq. (20) may be written as

1 − T#
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= xc + x%
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(
1 − T#

TK

)
. (23)

6 Here we use “cloud” to refer to any patch of the IGM; it need not be physically distinct from the surrounding gas.
7 Note that the relevant time scales are all much shorter than the expansion time, so equilibrium is an excellent approximation.
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Note that !Tb saturates if TS?T#, but it can become arbitrarily large (and negative) if TS>T#. The observability of the
21 cm transition therefore hinges on the spin temperature; we will describe below the mechanisms that drive TS either
above or below T#(z), which dictate whether the 21 cm signal will appear in emission, absorption, or not at all.

2. Absorption against high redshift radio sources (Section 10). The brightness temperatures of nonthermal radio
continuum sources (Tsrc ≈ 106.1010 K) far exceed TS and T#, so the flux density received from the direction of a high
redshift radio source is S" ≈ Ssrc exp(−$"). High-redshift radio-loud quasars or radio galaxies would make superb
probes of cloud structure in the neutral or partially reionized IGM through their absorption line spectra.

Three competing processes determine TS : (1) absorption of CMB photons (as well as stimulated emission); (2)
collisions with other hydrogen atoms, free electrons, and protons; and (3) scattering of UV photons. We let C10 and P10
be the de-excitation rates (per atom) from collisions and UV scattering, respectively; they will be examined in detail
in the following sections. We also let C01 and P01 be the corresponding excitation rates. The spin temperature is then
determined in equilibrium by7

n1(C10 + P10 + A10 + B10ICMB) = n0(C01 + P01 + B01ICMB), (19)

where B01 and B10 are the appropriate Einstein coefficients and ICMB is the energy flux of CMB photons. With the
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We have then defined the effective color temperature of the UV radiation field Tc via
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The goal of the next two sections will be to calculate xc, x%, and Tc. In the limit in which Tc → TK (a reasonable
approximation in most situations of interest, as we will see in Section 2.3), Eq. (20) may be written as
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6 Here we use “cloud” to refer to any patch of the IGM; it need not be physically distinct from the surrounding gas.
7 Note that the relevant time scales are all much shorter than the expansion time, so equilibrium is an excellent approximation.
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Note that !Tb saturates if TS?T#, but it can become arbitrarily large (and negative) if TS>T#. The observability of the
21 cm transition therefore hinges on the spin temperature; we will describe below the mechanisms that drive TS either
above or below T#(z), which dictate whether the 21 cm signal will appear in emission, absorption, or not at all.

2. Absorption against high redshift radio sources (Section 10). The brightness temperatures of nonthermal radio
continuum sources (Tsrc ≈ 106.1010 K) far exceed TS and T#, so the flux density received from the direction of a high
redshift radio source is S" ≈ Ssrc exp(−$"). High-redshift radio-loud quasars or radio galaxies would make superb
probes of cloud structure in the neutral or partially reionized IGM through their absorption line spectra.

Three competing processes determine TS : (1) absorption of CMB photons (as well as stimulated emission); (2)
collisions with other hydrogen atoms, free electrons, and protons; and (3) scattering of UV photons. We let C10 and P10
be the de-excitation rates (per atom) from collisions and UV scattering, respectively; they will be examined in detail
in the following sections. We also let C01 and P01 be the corresponding excitation rates. The spin temperature is then
determined in equilibrium by7
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where B01 and B10 are the appropriate Einstein coefficients and ICMB is the energy flux of CMB photons. With the
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The goal of the next two sections will be to calculate xc, x%, and Tc. In the limit in which Tc → TK (a reasonable
approximation in most situations of interest, as we will see in Section 2.3), Eq. (20) may be written as
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6 Here we use “cloud” to refer to any patch of the IGM; it need not be physically distinct from the surrounding gas.
7 Note that the relevant time scales are all much shorter than the expansion time, so equilibrium is an excellent approximation.

194 S.R. Furlanetto et al. / Physics Reports 433 (2006) 181 – 301

peculiar velocity. In the second line, we have substituted the velocity H(z)/(1 + z) appropriate for the uniform Hubble
expansion at high redshifts.

The two applications of Eq. (10) that will be most important here are:
1. The contrast between high-redshift hydrogen clouds and the CMB. Many of the observational strategies for the

21 cm line involve comparison of lines of sight through a cloud6 to (sometimes hypothetical) sightlines with clear
views of the CMB. Thus we hope to measure

!Tb(") = TS − T#(z)

1 + z
(1 − e−$"0 ) ≈ TS − T#(z)

1 + z
$"0 (17)

≈ 9xHI(1 + !)(1 + z)1/2
[

1 − T#(z)

TS

] [
H(z)/(1 + z)

dv‖/dr‖

]
mK. (18)

Note that !Tb saturates if TS?T#, but it can become arbitrarily large (and negative) if TS>T#. The observability of the
21 cm transition therefore hinges on the spin temperature; we will describe below the mechanisms that drive TS either
above or below T#(z), which dictate whether the 21 cm signal will appear in emission, absorption, or not at all.

2. Absorption against high redshift radio sources (Section 10). The brightness temperatures of nonthermal radio
continuum sources (Tsrc ≈ 106.1010 K) far exceed TS and T#, so the flux density received from the direction of a high
redshift radio source is S" ≈ Ssrc exp(−$"). High-redshift radio-loud quasars or radio galaxies would make superb
probes of cloud structure in the neutral or partially reionized IGM through their absorption line spectra.

Three competing processes determine TS : (1) absorption of CMB photons (as well as stimulated emission); (2)
collisions with other hydrogen atoms, free electrons, and protons; and (3) scattering of UV photons. We let C10 and P10
be the de-excitation rates (per atom) from collisions and UV scattering, respectively; they will be examined in detail
in the following sections. We also let C01 and P01 be the corresponding excitation rates. The spin temperature is then
determined in equilibrium by7

n1(C10 + P10 + A10 + B10ICMB) = n0(C01 + P01 + B01ICMB), (19)

where B01 and B10 are the appropriate Einstein coefficients and ICMB is the energy flux of CMB photons. With the
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The goal of the next two sections will be to calculate xc, x%, and Tc. In the limit in which Tc → TK (a reasonable
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6 Here we use “cloud” to refer to any patch of the IGM; it need not be physically distinct from the surrounding gas.
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(excitation rate by collision)

(de-excitation rate by collision)

(excitation rate by Lyα photon)

(de-excitation rate by Lyα photon)

Lyman-α光による励起-脱励起でsinglet-trplet間の状態が変化

: Color temperatureTc
high-zではHIの密度が高く散乱が 
すぐに起きるので、 Tc TK≈

CMB放射の強度を ICMB、C10、P10をそれぞれ、粒子同士の散乱、紫外線光子による散乱
によってエネルギー状態が tripletから singletに遷移する割合、逆にC01、P01を singletから
tripletへ遷移する割合と定義し、アインシュタイン係数をA10、B10、B01とする。アインシュ
タインのA係数は、エネルギー準位が高い状態から低い状態へ、自発的な遷移が起こる確率
を表しており、B係数は放射の強度 Iν をかけた IνBが吸収の起こる確率を表している。この
とき、singlet→ tripletの遷移と triplet→ singletの遷移が平衡状態を保っている条件では、
以下の関係式が成り立つ。

n1(C10 + P10 +A10 +B10ICMB) = n0(C01 + P01 +B01ICMB) (3.3.2)

左辺第一項、第二項はそれぞれ衝突、紫外線光子による散乱による triplet→ singletへの遷
移、第三項は tripletから singletへの自発的遷移、第四項はCMB光子による triplet→ singlet

への誘導遷移を表している。逆に、右辺第一項、第二項はそれぞれ、衝突、紫外線光子によ
る散乱による single→ tripleへの遷移、第三項はCMB光子による triplet→ singletへの誘導
遷移である。ここで、自発的遷移は、エネルギーが高い状態から低い状態へエネルギー差相
当する電磁波を放射して遷移することで、誘導遷移は、入射光子（今回の場合はCMB光子）
による刺激によるエネルギー状態の遷移である。
アインシュタインの関係式より、アインシュタイン係数の間には

A10 =
2hν310
c2

B10 (3.3.3)

B01 = 3B10 (3.3.4)

が成り立つことが知られている。また、今回は 21cm線の物理を考えるので、Raylegh-Jeans

近似を用いることができ、赤方偏移 zでの CMB光子の温度を Tγ = 2.73(1 + z )として、

ICMB =
2ν210
c2

kBTγ (3.3.5)

が成り立つ。また、ガスの力学的温度 TKとすると、詳細釣り合いの条件より、衝突係数C10

、C01の間には、式 (3.3.6)の関係が成り立つ。

C01

C10
=

g1
g0

exp

(
− T∗

TK

)
∼ 3 exp

(
1− T∗

TK

)
(3.3.6)

ここで、T∗ = 0.0682Kであり、典型的なガスの力学的温度よりも十分に小さいという近似を
用いた。同様にして、紫外線光子による色温度 TCを式 (3.3.8)で定義する。

P01

P10
≡ 3

(
1− T∗

Tc

)
(3.3.7)
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紫外線(Lyman-α)との衝突結合定数



衝突カップリング
TS = TK
宇宙膨張により衝突が減るためCMB温度に近づく

TK < TS < Tγ

X-ray heatingによるガスの加熱に伴って 
スピン温度も上昇

Lyman-α(WF effect)によってガス温度に近づく
TSTK Tγ≈ <輝線
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peculiar velocity. In the second line, we have substituted the velocity H(z)/(1 + z) appropriate for the uniform Hubble
expansion at high redshifts.

The two applications of Eq. (10) that will be most important here are:
1. The contrast between high-redshift hydrogen clouds and the CMB. Many of the observational strategies for the

21 cm line involve comparison of lines of sight through a cloud6 to (sometimes hypothetical) sightlines with clear
views of the CMB. Thus we hope to measure

!Tb(") = TS − T#(z)

1 + z
(1 − e−$"0 ) ≈ TS − T#(z)

1 + z
$"0 (17)

≈ 9xHI(1 + !)(1 + z)1/2
[

1 − T#(z)

TS

] [
H(z)/(1 + z)

dv‖/dr‖

]
mK. (18)

Note that !Tb saturates if TS?T#, but it can become arbitrarily large (and negative) if TS>T#. The observability of the
21 cm transition therefore hinges on the spin temperature; we will describe below the mechanisms that drive TS either
above or below T#(z), which dictate whether the 21 cm signal will appear in emission, absorption, or not at all.

2. Absorption against high redshift radio sources (Section 10). The brightness temperatures of nonthermal radio
continuum sources (Tsrc ≈ 106.1010 K) far exceed TS and T#, so the flux density received from the direction of a high
redshift radio source is S" ≈ Ssrc exp(−$"). High-redshift radio-loud quasars or radio galaxies would make superb
probes of cloud structure in the neutral or partially reionized IGM through their absorption line spectra.

Three competing processes determine TS : (1) absorption of CMB photons (as well as stimulated emission); (2)
collisions with other hydrogen atoms, free electrons, and protons; and (3) scattering of UV photons. We let C10 and P10
be the de-excitation rates (per atom) from collisions and UV scattering, respectively; they will be examined in detail
in the following sections. We also let C01 and P01 be the corresponding excitation rates. The spin temperature is then
determined in equilibrium by7

n1(C10 + P10 + A10 + B10ICMB) = n0(C01 + P01 + B01ICMB), (19)

where B01 and B10 are the appropriate Einstein coefficients and ICMB is the energy flux of CMB photons. With the
Rayleigh–Jeans approximation, Eq. (19) can be rewritten as [67]

T −1
S =

T −1
# + xcT

−1
K + x%T

−1
c

1 + xc + x%
, (20)

where xc and x% are coupling coefficients for collisions and UV scattering, respectively, and TK is the gas kinetic
temperature. Here we have used detailed balance through the relation

C01

C10
= g1

g0
e−T!/TK ≈ 3

(
1 − T!

TK

)
. (21)

We have then defined the effective color temperature of the UV radiation field Tc via

P01

P10
≡ 3

(
1 − T!

Tc

)
. (22)

The goal of the next two sections will be to calculate xc, x%, and Tc. In the limit in which Tc → TK (a reasonable
approximation in most situations of interest, as we will see in Section 2.3), Eq. (20) may be written as

1 − T#

TS
= xc + x%

1 + xc + x%

(
1 − T#

TK

)
. (23)

6 Here we use “cloud” to refer to any patch of the IGM; it need not be physically distinct from the surrounding gas.
7 Note that the relevant time scales are all much shorter than the expansion time, so equilibrium is an excellent approximation.

スピン温度の進化
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EDGESの解釈



2

TMT8 may provide a glimpse of the Universe at z ! 12
they peer through a narrow field of view and are unlikely
to touch upon redshifts z ! 20. As we will show, 21
cm global experiments could potentially provide crude
constraints on even higher redshifts at a much lower cost.
The structure of this paper is as follows. In §II, we

begin by describing the basic physics that drives the evo-
lution of the 21 cm global signature and drawing atten-
tion to the key observable features. We follow this in §III
with a discussion of the foregrounds, which leads into our
presenting a Fisher matrix formalism for predicting ob-
servational constraints in §IV. In §V and §VI we apply
this formalism to the signal from reionization and the
first stars, respectively. After a brief discussion in §VII
of the prospects for detecting the signal from the dark
ages before star formation, we conclude in §VIII.
Throughout this paper where cosmological parameters

are required we use the standard set of values Ωm = 0.3,
ΩΛ = 0.7, Ωb = 0.046, H = 100h km s−1Mpc−1 (with
h = 0.7), nS = 0.95, and σ8 = 0.8, consistent with the
latest measurements [14].

II. PHYSICS OF THE 21 CM GLOBAL SIGNAL

The physics of the cosmological 21 cm signal has been
described in detail by a number of authors [15, 16] and
we focus here on those features relevant for the global
signal. It is important before we start to emphasise our
uncertainty in the sources of radiation in the early Uni-
verse, so that we must of necessity extrapolate far beyond
what we know to make predictions for what we may find.
Nonetheless the basic atomic physics is well understood
and a plausible understanding of the likely history is pos-
sible.
The 21 cm line frequency ν21 cm = 1420MHz redshifts

for z = 6 − 27 into the range 200-50 MHz. The signal
strength may be expressed as a differential brightness
temperature relative to the CMB

Tb = 27xHI

(

TS − Tγ

TS

)(

1 + z

10

)1/2

× (1 + δb)

[

∂rvr
(1 + z)H(z)

]

−1

mK, (1)

where xHI is the hydrogen neutral fraction, δb is the over-
density in baryons, TS is the 21 cm spin temperature, Tγ

is the CMB temperature, H(z) is the Hubble parameter,
and the last term describes the effect of peculiar velocities
with ∂rvr the derivative of the velocities along the line
of sight. Throughout this paper, we will neglect fluctua-
tions in the signal so that neither of the terms δb nor the
peculiar velocities will be relevant. Fluctuations in xH

8 http://www.tmt.org/

and δb will be relevant for the details of the signal, but
are not required to get the broad features of the signal,
on which we focus here.

FIG. 1: Evolution of the 21 cm global signal for different
scenarios. Solid blue curve: no stars; solid red curve: TS !
Tγ ; black dotted curve: no heating; black dashed curve: no
ionization; black solid curve: full calculation.

The evolution of Tb is thus driven by the evolution of
xH and TS and is illustrated for redshifts z < 100 in
Figure 1. Early on, collisions drive TS to the gas temper-
ature TK , which after thermal decoupling (at z ≈ 1000)
has been cooling faster than the CMB leading to a 21 cm
absorption feature ([TS − Tγ ] < 0). Collisions start to
become ineffective at redshifts z ∼ 80 and scattering of
CMB photons begins to drive TS → Tγ causing the sig-
nal to disappear. In the absence of star formation, this
would be the whole story [17].
Star formation leads to the production of Lyα photons,

which resonantly scatter off hydrogen coupling TS to TK

via the Wouthysen-Field effect [18, 19]. This produces
a sharp absorption feature beginning at z ∼ 30. If star
formation also generates X-rays they will heat the gas,
first causing a decrease in Tb as the gas temperature is
heated towards Tγ and then leading to an emission sig-
nal, as the gas is heated to temperatures TK > Tγ . For
TS & Tγ all dependence on the spin temperature drops
out of equation (1) and the signal becomes saturated.
This represents a hard upper limit on the signal. Finally
reionization will occur as UV photons produce bubbles
of ionized hydrogen that percolate, removing the 21 cm
signal.
We may thus identify five main events in the history

of the 21 cm signal: (i) collisional coupling becoming in-
effective (ii) Lyα coupling becoming effective (iii) heat-
ing occurring (iv) reionization beginning (v) reionization

Lyman-α 
WF effect

Heating by  
X-ray photon.

Reionization

Dark-Ages

ガスが加熱されず宇宙膨張で断熱的に冷えており 
かつWF効果でスピン温度とガス温度がカップルして 
いるモデルではz=18で吸収線がせいぜい-200mK

21cm線のグローバルシグナル(~全天平均)は 
初代星の生まれるタイミングや性質 
銀河の電離に関わる性質によって異なる 
右図はスタンダードなモデルと 
いくつかの極端な例

21cm線輝度温度グローバルシグナル

Pritchard & Loeb 2012



EDGESの解釈 : DM-Baryon

ガスよりも冷えていた可能性のあるものは 
ダークマターしかない。 

バリオンとダークマター間の弱い相互作用 
(クーロンライクな)を仮定してなんとか冷やす

Barkana 2018



EDGESの解釈 : 電波背景放射

z=18以前に多数の電波源を仮定して 
強い電波背景放射があると仮定

背景電波超過の報告?  
低周波側の背景電波スペクトルを見ると 
CMB以外の成分があるかもしれない？？

Dowell & Taylor 2018

Fialkov & Barkana 2019



EDGESの解釈 : 解析の誤差

そもそも困難な観測 
- 非常に強い前景放射 + 
- 電離層による放射/吸収 +  
- FMラジオなどの人口電波の影響

万が一sinusoidalな系統誤差があると、21cm線は消える  

EDGES論文では装置の応答など丁寧に取り扱っていて、 
装置の部品を変えてみたりと実験しているものの...

Sims & Pober 2019



EDGES追観測の必要性
多数の装置+将来計画 暗黒時代の観測でも検証

4 Saurabh Singh et al.

them to produce the sky spectra. The schematic of the system is shown in Fig. 1. The
entire system runs on batteries and can be deployed at remote locations.

Future developments are aimed at improving performance to widen the useful
band.

Fig. 1 SARAS 2 system schematic.

3 Antenna

3.1 General considerations for EoR experiments

The antenna is one of the critical sub-systems of the entire radiometer. Various an-
tenna properties that affect the data, e.g. the beam pattern, the reflection, radiation and
total efficiencies, all vary across the band and require considerable effort and care to
measure to the accuracies required to model their effects on the data. Thus it is crucial
to pay close attention to the design of the antenna and ensure that its characteristics
do not limit the detection of the signal. We will discuss the key antenna properties in
the following subsections; in particular how they affect the global EoR measurement.

LEDA

SARAS 2

DAPPER

地上からだったり

宇宙からだったり

EDGESを検証できる結果はまだ出ていない
EDGESの予言するモデルは暗黒時代にも 
標準的な宇宙論と異なる信号を予言する

Burns et al 2021

http://www.tauceti.caltech.edu/leda/ Singh et al 2017

Burns et al 2019


